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Temporal Properties
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Prompt light-curve is not informative - too much variety

GRB’s with photon energies ranging from
100 MeV to 18 GeV !Dingus and Catelli, 1998". In
some cases this very-high-energy emission was delayed
more than an hour after the burst !Hurley, 1994; Som-
mer et al., 1994". No high-energy cutoff above a few
MeV has been observed in any GRB spectrum. Re-
cently, González et al. !2003" have combined the BATSE
!30 keV–2 MeV" data with the EGRET data for 26
bursts. In one of these bursts, GRB 941017 !according to
the common notation GRB’s are numbered by the date",
they have discovered a high-energy tail that extended up
to 200 MeV and looked like a different component. This
high-energy component appeared 10–20 sec after the
beginning of the burst and displayed a roughly constant
flux with a relatively hard spectral slope !F!"!0" up to
200 sec. At late times !150 sec after the trigger" the very-
high-energy !10–200 MeV" tail contained 50 times more
energy than the “main” #-ray energy !30 keV–2 MeV"
band. The TeV detector, Milagrito, discovered !at a sta-
tistical significance of 1.5e–3 or so, namely, at 3$" a TeV
signal coincident with GRB 970417 !Atkins et al., 2000,
2003". If true, this would correspond to a TeV fluence
that exceeds the low-energy #-ray fluence. However, no
further TeV signals were discovered from the other 53
bursts observed by Milagrito !Atkins et al., 2000" or from
several bursts observed by the more sensitive Milagro
!McEnery, 2002". One should recall, however, that due
to the attenuation of the IR background TeV photons
could not be detected from z%0.1. Thus, even if most
GRB’s emit TeV photons, those photons will not be de-
tected on Earth.

Another puzzle is the low-energy tail. Cohen et al.
!1997" analyze several strong bursts and find that their
low-energy slope is around 1/3 to !1/2. However,
Preece et al. !1998, 2002" suggest that about 1/5 of the
bursts have a low-energy power spectrum & steeper than
1/3 !the synchrotron slow-cooling low-energy slope". A
larger fraction is steeper than !1/2 !the fast-cooling syn-
chrotron low-energy slope". However, this is not seen in

any of the spectra from HETE4 whose low-energy reso-
lution is somewhat better. All HETE bursts have a low-
energy spectrum that is within the range 1/3 to !1/2
!Barraud et al., 2003". As both BATSE and HETE use
NaI detectors that have a poor low-energy resolution
!Cohen et al., 1997", this problem might be resolved only
when a better low-energy spectrometer is flown.

2. Temporal structure

The duration of the bursts spans five orders of magni-
tude, ranging from less than 0.01 sec to more than
100 sec. Common measures for the duration are T90
!T50", which corresponds to the time in which 90%
!50%" of the counts of the GRB arrive. As I discuss
below !see Sec. II.A.3", the bursts are divided into long
and short bursts according to their T90. Most GRB’s are
highly variable, showing 100% variations in flux on a
time scale much shorter than the overall duration of the
burst. Figure 3 depicts the light curve of a typical vari-
able GRB !GRB 920627". The variability time scale 't is
determined by the width of the peaks. 't is much shorter
!in some cases by more than a factor of 104" than T, the
duration of the burst. Variability on a time scale of mil-
liseconds has been observed in some long bursts
!McBreen et al., 2001; Nakar and Piran, 2002c". How-
ever, only #80% of the bursts show substantial substruc-
ture in their light curves. The rest are rather smooth,
typically with a fast-rise exponential decay !FRED"
structure.

4HETE II is a dedicated GRB satellite that aims at quickly
locating bursts with high positional accuracy. It is properly
known as HETE II because HETE I was lost upon launch
when its rocket failed. See http://space.mit.edu/HETE/ for a
description of HETE II and its instruments.

FIG. 2. The hardness-duration correlation for BATSE bursts.
HR is the ratio of fluence between BATSE channels 3 and 2.
!, short bursts; !, long bursts; solid line, a regression line for
the whole sample; dotted lines, the regressions lines for the
short and long samples, respectively. From Qin et al., 2000.

FIG. 3. !Color in online edition" The light curve of GRB
920627. The total duration of the burst is 52 sec, while typical
pulses are 0.8 sec wide. Two quiescent periods lasting #10 sec
are marked by horizontal solid bold lines.

1147Tsvi Piran: The physics of gamma-ray bursts

Rev. Mod. Phys., Vol. 76, No. 4, October 2004

Variability up to ms

Variability timescale ~ ms 
implies a compact stellar mass 

engine

Variability shorter than duration 
implies continuous injection
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X-ray Afterglow Behaviors
Burrows et al.

X-ray flares: Late time internal shock emission?

This may be answered by GLAST with IC component observation

Late time X-ray flares
102-105 seconds after burst

Late phase plateau indicates 
continuos energy supply

Rowlinson et al 2010
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X-ray Afterglow Behaviors
Burrows et al.

X-ray flares: Late time internal shock emission?

This may be answered by GLAST with IC component observation

Late time X-ray flares
102-105 seconds after burst

Late phase plateau indicates 
continuos energy supply

536 A. Rowlinson et al.

Figure 5. The BAT-XRT light curve and hardness ratios for GRB 090515 in blue in comparison to other GRBs. (a) GRB 070724A in red. (b) GRB 050813 in
red and GRB 050509B in purple. (c) GRB 060717A in red and GRB 080520A in purple. (d) GRB 090607 in red. (e) GRB 050421 in red and GRB 080503 in
purple. (f) GRB 070616 in red. In the lower boxes for each graph, there is the hardness ratio for the BAT data [(50–100) keV/(25–50) keV], with a star, and
the hardness ratio for the XRT data [(1.5–10) keV/(0.3–1.5) keV].

C! 2010 The Authors. Journal compilation C! 2010 RAS, MNRAS 409, 531–540

  Plateau at 10-100 sec

>> 1 sec (dynamical timescale for 
accretion on BH)

Rowlinson et al 2010
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Energetics
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Redshift measure confirmed 
cosmological origin

Concentrate at redshift ~ 2

Uniform Distribution

Eiso can reach 1054 

Xu et al 2010
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Measuring the true energetics of the GRB: 
E photon (prompt) + E kinetic (later non-rel. expansion)

Emission is beamed in ~ 
10 deg
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Fig. 10.— Two-dimensional relativistic energy release (Erel ! E! + EKE) from GRBs. Cosmologically distant (z ! 0.5) events from
the pre-Swift era are shown in red. The logarithmic mean for these events, "Erel# = 2 $ 1051 erg, is indicated by the solid black line.
Shaded regions correspond to 1!, 2!, and 3! errors on this mean value. The three most nearby events (GRBs 980425, 031203, and
060218) are plotted in green and are underluminous by several orders of magnitude. The four LAT events from this work are plotted
in blue; all but GRB090328 fall at the high end of the pre-Swift distribution (note that we have not plotted horizontal errors bars for
GRB090926A due to the large uncertainty in EKE). Instead, they are more consistent with some of the brightest events from the Swift
era (black squares). The total relativistic energy release from GRB090926A appears to exceed 1052 erg. Such hyper-energetic events pose
a severe challenge to the magnetar models, where the total energy release cannot exceed 3 $ 1052 erg (dashed black line). References —
Panaitescu & Kumar (2002): GRBs 990123, 990510, 991208, 991216, 000301C, 010222; Yost et al. (2003): GRBs 970508, 980703, 000926;
Berger et al. (2004): GRBs 970508, 980703; Chevalier et al. (2004): GRB020405; Berger et al. (2001): GRB000418; Li & Chevalier (1999):
GRB980425; Soderberg et al. (2004): GRB031203; Soderberg et al. (2006): GRB060218; Frail et al. (2006): GRB050904; Chandra et al.
(2008): GRB070125; Cenko et al. (2010): GRBs 050820A, 060418, 080319B.

dominated jets can be accelerated to extreme Lorentz
factors over relatively large angles. However, it is unclear
how such outflows can convert su!cient electromagnetic
energy to accelerate electrons and produce the observed
prompt gamma-ray emission. Other particle-acceleration
mechanisms besides MHD shocks may be required in this
case (e.g., Beloborodov 2009). Alternatively, the gamma-
ray emission may be patchy (e.g., Kumar & Piran 2000)
or the jet may be structured (see, e.g., Granot 2007 and
references therein), so that we are measuring only the
extrema of "0 and not the true bulk of the relativistic
flow carrying most of the energy.

4.3. Comparison with Other Work

In this section, we attempt to place this work in con-
text, both by comparing our results with those of other
authors who have studied these same events, and by high-
lighting additional di#erences between our LAT sample
and GRBs detected by satellites at lower energies.
McBreen et al. (2010) present optical and NIR obser-

vations of three events from this work (GRBs 090323,
090328, and 090902B), taken primarily with the GROND
instrument (Greiner et al. 2008). In the case of
GRB090323, these authors find an optical spectral in-

dex of !O = 1.90 ± 0.01, consistent with the value de-
rived here, and our measurements of the host-galaxy flux
agree nicely. We derive a slightly steeper optical spectral
index, but our results are consistent at the 2.5" level.
Most importantly, McBreen et al. (2010) infer from the
steep optical decay that a jet break occurred before the
first optical observations began (tj " 1 day), resulting
in a narrow beaming angle (# " 2!) and a correspond-
ingly small collimation-corrected prompt energy release
[E! " 3(1) ! 1051 erg for a constant-density (wind-like)
circumburst medium]. We consider this possibility un-
likely, however, as it is di!cult to explain both the flat
radio light curve and the more slowly fading X-ray after-
glow (!X " 1.5) through post jet-break evolution (see
also § 4.4).
Our results also di#er from those of McBreen et al.

(2010) regarding the jet break time of GRB090328.
These authors argue that the steep optical decay index
(!o " 2.3) derived at early times requires a jet break be-
fore the commencement of observations (tj " 1.5 days).
The data presented in our work are not su!cient to
uniquely determine the optical temporal decay index
(particularly given the possible contribution from an un-
derlying host galaxy). However, it is again di!cult to

Selected sample with jet 
opening angle 

Prompt Y-energy must be 
corrected for beaming

Cenko et al 2010

Measuring the true energetics of the GRB: 
E photon (prompt) + E kinetic (later non-rel. expansion)

Emission is beamed in ~ 
10 deg
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dominated jets can be accelerated to extreme Lorentz
factors over relatively large angles. However, it is unclear
how such outflows can convert su!cient electromagnetic
energy to accelerate electrons and produce the observed
prompt gamma-ray emission. Other particle-acceleration
mechanisms besides MHD shocks may be required in this
case (e.g., Beloborodov 2009). Alternatively, the gamma-
ray emission may be patchy (e.g., Kumar & Piran 2000)
or the jet may be structured (see, e.g., Granot 2007 and
references therein), so that we are measuring only the
extrema of "0 and not the true bulk of the relativistic
flow carrying most of the energy.

4.3. Comparison with Other Work

In this section, we attempt to place this work in con-
text, both by comparing our results with those of other
authors who have studied these same events, and by high-
lighting additional di#erences between our LAT sample
and GRBs detected by satellites at lower energies.
McBreen et al. (2010) present optical and NIR obser-

vations of three events from this work (GRBs 090323,
090328, and 090902B), taken primarily with the GROND
instrument (Greiner et al. 2008). In the case of
GRB090323, these authors find an optical spectral in-

dex of !O = 1.90 ± 0.01, consistent with the value de-
rived here, and our measurements of the host-galaxy flux
agree nicely. We derive a slightly steeper optical spectral
index, but our results are consistent at the 2.5" level.
Most importantly, McBreen et al. (2010) infer from the
steep optical decay that a jet break occurred before the
first optical observations began (tj " 1 day), resulting
in a narrow beaming angle (# " 2!) and a correspond-
ingly small collimation-corrected prompt energy release
[E! " 3(1) ! 1051 erg for a constant-density (wind-like)
circumburst medium]. We consider this possibility un-
likely, however, as it is di!cult to explain both the flat
radio light curve and the more slowly fading X-ray after-
glow (!X " 1.5) through post jet-break evolution (see
also § 4.4).
Our results also di#er from those of McBreen et al.

(2010) regarding the jet break time of GRB090328.
These authors argue that the steep optical decay index
(!o " 2.3) derived at early times requires a jet break be-
fore the commencement of observations (tj " 1.5 days).
The data presented in our work are not su!cient to
uniquely determine the optical temporal decay index
(particularly given the possible contribution from an un-
derlying host galaxy). However, it is again di!cult to

Selected sample with jet 
opening angle 

Prompt Y-energy must be 
corrected for beaming

Cenko et al 2010 Very energetic events.
ATT! Prompt energy is sensitive 
to viewing angle assumptions

Measuring the true energetics of the GRB: 
E photon (prompt) + E kinetic (later non-rel. expansion)

Emission is beamed in ~ 
10 deg
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Lorentz factor
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GRB are seen to scintillate in radio for 
several days after the burst

For typical galactic ISM variation the 
scintillation radius of an 
extragalactic source is

This implies an expansion 
speed ~ c

2
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3
R3nmpc
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�t >
R

c
(1 + �TnR)
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= ⌘2⇥ 1042erg/s

Cavallo Rees Argument

But typical energetics of GRB 
is ~ 1050 erg/s2

If the source is moving at a Lorentz factor Y, the 
luminosity is enhanced by a factor Y3 

Implies Y~ 100-1000
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Geometry of the Outflow
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Discovery of bright Early afterglow

High latitude emission of

the prompt !-ray emission

(Curvature effect)

Kumar & Panaitescu 2000

Initial rapid decay

1/"

relativistic

beaming

prompt !-ray

delayed emission

#t

In a relativistic front emission is observable only within a 
cone θ~1/Γ

As the outflow slows down Γ decreases
For Γ > 1/θjet a larger area of the front becomes visible
For Γ < 1/θjet the visible area of the front is the same

Achromatic and no spectral change

Evidence for collimation 
from so called “jet-breaks”

10 Cenko et al.
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Fig. 8.— Early optical and X-ray afterglow of GRB090926A.
After an initial decline in the U and V filters, the afterglow experi-
ences a prominent rebrightening in all filters, peaking at t ! 1 day.
Such behavior is di!cult to reconcile with standard afterglow the-
ory, and may suggest a late-time (t " "tGRB) injection of energy
from the central engine (Rees & Meszaros 1998).

13 hours after the GBM trigger). A fading X-ray coun-
terpart at ! = 23h33m36.s18, " = !66!19"25.""9 (J2000.0,
1.""5 containment radius) was promptly identified in the
XRT data (Vetere et al. 2009; Vetere 2009). The XRT
observed GRB090926A for the next 3 weeks, and we plot
the X-ray light curve in Figures 8 and 9.
Under the control of Skynet, four of the 16 inch diame-

ter PROMPT telescopes (Reichart et al. 2005) at Cerro
Telolo Inter-American Observatory (CTIO) observed the
Fermi-LAT localization of GRB090926A beginning 19.0
hours after the GBM trigger in the B-, V -, R-, and I-
band filters. Within the Swift-XRT localization, we iden-
tified an uncatalogued and fading source as the optical
afterglow of GRB090926A (Haislip et al. 2009b,a). In-
dividual images were automatically reduced using our
custom, IRAF-based reduction pipeline and then astro-
metrically aligned and stacked. We subsequently mea-
sured the afterglow flux with aperture photometry, where
the inclusion radius was approximately matched to the
FWHM of the PSF. PROMPT continued to observe the
field for ten more nights (Haislip et al. 2009e,c,d).
We also obtained 3 epochs of I- and J-band imaging

of the afterglow of GRB090926A using the ANDICAM
(A Novel Dual Imaging CAMera) instrument mounted
on the 1.3m telescope at CTIO25. This telescope is op-
erated as part of the Small and Moderate Aperture Re-
search Telescope System (SMARTS) consortium26. Each
epoch consisted of 6 individual 360 s I-band observations
and 30 individual 60 s J-band observations. Between op-
tical exposures, the telescope was slightly o!set and the
individual J-band exposures were additionally dithered
via an internal tilting mirror system. Standard data re-
duction was performed on these images, including cosmic
ray rejection, overscan bias subtraction, zero subtraction,
flat fielding and sky subtraction to correct for the NIR

25 http://www.astronomy.ohio-state.edu/ANDICAM.
26 http://www.astro.yale.edu/smarts.
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Fig. 9.— Late-time afterglow and model of GRB090926A. Both
the X-ray and optical (g!r!i!) bandpasses exhibit a steepening de-
cline at t ! 10 days, strongly indicative of a jet break.

background and the I-band fringing. For each epoch, the
individual images were then aligned and averaged to pro-
duce a single frame in each band with summed exposure
times of 36 minutes in I and 30 minutes in J .
Relative aperture photometry was performed on the

SMARTS data, in comparison with a number of nonva-
riable sources in the field of GRB090926A. The I-band
field was photometrically calibrated by comparison (on
photometric nights) with Landolt standard stars in the
field of T Phe (Landolt 1992). J-band photometric cal-
ibration was performed using 2MASS (Skrutskie et al.
2006) field stars.
SMARTS BV RI observations of the field of

GRB090926A were also obtained on two photo-
metric nights a few months after the GRB occurred (16
and 18 December 2009). For these observations, total
summed exposure times amounted to 180 s in BRI and
120 s in V . The absolute photometry of the field was
again established based on same-night observations of
the T Phe Landolt standard stars. These observations
were then used to provide absolute calibration for the
PROMPT observations of GRB090926A.
We obtained additional late-time imaging of the field

of GRB090926A on 19 October 2009 with GMOS-S on
Gemini South. A total of 600 s of exposure time was
obtained in the Sloan g"-, r"-, and i"-band filters. The
data were reduced in the manner described in § 2.1.2,
and calibrated in the same way as the PROMPT and
SMARTS observations.
The results of our optical and NIR monitoring cam-

paign of the afterglow of GRB090926A, uncorrected for
the modest amount of Galactic extinction [E(B ! V ) =
0.024mag; Schlegel et al. 1998], are shown in Table 12
and Figures 8 and 9.
Finally, the field of GRB090926A was observed in the

radio (5.5GHz) on 1 October 2009 with the Australia
Telescope Compact Array (ATCA). No source was de-
tected at the afterglow location to a 2# limit of f! <
1.5mJy (Moin et al. 2009).

GRB 090926a Cenko et al 2010

No evidence for the most of cases

70 days

no break

Produced from Ghirlanda et al. 2004

0.5 - 3.4 days

!"##$%&'()*+,'"-

.//"*$#,0,)

#&1"*$#,0,)

Jet break time in pre-Swift era

just the observation is not long enough?

very energetic GRB?

low density environment?

quantitative

jet break search

no clear answers

(Note: ~6 possible jet breaks / ~200 Swift GRBs)

The typical opening angle is ~ 10 deg
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SN-Long GRB connection
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SN 1998bw and SN2003dh were 
coincident with GRBs within days.

SN Ib/c

SN are very energetic and bright:
Ekin ~ 1052 ergs, Vej ~ 2x104 Km/s

1Msun of Ni56

Hjorth et al. 2000
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SN-Long GRB connection
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SN 1998bw and SN2003dh were 
coincident with GRBs within days.

SN Ib/c

SN are very energetic and bright:
Ekin ~ 1052 ergs, Vej ~ 2x104 Km/s

1Msun of Ni56

Not all SN Ib/c are associated with LGRBs
Rate of LGRB/SN Ib/c is ~ 1.6-0.2%
Rate of Hypernovae/SN Ib/c ~ 8%

Evidence for metallicity dependence

GRB conditions are rare even among massive stars

Hjorth et al. 2000
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SN-Long GRB connection

9

SN 1998bw and SN2003dh were 
coincident with GRBs within days.

SN Ib/c

SN are very energetic and bright:
Ekin ~ 1052 ergs, Vej ~ 2x104 Km/s

1Msun of Ni56

Not all SN Ib/c are associated with LGRBs
Rate of LGRB/SN Ib/c is ~ 1.6-0.2%
Rate of Hypernovae/SN Ib/c ~ 8%

Evidence for metallicity dependence

GRB conditions are rare even among massive stars

“Almost all GRBs seem to be associated with Luminous 
and Energetic SN

There are however Luminous and Energetic SN which 
show no sing of GRBs (orphan afterglows)”

Hjorth et al. 2000
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SGRB host galaxies
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SGRB have larger offset from the 
center of galaxies - where most stars 

are - old stars

There are field galaxies including elliptical ones
N tells how intensity varies with distance (Sersic value) - 

high n -> elliptical

Short GRB do not select for metallicity - they trace field 
population
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Constraints on the central engine
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High energy ~ 1051-52 ergs ➔ large energy reservoir 
Etot < Eiso ➔ collimation
Millisecond variability ➔ compact objects (BH or NS)
T/δT >> 1 ➔ quasi-steady energy injection (not an explosion)
100 sec duration of LGRB and SGRBEE  >> engine timescale
High energy non-thermal spectrum ➔ relativistic outflows 
(Γ>100)
Late time activity ➔ long lived engine

LGRBs

Associated with young galactic population
Found in star forming regions of host 

galaxy
Associated with core-collapse events

SGRBs

Associated with old galactic population
Found in the outer region of host galaxy

Weak afterglows
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Collapsar
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! The core of a rotating massive star col-
lapses to a black hole.

! Material far from the axis does not fall 
straight in, but forms an accretion disk 
first.

! Dissipative effects in the disk convert ki-
netic energy into heat.

! Energy deposited over the poles of the 
disk powers jets.

The core of a rotating massive star collapses to a black hole
Material far from the axis does not fall straight in but form an 

accretion disk
Dissipation in the disk convert kinetic energy into heat

Magnetic field power accretion (MRI)
A jet is launched

Energy can be extracted in various ways:

Neutrino heating in the polar region
Wind from the disk (Blandford-Payne)

Angular momentum from BH (Blandford-Znajek) 

Hawley et al.
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! Material far from the axis does not fall 
straight in, but forms an accretion disk 
first.

! Dissipative effects in the disk convert ki-
netic energy into heat.

! Energy deposited over the poles of the 
disk powers jets.

The core of a rotating massive star collapses to a black hole
Material far from the axis does not fall straight in but form an 

accretion disk
Dissipation in the disk convert kinetic energy into heat

Magnetic field power accretion (MRI)
A jet is launched

Energy can be extracted in various ways:

Neutrino heating in the polar region
Wind from the disk (Blandford-Payne)

Angular momentum from BH (Blandford-Znajek) 

Hawley et al.
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Figure 3. The inner region at t = 0.45s. Left panel: the magnetization parameter, log10P/Pm, and the magnetic field lines; Middle
panel: the ratio of azimuthal and poloidal magnetic field strengths, log10B�/Bp, and the magnetic field lines; Right panel: the magnetic
field strength, log10(B), and the magnetic field lines.

disk. Their main argument, that both fields are produced by
the same azimuthal current flowing in the disk, misses the
fact that additional currents may flow in the magnetosphere
and over the disk/funnel surface and support the magnetic
field inside the funnel in the manner similar to solenoid. In
our case, the poloidal field threading the BH is the original
field of the progenitor that has been accumulated during the
initial phase of free infall.

The left panel of fig.4 shows the barionic mass flux
as a function of spherical radius. One can see that it re-
duces from the free-fall value Ṁ ⌅ �0.5M⇤s�1 down to

Ṁ ⌅ �0.06M⇤s�1 at the event horizon. Between r ⌅ 60rg

and r = 2500rg this reduction reflects the e⇤ect of the bow
shock driven into the star by the jets. The sharp reduction at
r ⌅ 60rg corresponds to the position of the accretion shock
and marks the transition from approximate free-fall to the
centrifugally supported disk.

The middle panel of fig.4 shows the integral energy
fluxes of the jets as functions of spherical radius. To be
more precise the integration is carried out over the the whole
sphere but the contribution from areas with ⌅ > 108g cm�3

is excluded. We have verified that the bulk contribution to
the fluxes computed in this way comes from the jets. The
barionic rest mass flux, ⌅ur, is excluded from the total and
the matter energy fluxes, that is these fluxes are computed
via

Ė = �2⇤

⇤

S

(T r
t + ⌅ur)

⇧
�d⇥, (2)

where � is the determinant of the metric tensor of space
and T is either the total stress-energy-momentum tensor
or its hydrodynamic part. The most important conclusion
suggested by this figure is that at least 80% of the jet en-
ergy is provided directly by the BH and at a very high rate,
Ė ⌅ 2 ⇥ 1051erg s�1. The remaining 20% seem to be pro-
vided by the inner part of the disk – this explains the rise of
jet power between the event horizon and r ⌅ 10rg. Indeed,
careful examination of the solution shows that some mag-
netic field lines enter the jet from the skin layers of the disk

with ⌅ > 108g cm�3. However, it remains to be shown that
this is not caused by the numerical di⇤usion of magnetic flux
from the funnel into the disk. The right panel of fig.4 shows
the distributions of Poynting flux and hydrodynamic energy
flux (including the rest mass-energy) across the horizon and
allows us to determine whether it is the Blandford-Znajek
or the MHD-Penrose mechanism (Punsly & Coroniti 1990;
Punsly 2001; Koide et al.2002) or both of them that pro-
vide the energy supply to the jets. Since the hydrodynamic
flux is everywhere negative the MHD-Penrose mechanism
can be ruled out with certainty. This is confirmed by the
fact that the hydrodynamic energy-at-infinity is positive ev-
erywhere inside the ergosphere. Thus the jet is powered by
the Blandford-Znajek mechanism. For a force-free monopole
magnetosphere the Blandford-Znajek power is given by

ĖBZ =
1
6c

�
⇥h�
4⇤

⇥2

, (3)

where ⇥h is the angular velocity of the BH and � is the mag-
netic flux threading the BH. In the derivation we assumed
that the angular velocity of magnetosphere ⇥ = 0.5⇥h. This
holds well even for rapidly rotating BHs with monopole mag-
netospheres (Komissarov 2001) and corresponds to the mean
value of ⇥ measured in our simulations as well. Using the
measured value of � we derive ĖBZ ⌅ 2.6⇥1051erg s�1 which
agrees quite well with the value of ĖBZ provided by fig.4. The
total amount of free energy-at-infinity in the bow shock and
the bubble at time t = 0.45s is E ⌅ 1.37 ⇥ 1051erg. Since
the explosion develops only at t = 0.24s the mean jet power
over the active period is < Ė >⌅ 6⇥1051erg s�1, indicating
the higher jet power at the early stages of the explosion.

The middle panel of fig.4 also shows that initially the
jets are Poynting-dominated but gradually the electromag-
netic energy is converted into the energy of matter. However,
the accuracy of our simulations is insu⌃cient to capture the
jet dynamics. First of all, we are forced to keep the flow
magnetization below the limit at which the code crashes –
this is done via artificial injection of plasma in the danger
cells. This reduces the length scale for the energy conversion
via magnetic acceleration of plasma, as well as the asymp-

c� 0000 RAS, MNRAS 000, 000–000

 Hot torus Disk wind BZ jet

Possible avenues to drive a GRB:

v-v Annihilation driving a wind
Disk wind powered by BP

BZ extracting enegy from the BH

Pro

Collapse in high mass stars favors BH
Jets are naturally associated with accretion 

disks
Disk wind can give the correct Ni56 load
Very high Γ can be achieved in the jet

Fragmentation of the torus can lead to late time 
accretion events (flares)

Accretion can be sustained for a long time

Cons

Need rapidly rotating BH
There is a Jmax for the envelope

Γ is set by non obvious mass loading
Need ordered seed magnetic field

Need a long surviving torus inside SN
Direct collapse to BH not obviously produces 

SN shock

Komissarov & Barkov 2007
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I assume the weak vector potential Aφ and the poloidal field is normalized so that the 
minimum value of pgas/pmag = 102 where pgas is the thermal pressure and pmag is the magnetic 
pressure. I use a simple equation of state pgas = (Γ-1)u where u is the internal energy density. 
Γ=4/3 was chosen so that the equation of state roughly represents radiation gas.  

 
As for the boundary condition in the radial direction, I adopt the outflow boundary 

condition for the inner and outer boundaries. As for the boundary condition in the zenith angle 
direction, the axis of symmetry boundary condition is adopted for the rotation axis, while the 
reflecting boundary condition is adopted for the equatorial plane. As for the magnetic fields, the 
equatorial symmetry boundary condition, in which the normal component is continuous and the 
tangential component is reflected, is adopted. 

 
As for 3-dimensional calculations, I used the same progenitor model with the spherical 

mesh with 256(r) by 256(θ) by 32 (�) grid points. As for the theta direction, the whole space is 

covered in the simulation (0<�<�) [7]. 

3. Results 

 
Figure 1. Contours of rest mass density in logarithmic scale for all models at the same 
time-slice 1.5760 sec. 
 

In figure 1, contours of rest mass density in logarithmic scale are shown for all models at 
the same time-slice 1.5760 sec. Cgs units are used for the rest mass density, while the length in 

What is the role of the BH rotation?
IS rotation important for the jet?

Nagataki 2012
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the vertical/horizontal axes is written in G=M=c=1 unit. r=1 and 4000 corresponds to 2.95x 105 
cm and 1.18x109 cm, respectively. These results are projected on the (r sin(θ), r cos(θ))-plane. 
Upper left panel shows the state of a=0, upper right panel shows the one of a=0.5, lower left 
panel shows the one of a=0.9, and lower right panel shows the one of a=0.95. It is clearly shown 
that the rotating black hole drives the jet (the Schwartzschild black hole cannot drive a jet, while 
a more rapidly rotating black hole is driving a stronger jet). 
 

 
Figure 2. Plots of the jet energy for all models (a=0, 0.5, 0.9, 0.95) 
 

In figure 2, plots of the jet energy for all models at t=160000 are shown. It is noted that the 
contribution of the rest mass energy is subtracted. The blue curve represents the jet energy 
within the opening angle theta = 5 degree, while the red curve represents the one within theta = 
10 degree. The unit of vertical axis is 1048 erg. It is clearly seen that a more rapidly rotating 
black hole is driving a stronger jet. The total energy of the jet for a=0.95 is as large as 1050 erg. 
Thus it is concluded that 'faster is better' (rapidly rotating black hole is better to drive a GRB jet).   

 
I am extending my study on collapsars by performing 3-dimensional simulations. In 

figure 3, an example of the 3-dimensional simulation is shown. The progenitor model is 
same with the 2-D simulations, and Kerr parameter is chosen to be 0.9 in this simulation. 
The basic picture of the dynamics is same with 2-D. Further investigation will be presented 
in the near future.   

Kerr parameter a > 0.5 for efficient jet.
At ~ 1.5 sec the jet is still non-relativistic. 
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Figure 1. Schematic diagram of the regimes of neutron star versus black hole formation in core collapse SNe at sub-solar metallicities
(solid line) in the space of main sequence mass and initial proto-NS spin period P0, taking into account the possible e!ects of rapid
rotation and strong magnetic fields. The dotted line denotes the rotation rate above which the NS rotational energy Erot (eq. [1]) exceeds
the gravitational binding energy of the progenitor envelope. The dashed line denotes the rotational energy Erot = 1052 ergs su"cient to
power a ‘hypernova’. The right axis shows the magnetic field strength Bdip that would be generated if the magnetic energy in the dipole
field is ! 0.1% of Erot (eq. [4]). The dot-dashed line is the minimum rotation rate required for a magnetar with a field strength Bdip to
produce a classical GRB with energy E! > 1050 ergs, based on the model presented in §4.

sion provided by the Swift and Fermi missions. However,
despite a wealth of new data, the identity of the central
engine remains elusive.

At least some long duration GRBs originate from the
deaths of very massive stars (Woosley & Bloom 2006),
as confirmed by their observed association with energetic
core collapse supernovae (SNe) (e.g. Galama et al. 1998;
Bloom et al. 1999; Stanek et al. 2003; Chornock et al.
2010; Starling et al. 2010). It nevertheless remains
unsettled whether the central engine is a rapidly
accreting BH (Woosley 1993; MacFadyen & Woosley
1999; Nagataki et al. 2007; Barkov & Komissarov 2008;
Lindner et al. 2010) or a rapidly spinning, strongly
magnetized NS (a ‘millisecond magnetar’; Usov 1992;
Thompson 1994; Blackman & Yi 1998; Wheeler et al.
2000; Zhang & Mészáros 2001; Thompson et al. 2004;
Metzger et al. 2007; Bucciantini et al. 2007, 2008, 2009).
Although much less is known about the origin of short
duration GRBs, the properties of their host galaxies and
their notable lack of an accompanying SN are consistent

with an origin associated with the merger of NS-NS and
NS-BH binaries (Hjorth et al. 2005; Bloom et al. 2006;
Berger et al. 2005; see e.g. Berger 2010 for a recent review).
However, the unexpected discovery that many short GRBs
are followed by an energetic X-ray ‘tail’ lasting ! 100 sec-
onds has challenged basic predictions of the merger model
(e.g. Gehrels et al. 2006; Gal-Yam et al. 2006; Perley et al.
2009) and may hint at an alternative origin for some events,
such as magnetar formation via the accretion-induced
collapse (AIC) of a white dwarf (Metzger et al. 2008).

The large range in length scales and the complexity of
the physics involved in producing a GRB have thus far pre-
vented all steps in the phenomena from being studied in
a single work. Any attempt to construct a ‘first principles’
model is hindered by uncertain intermediate steps relating
the physics of the central engine to the properties of the rel-
ativistic jet and the gamma-ray emission mechanism. Nev-
ertheless, in this paper we argue that the magnetar model
is uniquely predictive. This allows us to construct a self-
consistent model which can in principle be compared di-

Regular SN - NS

Very energetic 
events

Too massive not enough 
energy

Assumed magnetic 
energy ~ 0.01 rotation 

energy

Effects of rotation?
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-

7

Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-

6 B. D. Metzger, D. Giannios, T. A. Thompson, N. Bucciantini, & E. Quataert

netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.

Early non-rel magnetic 
dominated phase - 

contraction
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).

GRB

Moderately 
relativistic phase

5

Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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L50 O. Porth, S. S. Komissarov and R. Keppens

Figure 2. Left-hand panel: 3D rendering of the magnetic field structure in the model with ! 0 = 3 at t ! 70 yr after the start of the simulation. Magnetic field
lines are integrated from sample points starting at r = 3 " 1017cm. Colours indicate the dominating field component, blue for toroidal and red for poloidal.
Right-hand panel: azimuthally averaged "̄ # $B2

p/B2%# for the same model.

inside towards the wind origin, reflecting the artificial nature of our
initial configuration. Soon after, it re-bounces and begins to expand
at a much slower rate, gradually approaching its asymptotic self-
similar position (Rees & Gunn 1974). For an unmagnetized wind,
! 0 = 0, its equatorial radius at this stage evolves as

r0 !
&

2rn

! vn

c

"1/2
#

1 '
$

1 + vnt

ri

%'2
&'1/2

, (8)

where vn is the expansion rate of the PWN and t is the time since the
start of the simulations. One can see that the time-scale of transition
to the self-similar expansion is (ri/vi, which is !210yr for the
parameters of our simulations. We do not yet fully reach the self-
similar phase in 3D simulations and hence use this solution as a
reference.

The simulations are performed with MPI-AMRVAC (Keppens et al.
2012), solving the set of special relativistic MHD conservation laws
in Cartesian geometry. We employ a cubic domain with edge length
of 2 " 1019cm, large enough to contain today’s Crab nebula. Out-
flow boundary conditions allow plasma to leave the simulation box.
The adaptive mesh refinement starts at a base level of 643 cells and
is used to resolve the expanding nebula bubble with a cell size of
$x = 1.95 " 1016cm (on the fifth level). Special action is taken to
properly resolve the termination shock and the flow near the origin.
To this end, additional grid levels centred on the termination shock
are automatically activated, depending on the shock size. For the
simulations shown here, the shock is thus resolved by 3–4 extra
grid levels (resulting in 8–9 levels in total) on which we employ
a more robust minmod reconstruction in combination with Lax–
Friedrich flux splitting. 2D comparison simulations are performed
with equivalent numerical setup and differ only in the use of cylin-
drical coordinates in the r, z plane.

3 R ESULTS

In basic agreement with the simulations by Mizuno et al. (2011),
the highly organized coaxial configuration of magnetic field, char-
acteristic of previous 2D simulations of PWN, is largely destroyed

in our 3D models. However, the azimuthal component is still dom-
inant in the vicinity of the termination shock, in the region roughly
corresponding to Crab’s torus (see Fig. 2), which is filled mainly
with ‘fresh’ plasma which is just on its way from the termination
shock to the main body of the nebula. As we have pointed out in
Section 1, the emission of this plasma could be behind the strong
polarization observed in the central region of the Crab nebula. This
figure also shows predominantly poloidal magnetic field in the out-
skirts of PWN, close to the equator. However, the magnetic field is
rather weak in this region.

Also in agreement with Mizuno et al. (2011), the total pressure
distribution of our 3D solutions is much more uniform compared
to 2D solutions of the same problem. As a result, the expansion of
PWN in 3D is more or less isotropic, whereas in 2D the artificially
enhanced axial compression due to the magnetic hoop stress pro-
motes notably faster expansion in the polar direction. As one can
see in Fig. 3, by the end of the simulations, the 2D solution with
! 0 = 3 begins to exhibit a jet breakout, similar to those observed
in the earlier 2D simulations of highly magnetized young PWN
of magnetars (Bucciantini et al. 2007, 2008), with application to
gamma-ray bursts.

Fig. 4 shows the evolution of the equatorial radius of the ter-
mination shock with time in all our simulations together with the
analytical prediction from equation (8). We anticipated that in 3D
the shock radius turns out to be similar to that given by the analytical
model for unmagnetized wind, as this was suggested in Begelman
(1998). This is indeed the case, but Fig. 4 also shows that the size of
the termination shock exhibits only a weak dependence on the initial
magnetization ! 0, once ! 0 ) 1. However, we also expected to find
a much smaller shock radius in 2D simulations, as their symme-
try prevents the development of the key process in the Begelman’s
theory, the kink instability. What we have actually found is that,
although in our 2D simulations the shock radius is indeed smaller,
the difference is not dramatic.

An explanation for this result is suggested by Fig. 5, which shows
the ratio of magnetic to thermal energy of simulated PWN in our
numerical models. One can see that, not only do our 3D solutions
exhibit significant magnetic dissipation, which agrees with Mizuno
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Solution to the sigma problem L51

Figure 3. Left-hand panel: the total pressure distribution in the 3D (left hemisphere) and the corresponding 2D (right hemisphere) solutions for the same
model with ! 0 = 3 at t ! 70 yr. Right-hand panels: velocity magnitude and direction for the same solutions, with the 2D one at the top and 3D one at the
bottom. Note the scale difference between left-/right-hand panels.

Figure 4. Shock size in the equatorial plane for the 2D (thin lines) and 3D
case (thick lines). The solid black curve labelled ‘H’ follows the hydrody-
namic prediction according to equation (8).

et al. (2011), but the 2D solutions do as well. Indeed, for 2D models
with ! 0 = 1, 3 this parameter decreases from "0.3, which is close
to the mean value of freshly injected plasma (Komissarov 2013),
to "0.03. Such a low value means that the total pressure in the
nebula is dominated by the gas pressure, just like in models with
particle-dominated winds, and this is why the shock radius is close
to that of the unmagnetized model. The property of our 2D models
which makes magnetic dissipation possible is the opposite orienta-
tion of magnetic loops in the Northern and Southern hemispheres, in
contrast with most previous 2D simulations which were limited to
only one hemisphere. Strong mixing between the two hemispheres,
discovered already in Camus et al. (2009), reduces the character-
istic length-scale of magnetic inhomogeneities and speeds up the
magnetic dissipation. When equatorial symmetry is enforced, this
mechanism of dissipation shuts off almost entirely, as illustrated
also in Fig. 5. The displacement of magnetic loops near the polar

Figure 5. Ratio of the total magnetic energy to the total thermal energy of
PWN as a function of time for 2D (thin lines) and 3D (thick lines) models.
The horizontal solid lines indicate the expected ratios in the self-similar
phase in the absence of magnetic dissipation (Komissarov 2013). We also
show a 2D model with enforced equatorial symmetry which thus remains
close to the injected value (dash–dotted line).

axis via the kink instability is an additional way of facilitating mag-
netic dissipation in 3D models. This agrees with the observed lower
level of magnetic energy inside PWN in these models (see Fig. 5).

The data presented in Fig. 3 show that the axial compression
remains a feature of our 3D solution near the termination shock and
that the ‘tooth-paste’ effect of hoop stress due to freshly injected
azimuthal magnetic field of the pulsar wind is still capable of driving
polar jets. But compared to the 2D models, the region of operation
of this jet-production mechanism is much more compact.

4 D ISCUSSION

The results of our simulations provide strong support to Begel-
man’s hypothesis that the essence of the sigma problem of PWN

 at inaf on M
ay 16, 2013

http://m
nrasl.oxfordjournals.org/

D
ow

nloaded from
 

 Porth et al 2013

Instabilities of the jet (kink) 
reduce its penetration 

The jet is still present but 
much weaker and broader 

than in 2D Timescale and 
energetics?



2014 N. Bucciantini:NS Firenze 2014

Diversity

20

19

Figure 19. Regimes of high energy phenomena produced by magnetar birth in core collapse supernovae, as a function of the magnetic
dipole field strength Bdip and initial rotation period P0, calculated for an aligned rotator (! = 0).

6.5 Choked Jets and Very Luminous Supernovae

Magnetars in the lower right hand corner of Figure 19 pro-
duce jets with peak isotropic luminosities !< 1048 ergs s!1.
Low power jet may be unstable (Bucciantini et al. 2009) or
take longer to propagate through the star than the dura-
tion of the GRB. Magnetars in this regime may thus pro-
duce ‘choked’ jets with little direct electromagnetic radia-
tion (although they could still be a source of high energy
cosmic rays or neutrinos; e.g. Waxman 1995; Vietri 1995;
Ando & Beacom 2005; Murase et al. 2009).

A number of core-collapse SNe have been recently dis-
covered that are unusually bright and/or optically-energetic
(e.g. Ofek et al. 2007; Smith et al. 2007; Smith et al. 2008;
Quimby et al. 2007; Rest et al. 2009; Gal-Yam et al. 2007;
Quimby et al. 2009). Proposed explanations for these
events, collectively known as very luminous SNe (VLSNe),
include pair-instability SNe (Barkat et al. 1967); interac-
tion of the supernova shock with dense circumstellar ma-
terial (e.g. Gal-Yam et al. 2007; Smith et al. 2007, 2008;
Metzger 2010); and the injection of late-time rotational en-
ergy from a rapidly-spinning magnetar (Kasen & Bildsten
2010; Woosley 2010). In order to energize the supernova
ejecta on the ! days-weeks timescales relevant for power-
ing VLSNe, Kasen & Bildsten (2010) conclude that a mag-

netar with Bdip ! 5 " 1014 G must possess an initial rota-
tion period P0 ! 2 # 20 ms. This nominlly places VLSNe-
producing magnetars in the ‘choked jet’ regime. We note,
however, that in order to explain VLSNe, the initially Poynt-
ing flux-dominated magnetar wind must thermalize its en-
ergy behind the SN shock, instead of escaping in a jet
(Bucciantini et al. 2009), which might still be able to prop-
agate through the star on the longer timescales of relevance
for VLSNe.

6.6 Galactic Magnetars

If known Galactic magnetars were born with magnetic fields
similar to their current observed strengths Bdip ! 1014#1015

G (e.g. Kouveliotou et al. 1998) and as fast rotators, then
Figure 19 suggests that their formation was accompanied
by a thermal-rich GRB/XRF or choked jet, depending on
their initial rotational period. Slower rotation, correspond-
ing to a choked jet, may be likely in the majority of cases
because Galactic magnetars are formed in ! 10% of core
collapse SN (Woods & Thompson 2006), yet only a small
fraction of envelope-stripped SN are accompanied by rela-
tivistic ejecta (Soderberg et al. 2006). Furthermore, the SN
remnants of Galactic magnetars do not show evidence for
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Figure 18. Scatter plot of the wind power at the beginning of the plateau-like, high-!0 phase Ėplateau ! Ė|tend as a function of the
spin-down timescale "s|tend . Each point represents a model calculated within the range of initial spin periods 1 ms ! P0 ! 5 ms and
surface dipole fields 3 " 1014 ! Bdip ! 3 " 1016 G; results are shown for both magnetic obliquities # = 0 and # = $/2. We also show
for comparison the luminosities and end times tend,X of the sample of plateaus from Lyons et al. (2010), which show a steep decline in
flux at times t #> tend,X. Triangles and diamonds show the luminosities calculated assuming that the ratio between (observed) isotropic
X-ray luminosity and wind power is equal to, or is a factor of 10 larger than, respectively, the gamma-ray beaming fraction (eq. [6]).

from L10 LX = LX,iso!
!1
X corrected by a factor !X = fb,X"

!1
r,X

that accounts for both the X-ray beaming fraction fb,X and
the e!ciency that spin-down power is converted into X-ray
luminosity "r,X. We show two cases, in which !X equals, or
is a factor ! 10 times larger than, the gamma-ray beaming
fraction fb (which we estimate using equation (6) and the
measured isotropic GRB energies). Note that because tend,X
is a lower limit on #s, figure 18 shows that all of the plateaus
measured by L10 are consistent with being powered by mag-
netar spin-down for !X "< 10fb. If tend is instead interpreted

as the spin-down time itself,10 our results indicate that ei-
ther (1) the jet opening angle during the plateau phase is a
few times larger than during the GRB itself, i.e. fb,X # fb
and/or (2) the fraction of the spin-down power escaping
through the jet and radiated in X-rays is $ 1. Although

10 As would be the case if spin-down triggers an abrupt end to
the emission due to e.g. the delayed formation of a black hole from
a rotationally-supported hyper-massive NS (e.g. Baumgarte et al.
2000).

it is natural to expect that the radiative e!ciency may be
low when $0 is very large at late times, too low of an e!-
ciency may be inconsistent with afterglow energetics. It is
also possible that a fraction of the late-time spin-down en-
ergy is instead transferred to the supernova shock, although
numerical simulations of the interaction of the wind with
the star suggest this need not be the case during the GRB
itself (Bucciantini et al. 2009).

Late-time magnetar activity could also produce X-
ray flaring. Margutti et al. (2010) find that the average
flare luminosity decreases as Lflare % t!! where % =
2.7 (cf. Lazzati et al. 2008, Margutti et al. 2010). Although
standard force-free spin-down predicts % = 2 at times # #s,
steeper decays are inferred from the measured braking in-
dices n of some pulsars (e.g. % = 4/(n & 1) ! 2.42 for
PSR J1846-0258 with n = 2.65; Livingstone et al. 2007).
If prompt emission is indeed suppressed at late times by the
high magnetization of the jet, periodic enhancements in the
jet’s mass-loading could temporarily ‘revive’ prompt-like in-
ternal emission, resulting in flaring. Temporarily enhanced
mass loss could result, for instance, from currents driven by

Observed plateau energies are compatible 
with late spin-down injection from the 

magnetar.
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What about duration? 
Can we have very long prompt 

phases?

2 D. Gruber et al.: Fermi/GBM observations of the ultra-long GRB 091024:

the LAT energy range during any of the time intervals in which
the burst was in the LAT field of view (Bouvier et al. 2009).

Not many GRBs have been observed in the optical band
while the prompt gamma-ray emission was still active (the
best example being GRB 990123 and GRB 080319B, see e.g.
Akerlof et al. 1999; Racusin et al. 2008). For GRB 091024 opti-
cal data were acquired soon after the first trigger, and through-
out its active phase. Henden et al. (2009) obtained photometry
using the Sonoita Research Observatory (SRO) starting 540 s
after the trigger. Ten Rc-band, nine V-band, and one Ic-band
exposures were acquired. The 2m - Faulkes Telescope North
started observing the field of GRB 091024 207 s after the trig-
ger (Cano et al. 2009). The 0.6m Super LOTIS telescope started
observing 58 s after the BAT trigger (Updike et al. 2009).

Optical spectra of the afterglow were obtained with the Low
Resolution Imaging Spectrometer mounted on the 10-m Keck
I telescope and the GMOS-N spectrograph at Gemini North, re-
vealing a redshift of z = 1.09 (Cenko et al. 2009; Cucchiara et al.
2009)

This paper is organized as follows. In Sect. 2 we describe
the GBM observation and data reduction together with the spec-
tral and spectral lag analysis of the three well-defined emission
episodes. In Sect. 3 we describe the behavior of the optical af-
terglow data compared to the prompt gamma-ray emission. In
Sect. 4 we estimate a lower limit on the initial Lorentz factor us-
ing the variability time scale of the prompt emission. We discuss
the position of GRB 091024 in the Yonetoku- and Amati rela-
tions in Sect. 5. Finally, in Sect. 6 we summarize our findings
and conclusions.

Throughout this paper we use a flat cosmology with !m =
0.32, !" = 0.68 and H0 = 72kms!1Mpc!1 (Bennett et al. 2003;
Spergel et al. 2003).

2. GBM data analysis

Using all 12 NaI detectors, we created the background subtracted
light curve shown in Fig. 1. It shows three distinct emission pe-
riods, separated by two periods of quiescence. The first emission
episode consists of at least two FRED (Fast Rise, Exponential
Decay) like pulses (hereafter episode I). The time in which 90%
of the fluence is observed is T90,I = 72.6 ± 1.8 s. Another emis-
sion episode starts 630 s after t0. This emission period, which
actually triggered GBM a second time, consists of an initial
pulse (T90,II = 44.5±5.4 s, hereafter episode II). A multi-peaked
episode starts 200 s later (corresponding to 840 s after t0) and
continues for 350 s with T90,III = 150 ± 10 s (hereafter episode
III).

Due to the highly variable background caused by Fermi’s
“rocking angle” observing mode, it is impossible to detect an
excess in count rate during the two epochs between episode I and
II and between II and III in the GBM data. We conclude that the
GRB signal during these intervals, if any, is below background
level. Thus, we define these two epochs as phases of quiescence.

With its very long duration of T90 " 1020 s, GRB 091024
is the longest burst detected by Fermi/GBM and also one of the
longest bursts ever seen (see Table 1). Among the longest events,
only GRB 020410 and GRB 970315D show a multi-peaked be-
havior whereas the others have a long lasting FRED-like pulse.

2.1. Spectral analysis

Photons are detected up to # 500 keV during all three emission
episodes. For the spectral analysis we determined which of the
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Fig. 1. Background corrected light curve of GRB091024 in the
energy range 8 - 1000 keV. The vertical dash-dotted lines show
the times of the two triggers and the dashed line the beginning
of the ARR.

GBM detectors had source angles ! $ 60% for the whole duration
of the three distinct emission periods and, at the same time, were
not occulted either by the spacecraft or by the solar panels. Only
data from detectors fulfilling these criteria (see Table 2) were
used for the analyses. Even though both BGO detectors show
little signal throughout the duration of the burst, they were in-
cluded nonetheless for the spectral analysis to get an upper limit
at high energies.

For the purposes of our spectral analysis we used CSPEC
data (Meegan et al. 2009), from 8 keV to 40 MeV, with a tem-
poral resolution of 1.024 s. For each emission episode we fitted
low-order polynomials to a user defined background interval be-
fore and after the prompt emission for every energy channel and
interpolated this fit across the source interval. The spectral anal-
ysis was performed with the software package RMFIT (version
3.3rc8) and the GBM Response Matrices v1.8.

Three model fits were applied, a single power-law (PL),
a power-law function with an exponential high-energy cuto#
(COMP) and the Band function (Band et al. 1993). The best
model fit is the function which provides the lowest Castor C-
stat1 value (Cash 1979). The profile of the Cash statistics was
used to estimate the 1" asymmetric error.

Emission episodes I and II.

Detectors NaI 7 (53%), NaI 8 (8%) and NaI 11 (55%) had an un-
obstructed view of episode I. Although the GRB illuminated the
spacecraft from the side, thus illuminating the BGOs through
the photomultipliers, we included BGO 1 for the spectral anal-
ysis since the detector response matrix (DRM) accounts for this
e#ect. The spectral fit was performed over the T90,I interval,
i.e. from -3.8 s to 67.8 s. The COMP model, with Epeak =
412+69

!53 keV and energy index !0.92 ± 0.07 provides the best fit
to the data.

Episode II shows a single emission period. Di#erent detec-
tors, i.e. NaI 6 (27%), NaI 7 (50%) and NaI 9 (32%) and BGO 1,
fulfilled the selection criteria and were used for the spectral anal-

1 http://heasarc.nasa.gov/lheasoft/xanadu/xspec/manual/
XSappendixCash.html
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Figure 18. Scatter plot of the wind power at the beginning of the plateau-like, high-!0 phase Ėplateau ! Ė|tend as a function of the
spin-down timescale "s|tend . Each point represents a model calculated within the range of initial spin periods 1 ms ! P0 ! 5 ms and
surface dipole fields 3 " 1014 ! Bdip ! 3 " 1016 G; results are shown for both magnetic obliquities # = 0 and # = $/2. We also show
for comparison the luminosities and end times tend,X of the sample of plateaus from Lyons et al. (2010), which show a steep decline in
flux at times t #> tend,X. Triangles and diamonds show the luminosities calculated assuming that the ratio between (observed) isotropic
X-ray luminosity and wind power is equal to, or is a factor of 10 larger than, respectively, the gamma-ray beaming fraction (eq. [6]).

from L10 LX = LX,iso!
!1
X corrected by a factor !X = fb,X"

!1
r,X

that accounts for both the X-ray beaming fraction fb,X and
the e!ciency that spin-down power is converted into X-ray
luminosity "r,X. We show two cases, in which !X equals, or
is a factor ! 10 times larger than, the gamma-ray beaming
fraction fb (which we estimate using equation (6) and the
measured isotropic GRB energies). Note that because tend,X
is a lower limit on #s, figure 18 shows that all of the plateaus
measured by L10 are consistent with being powered by mag-
netar spin-down for !X "< 10fb. If tend is instead interpreted

as the spin-down time itself,10 our results indicate that ei-
ther (1) the jet opening angle during the plateau phase is a
few times larger than during the GRB itself, i.e. fb,X # fb
and/or (2) the fraction of the spin-down power escaping
through the jet and radiated in X-rays is $ 1. Although

10 As would be the case if spin-down triggers an abrupt end to
the emission due to e.g. the delayed formation of a black hole from
a rotationally-supported hyper-massive NS (e.g. Baumgarte et al.
2000).

it is natural to expect that the radiative e!ciency may be
low when $0 is very large at late times, too low of an e!-
ciency may be inconsistent with afterglow energetics. It is
also possible that a fraction of the late-time spin-down en-
ergy is instead transferred to the supernova shock, although
numerical simulations of the interaction of the wind with
the star suggest this need not be the case during the GRB
itself (Bucciantini et al. 2009).

Late-time magnetar activity could also produce X-
ray flaring. Margutti et al. (2010) find that the average
flare luminosity decreases as Lflare % t!! where % =
2.7 (cf. Lazzati et al. 2008, Margutti et al. 2010). Although
standard force-free spin-down predicts % = 2 at times # #s,
steeper decays are inferred from the measured braking in-
dices n of some pulsars (e.g. % = 4/(n & 1) ! 2.42 for
PSR J1846-0258 with n = 2.65; Livingstone et al. 2007).
If prompt emission is indeed suppressed at late times by the
high magnetization of the jet, periodic enhancements in the
jet’s mass-loading could temporarily ‘revive’ prompt-like in-
ternal emission, resulting in flaring. Temporarily enhanced
mass loss could result, for instance, from currents driven by

Observed plateau energies are compatible 
with late spin-down injection from the 

magnetar.
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The fate of a BH-NS merger
What is left?

Accretion diskTidal stream
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What are the typical time-scales of the merger evolution?

Tidal stream fallback time-scale

Tidal tail return in about 103-4 sec and 
circularize at larger distances and colder 

temperatures

Coalescence time-scale
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Figure 1. Schematic diagram of the stages of the proto-magnetar
model for Short GRBs with Extended Emission. (A) The merger
of two binary neutron stars, or the accretion-induced collapse
of a rotating white dwarf, results in the formation of a compact
! 10!3"0.1M# torus around the central proto-neutron star. (B)
Accretion of the torus powers a relativistic bipolar jet, resulting
in a short GRB lasting ! 0.1"1 s, similar to the standard NS-NS
merger model. Following accretion, however, a rapidly spinning
(millisecond) proto-magnetar remains. (C) Material ejected dur-
ing the merger, by the supernova following AIC, or via outflows
from the accretion disk, results in a ! 10!3 " 10!1M# enve-
lope around the proto-magnetar moving outwards with a velocity
vej ! 0.1 " 0.2 c. The relativistic wind from the proto-magnetar
collides with the ejecta, producing a magnetar wind nebula. (D)
Magnetic stresses in the nebula redirect the magnetar wind into a
bipolar jet. After the jet breaks through the ejecta on a timescale
! 1 " 10 s (Fig. 3), the magnetar wind escapes and accelerates
to ultrarelativistic speeds (Fig. 2). Emission from the jet at much
larger radii powers the extended emission lasting ! 10 " 100 s,
similar to the proto-magnetar model for long GRBS (see Fig. 5).

is disrupted. Although a NS remnant is guaranteed in the
case of AIC, the merger of a double NS binary could also
leave a stable NS remnant, provided that either (1) the total
mass of the binary is low and/or the NS equation of state is
sti! (Shibata & Taniguchi 2006); (2) the proto-NS forms in a
meta-stable state supported by di!erential rotation (Baum-
garte, Shapiro & Shibata 2000), but it then loses su"cient
mass via magneto-centrifugal outflows (Thompson, Chang
& Quataert 2004; Metzger, Thompson, & Quataert 2007)
to reach stability. The likelihood of this possibility has in-
creased recently due to the discovery of a ! 2M" NS (De-
morest et al. 2010), which suggests that the nuclear EOS is
indeed sti! (see also Özel et al. 2010). Given that rapid ro-
tation is expected in both NS-NS merger and AIC scenarios,
it is plausible that the proto-NS will generate a magnetar-
strength field by, for instance, an !## dynamo (Duncan &
Thompson 1992), shear instabilities at the merger interface
(Price & Rosswog 2006), or the magneto-rotational instabil-
ity (MRI; e.g. Akiyama et al. 2003; Thompson, Quataert &
Burrows 2005).

Though not surrounded by the envelope of a massive
star, magnetars formed from NS-NS mergers or AIC do
not form in vacuum. In the AIC case $ 10!3 # 10!2M"

is ejected during the SN explosion on a timescale $< 1 s
(e.g. Woosley & Baron 1992; Dessart et al. 2006), while in
NS-NS mergers a similar mass may be ejected dynamically
due to tidal forces during the merger process (e.g. Rosswog
2007). Mass loss also occurs in outflows from the accretion
disk on timescales $< seconds, due to heating from neutri-
nos (Metzger, Thompson, & Quataert 2008; Dessart et al.
2009), turbulent viscosity (Metzger, Piro, & Quataert 2008;
Metzger, Piro, & Quataert 2009a), and nuclear energy re-
leased by the recombination of free nuclei into 4He (Lee &
Ramirez-Ruiz 2007; Metzger, Piro, & Quataert 2008; Lee,
Ramirez-Ruiz & López-Cámara 2009). During the first few
seconds after forming, outflows from the magnetar itself are
heavily mass-loaded and non-relativistic, resulting in a sig-
nificant quantity of ejecta $> 10!3M" (Thompson, Chang &
Quataert 2004; Bucciantini et al. 2006; Metzger, Thompson
& Quataert 2007). All together, $ 10!3 # 0.1M" is ejected
with a characteristic velocity vej $ 0.1 # 0.2 c and kinetic
energy $ 2 % 1050(vej/0.1c)2(Mej/0.01M") ergs.

A few seconds after the merger or AIC, one is left with
a proto-magnetar embedded in a confining envelope.3 This
configuration is qualitatively similar to that developed in
the proto-magnetar model for LGRBs by Bucciantini et al.
(2007, 2008, 2009), except that the enshrouding envelope is
much less massive. In these previous works it was shown
that, although the power in the magnetar wind is relatively
isotropic (e.g. Bucciantini et al. 2006), its collision with
the slowly-expanding ejecta produces a hot ‘proto-magnetar
nebula’ (Bucciantini et al. 2007). As toroidal flux accumu-
lates in the nebula, magnetic forces – and the anisotropic
thermal pressure they induce – redirect the equatorial out-
flow towards the poles (Begelman & Li 1992; Königl & Gra-
not 2002; Uzdensky & MacFadyen 2007; Bucciantini et al.
2007, 2008, 2009; Komissarov & Barkov 2007). Stellar con-
finement thus produces a mildly-relativistic jet, which drills
a bipolar cavity through the ejecta. Once the jet ‘breaks
out’, an ultra-relativistic jet (fed by the magnetar wind at
small radii) freely escapes. The EE is then powered as the jet
dissipates its energy at much larger radii. One virtue of ap-
plying this picture to SGRBEEs is that it naturally explains
why the EE resembles long GRBs in several properties, such
as its duration and the existence of a late-time ‘steep decay’
phase (cf. Tagliaferri et al. 2005; Perley et al. 2009).

Although SGRBEEs resemble long GRBs in many prop-
erties, important di!erences also exist. The EE is gener-
ally softer (X-rays rather than gamma-rays), somewhat dim-
mer, and its variability is generally smoother (appearing to
display e.g. a higher ‘duty cycle’), than long GRBs. As-
sessing the viability of the proto-magetar model for SGR-
BEEs therefore requires determining whether these di!er-
ences may in part result from di!erences in the geometry
of the relativistic outflow. These in turn may result because
the confining ejecta is significantly less massive and dense
than in the core collapse case.

In this paper we investigate the interaction of the rela-

3 In cases when the ejecta originates from the earlier [non-
relativistic] stage of the magnetar wind, the distinction between
‘wind’ and ‘ejecta’ is blurred. In general, however, the magnetar
outflow becomes ultra-relativistic relatively abruptly, such that
this distinction is well-defined (Metzger et al. 2011).

c$ ???? RAS, MNRAS 000, 1–10
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Figure 4. Isotropic jet luminosity Ėiso ! Ėf!1
b , where fb =

!/4! " "2
j /2 is the jet beaming fraction and ! is the opening solid

angle of the jet, after it has relaxed on a timescale t # 35 s (Fig. 2).
Diamonds show calculations performed assuming uniform ejecta,
while triangles show cases with a lower polar density.

nosity in the proto-magnetar model depends primarily on
Mej. If, by contrast, Ė/Mej > 1052 erg s!1 M!1

" then the
shell may be entirely disrupted (in which case the isotropic
luminosity is instead directly ! Ė), while if Ė/Mej < 1049

erg s!1 M!1
" the jet is probably choked and no emission is

expected on timescales of relevance.
The geometry of the magnetar jet also has consequences

for the ubiquity of EE associated with short GRBs. As noted
by Metzger, Quataert & Thompson (2008), without con-
finement the magnetar outflow (responsible for the EE) is
mostly equatorial, while the accretion-powered jet (respon-
sible for the initial short GRB) is probably polar. An impor-
tant question is thus whether a typical observer will see both
components. Our results show that, except perhaps in the
most energetic cases, the magnetar wind is diverted into a
polar outflow. Unfortunately, the opening angles of SGRBs
are poorly constrained4 observationally, with measured val-
ues ranging from a few to > 25 degrees (Burrows et al. 2006;
Grupe et al. 2006). It is thus possible that events could exist
for which the extended emission is not observable because
it is more collimated than the initial SGRB, in which case
the event would be classified as a ‘normal’ short burst (see
Barkov & Pozanenko 2011 for a similar idea). Such events
cannot be too common because the fraction of short GRBs
with observed EE is already rather large (Norris & Bonnell
2006). This implies that the magnetar wind cannot be too
collimating, which suggests that the average shell mass is
low (we provide additional evidence for a wide-angle mag-
netar jet below).

Alternatively, events may exist for which only the EE
is observable, because the initial short burst is more nar-
rowly collimated. These events would probably be classified
as regular long duration GRBs or X-ray Flashes, but would
not be accompanied by a bright associated supernova. It is
di!cult to place definitive constaints on the rate of such
events, although we note that at least one X-ray Flash with
an EE-like light curve was not in fact accompanied by a
bright supernova (XRF 040701; Soderberg et al. 2005).

4 In such a ‘two jet’ scenario it is also unclear which jet to as-
sociate a putative opening angle measurement with (e.g. Granot
2005).

Figure 5. Average bolometric luminosity of GRB emission from
the proto-magnetar jet as a function of time after formation,
calculated using the models described in Metzger et al. (2011).
Emission predicted by the internal shock and magnetic dissipa-
tion models are shown with solid and dashed lines, respectively.
The calculation assumes that the magnetar has an aligned dipole
field of strength Bdip = 2 $ 1015 G and an initial spin period
P0 = 1.5 ms. We adopt a value for the electron radiative e"ciency
#e = 0.2 and a beaming fraction fb = 0.3 (see text). For compar-
ison we also plot the 15 % 350 keV Swift BAT extended emission
light curves for GRBs 060614 (dotted), 080503 (dot-dashed), and
061005 (triple-dot-dashed) (Butler & Kocevski 2007).

We now attempt to constrain the properties of the
ejecta using the measured luminosity of the EE. The sam-
ple of SGRBEEs with known redshifts and measured EE
fluences is unfortunately small and incomplete. The sample
may furthermore be biased against less luminous events, in
which case the lower limits are not constraining. Neverthe-
less, when measured, the isotropic luminosity of the EE is
typically in the range LEE " 2 # 1048 $ 2 # 1049 erg s!1

(Figure 5 shows some examples). Since we found that dur-
ing the early jet-formation phase the isotropic luminosity is
(Fig. 4)

Ėiso,j " 1 $ 3 # 1051(Mej/0.1M")erg s!1, (2)

we can relate the observed EE luminosity LEE to the ejecta
mass:

Mej " 0.01 $ 0.03

„
LEE

1049 erg s!1

« “ !p

0.1

”!1 “!rad

0.3

”!1
M%,

(3)
where !rad & LEE/Ėiso,EE is the radiative e!ciency of the
jet, and !p & Ėiso,EE/Ėiso,j " 0.1 $ 0.3 is the ratio between
the isotropic power of the magnetar wind during the EE
phase Ėiso,EE at late times (t " 10 $ 100 s) and that at
early times Ėiso,j (t "< 10 s), when the opening angle of the
jet is determined. Detailed evolutionary models of proto-
magnetar spin-down (Metzger et al. 2011) show that !p is
typically " 0.1 $ 0.3.

Equation (3) shows that for typical values of !rad, !EE,
and the measured EE luminosity, the inferred ejecta masses
are in the range Mej " 10!3 $ 10!1M%, consistent with the
range of predicted ejecta masses in both the NS-NS merger
and AIC scenarios (Sec. 1). This represents an important
consistency check on the proto-magnetar model.

Adopting a typical value of the ejecta mass Mej =

c& ???? RAS, MNRAS 000, 1–10

In the magnetar model the EE is 
explained in the same way as the 

prompt for the LGRBs

While plateaus and later activity are 
usually attributed to the late pulsar 

like spin-down
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Energy injection in short GRBs and the role of magnetars P. T. O’Brien

Figure 2: Example fits for two of the SGRBs in this sample. GRB 051221A (left) is best fit by a stable
magnetar and GRB 120305A (right) is best fit by a magnetar which collapses to a black hole at ⇠200 s. The
grey data points are excluded from the fit.

Figure 3: A graph showing the magnetic field and spin period of the magnetar fits produced. The solid
(dashed) red line represent the spin break up period for a 1.4 M� (2.1 M�) neutron star [16] and the unshaded
region shows the expected region for an unstable pulsar, as defined in [17] and [26]. The initial rotation
period needs to be 10ms [29] and the lower limit for the magnetic field is �1015G [27]. Blue stars = good
fit to the magnetar model with a stable magnetar, Green circles = good fit to the model with an unstable
magnetar which collapses to form a BH, and Red triangles = poor fit to the model.

Nevertheless, these expressions reasonably approximate the spin-down of very highly magnetized
neutron stars of most relevance in this paper. Isotropic emission is also a reasonable assumption
for relatively powerful magnetar winds, since (unlike following the collapse of a massive star) the
magnetar outflow cannot be confined efficiently by the relatively small quantity of surrounding
material expected following a NS merger [3].

4

 Rowlinson & O’Brien 2012
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Figure 1. Left Panel: Entropy map at t = 666 ms after core bounce,
from the magnetized, rotating “M1” core-collapse calculation of Dessart et
al. (2008) using the 35M! ZAMS collapsar progenitor model of Woosley &
Heger (2006). Note the presence of a bipolar MHD outflow, simultaneous
with continued accretion of the stellar envelope through a disk in the equa-
tor. Right Panel: Total proto-NS mass MNS as a function of time after core
bounce. MNS initially grows due to accretion. However, for model M1 the
(magneto-centrifugally-driven) mass loss at high latitudes eventually exceeds
the accretion rate and MNS begins to decrease. BH formation is thus unlikely.
Reproduced with the kind permission of L. Dessart and The Astrophysical
Journal.

A sample of D08’s results are illustrated in Figure 1 (cf. Burrows et al. 2007).
Soon after the collapse to nuclear densities, a bipolar MHD outflow develops from
the newly-formed proto-NS. The explosion is not initially successful over all solid
angles, as matter continues to accrete through a disk near the equator. However,
the angular momentum accreted by the NS maintains its rapid rotation, which
enhances the neutrino-driven mass-loss rate from mid-latitudes due to magneto-
centrifugal “slinging” (e.g. Thompson, Chang, & Quataert 2004; Metzger et
al. 2007). Importantly, in their strongly magnetized model (M1), the mass-loss
rate at high latitude eventually exceeds the accretion rate and for t "> 300 ms
the NS’s mass begins decreasing! Although D08’s simulations cannot address
the possibility of later fall-back, and a di!erent progenitor angular momentum
profile could change the conclusions, their results are nonetheless suggestive: a
core self-consistently endowed with the requisite properties to produce a GRB
in the collapsar model (strong B and rapid rotation) may not result in a BH at
all.3

If a BH is not created following core collapse, then a rapidly spinning,
highly magnetized proto-NS (a “proto-magnetar”) likely remains behind in the
cavity produced by the (successful) outgoing SN shock. This naturally leads

3Note that this conclusion does not imply that BHs cannot form from very massive stars. It
does suggest that BHs may not form from the subset of rapidly-rotating progenitors which are
responsible for hyper-energetic SNe and GRBs.

4 Bernardini et al.

Fig. 1.— Left panel : 15! 150 keV luminosity of GRB 061121 binned with signal-to-noise S/N = 5. The minimum luminosity before the
onset of the propeller phase Lmin (dashed line) and the maximum quiescent time luminosity L(rm) (dotted line) are compared with the
precursor (red dots), quiescence (blue dots) and main event (red dots) emission. Characteristic luminosities have been derived independently
from the fitting of the late–time X–ray emission with the spin–down power of the magnetar. The values derived for the magnetic field
and spin period with this procedure are: B = 6.03 " 1015 G, P = 4.40 ms. We assumed a beaming factor fb = 0.01 and a radiative
e!ciency !r = 0.1. Inset : BAT count rate light curve of GRB 061121, with the precursor (red area), the quiescence (blue area) and the
main event (red area). Right upper panel: accretion onto the surface of the magnetar. The magnetospheric radius rm is smaller than the
co–rotation radius rc, where the magnetosphere centrifugal drag balances gravity: in–falling matter from the accretion disk rotates faster
than the magnetosphere and accretion onto the magnetar surface takes place. This phase accounts for both the precursor(s) and the main
event emission. Right lower panel: propeller phase. The magnetospheric radius rm is larger than the co–rotation radius rc: centrifugal
forces on the in–falling matter at rm are too large to allow for co–rotation, the net radial force is outward and the in–fall velocity drops
to zero as well as the accretion power. This phase corresponds to the quiescent times between the precursor(s) and the main emission.
Since rm # Ṁ!2/7, when enough matter is accumulated to fulfill the condition rm < rc the propeller phase ends and accretion restarts,
corresponding to a new emission episode.

phase: accretion is inhibited and the GRB becomes qui-
escent. During this phase, matter continues to pileup at
rm (at a few neutron star radii) until its pressure is high
enough to overcome the centrifugal barrier again. Accre-
tion onto the surface of the neutron star then restarts,
giving rise to another high energy event. All the emis-
sion episodes are produced by the same mechanism and,
thus, have the same observational properties.
Every emission episode should lie above the character-

istic luminosity corresponding to the onset of the pro-
peller phase Lmin, providing a strong observational test
for the consistency of this model. This is indeed con-
firmed for the GRBs with precursors in the BAT6 sam-
ple, with typical values for the magnetic field and the spin
period of a newly born magnetar (Duncan & Thompson
1992) (see Fig. 1, left panel where GRB 061121 is por-
trayed as an example, and Table 2). It is possible to
have multiple precursors, if the centrifugal barrier is pen-
etrated more than once, i.e. if centrifugal forces are
weaker than for single precursor emission. This is the
case for, e.g., GRB 070306 (see Appendix A).
During the propeller phase the luminosity does not

drop to zero. A smaller luminosity L(rm) is expected
resulting from the gravitational energy release of the
in–falling matter up to rm, escaping through the pre-

excavated funnel. This provides an upper limit to
the observed quiescent time luminosity since only a
fraction of it may leak out from the jet base. The
Swift/BAT was triggered by the precursor of GRB
060124 (Romano et al. 2006), a burst that displayed a
very long quiescent time (! 90 s in the cosmological rest
frame), allowing the Swift satellite to slew to the source
and detect the quiescent emission with the X–Ray Tele-
scope (XRT, Burrows et al. 2005a). This quiescent lumi-
nosity is almost constant and ! 100 times fainter than
the main event, well below the predictions for L(rm) (see
Fig. 2, left panel).
An expectation for the propeller model is that the

longer the quiescent time, the stronger and longer the
subsequent emission episode, due to the larger amount
of matter stored during the propeller phase. For the spe-
cial cases of GRB 070306 and GRB 061222A with two
precursors4, these scalings can be tested within the same
burst. In particular we found that in GRB 061222A both
the total energy emitted in the BAT energy band and
the duration (T90

5) are proportional to the previous qui-

4 The other GRBs with multiple precursors are GRB 060904A
and GRB 080602, where the multiple precursors are not well sep-
arated in time.

5 Time interval between 5% and 95% of the fluence being emit-

Nothing forbid matter to accrete onto the newly born magnetized PNS
Long GRB Central Engines 7

Figure 1. Left Panel: Entropy map at t = 666 ms after core bounce,
from the magnetized, rotating “M1” core-collapse calculation of Dessart et
al. (2008) using the 35M! ZAMS collapsar progenitor model of Woosley &
Heger (2006). Note the presence of a bipolar MHD outflow, simultaneous
with continued accretion of the stellar envelope through a disk in the equa-
tor. Right Panel: Total proto-NS mass MNS as a function of time after core
bounce. MNS initially grows due to accretion. However, for model M1 the
(magneto-centrifugally-driven) mass loss at high latitudes eventually exceeds
the accretion rate and MNS begins to decrease. BH formation is thus unlikely.
Reproduced with the kind permission of L. Dessart and The Astrophysical
Journal.

A sample of D08’s results are illustrated in Figure 1 (cf. Burrows et al. 2007).
Soon after the collapse to nuclear densities, a bipolar MHD outflow develops from
the newly-formed proto-NS. The explosion is not initially successful over all solid
angles, as matter continues to accrete through a disk near the equator. However,
the angular momentum accreted by the NS maintains its rapid rotation, which
enhances the neutrino-driven mass-loss rate from mid-latitudes due to magneto-
centrifugal “slinging” (e.g. Thompson, Chang, & Quataert 2004; Metzger et
al. 2007). Importantly, in their strongly magnetized model (M1), the mass-loss
rate at high latitude eventually exceeds the accretion rate and for t "> 300 ms
the NS’s mass begins decreasing! Although D08’s simulations cannot address
the possibility of later fall-back, and a di!erent progenitor angular momentum
profile could change the conclusions, their results are nonetheless suggestive: a
core self-consistently endowed with the requisite properties to produce a GRB
in the collapsar model (strong B and rapid rotation) may not result in a BH at
all.3

If a BH is not created following core collapse, then a rapidly spinning,
highly magnetized proto-NS (a “proto-magnetar”) likely remains behind in the
cavity produced by the (successful) outgoing SN shock. This naturally leads

3Note that this conclusion does not imply that BHs cannot form from very massive stars. It
does suggest that BHs may not form from the subset of rapidly-rotating progenitors which are
responsible for hyper-energetic SNe and GRBs.
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Can a BH have a net charge?

Orthogonal GRB 3

responds to Qmax <! G1/2M , i.e. to Bmax ! 1018M!2
10 G

(eq. 19), hence values of Bo <! 1016 G justify the use
of the Kerr metric as an excellent approximation to the
Kerr-Newman one. The point we would like to empha-
size here is that a stellar mass black hole is very naturally
charged during its formation in the collapse of its progen-
itor star, and therefore it can naturally generate its own
dipole magnetic field, even after the external currents are
removed.
The astrophysical problem is more complicated. Obvi-

ously, the electromagnetic field cannot remain that of the
electro-vacuum Kerr-Newman solution. Microphysical
processes will generate a distribution of electron-positron
pair plasma charges and currents that will shorten out
the electric field component parallel to the magnetic field.
The black hole will absorb opposite charges and reduce
its charge. This e!ect will be balanced by an equiva-
lent increase of the rotating magnetospheric charge which
is naturally expected to support an amount of dipolar
magnetic flux given approximately in eq. (21). In this
picture, the source of the exterior magnetic field has
moved from inside the event horizon (the Kerr-Newman
solution) to just outside (Petterson 1975; Takahashi &
Koyama 2009). We must acknowledge that we don’t
know anything about the stability of such a configura-
tion besides the fact that if the black hole engulfs the
above magnetospheric charge, it will revert to the Kerr-
Newman solution, so the whole process will start all over
again. Moreover, matching the above exterior solution
to an interior black hole solution is a problem of consid-
erable astrophysical importance (Ghosh 2000).
During that later pulsar-like phase of the core collapse,

the spindown of the isolated magnetized black hole will
proceed in analogy to the spindown of the axisymmetric
pulsar (e.g. Punsly 1998). Notice that this is an electro-
dynamic (not static) system that holds a rotating mag-
netospheric electric charge which we can only assume to
decrease as

Q ! Bor
2
h

!

"rh
c

"n

, (22)

with n " 0.
The black hole is not maximally rotating anymore.

The magnetosphere will consist of closed and open field
lines, and only the open field lines (those that cross the
light cylinder) will contribute to the black hole spin-
down (see Figure 1). Notice that now ! # 1, there-
fore, " = !"o/2, rh = 2GM/c2, and the reducible black
hole ‘rotational’ energy is equal to M(rh")2 to an ex-
cellent approximation. The axisymmetric pulsar theory
now yields

Ė=2Mr2h""̇ = $
#2

KN open"
2

6"2c

=$B2r2hc

!

"rh
c

"4

! $Q2r!2
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, (23)

which is proportional to "6+2n. As before, one can solve
eq. (23) to obtain " = "(t) and Ė = Ė(t) during this
later phase of the black hole electrodynamic evolution,

from Lyutikov & McKinney 2011 and Lyutikov 2011 by one extra
factor for (!rh/c).
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Figure 1. Poloidal magnetic field lines near the black hole hori-
zon. To panel: initial Blandford-Znajek phase when the black hole
is maximally rotating and the magnetic flux that threads the hori-
zon is held in place by the surrounding equatorial material (Con-
topoulos, Kazanas & Papadopoulos 2013). Bottom panel: pulsar-
like phase when the black hole has slowed down by a factor of
about 4 (Pugliese, Contopoulos & Nathanail 2013, in preparation).
Thicker lines: ergosphere. Dashed lines: light cylinder and inner
light surface.

and show that

"% t!1/(4+2n) , and (24)

Ė% t!(3+n)/(2+n) , (25)

Notice that this result is di!erent from the canonical pul-
sar spindown (eqs. 6 & 7) because a ‘live’ (astrophysical)
pulsar-like black hole loses charge and induced magnetic
flux according to eqs. (21) & (22). It is interesting that
the power law decay exponent observed during the GRB
afterglow phase has a value between -1 and -1.5 (Nousek
et al. 2006), in agreement with eq. (25). This observa-
tion leads us to associate the pulsar-like phase (eq. 25)
with the GRB afterglow. Eventually, the black hole will
stop spinning down electrodynamically when its magne-
tosphere stops producing the electron-positrons pairs re-
quired to satisfy the force-free condition everywhere, in
analogy to pulsar ‘death’.

3. GRB OBSERVATIONS

Our present GRB model of a 10M" newly formed max-
imally rotating black hole spinning down electrodynam-
ically explores the analogy with the axisymmetric pul-
sar. It is interesting that neither system forms relativis-

Orthogonal GRB 3

responds to Qmax <! G1/2M , i.e. to Bmax ! 1018M!2
10 G

(eq. 19), hence values of Bo <! 1016 G justify the use
of the Kerr metric as an excellent approximation to the
Kerr-Newman one. The point we would like to empha-
size here is that a stellar mass black hole is very naturally
charged during its formation in the collapse of its progen-
itor star, and therefore it can naturally generate its own
dipole magnetic field, even after the external currents are
removed.
The astrophysical problem is more complicated. Obvi-

ously, the electromagnetic field cannot remain that of the
electro-vacuum Kerr-Newman solution. Microphysical
processes will generate a distribution of electron-positron
pair plasma charges and currents that will shorten out
the electric field component parallel to the magnetic field.
The black hole will absorb opposite charges and reduce
its charge. This e!ect will be balanced by an equiva-
lent increase of the rotating magnetospheric charge which
is naturally expected to support an amount of dipolar
magnetic flux given approximately in eq. (21). In this
picture, the source of the exterior magnetic field has
moved from inside the event horizon (the Kerr-Newman
solution) to just outside (Petterson 1975; Takahashi &
Koyama 2009). We must acknowledge that we don’t
know anything about the stability of such a configura-
tion besides the fact that if the black hole engulfs the
above magnetospheric charge, it will revert to the Kerr-
Newman solution, so the whole process will start all over
again. Moreover, matching the above exterior solution
to an interior black hole solution is a problem of consid-
erable astrophysical importance (Ghosh 2000).
During that later pulsar-like phase of the core collapse,

the spindown of the isolated magnetized black hole will
proceed in analogy to the spindown of the axisymmetric
pulsar (e.g. Punsly 1998). Notice that this is an electro-
dynamic (not static) system that holds a rotating mag-
netospheric electric charge which we can only assume to
decrease as
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with n " 0.
The black hole is not maximally rotating anymore.

The magnetosphere will consist of closed and open field
lines, and only the open field lines (those that cross the
light cylinder) will contribute to the black hole spin-
down (see Figure 1). Notice that now ! # 1, there-
fore, " = !"o/2, rh = 2GM/c2, and the reducible black
hole ‘rotational’ energy is equal to M(rh")2 to an ex-
cellent approximation. The axisymmetric pulsar theory
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eq. (23) to obtain " = "(t) and Ė = Ė(t) during this
later phase of the black hole electrodynamic evolution,

from Lyutikov & McKinney 2011 and Lyutikov 2011 by one extra
factor for (!rh/c).
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Figure 1. Poloidal magnetic field lines near the black hole hori-
zon. To panel: initial Blandford-Znajek phase when the black hole
is maximally rotating and the magnetic flux that threads the hori-
zon is held in place by the surrounding equatorial material (Con-
topoulos, Kazanas & Papadopoulos 2013). Bottom panel: pulsar-
like phase when the black hole has slowed down by a factor of
about 4 (Pugliese, Contopoulos & Nathanail 2013, in preparation).
Thicker lines: ergosphere. Dashed lines: light cylinder and inner
light surface.

and show that

"% t!1/(4+2n) , and (24)

Ė% t!(3+n)/(2+n) , (25)

Notice that this result is di!erent from the canonical pul-
sar spindown (eqs. 6 & 7) because a ‘live’ (astrophysical)
pulsar-like black hole loses charge and induced magnetic
flux according to eqs. (21) & (22). It is interesting that
the power law decay exponent observed during the GRB
afterglow phase has a value between -1 and -1.5 (Nousek
et al. 2006), in agreement with eq. (25). This observa-
tion leads us to associate the pulsar-like phase (eq. 25)
with the GRB afterglow. Eventually, the black hole will
stop spinning down electrodynamically when its magne-
tosphere stops producing the electron-positrons pairs re-
quired to satisfy the force-free condition everywhere, in
analogy to pulsar ‘death’.

3. GRB OBSERVATIONS

Our present GRB model of a 10M" newly formed max-
imally rotating black hole spinning down electrodynam-
ically explores the analogy with the axisymmetric pul-
sar. It is interesting that neither system forms relativis-
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tic jets on its own, except of course if there is a sur-
rounding medium that collimates the black hole/pulsar
wind which is nearly isotropic beyond the light cylin-
der (Figure 1). As in pulsars, high energy radiation
is generated through reconnection and particle acceler-
ation processes in the equatorial magnetospheric cur-
rent sheet (Lyubarsky & Kirk 2001; Li, Spitkovsky &
Tchekhovskoy 2012; Kalapotharakos et al. 2012). In
that respect, our model is ‘orthogonal’ to the standard
GRB model where all the action takes place along a rela-
tivistic jet emitted along the rotation and magnetic axis.
We can compare our model with observations. In order

to do that, we need to take into account the source’s
cosmological redshift z. The observed decay time !BZ obs
is related to !BZ as

!BZ obs = !BZ(1 + z) . (26)

Straightforward fits of typical GRB light curves (Evans et
al. 2007, 2009) with initial exponential decay and known
redshifts yield

!BZ ! 10" 100 sec (27)

(Table 1, Figure 2). Our model predicts that

Ėo!BZ = 1055M10 erg, (28)

and therefore, eq. (27) yields Ėo ! 1053 " 1054 erg/sec,
and Bo16 ! 1 (eq. 17). Notice that the black hole spin
down time is much longer than the initial rotational pe-
riod of about 1 msec.
The black hole spindown luminosity Ėo is not directly

observable. In analogy to pulsars, though, some fraction
of it f will be emitted in the form of high energy radi-
ation (X-rays, "-rays) generated by electrons/positrons
accelerated electrostatically in the equatorial magneto-
spheric current sheet. For a given luminosity distance
dL and observed high energy radiation flux F ,

Ėrad # fĖo = 4#fd2LF (29)

under the assumption of isotropic emission. Therefore,
in order to test eq. (28), one needs to know f . If a cor-
relation between !BZ and Ėrad is confirmed in the few
GRB cases with known redshift and a clear exponential
luminosity decay during the initial phase of the burst,
this will allow us to use GRBs as standard candles in
Cosmology.
We conclude that the light curves of long dura-

tion gamma-ray bursts may yield important information
about the electrodynamic processes that take place on
the horizon of a spinning black hole.

We would like to thank the referee, Dr. Maxim Lyu-
tikov, whose sharp criticism led us to reconsider our
model for the GRB afterglow phase. This work made
use of data supplied by the UK Swift Science Data Cen-
tre at the University of Leicester, and was supported by
the General Secretariat for Research and Technology of
Greece and the European Social Fund in the framework
of Action ‘Excellence’.
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Figure 2. X-ray light curve data for GRB 060614A (dots) and
fits of early Blandford-Znajek phase (red line) and late pulsar-like
afterglow (blue line).

Table 1
GRB Observationsa

Name z dL F !BZ obs Ėrad · !BZ

Gpc erg
s cm2 s 1053 erg

050502Bb 5.2 50.2 10!7 74 4
060614A 0.125 0.6 10!6 48 0.02
080307 10!7 200
090814A 2.2 17.8 10!7 85 1
120401A 10!8 150
130701A 1.155 8 10!6 180 6
aEstimates of F from peak 15-150 keV photon flux (Swift

data archive)
bRedshift estimate from Afonso et al. 2011
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A BH can have a late pulsar like 
spin-down.

Can a BH have a net charge?

Orthogonal GRB 3

responds to Qmax <! G1/2M , i.e. to Bmax ! 1018M!2
10 G

(eq. 19), hence values of Bo <! 1016 G justify the use
of the Kerr metric as an excellent approximation to the
Kerr-Newman one. The point we would like to empha-
size here is that a stellar mass black hole is very naturally
charged during its formation in the collapse of its progen-
itor star, and therefore it can naturally generate its own
dipole magnetic field, even after the external currents are
removed.
The astrophysical problem is more complicated. Obvi-

ously, the electromagnetic field cannot remain that of the
electro-vacuum Kerr-Newman solution. Microphysical
processes will generate a distribution of electron-positron
pair plasma charges and currents that will shorten out
the electric field component parallel to the magnetic field.
The black hole will absorb opposite charges and reduce
its charge. This e!ect will be balanced by an equiva-
lent increase of the rotating magnetospheric charge which
is naturally expected to support an amount of dipolar
magnetic flux given approximately in eq. (21). In this
picture, the source of the exterior magnetic field has
moved from inside the event horizon (the Kerr-Newman
solution) to just outside (Petterson 1975; Takahashi &
Koyama 2009). We must acknowledge that we don’t
know anything about the stability of such a configura-
tion besides the fact that if the black hole engulfs the
above magnetospheric charge, it will revert to the Kerr-
Newman solution, so the whole process will start all over
again. Moreover, matching the above exterior solution
to an interior black hole solution is a problem of consid-
erable astrophysical importance (Ghosh 2000).
During that later pulsar-like phase of the core collapse,

the spindown of the isolated magnetized black hole will
proceed in analogy to the spindown of the axisymmetric
pulsar (e.g. Punsly 1998). Notice that this is an electro-
dynamic (not static) system that holds a rotating mag-
netospheric electric charge which we can only assume to
decrease as
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with n " 0.
The black hole is not maximally rotating anymore.

The magnetosphere will consist of closed and open field
lines, and only the open field lines (those that cross the
light cylinder) will contribute to the black hole spin-
down (see Figure 1). Notice that now ! # 1, there-
fore, " = !"o/2, rh = 2GM/c2, and the reducible black
hole ‘rotational’ energy is equal to M(rh")2 to an ex-
cellent approximation. The axisymmetric pulsar theory
now yields
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which is proportional to "6+2n. As before, one can solve
eq. (23) to obtain " = "(t) and Ė = Ė(t) during this
later phase of the black hole electrodynamic evolution,

from Lyutikov & McKinney 2011 and Lyutikov 2011 by one extra
factor for (!rh/c).
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Figure 1. Poloidal magnetic field lines near the black hole hori-
zon. To panel: initial Blandford-Znajek phase when the black hole
is maximally rotating and the magnetic flux that threads the hori-
zon is held in place by the surrounding equatorial material (Con-
topoulos, Kazanas & Papadopoulos 2013). Bottom panel: pulsar-
like phase when the black hole has slowed down by a factor of
about 4 (Pugliese, Contopoulos & Nathanail 2013, in preparation).
Thicker lines: ergosphere. Dashed lines: light cylinder and inner
light surface.

and show that

"% t!1/(4+2n) , and (24)

Ė% t!(3+n)/(2+n) , (25)

Notice that this result is di!erent from the canonical pul-
sar spindown (eqs. 6 & 7) because a ‘live’ (astrophysical)
pulsar-like black hole loses charge and induced magnetic
flux according to eqs. (21) & (22). It is interesting that
the power law decay exponent observed during the GRB
afterglow phase has a value between -1 and -1.5 (Nousek
et al. 2006), in agreement with eq. (25). This observa-
tion leads us to associate the pulsar-like phase (eq. 25)
with the GRB afterglow. Eventually, the black hole will
stop spinning down electrodynamically when its magne-
tosphere stops producing the electron-positrons pairs re-
quired to satisfy the force-free condition everywhere, in
analogy to pulsar ‘death’.

3. GRB OBSERVATIONS

Our present GRB model of a 10M" newly formed max-
imally rotating black hole spinning down electrodynam-
ically explores the analogy with the axisymmetric pul-
sar. It is interesting that neither system forms relativis-
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Figure 1. Poloidal magnetic field lines near the black hole hori-
zon. To panel: initial Blandford-Znajek phase when the black hole
is maximally rotating and the magnetic flux that threads the hori-
zon is held in place by the surrounding equatorial material (Con-
topoulos, Kazanas & Papadopoulos 2013). Bottom panel: pulsar-
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Notice that this result is di!erent from the canonical pul-
sar spindown (eqs. 6 & 7) because a ‘live’ (astrophysical)
pulsar-like black hole loses charge and induced magnetic
flux according to eqs. (21) & (22). It is interesting that
the power law decay exponent observed during the GRB
afterglow phase has a value between -1 and -1.5 (Nousek
et al. 2006), in agreement with eq. (25). This observa-
tion leads us to associate the pulsar-like phase (eq. 25)
with the GRB afterglow. Eventually, the black hole will
stop spinning down electrodynamically when its magne-
tosphere stops producing the electron-positrons pairs re-
quired to satisfy the force-free condition everywhere, in
analogy to pulsar ‘death’.
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Our present GRB model of a 10M" newly formed max-
imally rotating black hole spinning down electrodynam-
ically explores the analogy with the axisymmetric pul-
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There are few well defined properties of GRBs that 
constrain directly the engine
Late activity / Extended Emission clearly point to long 
lived engine
The standard BH Collapsar is in general less 
constrained but more adaptable
The Millisecond Magnetar model naturally provides a 
long lived engine, but it is more constrained
Not clear what is the imprint of different engines on 
the associated SN or KN
The magnetar model is more promising for SGRBs
Beware that at the end, engines can be made to look 
quite similar!
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