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The MeV domain (MeV…~1 GeV)
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Solar modulation

CR spectrum known with very large 
uncertainties in the MeV range 
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The MeV domain: the SNR W28
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Fig. 1. (Left) The W28 complex on large scales. Grayscale (in �) and thick contours show TeV emission as seen by HESS
(levels are 4 to 6 �). Red contours show the CO(1-0) emission (Dame et al. 2001) integrated over 15-25 km s�1 and magenta

contours trace the emission integrated over 5-15 km s�1 (levels are 40 to 70 K km s�1 by 5). Crosses show the positions observed
with the IRAM-30m and discussed in this paper. The blue contours show the 20 cm free-free emission in the M20 region (Yusef-
Zadeh et al. 2000). The blue circle gives the approximate radio boundary of the SNR W28 (Brogan et al. 2006). (Right) The
northern cloud in the W28 complex (zoom on the black box). The red contours show the CO(3 � 2) emission in K km s�1,
integrated over 15-25 km s�1

(levels are 15 to 130 K km s

�1
by 5) (Lefloch et al. 2008). Diamonds show the locations of OH

masers in the region (Claussen et al. 1997).

involving electron CR. In this alternative scenario, the �-
ray emission can be explained mainly by inverse Compton
scattering of the cosmic microwave background (e.g. Mor-
lino et al. 2009; Abdo et al. 2011). Yet, this scenario cannot
explain the spatial correlation of TeV emission with molec-
ular clouds. Moreover, recent observations of the IC443 and
W44 SNR with the Fermi -LAT telescope (Ackermann et al.
2013) specifically support a hadronic origin of �-rays, con-
sistent with the so-called SNR paradigm for the origin of
primary CR (see e.g. Hillas 2005, for a review).

CR protons with kinetic energy below the ⇡ 280 MeV
threshold of ⇡0 production cannot be traced by the emis-
sion of �-rays. Nevertheless, recent calculations suggest that
the ionization of UV-shielded gas is mostly due to keV-GeV
protons (Padovani et al. 2009). Accordingly, low-energy CR
protons can be traced indirectly by measuring the ioniza-
tion fraction of the dense gas. It has thus been proposed
that an enhanced electron abundance in molecular clouds
located in the vicinity of SNR could be the smoking gun
for the presence of freshly accelerated CR, with energies
. 1 GeV.

This idea was put forward by Ceccarelli et al. (2011)
(hereafter CC2011), who measured the ionization fraction
xe = n(e�)/nH in the W51C molecular cloud, located in
the vicinity of the W51 SNR. The detection of TeV emis-
sion by both HESS and MAGIC telescopes close to the
molecular cloud is evidence of a physical interaction with
the SNR. This supports the idea of the pion-decay pro-
duction of �-rays with W51C acting as a �-ray emitter.
Indeed, in CC2011, an enhanced ionization fraction was re-
ported towards one position, W51C-E, which required a CR
ionization rate two orders of magnitude larger than the typ-
ical value of 1⇥ 10�17 s�1 in molecular clouds. Altogether,

this observational evidence strongly supports the hadronic
scenario of �-ray production, at least for W51.

Complementary studies of the CR ionization
rate in several diffuse clouds close to SNR have
been carried out using different techniques, such
as H+

3 absorption (McCall et al. 2003). Also, these
studies show an enhancement of a factor of 10-100
of the CRI rate (Indriolo et al. 2010; Indriolo &
McCall 2012) with respect to the canonical value.
However, the interpretation is not straightforward,
as Padovani et al. (2009) showed that the penetra-
tion into the cloud of high energy CR results into
an enhanced CRI in low density molecular clouds
even in absence of an increased CR flux.

The combined observations of two extreme energy
ranges, namely TeV and millimeter, seems a powerful
method to characterize an enhanced concentration of pro-
ton CR. It also gives additional evidence supporting a phys-
ical interaction of the SNR shock with molecular clouds.
From a theoretical point of view, it is expected that the
most energetic CR protons diffuse at larger distances ahead
of the SNR shock front, whilst the low-energy tail of the
distribution remains closer. As a consequence, one expects
that any ionization enhancement by low energy CR should
be localized accordingly. In CC2011, however, only one lo-
cation could be used to derive the ionization fraction, and
no constraint could be given regarding the spatial distribu-
tion of the ionization and therefore the diffusion properties
of CR.

The aim of this paper is to present measurements of the
ionization fraction within the molecular clouds in the vicin-
ity of the W28 SNR. The paper is organized as follows. In
Section 2, the W28 association is presented, with particu-
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The GeV-TeV domain: cosmic rays
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Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.

9

Leptonic…

Fi
nk

e&
D

er
m

er
20

12

RXJ 1713

synchrotron

X-rays



Do SNRs accelerate the bulk of CRs?

MeV              GeV              TeV              PeV              EeV              ZeV

RXJ1713 - HESS

The Astrophysical Journal, 751:65 (12pp), 2012 May 20 Finke & Dermer

Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.
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Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.
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Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.
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Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.
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Table 2
RX J1713.7−3946 Model Parameters

Parameter Symbol Model 1 (baseline) Model 2 Model 3 Model 4 Model 5

Blast energy (erg) E 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051 1.6 × 1051

Initial mass (M⊙) M0 1.6 1.6 1.6 6.4 0.4
Initial velocity (cm s−1) v0 1.0 × 109 1.0 × 109 1.0 × 109 5 × 108 2.0 × 109

ICM density (cm−3) nICM 0.2 0.2 0.2 0.2 0.2
Sedov time (yr) ts 420 420 420 1300 132

Magnetic field (µG) B 12 60 2.4 12 12
Cooling constant (s−1) ν 2.2 × 10−19 4.7 × 10−18 3.7 × 10−20 2.2 × 10−19 2.2 × 10−19

Cooling electron Lorentz factor (νt)−1 9.1 × 107 4.2 × 106 5.4 × 108 9.1 × 107 9.1 × 107

Low energy electron cutoff γ1 10 10 10 10 10
High energy electron cutoff γ2 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108 3.1 × 108

Injection spectral index q 2.1 2.1 2.1 2.1 2.1
Electron acceleration efficiency ηe 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5 5.0 × 10−5
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Figure 10. Multi-zone model fit to RX J1713.7−3946. Curves show the total
emission from the knots and overall shock combined (black solid curve) as well
as synchrotron emission (dot-dashed curves), Compton-scattered CMB (dashed
curves), Compton-scattered IIRF (dotted curves), and SSC (double dot-dashed
curves) from the overall shock and knots.
(A color version of this figure is available in the online journal.)

themselves could contribute a significant amount to the γ -ray
emission from the source.

Smaller knots emitting synchrotron, SSC, and Comptonized
CMB and IIRF radiation were added to Model 1, as seen in
Figure 10. The much smaller volume of these knots results in
large synchrotron energy densities in the knots, with strong SSC
emission at GeV energies. This fit has the number of zones taken
to be Nknots = 100, with each zone having Bknots = 16 µG,
radii Rknot = 1 mpc, and an electron distribution that spans
from γknot,1 = 10 to γknot,2 = 1.4 × 108 with a break at
γknot,brk = 4.7 × 107 with Ne,knot(γ ) ∝ γ −2.3 for γ < γknot,brk
and Ne,knot(γ ) ∝ γ −3.3 for γ > γknot,brk. As can be seen in
Figure 10, this reproduces the SED well and makes interesting
predictions.

The synchrotron component is dominated by the large first
zone that effectively represents the entire remnant, which also
makes the bulk of the TeV radiation. Emission !1 TeV is
dominated by the Compton-scattered CMB of the remnant as
a whole, while in the range of the joint LAT/HESS window at
"1 TeV the γ -rays arise from the SSC component in the knots.
The angular resolution of the LAT is generally worse than 0.◦1.
At a distance of 1 kpc, the 1 mpc knots will have an angular
radius of 0.′′2 and thus cannot be resolved with LAT. CTA will

have an angular resolution of ∼1′ (Actis et al. 2011) and will
also not be able to distinguish the variable and non-variable
X-ray knots seen by Uchiyama et al. (2007) either, even if they
radiate in γ -rays. However, if the low- and high-energy γ -rays
come from different components, maps of RX J1713.7−3946
made with CTA may be different at lower ("1 TeV) and higher
(!1 TeV) energies, with the higher energy maps being in closer
agreement with X-ray ones. This may allow this multi-zone
model to be tested.

The knots contribute ∼10% to the X-ray emission of the
remnant, consistent with observations from Uchiyama et al.
(2003). They are also much lower than the values inferred from
variability by Uchiyama et al. (2007). However, there seem to
be many knots that are not variable, which could reflect a lower
magnetic field.

4. DISCUSSION AND CONCLUSIONS

The SNR RX J1713.7−3946 occupies an important place
in γ -ray studies of SNRs. Its TeV emission was first detected
with the CANGAROO experiment (Muraishi et al. 2000). Based
on further CANGAROO observations, Enomoto et al. (2002)
claimed that a standard leptonic synchrotron/EC-CMB model
did not fit these data, including the EGRET upper limit. Reimer
& Pohl (2002) argued that EGRET upper limits rule out a
hadronic origin, but diffusion of high-energy particles upstream
of the shock can harden nuclear emission (Malkov & Diamond
2006). Aharonian et al. (2004) produced the first resolved γ -ray
image of an SNR by HESS. Further HESS observations found
that the X-ray and VHE γ -rays were spatially well correlated
(Aharonian et al. 2006). Porter et al. (2006) found, however, that
Compton-scattered Galactic background photons, in addition to
CMB photons, could help to explain the RX J1713.7−3946
VHE emission in leptonic models. Still further HESS observa-
tions detected the remnant out to ∼100 TeV (Aharonian et al.
2007). Li et al. (2011) provide a good fit to the full SED including
the LAT spectrum with a model similar to Porter et al. (2006),
including Compton scattering of interstellar infrared photons.
As discussed above in Section 3.1, they assumed that the source
was at a distance of 6 kpc from us, closer to the Galactic cen-
ter where the IIRF is much more intense. However, we think
the molecular cloud and X-ray absorption evidence points to
RX J1713.7−3946 most likely being at d = 1 kpc. This empha-
sizes the crucial importance of an accurate distance measure-
ment to SNR modeling.
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Direct (pion bump seen by FERMI&AGILE) and indirect (illuminated 
molecular clouds) evidence/hint for the acceleration of CR protons in SNRs. 
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Figure 4. Maximum energy as a function of time for the evolution of a SNR in various environments. Left: The black, red, and yellow
curves indicate E

max

for a CSM created by wind velocities of 4.7, 15, and 1000 km s�1 respectively, and a mass loss rate of Ṁ = 10�5 M�
in all three cases. Right: The black and red curve indicate E

max

for an ISM with a number density of 0.85 and 0.05 cm�3 respectively.
The dashed line shows the analytical solution given by Eq. 4, using ln(E

max

/m
p

c2) = 14, whereas the solid line shows the numerically
integrated solution for the maximum energy that takes into time dependence of the shock velocity. The steep drop is where the NRH
instability stops being e↵ective and where other instabilities will be required to grow the magnetic field fluctuations.

Figure 5. Shock velocity as a function of time for the evolution of a SNR in various environments. Left: CSM for various values of the
wind velocity, as in Fig. 4. The solid lines indicate the shock velocity and the dotted lines give the number density just upstream of the
shock as a function of time. Right: evolution of the shock velocity for the two di↵erent values for the ISM number density.

evolution, and especially in the core-collapse SNe in a dense
RSG wind, which are representative for the early stages of
most type II SNe. However, with our assumed model param-
eters we get to about a PeV but not to much beyond, and
only for SNRs younger than a few decades. Potentially, if a
proper description for the magnetic field around a massive
star is taken into account, this may shift the numbers.

There are a couple of ways to increase the cosmic ray
energy compared with the current analysis. Firstly, some
change in E

max

may be gained by adjusting the explosion
parameters: mass and energy of the ejecta. Pushing the mass
to an extreme low and the energy to a high will increase
the maximum cosmic ray energy some – by virtue of the
higher shock velocity – depending on the density of the en-
vironment. Secondly, the energy of the cosmic rays may be

increased by the inclusion of higher Z elements, as was also
argued by Ptuskin et al. (2010). For example, if the wind
were dominated by helium rather than protons, the energy
would increase twofold. Observations of the cosmic rays seem
to indicate that the mean mass of the cosmic rays seems to
go up between several 100s of TeV and 10 PeV (Kampert
& Unger 2012; IceCube Collaboration et al. 2012), which is
very interesting in light of these results. The systematic un-
certainties are quite large and the interpretation model de-
pendent, which allows for a wide range of energies at which
the composition might change. However, both of these meth-
ods to increase the cosmic ray energy are mostly applicable
to the case we describe for a WR wind – in a tenuous envi-
ronment the higher shock velocity survives longer, and the
dominance of helium versus hydrogen may be expected. Be-
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Figure 5. Shock velocity as a function of time for the evolution of a SNR in various environments. Left: CSM for various values of the
wind velocity, as in Fig. 4. The solid lines indicate the shock velocity and the dotted lines give the number density just upstream of the
shock as a function of time. Right: evolution of the shock velocity for the two di↵erent values for the ISM number density.

evolution, and especially in the core-collapse SNe in a dense
RSG wind, which are representative for the early stages of
most type II SNe. However, with our assumed model param-
eters we get to about a PeV but not to much beyond, and
only for SNRs younger than a few decades. Potentially, if a
proper description for the magnetic field around a massive
star is taken into account, this may shift the numbers.

There are a couple of ways to increase the cosmic ray
energy compared with the current analysis. Firstly, some
change in E

max

may be gained by adjusting the explosion
parameters: mass and energy of the ejecta. Pushing the mass
to an extreme low and the energy to a high will increase
the maximum cosmic ray energy some – by virtue of the
higher shock velocity – depending on the density of the en-
vironment. Secondly, the energy of the cosmic rays may be

increased by the inclusion of higher Z elements, as was also
argued by Ptuskin et al. (2010). For example, if the wind
were dominated by helium rather than protons, the energy
would increase twofold. Observations of the cosmic rays seem
to indicate that the mean mass of the cosmic rays seems to
go up between several 100s of TeV and 10 PeV (Kampert
& Unger 2012; IceCube Collaboration et al. 2012), which is
very interesting in light of these results. The systematic un-
certainties are quite large and the interpretation model de-
pendent, which allows for a wide range of energies at which
the composition might change. However, both of these meth-
ods to increase the cosmic ray energy are mostly applicable
to the case we describe for a WR wind – in a tenuous envi-
ronment the higher shock velocity survives longer, and the
dominance of helium versus hydrogen may be expected. Be-

c� 2010 RAS, MNRAS 000, 1–14

Schure & Bell 2013/2014

PeV

~10-100 yr age of the SNR

~1 P
eVat

ron 
in th

e Ga
laxy

!

Bell 2004

Two primary methods for field amplification

! !

!

"#

⊥!"#
!"
#

Magnetic fluctuation on same scale as cosmic ray gyroradius –
resonant transfer of momentum to waves (driven by jcr?)
Sagdeev, Shevchenko,Wentzel, Lerche, Melrose, Bell, etc.

! !

!

"#

⊥!"#
!"
#

#!"$$

Magnetic fluctuations on scale ⌧ cosmic ray gyroradius –
asymmetry between unmagnetised CRs and magnetised
thermal plasma (growth driven by jcrk)
Bell 04, 05, Marcowith et al 06, BR et al 06

escaping CRs



MeV              GeV              TeV              PeV              EeV              ZeV

Indirect detection of PeVatrons?

vs

CRs escape the SNR

�

�

MCs enhance the 
gamma ray emission

this is you

taccPeV ⇡ 30 yr

SG & Aharonian 2007

tdiffPeV ⇡ 5000

✓
d

100 pc

◆2 ✓ DPeV

1029cm2/s

◆�1

yr



The EeV domain (1016 eV-1019 eV)

MeV              GeV              TeV              PeV              EeV              ZeV

RL(10
19 eV) ⇠ 3.6 kpc

Milky Way

Transition from Galactic to 
extra-galactic Cosmic Rays



The EeV domain (1016 eV-1019 eV)

MeV              GeV              TeV              PeV              EeV              ZeV

RL(10
19 eV) ⇠ 3.6 kpc

iron

Milky Way

Transition from Galactic to 
extra-galactic Cosmic Rays



The EeV domain: Galactic-Extragalactic

MeV              GeV              TeV              PeV              EeV              ZeV

knee second knee ankle



The EeV domain: Galactic-Extragalactic

MeV              GeV              TeV              PeV              EeV              ZeV

knee second knee ankle

most natural transition -> ankle 
steep+hard component 

(e.g. Allard+ 2005 … 2012)



The EeV domain: Galactic-Extragalactic

MeV              GeV              TeV              PeV              EeV              ZeV

knee second knee ankle

most natural transition -> ankle 
steep+hard component 

(e.g. Allard+ 2005 … 2012)

for a competing scenario (transition at 
the second knee, hard->steep ?) see 

several papers by Aloisio+, Berezinsky+ …see also talk by G. Giacinti
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index of !2 and weighted to E!3 to better represent the
index of the measured data in this energy range. For the
simulations, a composition of five elements (H, He, CNO,
Si, and Fe) with equal abundances has been used. The
reconstructed light spectra show a significant difference
in composition, where EPOS generated data result in a
much lighter composition. This is probably caused by the
fact that EPOS predicts more muons compared to QGSJet-
II and, therefore, the ratio of Nch to N! is smaller for a

given number of charged particles resulting in a larger k
value. Especially helium events migrate (by calibrating
with QGSJet-II) to the heavy mass group. This effect might
be slightly compensated by the higher reconstructed
energy of the events [18]. Using an EPOS calibration, the
measured showers appear to originate from lighter primar-
ies and of lower energy compared to the QGSJet-II cali-
bration. Figure 3 also demonstrates that the selection of
events according to the k parameter does not induce any
artificial structures in the spectra of light primaries. If the
data are well described by QGSJet-II, then the spectrum of
light primaries with the separation between He and CNO
should consist mainly of protons and helium, maybe with
some additional, less abundant elements between helium
and carbon. This can be seen in Fig. 3, where the combined
simulated proton and helium component for QGSJet-II is
in good agreement with the reconstructed spectrum of light
elements, which has been obtained by applying the
QGSJet-II based reconstruction and selection criteria to
the data simulated using QGSJet-II. Assuming that the
data simulated with EPOS are closer to real data, then
the measured spectrum of light particles is an almost
pure proton spectrum. The simulated proton spectrum for
EPOS is similar to the reconstructed spectrum of light
primaries, which have been derived from EPOS generated
events using again the QGSJet-II based reconstruction and
selection criteria. According to QGSJet-II, the spectrum of
heavy elements for the same separation would contain
carbon and primaries heavier than that. For EPOS it should
also contain most of the helium component.

In Fig. 4, the results of the present analysis are shown. To
cross-check the results from Ref. [8] the all-particle spec-
trum and the spectrum of light primaries for the former used
area and data are compared with the ones obtained with
higher statistics from the present studies. Both all-particle
spectra and spectra of light elements based on the separation
between CNO and Si are in good agreement. The spectra of
light and heavy particles with the separation between He and
CNO are obtained using the separation line shown in Fig. 2.
The spectrum of the heavy component, which now contains
also the medium mass component, exhibits a change of
index at E ¼ 1016:88#0:03 eV and it therefore agrees inside
the corresponding uncertainty with the previous result [8]

at Eheavy
knee ¼ 1016:92#0:04 eV. The hardening or ankle-like

feature visible in the enriched spectrum of light primaries
is more prominent compared to the one that includes the

CNO component. Although statistics gets quite low for the
spectrum of light elements with the separation on He
(obtained by a fit to the mean k values for He in Fig. 2), it
is obvious that it cannot be described by one single power
law only. Formula (4) [19] is used for fitting the spectra of
the light and heavy components:

dI

dE
ðEÞ ¼ I0 & E"1 &

!
1þ

"
E

Eb

#
#
$ð"1!"2Þ=#

;

I0: normalization factor;

"1=2: index before/after the bending;

Eb: energy of the break position;

#: smoothness of the break:

(4)

As shown in Fig. 5, a change of the spectral index from
"1 ¼ !3:25# 0:05 to "2 ¼ !2:79# 0:08 at an energy of
1017:08#0:08 eV is observed for the light component. The
dashed lines mark the systematic error band for the sepa-
ration between He and CNO obtained by using the selec-
tion shown in Fig. 2. The measured number of events above
the bending isNmeas ¼ 595. Without the bending wewould
expect Nexp ¼ 467 events above this ankle-like feature.
The Poisson probability to measure at least Nmeas events

above the bending, if Nexp events are expected, is PðN (
NmeasÞ ¼

P1
k¼Nmeas

ðN
k
exp

k! eð!NexpÞÞ ) 7:23* 10!09. This cor-

responds to a significance of 5:8$ that in this energy range
the spectrum of light primaries cannot be described by a
single power law. If we shift the separation criteria in order
to obtain an even purer proton sample (sep. on He, Fig. 4)
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FIG. 4 (color online). The all-particle and electron-rich spectra
from the analysis [8] in comparison to the results of this analysis
with higher statistics. In addition to the light and heavy spectrum
based on the separation between He and CNO, the light spectrum
based on the separation on He is also shown. The error bars show
the statistical uncertainties.
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index of !2 and weighted to E!3 to better represent the
index of the measured data in this energy range. For the
simulations, a composition of five elements (H, He, CNO,
Si, and Fe) with equal abundances has been used. The
reconstructed light spectra show a significant difference
in composition, where EPOS generated data result in a
much lighter composition. This is probably caused by the
fact that EPOS predicts more muons compared to QGSJet-
II and, therefore, the ratio of Nch to N! is smaller for a

given number of charged particles resulting in a larger k
value. Especially helium events migrate (by calibrating
with QGSJet-II) to the heavy mass group. This effect might
be slightly compensated by the higher reconstructed
energy of the events [18]. Using an EPOS calibration, the
measured showers appear to originate from lighter primar-
ies and of lower energy compared to the QGSJet-II cali-
bration. Figure 3 also demonstrates that the selection of
events according to the k parameter does not induce any
artificial structures in the spectra of light primaries. If the
data are well described by QGSJet-II, then the spectrum of
light primaries with the separation between He and CNO
should consist mainly of protons and helium, maybe with
some additional, less abundant elements between helium
and carbon. This can be seen in Fig. 3, where the combined
simulated proton and helium component for QGSJet-II is
in good agreement with the reconstructed spectrum of light
elements, which has been obtained by applying the
QGSJet-II based reconstruction and selection criteria to
the data simulated using QGSJet-II. Assuming that the
data simulated with EPOS are closer to real data, then
the measured spectrum of light particles is an almost
pure proton spectrum. The simulated proton spectrum for
EPOS is similar to the reconstructed spectrum of light
primaries, which have been derived from EPOS generated
events using again the QGSJet-II based reconstruction and
selection criteria. According to QGSJet-II, the spectrum of
heavy elements for the same separation would contain
carbon and primaries heavier than that. For EPOS it should
also contain most of the helium component.

In Fig. 4, the results of the present analysis are shown. To
cross-check the results from Ref. [8] the all-particle spec-
trum and the spectrum of light primaries for the former used
area and data are compared with the ones obtained with
higher statistics from the present studies. Both all-particle
spectra and spectra of light elements based on the separation
between CNO and Si are in good agreement. The spectra of
light and heavy particles with the separation between He and
CNO are obtained using the separation line shown in Fig. 2.
The spectrum of the heavy component, which now contains
also the medium mass component, exhibits a change of
index at E ¼ 1016:88#0:03 eV and it therefore agrees inside
the corresponding uncertainty with the previous result [8]

at Eheavy
knee ¼ 1016:92#0:04 eV. The hardening or ankle-like

feature visible in the enriched spectrum of light primaries
is more prominent compared to the one that includes the

CNO component. Although statistics gets quite low for the
spectrum of light elements with the separation on He
(obtained by a fit to the mean k values for He in Fig. 2), it
is obvious that it cannot be described by one single power
law only. Formula (4) [19] is used for fitting the spectra of
the light and heavy components:

dI

dE
ðEÞ ¼ I0 & E"1 &

!
1þ

"
E

Eb

#
#
$ð"1!"2Þ=#

;

I0: normalization factor;

"1=2: index before/after the bending;

Eb: energy of the break position;

#: smoothness of the break:

(4)

As shown in Fig. 5, a change of the spectral index from
"1 ¼ !3:25# 0:05 to "2 ¼ !2:79# 0:08 at an energy of
1017:08#0:08 eV is observed for the light component. The
dashed lines mark the systematic error band for the sepa-
ration between He and CNO obtained by using the selec-
tion shown in Fig. 2. The measured number of events above
the bending isNmeas ¼ 595. Without the bending wewould
expect Nexp ¼ 467 events above this ankle-like feature.
The Poisson probability to measure at least Nmeas events

above the bending, if Nexp events are expected, is PðN (
NmeasÞ ¼

P1
k¼Nmeas

ðN
k
exp

k! eð!NexpÞÞ ) 7:23* 10!09. This cor-

responds to a significance of 5:8$ that in this energy range
the spectrum of light primaries cannot be described by a
single power law. If we shift the separation criteria in order
to obtain an even purer proton sample (sep. on He, Fig. 4)
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FIG. 4 (color online). The all-particle and electron-rich spectra
from the analysis [8] in comparison to the results of this analysis
with higher statistics. In addition to the light and heavy spectrum
based on the separation between He and CNO, the light spectrum
based on the separation on He is also shown. The error bars show
the statistical uncertainties.
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index of !2 and weighted to E!3 to better represent the
index of the measured data in this energy range. For the
simulations, a composition of five elements (H, He, CNO,
Si, and Fe) with equal abundances has been used. The
reconstructed light spectra show a significant difference
in composition, where EPOS generated data result in a
much lighter composition. This is probably caused by the
fact that EPOS predicts more muons compared to QGSJet-
II and, therefore, the ratio of Nch to N! is smaller for a

given number of charged particles resulting in a larger k
value. Especially helium events migrate (by calibrating
with QGSJet-II) to the heavy mass group. This effect might
be slightly compensated by the higher reconstructed
energy of the events [18]. Using an EPOS calibration, the
measured showers appear to originate from lighter primar-
ies and of lower energy compared to the QGSJet-II cali-
bration. Figure 3 also demonstrates that the selection of
events according to the k parameter does not induce any
artificial structures in the spectra of light primaries. If the
data are well described by QGSJet-II, then the spectrum of
light primaries with the separation between He and CNO
should consist mainly of protons and helium, maybe with
some additional, less abundant elements between helium
and carbon. This can be seen in Fig. 3, where the combined
simulated proton and helium component for QGSJet-II is
in good agreement with the reconstructed spectrum of light
elements, which has been obtained by applying the
QGSJet-II based reconstruction and selection criteria to
the data simulated using QGSJet-II. Assuming that the
data simulated with EPOS are closer to real data, then
the measured spectrum of light particles is an almost
pure proton spectrum. The simulated proton spectrum for
EPOS is similar to the reconstructed spectrum of light
primaries, which have been derived from EPOS generated
events using again the QGSJet-II based reconstruction and
selection criteria. According to QGSJet-II, the spectrum of
heavy elements for the same separation would contain
carbon and primaries heavier than that. For EPOS it should
also contain most of the helium component.

In Fig. 4, the results of the present analysis are shown. To
cross-check the results from Ref. [8] the all-particle spec-
trum and the spectrum of light primaries for the former used
area and data are compared with the ones obtained with
higher statistics from the present studies. Both all-particle
spectra and spectra of light elements based on the separation
between CNO and Si are in good agreement. The spectra of
light and heavy particles with the separation between He and
CNO are obtained using the separation line shown in Fig. 2.
The spectrum of the heavy component, which now contains
also the medium mass component, exhibits a change of
index at E ¼ 1016:88#0:03 eV and it therefore agrees inside
the corresponding uncertainty with the previous result [8]

at Eheavy
knee ¼ 1016:92#0:04 eV. The hardening or ankle-like

feature visible in the enriched spectrum of light primaries
is more prominent compared to the one that includes the

CNO component. Although statistics gets quite low for the
spectrum of light elements with the separation on He
(obtained by a fit to the mean k values for He in Fig. 2), it
is obvious that it cannot be described by one single power
law only. Formula (4) [19] is used for fitting the spectra of
the light and heavy components:

dI

dE
ðEÞ ¼ I0 & E"1 &

!
1þ

"
E

Eb

#
#
$ð"1!"2Þ=#

;

I0: normalization factor;

"1=2: index before/after the bending;

Eb: energy of the break position;

#: smoothness of the break:

(4)

As shown in Fig. 5, a change of the spectral index from
"1 ¼ !3:25# 0:05 to "2 ¼ !2:79# 0:08 at an energy of
1017:08#0:08 eV is observed for the light component. The
dashed lines mark the systematic error band for the sepa-
ration between He and CNO obtained by using the selec-
tion shown in Fig. 2. The measured number of events above
the bending isNmeas ¼ 595. Without the bending wewould
expect Nexp ¼ 467 events above this ankle-like feature.
The Poisson probability to measure at least Nmeas events

above the bending, if Nexp events are expected, is PðN (
NmeasÞ ¼

P1
k¼Nmeas

ðN
k
exp

k! eð!NexpÞÞ ) 7:23* 10!09. This cor-

responds to a significance of 5:8$ that in this energy range
the spectrum of light primaries cannot be described by a
single power law. If we shift the separation criteria in order
to obtain an even purer proton sample (sep. on He, Fig. 4)
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FIG. 4 (color online). The all-particle and electron-rich spectra
from the analysis [8] in comparison to the results of this analysis
with higher statistics. In addition to the light and heavy spectrum
based on the separation between He and CNO, the light spectrum
based on the separation on He is also shown. The error bars show
the statistical uncertainties.
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Fig. 13. Different extrapolations of the lg Ne-distribution for 0.5 PeV proton induced
showers (QGSJet 01).

Second, the form of the tails of the shower size distributions is not known.
Fig. 13 shows an example of the lg Ne–distribution for showers induced by
0.5 PeV protons. Besides the parameterization used, two different extrap-
olations are displayed, the first one with sharp cutoffs at the edges of the
distribution, the second one with an exponential decrease up to higher and
lower values of lg Ne. Within the statistics of the simulations each of these
functions describes the distribution equally well. The influence of these tails
on the shower size spectra and the unfolding result may be quite important
because of the steeply falling primary energy spectra. The displayed parame-
terizations in Fig. 13 can be regarded as extreme assumptions and it has been

Fig. 14. Unfolded energy spectra for H, He, C (left panel) and Si, Fe (right panel)
based on QGSJet simulations. The shaded bands are an estimate of the systematic
uncertainties due to the used parametrizations and the applied unfolding method
(Gold algorithm).
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Second, the form of the tails of the shower size distributions is not known.
Fig. 13 shows an example of the lg Ne–distribution for showers induced by
0.5 PeV protons. Besides the parameterization used, two different extrap-
olations are displayed, the first one with sharp cutoffs at the edges of the
distribution, the second one with an exponential decrease up to higher and
lower values of lg Ne. Within the statistics of the simulations each of these
functions describes the distribution equally well. The influence of these tails
on the shower size spectra and the unfolding result may be quite important
because of the steeply falling primary energy spectra. The displayed parame-
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based on QGSJet simulations. The shaded bands are an estimate of the systematic
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distribution, the second one with an exponential decrease up to higher and
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Second, the form of the tails of the shower size distributions is not known.
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distribution, the second one with an exponential decrease up to higher and
lower values of lg Ne. Within the statistics of the simulations each of these
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on the shower size spectra and the unfolding result may be quite important
because of the steeply falling primary energy spectra. The displayed parame-
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Fig. 13. Different extrapolations of the lg Ne-distribution for 0.5 PeV proton induced
showers (QGSJet 01).

Second, the form of the tails of the shower size distributions is not known.
Fig. 13 shows an example of the lg Ne–distribution for showers induced by
0.5 PeV protons. Besides the parameterization used, two different extrap-
olations are displayed, the first one with sharp cutoffs at the edges of the
distribution, the second one with an exponential decrease up to higher and
lower values of lg Ne. Within the statistics of the simulations each of these
functions describes the distribution equally well. The influence of these tails
on the shower size spectra and the unfolding result may be quite important
because of the steeply falling primary energy spectra. The displayed parame-
terizations in Fig. 13 can be regarded as extreme assumptions and it has been

Fig. 14. Unfolded energy spectra for H, He, C (left panel) and Si, Fe (right panel)
based on QGSJet simulations. The shaded bands are an estimate of the systematic
uncertainties due to the used parametrizations and the applied unfolding method
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Fig. 13. Different extrapolations of the lg Ne-distribution for 0.5 PeV proton induced
showers (QGSJet 01).

Second, the form of the tails of the shower size distributions is not known.
Fig. 13 shows an example of the lg Ne–distribution for showers induced by
0.5 PeV protons. Besides the parameterization used, two different extrap-
olations are displayed, the first one with sharp cutoffs at the edges of the
distribution, the second one with an exponential decrease up to higher and
lower values of lg Ne. Within the statistics of the simulations each of these
functions describes the distribution equally well. The influence of these tails
on the shower size spectra and the unfolding result may be quite important
because of the steeply falling primary energy spectra. The displayed parame-
terizations in Fig. 13 can be regarded as extreme assumptions and it has been

Fig. 14. Unfolded energy spectra for H, He, C (left panel) and Si, Fe (right panel)
based on QGSJet simulations. The shaded bands are an estimate of the systematic
uncertainties due to the used parametrizations and the applied unfolding method
(Gold algorithm).
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?

this is a break and NOT a cutoff 
-> SNR must accelerate protons 

up to 1017 eV 

-> a subset of SNRs accelerate H up to >1017 eV? 
(Ptuskin&Zirakashvili) 

-> SNRs are NOT the sources of CRs? 
(superbubbles? Bykov+, Parizot+) 

-> Emax = Z only if iron is FULLY ionized. Is that true? 
(Morlino)
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RL(10
20eV) ⇠ 36 kpc

extragalactic CRs

see plenary talk by E. Roulet + parallel session



Are SNRs the sources of Galactic CRs? (no, we don’t have the 
answer yet) 
Can diffusive shock acceleration explain the features  observed in 
the CR spectrum? Are they real, by the way? 
When do CRs escape from SNRs? How? And how many? or, do 
SNRs accelerate particles up to the knee? 
Which sources produce the positrons we observe in the CR 
spectrum? Which are the sources of CR electrons? 
Do we understand CR transport in turbulent fields (or, the 
propagation of CRs in the Galaxy)?  
Is the Galactic/extragalactic transition at the ankle? 
What is going on at the transition? Is there another Galactic 
component? Should we search for an alternative (or complement) 
to SNRs?

Conclusions  Questions



Thank you.
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the “other half” of the problem: after acceleration CRs somehow reach us

bottom-up approach

compute the spectrum of magnetic 
turbulence in the ISM (Goldreich & 

Shridhar … ) 
!
!

compute the CR diffusion coefficient in 
the turbulent field (Lazarian+, Yan+, 

Schlickheiser+, Shalchi+ … ) 
!
!

fast magnetosonic waves are now believed 
to be the most effective in scattering CRs



GeV/TeV domain:CR transport in the MW

MeV              GeV              TeV              PeV              EeV              ZeV

the “other half” of the problem: after acceleration CRs somehow reach us

bottom-up approach

compute the spectrum of magnetic 
turbulence in the ISM (Goldreich & 

Shridhar … ) 
!
!

compute the CR diffusion coefficient in 
the turbulent field (Lazarian+, Yan+, 

Schlickheiser+, Shalchi+ … ) 
!
!

fast magnetosonic waves are now believed 
to be the most effective in scattering CRs

top-down approach

parametrize the diffusion coefficient D 
!

solve the diffusion equation for a given 
distribution of sources in the Galaxy 

(Ginzburg and many many many others…) 
!

reproduce observables such as local CR 
spectrum, B/C, diffuse gamma rays … 

!
GALPROP = standard approach 

 homogeneous & isotropic D often assumed 
!

              D ~ D0 E0.3…0.6
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Figure 3. Diffusion coefficient as a function of the Larmor radius in different phases of the ISM: disk (left) and halo (right) for different
values of MA. Particle rigidity is obtained by multiplying rL to the local magnetic field intensity.

magnetic perturbations B̃∥ and can be approximated as
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The corresponding pitch angle diffusion can then be
calculated from:
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where w ≡ k⊥v⊥/Ω and Jn represents the Bessel func-

tion and we neglect the contribution from Alfvénic modes
because of their anisotropy as discussed above.
Unlike Alfvénic turbulence, magnetosonic modes are

subjected to various damping processes that could halt
the cascade. Scattering by fast modes is, therefore, influ-
enced by the medium properties, which determines the
damping. We consider here two different regions in the
Galaxy: the halo in which collisionless damping is domi-
nant and the disk in which viscous damping is additionaly
taken into account. The cutoff scale kc due to damping
can be obtained by equating the cascading rate of fast
modes with the relevant damping rate. In the case of
collisionless damping:

kcL =
4M4

Aγξ
2

πβ(1 − ξ2)2
exp

$

2

βγξ2

%

(5)

where MA ∼ B̃/B is the Alfvénic Mach number, γ ≡
mp/me is the ratio between proton and electron mass,
and β ≡ Pgas/Pmag is the ratio between thermal and
magnetic pressure in the ISM. Note that the scale kc de-
pends on the wave pitch angle ξ, which makes the damp-
ing anisotropic. In the disk the Coulomb collisional mean
free path is lmfp ∼ 6× 1012 cm and β ∼ 0.1, and the vis-
cous damping cut-off scale can be evaluated as:

kcL = xc(1− ξ2)−2/3 (6)

where xc ≡ (6ρRm/vA)
2/3 is a combination of the fol-

lowing parameters: the Alfvén velocity vA, the magnetic
Reynolds number Rm, and the medium density ρ. For
values of these parameters typical of the warm ionized
component of the ISM, e.g., in Ferriere (2001), xc is of
the order of 106.
Equation 4 can be specified for gyro-resonance (DG

µµ,
corresponding to n ̸= 0) and TTD (DT

µµ for n = 0). TTD
arises from Landau type interactions of particles with the
compressive component of magnetic fluctuations (i.e., the
component parallel to the mean magnetic field B0).
Finally, we can compute the spatial diffusion coefficient

by means of the following expression:
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In Figure 3 we show the diffusion coefficient as a func-
tion of the particle rigidity (rL is the particle Larmor
radius) for different values of the level of turbulence ex-
pressed by MA. In the disk-like environment, for a very
turbulent medium MA > 1, the diffusion coefficient ex-
hibits different behaviors above and below the critical
rigidity, rL/L ∼ 10−6, which corresponds7 to a kinetic
energy per nucleon of ∼ 1 GeV assuming B ∼ 1µG and
L = 10 pc) and a dependence D ∼ E0.5 above the break,
as required to explain the observed high-energy B/C ra-
tio. The observed energy dependence is mainly due to
the different behavior with energy of the damping scales
as first proposed in Yan & Lazarian (2002). Diffusion in
the halo is a monotonic increasing function of the en-
ergy, given by the fact that collisionless damping is al-
ways dominant. Depending on the turbulence level the
diffusion coefficient can be approximated as ∼ E0.3−0.4

at higher energies.

7 In the relativistic limit: rL ∼ A
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Figure 4. Comparison of our model with MA = 2 for the disk and
MA = 1 in the halo and modulated with a 100 GV potential against
B/C data. See Table 1 for a reference list of the experimental data.

In general, larger magnetic turbulence corresponds to
more efficient diffusion through the collisionless damping
scale. In Evoli et al. (2012), a similar trend has been
proposed to account for the mismatching between the
inferred CR source distribution from the galaxy diffuse
maps and the SNR observed distributions.
We implement the diffusion coefficients derived for

the different galactic environments in the DRAGON
code (Evoli et al. 2008) to evaluate CR propagation on
a galactic scale. The numerical code solves equation 1 in
the steady-state limit defined as ∂N/∂t → 0, taking into
account an accurate description of CR source, the rele-
vant energy-losses for nuclei in the ISM, and gas density
distributions. In particular, the latter is relevant for sec-
ondary production. DRAGON assumes a diffusion zone
with cylindrical symmetry, within which CRs diffuse and
beyond which they escape, with a radius of R = 20 kpc
and scale height of L = 4 kpc. We assume CRs propa-
gate in the disk unless their mean displacement (∼

√
Dτ )

exceeds the scale height of the warm ionized ISM com-
ponent (h ∼ 1 kpc; Cordes et al. 1991), in which case we
assume halo diffusion. This condition defines the critical
rigidity at which the transition between propagation in
the disk and in the halo takes place. Given that the typ-
ical value of the diffusion coefficient found from the fit
to CR data is D ∼ 3× 1028 cm2 s−1 at energy ∼ 1 GeV
nucleon−1 and τ ∼ 107 yr, it is easy to derive that the
critical rigidity has to be O(100) GV.
In Figure 4, CR spectra obtained in our model, assum-

ing MA,disk = 2 and MA,halo = 1, are plotted against the
B/C ratio. In order to account for solar modulation,
we assume the force-field approximation with a small
potential (100 MV) that can safely reproduce a more
realistic charge-dependent model, as the one presented
in Maccione (2013). Noticeably, the ∼ 1 GeV break
in the B/C can be reproduced without introducing re-

acceleration in the propagation model. According to our
scenario, the spectral break observed in high-energy CR
data is an effect of the change in the turbulence proper-
ties of the ISM as seen by CRs of different energies.
A different explanation for the break has been recently

proposed by Blasi et al. (2012) and Aloisio & Blasi
(2013). According to their findings, the spectral break
stands for the transition from a regime where the scatter-
ing centers are self-generated by waves generated due to
streaming instability to a regime where the instability is
damped and particles diffuse in the external Kolmogorov
turbulence that cascades from larger spatial scales.
Indeed, the slope change could be due to the differ-

ence in the diffusion processes. But the break does
not arise from ion-neutral damping or nonlinear Landau
damping as they discussed, but rather from the suppres-
sion of streaming instability by background turbulence as
first predicted in Yan & Lazarian (2002) and confirmed
by later studies including Farmer & Goldreich (2004);
Yan & Lazarian (2004); Beresnyak & Lazarian (2008).

4. CONCLUSIONS

Diffusion models based on a simplified treatment of CR
interactions with the environment are not adequate to
make predictions in the light of the available/upcoming
data. From the theoretical point of view, it has been
clear that CR propagation in realistic astrophysical tur-
bulence should be revisited in accordance with the re-
cent advances in the understanding of MHD turbulence.
Based on the test models of turbulence, a series of works
carried out by Yan & Lazarian (2002, 2004, 2008) have
demonstrated that CR diffusion is different from earlier
pictures, resulting in a paradigm shift of CR transport
theory. In this work we present for the first time a sce-
nario in which galactic CR propagation is modeled ac-
cording to the NLT developed by Yan & Lazarian (2008)
on the basis of a tested model of turbulence.
We can summarize our results as following:

1. We show that the diffusion coefficient can exhibit
the scaling with energy compatible with observa-
tions if we adopt tested models of turbulence in
which fast modes dominate the scattering of CRs.
Accordingly, the dependence of the spatial diffusion
coefficient with energy naturally occurs due to the
dependence of damping on the local environments.

2. We show that the peak at ∼ 1 GeV n−1 of the
B/C ratio can be reproduced without adding re-
acceleration. We aim to further test this scenario
by comparing our predictions with the interstel-
lar spectra inferred by accurate diffuse synchrotron
and gamma molecular cloud observations.

3. The change of diffusion properties at high energies
can be related to the different behavior of diffusion
in the galactic plane with respect to the halo de-
termined by local ISM properties. Note that a sim-
ilar explanation has been provided by Tomassetti
(2012) even if based on a purely phenomenological
approach.

The results presented in this work can be easily ex-
tended to study nonlocal observables, e.g., diffuse gamma
and synchrotron emission, in a global model in which

Evoli & Yan 2014
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Figure 3. Diffusion coefficient as a function of the Larmor radius in different phases of the ISM: disk (left) and halo (right) for different
values of MA. Particle rigidity is obtained by multiplying rL to the local magnetic field intensity.
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where w ≡ k⊥v⊥/Ω and Jn represents the Bessel func-

tion and we neglect the contribution from Alfvénic modes
because of their anisotropy as discussed above.
Unlike Alfvénic turbulence, magnetosonic modes are

subjected to various damping processes that could halt
the cascade. Scattering by fast modes is, therefore, influ-
enced by the medium properties, which determines the
damping. We consider here two different regions in the
Galaxy: the halo in which collisionless damping is domi-
nant and the disk in which viscous damping is additionaly
taken into account. The cutoff scale kc due to damping
can be obtained by equating the cascading rate of fast
modes with the relevant damping rate. In the case of
collisionless damping:

kcL =
4M4

Aγξ
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πβ(1 − ξ2)2
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where MA ∼ B̃/B is the Alfvénic Mach number, γ ≡
mp/me is the ratio between proton and electron mass,
and β ≡ Pgas/Pmag is the ratio between thermal and
magnetic pressure in the ISM. Note that the scale kc de-
pends on the wave pitch angle ξ, which makes the damp-
ing anisotropic. In the disk the Coulomb collisional mean
free path is lmfp ∼ 6× 1012 cm and β ∼ 0.1, and the vis-
cous damping cut-off scale can be evaluated as:

kcL = xc(1− ξ2)−2/3 (6)

where xc ≡ (6ρRm/vA)
2/3 is a combination of the fol-

lowing parameters: the Alfvén velocity vA, the magnetic
Reynolds number Rm, and the medium density ρ. For
values of these parameters typical of the warm ionized
component of the ISM, e.g., in Ferriere (2001), xc is of
the order of 106.
Equation 4 can be specified for gyro-resonance (DG

µµ,
corresponding to n ̸= 0) and TTD (DT

µµ for n = 0). TTD
arises from Landau type interactions of particles with the
compressive component of magnetic fluctuations (i.e., the
component parallel to the mean magnetic field B0).
Finally, we can compute the spatial diffusion coefficient

by means of the following expression:
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In Figure 3 we show the diffusion coefficient as a func-
tion of the particle rigidity (rL is the particle Larmor
radius) for different values of the level of turbulence ex-
pressed by MA. In the disk-like environment, for a very
turbulent medium MA > 1, the diffusion coefficient ex-
hibits different behaviors above and below the critical
rigidity, rL/L ∼ 10−6, which corresponds7 to a kinetic
energy per nucleon of ∼ 1 GeV assuming B ∼ 1µG and
L = 10 pc) and a dependence D ∼ E0.5 above the break,
as required to explain the observed high-energy B/C ra-
tio. The observed energy dependence is mainly due to
the different behavior with energy of the damping scales
as first proposed in Yan & Lazarian (2002). Diffusion in
the halo is a monotonic increasing function of the en-
ergy, given by the fact that collisionless damping is al-
ways dominant. Depending on the turbulence level the
diffusion coefficient can be approximated as ∼ E0.3−0.4

at higher energies.

7 In the relativistic limit: rL ∼ A
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Figure 4. Comparison of our model with MA = 2 for the disk and
MA = 1 in the halo and modulated with a 100 GV potential against
B/C data. See Table 1 for a reference list of the experimental data.

In general, larger magnetic turbulence corresponds to
more efficient diffusion through the collisionless damping
scale. In Evoli et al. (2012), a similar trend has been
proposed to account for the mismatching between the
inferred CR source distribution from the galaxy diffuse
maps and the SNR observed distributions.
We implement the diffusion coefficients derived for

the different galactic environments in the DRAGON
code (Evoli et al. 2008) to evaluate CR propagation on
a galactic scale. The numerical code solves equation 1 in
the steady-state limit defined as ∂N/∂t → 0, taking into
account an accurate description of CR source, the rele-
vant energy-losses for nuclei in the ISM, and gas density
distributions. In particular, the latter is relevant for sec-
ondary production. DRAGON assumes a diffusion zone
with cylindrical symmetry, within which CRs diffuse and
beyond which they escape, with a radius of R = 20 kpc
and scale height of L = 4 kpc. We assume CRs propa-
gate in the disk unless their mean displacement (∼

√
Dτ )

exceeds the scale height of the warm ionized ISM com-
ponent (h ∼ 1 kpc; Cordes et al. 1991), in which case we
assume halo diffusion. This condition defines the critical
rigidity at which the transition between propagation in
the disk and in the halo takes place. Given that the typ-
ical value of the diffusion coefficient found from the fit
to CR data is D ∼ 3× 1028 cm2 s−1 at energy ∼ 1 GeV
nucleon−1 and τ ∼ 107 yr, it is easy to derive that the
critical rigidity has to be O(100) GV.
In Figure 4, CR spectra obtained in our model, assum-

ing MA,disk = 2 and MA,halo = 1, are plotted against the
B/C ratio. In order to account for solar modulation,
we assume the force-field approximation with a small
potential (100 MV) that can safely reproduce a more
realistic charge-dependent model, as the one presented
in Maccione (2013). Noticeably, the ∼ 1 GeV break
in the B/C can be reproduced without introducing re-

acceleration in the propagation model. According to our
scenario, the spectral break observed in high-energy CR
data is an effect of the change in the turbulence proper-
ties of the ISM as seen by CRs of different energies.
A different explanation for the break has been recently

proposed by Blasi et al. (2012) and Aloisio & Blasi
(2013). According to their findings, the spectral break
stands for the transition from a regime where the scatter-
ing centers are self-generated by waves generated due to
streaming instability to a regime where the instability is
damped and particles diffuse in the external Kolmogorov
turbulence that cascades from larger spatial scales.
Indeed, the slope change could be due to the differ-

ence in the diffusion processes. But the break does
not arise from ion-neutral damping or nonlinear Landau
damping as they discussed, but rather from the suppres-
sion of streaming instability by background turbulence as
first predicted in Yan & Lazarian (2002) and confirmed
by later studies including Farmer & Goldreich (2004);
Yan & Lazarian (2004); Beresnyak & Lazarian (2008).

4. CONCLUSIONS

Diffusion models based on a simplified treatment of CR
interactions with the environment are not adequate to
make predictions in the light of the available/upcoming
data. From the theoretical point of view, it has been
clear that CR propagation in realistic astrophysical tur-
bulence should be revisited in accordance with the re-
cent advances in the understanding of MHD turbulence.
Based on the test models of turbulence, a series of works
carried out by Yan & Lazarian (2002, 2004, 2008) have
demonstrated that CR diffusion is different from earlier
pictures, resulting in a paradigm shift of CR transport
theory. In this work we present for the first time a sce-
nario in which galactic CR propagation is modeled ac-
cording to the NLT developed by Yan & Lazarian (2008)
on the basis of a tested model of turbulence.
We can summarize our results as following:

1. We show that the diffusion coefficient can exhibit
the scaling with energy compatible with observa-
tions if we adopt tested models of turbulence in
which fast modes dominate the scattering of CRs.
Accordingly, the dependence of the spatial diffusion
coefficient with energy naturally occurs due to the
dependence of damping on the local environments.

2. We show that the peak at ∼ 1 GeV n−1 of the
B/C ratio can be reproduced without adding re-
acceleration. We aim to further test this scenario
by comparing our predictions with the interstel-
lar spectra inferred by accurate diffuse synchrotron
and gamma molecular cloud observations.

3. The change of diffusion properties at high energies
can be related to the different behavior of diffusion
in the galactic plane with respect to the halo de-
termined by local ISM properties. Note that a sim-
ilar explanation has been provided by Tomassetti
(2012) even if based on a purely phenomenological
approach.

The results presented in this work can be easily ex-
tended to study nonlocal observables, e.g., diffuse gamma
and synchrotron emission, in a global model in which

Evoli & Yan 2014
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Figure 3. Diffusion coefficient as a function of the Larmor radius in different phases of the ISM: disk (left) and halo (right) for different
values of MA. Particle rigidity is obtained by multiplying rL to the local magnetic field intensity.
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where w ≡ k⊥v⊥/Ω and Jn represents the Bessel func-

tion and we neglect the contribution from Alfvénic modes
because of their anisotropy as discussed above.
Unlike Alfvénic turbulence, magnetosonic modes are

subjected to various damping processes that could halt
the cascade. Scattering by fast modes is, therefore, influ-
enced by the medium properties, which determines the
damping. We consider here two different regions in the
Galaxy: the halo in which collisionless damping is domi-
nant and the disk in which viscous damping is additionaly
taken into account. The cutoff scale kc due to damping
can be obtained by equating the cascading rate of fast
modes with the relevant damping rate. In the case of
collisionless damping:
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where MA ∼ B̃/B is the Alfvénic Mach number, γ ≡
mp/me is the ratio between proton and electron mass,
and β ≡ Pgas/Pmag is the ratio between thermal and
magnetic pressure in the ISM. Note that the scale kc de-
pends on the wave pitch angle ξ, which makes the damp-
ing anisotropic. In the disk the Coulomb collisional mean
free path is lmfp ∼ 6× 1012 cm and β ∼ 0.1, and the vis-
cous damping cut-off scale can be evaluated as:

kcL = xc(1− ξ2)−2/3 (6)

where xc ≡ (6ρRm/vA)
2/3 is a combination of the fol-

lowing parameters: the Alfvén velocity vA, the magnetic
Reynolds number Rm, and the medium density ρ. For
values of these parameters typical of the warm ionized
component of the ISM, e.g., in Ferriere (2001), xc is of
the order of 106.
Equation 4 can be specified for gyro-resonance (DG

µµ,
corresponding to n ̸= 0) and TTD (DT

µµ for n = 0). TTD
arises from Landau type interactions of particles with the
compressive component of magnetic fluctuations (i.e., the
component parallel to the mean magnetic field B0).
Finally, we can compute the spatial diffusion coefficient

by means of the following expression:
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In Figure 3 we show the diffusion coefficient as a func-
tion of the particle rigidity (rL is the particle Larmor
radius) for different values of the level of turbulence ex-
pressed by MA. In the disk-like environment, for a very
turbulent medium MA > 1, the diffusion coefficient ex-
hibits different behaviors above and below the critical
rigidity, rL/L ∼ 10−6, which corresponds7 to a kinetic
energy per nucleon of ∼ 1 GeV assuming B ∼ 1µG and
L = 10 pc) and a dependence D ∼ E0.5 above the break,
as required to explain the observed high-energy B/C ra-
tio. The observed energy dependence is mainly due to
the different behavior with energy of the damping scales
as first proposed in Yan & Lazarian (2002). Diffusion in
the halo is a monotonic increasing function of the en-
ergy, given by the fact that collisionless damping is al-
ways dominant. Depending on the turbulence level the
diffusion coefficient can be approximated as ∼ E0.3−0.4

at higher energies.
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Figure 4. Comparison of our model with MA = 2 for the disk and
MA = 1 in the halo and modulated with a 100 GV potential against
B/C data. See Table 1 for a reference list of the experimental data.

In general, larger magnetic turbulence corresponds to
more efficient diffusion through the collisionless damping
scale. In Evoli et al. (2012), a similar trend has been
proposed to account for the mismatching between the
inferred CR source distribution from the galaxy diffuse
maps and the SNR observed distributions.
We implement the diffusion coefficients derived for

the different galactic environments in the DRAGON
code (Evoli et al. 2008) to evaluate CR propagation on
a galactic scale. The numerical code solves equation 1 in
the steady-state limit defined as ∂N/∂t → 0, taking into
account an accurate description of CR source, the rele-
vant energy-losses for nuclei in the ISM, and gas density
distributions. In particular, the latter is relevant for sec-
ondary production. DRAGON assumes a diffusion zone
with cylindrical symmetry, within which CRs diffuse and
beyond which they escape, with a radius of R = 20 kpc
and scale height of L = 4 kpc. We assume CRs propa-
gate in the disk unless their mean displacement (∼

√
Dτ )

exceeds the scale height of the warm ionized ISM com-
ponent (h ∼ 1 kpc; Cordes et al. 1991), in which case we
assume halo diffusion. This condition defines the critical
rigidity at which the transition between propagation in
the disk and in the halo takes place. Given that the typ-
ical value of the diffusion coefficient found from the fit
to CR data is D ∼ 3× 1028 cm2 s−1 at energy ∼ 1 GeV
nucleon−1 and τ ∼ 107 yr, it is easy to derive that the
critical rigidity has to be O(100) GV.
In Figure 4, CR spectra obtained in our model, assum-

ing MA,disk = 2 and MA,halo = 1, are plotted against the
B/C ratio. In order to account for solar modulation,
we assume the force-field approximation with a small
potential (100 MV) that can safely reproduce a more
realistic charge-dependent model, as the one presented
in Maccione (2013). Noticeably, the ∼ 1 GeV break
in the B/C can be reproduced without introducing re-

acceleration in the propagation model. According to our
scenario, the spectral break observed in high-energy CR
data is an effect of the change in the turbulence proper-
ties of the ISM as seen by CRs of different energies.
A different explanation for the break has been recently

proposed by Blasi et al. (2012) and Aloisio & Blasi
(2013). According to their findings, the spectral break
stands for the transition from a regime where the scatter-
ing centers are self-generated by waves generated due to
streaming instability to a regime where the instability is
damped and particles diffuse in the external Kolmogorov
turbulence that cascades from larger spatial scales.
Indeed, the slope change could be due to the differ-

ence in the diffusion processes. But the break does
not arise from ion-neutral damping or nonlinear Landau
damping as they discussed, but rather from the suppres-
sion of streaming instability by background turbulence as
first predicted in Yan & Lazarian (2002) and confirmed
by later studies including Farmer & Goldreich (2004);
Yan & Lazarian (2004); Beresnyak & Lazarian (2008).

4. CONCLUSIONS

Diffusion models based on a simplified treatment of CR
interactions with the environment are not adequate to
make predictions in the light of the available/upcoming
data. From the theoretical point of view, it has been
clear that CR propagation in realistic astrophysical tur-
bulence should be revisited in accordance with the re-
cent advances in the understanding of MHD turbulence.
Based on the test models of turbulence, a series of works
carried out by Yan & Lazarian (2002, 2004, 2008) have
demonstrated that CR diffusion is different from earlier
pictures, resulting in a paradigm shift of CR transport
theory. In this work we present for the first time a sce-
nario in which galactic CR propagation is modeled ac-
cording to the NLT developed by Yan & Lazarian (2008)
on the basis of a tested model of turbulence.
We can summarize our results as following:

1. We show that the diffusion coefficient can exhibit
the scaling with energy compatible with observa-
tions if we adopt tested models of turbulence in
which fast modes dominate the scattering of CRs.
Accordingly, the dependence of the spatial diffusion
coefficient with energy naturally occurs due to the
dependence of damping on the local environments.

2. We show that the peak at ∼ 1 GeV n−1 of the
B/C ratio can be reproduced without adding re-
acceleration. We aim to further test this scenario
by comparing our predictions with the interstel-
lar spectra inferred by accurate diffuse synchrotron
and gamma molecular cloud observations.

3. The change of diffusion properties at high energies
can be related to the different behavior of diffusion
in the galactic plane with respect to the halo de-
termined by local ISM properties. Note that a sim-
ilar explanation has been provided by Tomassetti
(2012) even if based on a purely phenomenological
approach.

The results presented in this work can be easily ex-
tended to study nonlocal observables, e.g., diffuse gamma
and synchrotron emission, in a global model in which

Evoli & Yan 2014
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FIG. 6. The positron fraction corresponding to the models
described in Sec.II is compared with PAMELA and AMS-
02 data. From the top to bottom the three panels have been
obtained for the PF, KRA and KOL models respectively. The
line notation is the same as that of Fig.5.

Φ coincides with that required to match the low-energy
B/C data, and it is very close to that required for pro-
tons (see Figs. 1 and 2). To properly compare our mod-
els also with AMS-02 data, we modulate our models with
HelioProp only using a set of parameters more suitable
for the active solar period during which they were taken:
λ0 = 0.22 AU and α = 60◦ (the force-feld approxima-

tion is less suited to describe solar modulation in such
conditions).
From Figs. 5 and 6 the reader can see as the lepton

PAMELA data are consistently matched for the PD and
KRA setups. In particular, the latter setup allows a re-
markably good fit of PAMELA (and AMS-02 as well)
low-energy data. The residuals of that model with re-
spect to PAMELA data, which we show at the bottom
of Fig. 4, are smaller than 2σ over most of the consid-
ered energy range. The reduced χ2’s with respect to the
e− ( e+) data are 1.7(1.4); 1.9(1.8); 4.1(9.3) for the PD,
KRA, and KOL models, respectively. The KOL model
is clearly disfavored by PAMELA e+ data. The same
would hold for any strong reacceleration model due to
the bump it would produce in the e+ spectrum below
few GeV. We find no significant difference between the
χ2 computed with Ecut = 1 and 10 TeV due to the
large PAMELA errors. We notice, however, that the for-
mer case is disfavored by AMS-02 e− and e+ preliminary
data [28]. Interestingly, this is opposite from what was
inferred from the AMS-02 PF data alone (see the related
discussion in Sec.IV).
With DRAGON we also computed the injection power

in the Galaxy required for protons, electron background,
and extra component sources. The results are as follows:3

Wtot(p) ≈ 1057 GeV/Myr;
Wtot(e−) ≈ 1055 GeV/Myr;
Wextra(e±) ≈ 1054 GeV/Myr.

We verified that these quantities are quite stable. In
fact, the following are true:

1. Varying the propagation model, among those con-
sidered in this paper, results in a 30 - 50% scatter
of the powers.

2. Resizing the diffusive halo scale height in the inter-
val zt = 1 − 16 kpc results in fluctuations around
50%.

3. Variation of the extra component high-energy cut-
off produces negligible changes.

Therefore, the orders of magnitude estimates given
above can be taken as good reference values for a wide
class of scenarios.
Since the kinetic power released by supernovae in the

interstellar medium (ISM) is WSNR ≈ 1058 GeV/Myr
(assuming a standard rate of about two explosions per
century), these results are compatible with the common
wisdom that CR protons and electrons are accelerated by
SNRs. Interestingly, only a tiny efficiency (10−4) would
be required to power the extra component if this is orig-
inated by mechanism B (secondary production at SNR
shock). The Galactic pulsar population, however, can
also provide the required energy budget. In this case,
since the mean spin-down luminosity released by a ma-
ture pulsar in the form of dipole radiation is roughly 2
orders of magnitude smaller than the kinetic energy of
a SNR (see, e.g., Eq. (7) in Ref. [13]), the required pair

Gaggero+ 2014
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PAMELA data are consistently matched for the PD and
KRA setups. In particular, the latter setup allows a re-
markably good fit of PAMELA (and AMS-02 as well)
low-energy data. The residuals of that model with re-
spect to PAMELA data, which we show at the bottom
of Fig. 4, are smaller than 2σ over most of the consid-
ered energy range. The reduced χ2’s with respect to the
e− ( e+) data are 1.7(1.4); 1.9(1.8); 4.1(9.3) for the PD,
KRA, and KOL models, respectively. The KOL model
is clearly disfavored by PAMELA e+ data. The same
would hold for any strong reacceleration model due to
the bump it would produce in the e+ spectrum below
few GeV. We find no significant difference between the
χ2 computed with Ecut = 1 and 10 TeV due to the
large PAMELA errors. We notice, however, that the for-
mer case is disfavored by AMS-02 e− and e+ preliminary
data [28]. Interestingly, this is opposite from what was
inferred from the AMS-02 PF data alone (see the related
discussion in Sec.IV).
With DRAGON we also computed the injection power

in the Galaxy required for protons, electron background,
and extra component sources. The results are as follows:3

Wtot(p) ≈ 1057 GeV/Myr;
Wtot(e−) ≈ 1055 GeV/Myr;
Wextra(e±) ≈ 1054 GeV/Myr.

We verified that these quantities are quite stable. In
fact, the following are true:

1. Varying the propagation model, among those con-
sidered in this paper, results in a 30 - 50% scatter
of the powers.

2. Resizing the diffusive halo scale height in the inter-
val zt = 1 − 16 kpc results in fluctuations around
50%.

3. Variation of the extra component high-energy cut-
off produces negligible changes.

Therefore, the orders of magnitude estimates given
above can be taken as good reference values for a wide
class of scenarios.
Since the kinetic power released by supernovae in the

interstellar medium (ISM) is WSNR ≈ 1058 GeV/Myr
(assuming a standard rate of about two explosions per
century), these results are compatible with the common
wisdom that CR protons and electrons are accelerated by
SNRs. Interestingly, only a tiny efficiency (10−4) would
be required to power the extra component if this is orig-
inated by mechanism B (secondary production at SNR
shock). The Galactic pulsar population, however, can
also provide the required energy budget. In this case,
since the mean spin-down luminosity released by a ma-
ture pulsar in the form of dipole radiation is roughly 2
orders of magnitude smaller than the kinetic energy of
a SNR (see, e.g., Eq. (7) in Ref. [13]), the required pair
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nearby known pulsars (Hooper+ 2009) 
nearby SNRs (Blasi 2009) 

sources in the nearby spiral arm + 3D diffusion (Gaggero+ 2014) 
dark matter (see parallel session at this conference) 

!
for a review see Profumo (2009) and references therein



The PeV domain:can we get to the knee?
escaping CR current

down-shock-up

return current (carried by the 
thermal plasma)

B-field line (frozen into the 
thermal plasma)

interaction between return current and B-
field sets the background plasma in motion 

and drives the instability (Bell 2004)

~j ⇥ ~B

~j ⇥ ~B

current driven instability

MeV              GeV              TeV              PeV              EeV              ZeV

 Hillas criterium                                  E
max

⇠ u B R

these are fixed for a given SNR

field amplification is needed

for observational evidences in 
X-rays see Vink2013
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Figure 6. Diffuse gamma-ray and neutrino intensity E2I(E) as a function of the energy for
(ΓSB, fSB−AGN) = (2.17, 0.44). The Fermi data [15] are marked in red, while the IceCube region
in light blue [24]. The EBL attenuation is taken into account for gamma rays.

4 Extragalactic gamma-ray and neutrino backgrounds derived from the
star-formation rate method

In this Section, for comparison to the previous results, we derive the gamma-ray and neu-
trino diffuse backgrounds by adopting a more theoretical, intuitive approach. We base our
discussion on the cosmic star-formation rate and, also, as template of the normal (starburst)
galaxies, we adopt the MW (M82 and NGC 253).

4.1 Cosmic star-formation rate

The star-formation rate (SFR) density, ρ̇⋆, is defined as the production rate of mass that
forms stars per unit volume. Recent measurements show that a piecewise parametrization of
ρ̇⋆ is adequate [60, 61]. For the present study, we adopt the following parametrization as a
function of the redshift [62]:

ρ̇∗(z) = ρ̇∗(0)
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with a = 3.4, b = −0.3 and c = −3.5, ρ̇∗(0) = 0.02 M⊙ yr−1 Mpc−3, η = 10, B ≃ 5000 and
C ≃ 9.
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trino diffuse backgrounds by adopting a more theoretical, intuitive approach. We base our
discussion on the cosmic star-formation rate and, also, as template of the normal (starburst)
galaxies, we adopt the MW (M82 and NGC 253).

4.1 Cosmic star-formation rate

The star-formation rate (SFR) density, ρ̇⋆, is defined as the production rate of mass that
forms stars per unit volume. Recent measurements show that a piecewise parametrization of
ρ̇⋆ is adequate [60, 61]. For the present study, we adopt the following parametrization as a
function of the redshift [62]:
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In this Section, for comparison to the previous results, we derive the gamma-ray and neu-
trino diffuse backgrounds by adopting a more theoretical, intuitive approach. We base our
discussion on the cosmic star-formation rate and, also, as template of the normal (starburst)
galaxies, we adopt the MW (M82 and NGC 253).

4.1 Cosmic star-formation rate

The star-formation rate (SFR) density, ρ̇⋆, is defined as the production rate of mass that
forms stars per unit volume. Recent measurements show that a piecewise parametrization of
ρ̇⋆ is adequate [60, 61]. For the present study, we adopt the following parametrization as a
function of the redshift [62]:

ρ̇∗(z) = ρ̇∗(0)

!

(1 + z)aη +

"

1 + z

B

#bη

+

"

1 + z

C

#cη
$1/η

, (4.1)

with a = 3.4, b = −0.3 and c = −3.5, ρ̇∗(0) = 0.02 M⊙ yr−1 Mpc−3, η = 10, B ≃ 5000 and
C ≃ 9.

– 12 –

FERMI

30 eV/cm2/s/sr

if p-p interactions 
spectrum cannot 
be too steep (e.g. 

Murase+ 2013) 
for p-gamma 

interactions -> 
Winter2013, 

Kalashev+2013 …

see plenary talks by Elisa Resconi and  John Beacom + parallel sessions on neutrinos



The PeV domain: IceCube neutrinos

MeV              GeV              TeV              PeV              EeV              ZeV

!"" !"! !"#!"#!"#!"# !"$ !"% !"& !"'

!" (

!" '

)*+,-./

)#
*01
)2
*+,

-.
*3
4
 #
*5
 !
*5
6 
! /

03-789-

 *1:;;*<;:=>652

!

Figure 6. Diffuse gamma-ray and neutrino intensity E2I(E) as a function of the energy for
(ΓSB, fSB−AGN) = (2.17, 0.44). The Fermi data [15] are marked in red, while the IceCube region
in light blue [24]. The EBL attenuation is taken into account for gamma rays.

4 Extragalactic gamma-ray and neutrino backgrounds derived from the
star-formation rate method

In this Section, for comparison to the previous results, we derive the gamma-ray and neu-
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Fig. 4 shows a fit using a more general model in which
the astrophysical flux is parametrized as a piecewise func-
tion of energy rather than a continuous unbroken E�2

power law. As before, we assume a 1:1:1 flavor ratio and
isotropy. While the reconstructed spectrum is compati-
ble with our earlier E�2 ansatz, an unbroken E�2 flux
at our best-fit level would have been expected to give 3.1
additional events above 2 PeV (a higher energy search
[10] also saw none). This may indicate, along with the
slight excess in the lower energy bins, either a softer spec-
trum or a cuto↵ at high energies. Correlated systematic
uncertainties in the first few points in the reconstructed
spectrum (Fig. 4) arise from the poorly constrained level
of the prompt atmospheric neutrino background. The
presence of this softer (E�2.7) component would decrease
the non-atmospheric excess at low energies, hardening
the spectrum of the remaining data. The corresponding
range of best fit astrophysical slopes within our current
90% confidence band on the prompt flux [9] is �2.0 to
�2.3. As the best-fit prompt flux is zero, the best-fit
astrophysical spectrum is on the lower boundary of this
interval at �2.3 with a total statistical and systematic
uncertainty of ±0.3.

To identify any bright neutrino sources in the data, we
employed the same maximum-likelihood clustering search
as before [11], as well as searched for directional corre-
lations with TeV gamma-ray sources. For all tests, the
test statistic (TS) is defined as the logarithm of the ratio
between the best-fit likelihood including a point source
component and the likelihood for the null hypothesis, an
isotropic distribution [32]. We determined the signifi-
cance of any excess by comparing to maps scrambled in
right ascension, in which our polar detector has uniform
exposure.

As in [11], the clustering analysis was run twice, first
with the entire event sample, after removing the two
events (28 and 32) with strong evidence of a cosmic-ray
origin, and second with only the 28 shower events. This
controls for bias in the likelihood fit toward the positions
of single well-resolved muon tracks. We also conducted
an additional test in which we marginalize the likelihood
over a uniform prior on the position of the hypotheti-
cal point source. This reduces the bias introduced by
muons, allowing track and shower events to be used to-
gether, and also improves sensitivity to multiple sources
by considering the entire sky rather than the single best
point.

Three tests were performed to search for neutrinos in
correlation with known gamma-ray sources, also using
track and shower events together. The first two searched
for clustering along the galactic plane, with a fixed width
of ±2.5�, based on TeV gamma-ray measurements [33],
and with a free width of between ±2.5� and ±30�. The
last searched for correlation between neutrino events and
a pre-defined catalog of potential point sources (a com-
bination of the usual IceCube [34] and ANTARES [35]

FIG. 5. Arrival directions of the events in galactic coordi-
nates. Shower-like events are marked with + and those con-
taining muon tracks with ⇥. Event IDs match those in the
catalog in the online supplement and are time ordered. The
grey line denotes the equatorial plane. The color map shows
the test statistic (TS) for the point source clustering test at
each location. No significant clustering was observed.

lists; see online supplement). For the catalog search, the
TS value was evaluated at each source location, and the
post-trials significance calculated by comparing the high-
est observed value in each hemisphere to results from
performing the analysis on scrambled datasets.
No hypothesis test yielded statistically significant evi-

dence of clustering or correlations. For the all-sky clus-
tering test, scrambled datasets produced locations with
equal or greater TS 84% and 7.2% of the time for all
events and for shower-like events only. As in the two-year
data set, the strongest clustering was near the galactic
center. Other neutrino observations of this location have
given no evidence for a source [36], however, and none of
the new events were strongly correlated with this region.
When using the marginalized likelihood, a test statistic
greater than or equal to the observed value was found
in 28% of scrambled datasets. The source list yielded p-
values for the northern and southern hemispheres of 28%
and 8%, respectively. Correlation with the galactic plane
was also not significant: when letting the width float
freely, the best fit was ±7.5� with a post-trials chance
probability of 2.8%, while a fixed width of ±2.5� returned
a p-value of 24%. A repeat of the time clustering search
from [11] also found no evidence for structure.
With or without a possible galactic contribution [37,

38], the high galactic latitudes of many of the highest-
energy events (Fig. 5) suggest at least some extragalac-
tic component. Exception may be made for local large
di↵use sources (e.g. the Fermi bubbles [39] or the galac-
tic halo [40, 41]), but these models typically can ex-
plain at most a fraction of the data. If our data arise
from an extragalactic flux produced by many isotropi-
cally distributed point sources, we can compare our all-
sky flux with existing point-source limits. By exploiting

isotropy? extragalactic?
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Figure 6. Diffuse gamma-ray and neutrino intensity E2I(E) as a function of the energy for
(ΓSB, fSB−AGN) = (2.17, 0.44). The Fermi data [15] are marked in red, while the IceCube region
in light blue [24]. The EBL attenuation is taken into account for gamma rays.

4 Extragalactic gamma-ray and neutrino backgrounds derived from the
star-formation rate method

In this Section, for comparison to the previous results, we derive the gamma-ray and neu-
trino diffuse backgrounds by adopting a more theoretical, intuitive approach. We base our
discussion on the cosmic star-formation rate and, also, as template of the normal (starburst)
galaxies, we adopt the MW (M82 and NGC 253).

4.1 Cosmic star-formation rate

The star-formation rate (SFR) density, ρ̇⋆, is defined as the production rate of mass that
forms stars per unit volume. Recent measurements show that a piecewise parametrization of
ρ̇⋆ is adequate [60, 61]. For the present study, we adopt the following parametrization as a
function of the redshift [62]:

ρ̇∗(z) = ρ̇∗(0)
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C ≃ 9.
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Fig. 4 shows a fit using a more general model in which
the astrophysical flux is parametrized as a piecewise func-
tion of energy rather than a continuous unbroken E�2

power law. As before, we assume a 1:1:1 flavor ratio and
isotropy. While the reconstructed spectrum is compati-
ble with our earlier E�2 ansatz, an unbroken E�2 flux
at our best-fit level would have been expected to give 3.1
additional events above 2 PeV (a higher energy search
[10] also saw none). This may indicate, along with the
slight excess in the lower energy bins, either a softer spec-
trum or a cuto↵ at high energies. Correlated systematic
uncertainties in the first few points in the reconstructed
spectrum (Fig. 4) arise from the poorly constrained level
of the prompt atmospheric neutrino background. The
presence of this softer (E�2.7) component would decrease
the non-atmospheric excess at low energies, hardening
the spectrum of the remaining data. The corresponding
range of best fit astrophysical slopes within our current
90% confidence band on the prompt flux [9] is �2.0 to
�2.3. As the best-fit prompt flux is zero, the best-fit
astrophysical spectrum is on the lower boundary of this
interval at �2.3 with a total statistical and systematic
uncertainty of ±0.3.

To identify any bright neutrino sources in the data, we
employed the same maximum-likelihood clustering search
as before [11], as well as searched for directional corre-
lations with TeV gamma-ray sources. For all tests, the
test statistic (TS) is defined as the logarithm of the ratio
between the best-fit likelihood including a point source
component and the likelihood for the null hypothesis, an
isotropic distribution [32]. We determined the signifi-
cance of any excess by comparing to maps scrambled in
right ascension, in which our polar detector has uniform
exposure.

As in [11], the clustering analysis was run twice, first
with the entire event sample, after removing the two
events (28 and 32) with strong evidence of a cosmic-ray
origin, and second with only the 28 shower events. This
controls for bias in the likelihood fit toward the positions
of single well-resolved muon tracks. We also conducted
an additional test in which we marginalize the likelihood
over a uniform prior on the position of the hypotheti-
cal point source. This reduces the bias introduced by
muons, allowing track and shower events to be used to-
gether, and also improves sensitivity to multiple sources
by considering the entire sky rather than the single best
point.

Three tests were performed to search for neutrinos in
correlation with known gamma-ray sources, also using
track and shower events together. The first two searched
for clustering along the galactic plane, with a fixed width
of ±2.5�, based on TeV gamma-ray measurements [33],
and with a free width of between ±2.5� and ±30�. The
last searched for correlation between neutrino events and
a pre-defined catalog of potential point sources (a com-
bination of the usual IceCube [34] and ANTARES [35]

FIG. 5. Arrival directions of the events in galactic coordi-
nates. Shower-like events are marked with + and those con-
taining muon tracks with ⇥. Event IDs match those in the
catalog in the online supplement and are time ordered. The
grey line denotes the equatorial plane. The color map shows
the test statistic (TS) for the point source clustering test at
each location. No significant clustering was observed.

lists; see online supplement). For the catalog search, the
TS value was evaluated at each source location, and the
post-trials significance calculated by comparing the high-
est observed value in each hemisphere to results from
performing the analysis on scrambled datasets.
No hypothesis test yielded statistically significant evi-

dence of clustering or correlations. For the all-sky clus-
tering test, scrambled datasets produced locations with
equal or greater TS 84% and 7.2% of the time for all
events and for shower-like events only. As in the two-year
data set, the strongest clustering was near the galactic
center. Other neutrino observations of this location have
given no evidence for a source [36], however, and none of
the new events were strongly correlated with this region.
When using the marginalized likelihood, a test statistic
greater than or equal to the observed value was found
in 28% of scrambled datasets. The source list yielded p-
values for the northern and southern hemispheres of 28%
and 8%, respectively. Correlation with the galactic plane
was also not significant: when letting the width float
freely, the best fit was ±7.5� with a post-trials chance
probability of 2.8%, while a fixed width of ±2.5� returned
a p-value of 24%. A repeat of the time clustering search
from [11] also found no evidence for structure.
With or without a possible galactic contribution [37,

38], the high galactic latitudes of many of the highest-
energy events (Fig. 5) suggest at least some extragalac-
tic component. Exception may be made for local large
di↵use sources (e.g. the Fermi bubbles [39] or the galac-
tic halo [40, 41]), but these models typically can ex-
plain at most a fraction of the data. If our data arise
from an extragalactic flux produced by many isotropi-
cally distributed point sources, we can compare our all-
sky flux with existing point-source limits. By exploiting

isotropy? extragalactic?

A
ar

ts
en

 e
t 

al
. 2

01
4

Tamborra et al. 2014
but also  

Murase et al., 
Anchordoqui et al., 

Chang & Wang,  
Liu et al.  

…

starburst galaxies are amongst the most 
popular sources  according to arXiv

starbursts

see plenary talks by Elisa Resconi and  John Beacom + parallel sessions on neutrinos
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