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Rich, multidisciplinary 
subject

Core-collapse supernova explosions involve extremely rich physics

Hydrodynamics (MHD), radiation transport, nuclear equation of 
state, neutrino oscillations in conditions not reproducible on 
Earth, possible effects of new particle physics, ...

Half a century of efforts to understand them 

Presently some of the most ambitious supercomputing 
simulations in the world

This 1-hour lecture will not give a comprehensive overview of the 
subject 

I will only introduce some general concepts using a few 
estimates and give you a flavor of current research 
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Outline
What are core-collapse supernovae?

Progenitor stars, basic energetics, role of 
neutrinos, etc

Stages of the explosion

Neutrino oscillations in SN-like environments

Rich physics: known knowns

Rich physics: known unknowns
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Why should we care? 
“Theory of everything”!

Origin of stuff: Supernovae synthesize and 
disperse heavy elements.

BBN created hydrogen and helium. Chemical 
elements around us were once inside a star

The universe around us: Simulations of the galactic 
disk show that supernova feedback is crucial to its 
structure.

Conditions not reproducible on Earth make them 
unique laboratories for particle and nuclear physics
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Types of supernovae

According to astronomers: type I or type II 
(type II has hydrogen lines)

Type I is further subdivided into Ia, Ib, Ic

Ia: singly ionized silicon (Si II)

Ib: no SI, but Helium (He I)

Ic: no helium

5

https://en.wikipedia.org/wiki/Ionization
https://en.wikipedia.org/wiki/Ionization
https://en.wikipedia.org/wiki/Silicon
https://en.wikipedia.org/wiki/Silicon


Types of supernovae

According to physicists: 

thermonuclear explosion of an accreting white dwarf start 
(Type Ia)

or collapse of a core inside a massive star (Types Ib, Ic, II) 

Subclasses:

Canonical Fe core collapse (>10 M⊙)

Electron capture in O-Ne-Mg cores (8-10 M⊙)

Exotic: pair instability (>130 M⊙), photo-
disintegration (>250 M⊙)

A lot of 
neutrinos!
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Where supernovae come 
from: Stars 101
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Stellar evolution: 
hydrostatic balance

Stars are blobs of gas held together by 
gravity

If gravity was not balanced, the object 
would collapse on a very short time scale

Gravity must be counteracted by pressure, 
thermal and/or electron degeneracy

v2 � GM�/R� ⇥ t � R�/v � R3/2
� /

�
GM� � 1/

�
G�� � 103sec
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Energy generation and 
escape

Energy escapes through the surface as photons or 
through the volume as neutrinos; without sources 
of energy the Sun would cool

Need internal sources of energy, to 
compensate for energy lost

Nuclear reactions, H -> He ->C,O ->...

Loss rate determines the burning (evolution!) rate

Kelvin,
 Helmholtz, 

19th century 

Eddington, 
Gamow,
Bethe

...

U� �
1
2

GM2
�

R�
� 1048erg⇥ U�

L�
� 1048erg

1033erg/s
� 107yr
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Stars with masses 12 M⊙ ≲ M ≲ 50 M⊙ spend 
most of their lives in the “ideal gas” window
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Sources of pressure
Thermal and/or degeneracy

If electron degeneracy, the object can 
just sit there ...

... unless the mass of the degenerate 
core reaches a certain threshold, ~ 1.4 
M��(see later)

If pressure is thermal, the interior must 
be hot 3

2
kT � 1

2
GM�mp

R�
⇥ T⇥ � 107K
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Stellar evolution: opacity 
and lifetime

If energy is lost through photons, the 
luminosity is given by

More massive stars are hotter inside, burn faster, have 
shorter lives

If a novel particle x is trapped in a star, the smaller the 
opacity kx, the more important it is for cooling 

If x is free-streaming, compute production through the 
volume (e.g., neutrinos, except in SN)

Lr = �4⇥r2

3�⇤

d(aT 4)
dr

L� �
R2
�

�M�/R3
�

a(GM�mp/R�k)4

R�
⇥M3

�

��1 = ��1
� + ��1

e + ��1
xwhere the opacity
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Energy loss II: neutrino cooling
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Fig. 3.— Neutrino energy loss. From above a): Standard
energy loss, µν = 0; b): Energy loss for µν = 10−11µB ; c):
Energy loss for µν = 5 × 10−11µB . The different colors show
the regions where the relevant process is 90% or more of the to-
tal neutrino cooling: Turquoise (top) neutrino pair production
e+ e− → ν ν; Orange (middle left) neutrino photo production
γ e− → e ν ν; Green (middle low) neutrino production by plas-
mon decay γ → ν ν; Purple (bottom right corner) bremsstrahlung
production e−(Ze) → (Ze) e− ν ν. For comparison, see Fig. C.4
in Raffelt (43).
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Fig. 4.— Feynman diagrams for the standard model neutrino
production processes relevant for our discussion. From the top
to the bottom panel: photo process, γ e− → e ν ν; pair process,
e+ e− → ν ν; plasma process, γ → ν ν.

a typical “onion structure” with iron in the center and
several layers around, in which fusion of lighter elements
occurs. No energy can be gained by fusion reactions in
the iron core, and once its mass exceeds ∼ 1.4M⊙ the star
collapses producing a core collapse supernova (CCSN).

Stars less massive than about 9M⊙ have a different des-
tiny. Stars whose initial mass is less than about 7.5M⊙

never reach the stage of carbon-burning and end their
life as Carbon-Oxygen white dwarfs (CO-WDs, see the
bottom row of Fig. 7). Stars whose initial mass is in the
range 7.5 ! M/M⊙ ! 9, do ignite carbon but not neon,
and end their lives as Neon-Oxygen-Magnesium White
Dwarfs (NeOMg-WD). These numbers are important to
us because, as we shall see, they will be shifted by the
presence of the additional cooling. Moreover, a new evo-
lution possibility will be opened up.

3.2. Effects of the extra cooling

If neutrinos have a non-vanishing magnetic moment,
than the production mechanisms described above would
receive an electromagnetic contribution from the inter-
action term (1), as shown in Fig. 5. With the exception
of the plasmon decay, a very simple estimate (assuming
T ≪ me) shows that the amplitudes for the electromag-
netic and the electroweak production of neutrinos are
comparable for µν/µB ∼ GF m2

e/(2πα) ≃ 10−10, that
is at about the experimental bound on µν . However, a
similar simple estimate does not apply for the plasma
process. In this case, in fact, we expect a non trivial
dependence on the density (see Eq. 13 below). This can
be understood on a dimensional ground. The matrix el-
ement for the standard plasma process is proportional to

e�e+ � ��̄

pair annihilation
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a typical “onion structure” with iron in the center and
several layers around, in which fusion of lighter elements
occurs. No energy can be gained by fusion reactions in
the iron core, and once its mass exceeds ∼ 1.4M⊙ the star
collapses producing a core collapse supernova (CCSN).

Stars less massive than about 9M⊙ have a different des-
tiny. Stars whose initial mass is less than about 7.5M⊙

never reach the stage of carbon-burning and end their
life as Carbon-Oxygen white dwarfs (CO-WDs, see the
bottom row of Fig. 7). Stars whose initial mass is in the
range 7.5 ! M/M⊙ ! 9, do ignite carbon but not neon,
and end their lives as Neon-Oxygen-Magnesium White
Dwarfs (NeOMg-WD). These numbers are important to
us because, as we shall see, they will be shifted by the
presence of the additional cooling. Moreover, a new evo-
lution possibility will be opened up.

3.2. Effects of the extra cooling

If neutrinos have a non-vanishing magnetic moment,
than the production mechanisms described above would
receive an electromagnetic contribution from the inter-
action term (1), as shown in Fig. 5. With the exception
of the plasmon decay, a very simple estimate (assuming
T ≪ me) shows that the amplitudes for the electromag-
netic and the electroweak production of neutrinos are
comparable for µν/µB ∼ GF m2

e/(2πα) ≃ 10−10, that
is at about the experimental bound on µν . However, a
similar simple estimate does not apply for the plasma
process. In this case, in fact, we expect a non trivial
dependence on the density (see Eq. 13 below). This can
be understood on a dimensional ground. The matrix el-
ement for the standard plasma process is proportional to

photo production
e�� � e�⇥⇥̄
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a typical “onion structure” with iron in the center and
several layers around, in which fusion of lighter elements
occurs. No energy can be gained by fusion reactions in
the iron core, and once its mass exceeds ∼ 1.4M⊙ the star
collapses producing a core collapse supernova (CCSN).

Stars less massive than about 9M⊙ have a different des-
tiny. Stars whose initial mass is less than about 7.5M⊙

never reach the stage of carbon-burning and end their
life as Carbon-Oxygen white dwarfs (CO-WDs, see the
bottom row of Fig. 7). Stars whose initial mass is in the
range 7.5 ! M/M⊙ ! 9, do ignite carbon but not neon,
and end their lives as Neon-Oxygen-Magnesium White
Dwarfs (NeOMg-WD). These numbers are important to
us because, as we shall see, they will be shifted by the
presence of the additional cooling. Moreover, a new evo-
lution possibility will be opened up.

3.2. Effects of the extra cooling

If neutrinos have a non-vanishing magnetic moment,
than the production mechanisms described above would
receive an electromagnetic contribution from the inter-
action term (1), as shown in Fig. 5. With the exception
of the plasmon decay, a very simple estimate (assuming
T ≪ me) shows that the amplitudes for the electromag-
netic and the electroweak production of neutrinos are
comparable for µν/µB ∼ GF m2

e/(2πα) ≃ 10−10, that
is at about the experimental bound on µν . However, a
similar simple estimate does not apply for the plasma
process. In this case, in fact, we expect a non trivial
dependence on the density (see Eq. 13 below). This can
be understood on a dimensional ground. The matrix el-
ement for the standard plasma process is proportional to
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Life of massive stars
Table 1 Evolution of a 15-solar-mass star.
Stage Timescale Fuel or Ash or Temperature Density Luminosity Neutrino

product product (109 K) (gm cm−3) (solar units) losses
(solar units)

Hydrogen 11 Myr H He 0.035 5.8 28,000 1,800
Helium 2.0 Myr He C, O 0.18 1,390 44,000 1,900
Carbon 2000 yr C Ne, Mg 0.81 2.8×105 72,000 3.7×105

Neon 0.7 yr Ne O, Mg 1.6 1.2×107 75,000 1.4×108

Oxygen 2.6 yr O, Mg Si, S, Ar, Ca 1.9 8.8×106 75,000 9.1×108

Silicon 18 d Si, S, Ar, Ca Fe, Ni, Cr, Ti, . . . 3.3 4.8×107 75,000 1.3×1011

Iron core ∼1 s Fe, Ni, Cr, Ti, . . . Neutron star >7.1 >7.3×109 75,000 >3.6×1015
collapse∗

∗ The pre-supernova star is defined by the time at which the contraction speed anywhere in the iron core reaches 1,000 km s−1 .

Woosley, 
Janka,

Nature Physics
V. 1, p. 147 (2005)
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Digression: hermetic 
detector!

The branching ratio for e+e- -> neutrino pair is 

~ 10-18 for ~ 1 MeV energies

The main annihilation mode is e+e- -> ��

Plasmon decay � -> neutrino pair probability 
between collisions is ~ 10-26

Yet, effects of neutrino energy losses clearly seen 
in stellar evolution (advanced burning stages)
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What happens when all 
fuel is exhausted?

Can’t the star always cool and settle to a 
configuration supported by the electron 
degeneracy pressure?

Sometimes YES, but sometimes NO

To understand when this can and cannot 
happen, we need the concept of the 
Chandrasekhar mass
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Degenerate electron gas: 
nonrelativistic case

Energy density of a NR degenerate gas

Since n ~ M/R3, this energy density depends on 
the 5th power of the stellar radius

This is good since the gravitational binding 
energy depends on the 4th power of R (stable 
configuration!)

✏NR ⇠
Z pF

0
d3p

p2

me
⇠ p5F

me
⇠ n5/3

me

n ⇠
Z pF

0
d3p ⇠ p3F

✏NR ⇠ 1

me

✓
M

mNR3

◆5/3

=
1

me

(M/mN )5/3

R5

✏GR ⇠ �GNM2

R

1

R3
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Degenerate electron gas: 
relativistic case

The ultra-relativistic case, E=p, is, however, a problem:

The energy density now depends only on the 4th power of 
the stellar radius

The degeneracy energy no longer grows faster than the 
gravitational energy is released

Moreover, (M⊙/MN)4/3 ~ (1030 kg/10-27 kg)4/3 ~ 1076, while 
GN(M⊙)2 ~(M⊙/MPl)2 ~ (1030 kg/10-8 kg)2 ~ 1076. Same order!!

n ⇠
Z pF

0
d3p ⇠ p3F

✏GR ⇠ �GNM2

R

1

R3

✏UR ⇠
Z pF

0
d3pp ⇠ p4F

✏UR ⇠
✓

M

mNR3

◆4/3

=
(M/mN )4/3

R4
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Critical stellar mass
Since gravity goes like (M❊/MPl)2, while degeneracy 
energy (M❊/MN)4/3, for a sufficiently massive star, gravity 
wins! 

Consider a star M❊, which is a borderline case, (M❊/
MN)4/3 ~(M❊/MPl)2 . 

This gives M❊
 ~ (MPl/MN)2 MPl ~ M⊙!! We live in an 

amazing universe!

An accurate calculation with all coefficients yields 1.4 
M⊙! An object more massive than this cannot be 
supported by electron degeneracy pressure.
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Different stellar fates
All stars start qualitatively similar, burning Hydrogen on the 
Main Sequence, where luminosity and color are continuous 
functions of the stellar mass.

Stars like our Sun evolve into white dwarfs. These 
degenerate objects then sit there for a very long time. If 
further material is accreted (e.g., from a companion star), 
the object may eventually reach the Chandrasekhar limit 
and undergo a thermonuclear explosion (Carbon burning).

This is Type Ia SN

 A different fate awaits massive stars. When their Iron 
cores collapse, there is nothing left to burn!

20



A gravity-powered neutrino bomb

Central Fe core (~ 1.4 MSUN) of a massive star collapses 
in free fall, at v ~c/4, until reaching (supra)nuclear 
densities, 1010 g/cm3  � 1014 g/cm3

The resulting central dense object (~ a few * 10 km in 
radius) traps neutrinos: �~(GF2 E2 n)-1 ~ a few cm

Since electron neutrinos can’t get out, the lepton 
number also becomes trapped. 

The gravitational binding energy GNM2/R (~10% of rest 
mass!) is initially stored mostly in the Fermi seas of 
electrons & electron neutrinos
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A gravity-powered neutrino bomb

The gravitational binding energy GNM2/R ~ 3*1053 ergs 
(~10% of rest mass!) is initially stored mostly in the Fermi 
seas of electrons & electron neutrinos

Photons are hopelessly stuck inside this dense object

Neutrinos have an easier time diffusing out. They do so on 
the time scale of a few seconds: 

t ~ R2/c� ~ 1012 cm2/(3 cm 3*1010cm/s) ~ 10 s

For comparison, solar luminosity is 3.8*1033 ergs/s. A core-
collapse supernova shines in neutrinos as bright as 1020 
Suns. Instantaneously outshines the visible universe.
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A gravity-powered neutrino bomb

Thanks to reactions like e+e- annihilation and neutrino pair 
bremsstrahlung, neutrinos and antineutrinos are emitted in all 
flavors. (Generally, with different temperatures, because of different 
cross sections.) 

Neutrinos carry away > 99% of all released gravitational energy. 
Approximately 15% of the solar mass is converted into neutrinos of 
~10 MeV energies 

1058 neutrinos in a few seconds is definitely intensity frontier! 

At ~ 100 km, the number density of streaming neutrinos is 

~ 1058/4πr2c�t ~ 1032 cm-3 (108 moles of neutrinos/cm3!)

Comparable to the electron number density there.

The object cools and settles to a neutron star (back hole?)
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Visible explosion
Along the way, the shock is formed, first inside the 
neutrinosphere. 

It moves out, breaks through the neutrinosphere, 
then loses energy by neutrino emission and 
disintegration of Iron. 

It stalls at ~ 200 km, then revives, all during ~1 sec. 

Blows off the rest of the star with energy of about 
1051 ergs, about the binding energy of the envelope.  
This gives rise to a visible explosion.
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Stages of the explosion
Supernova Neutrinos 397

Fig. 11.1. Schematic picture of the core collapse of a massive star (M ∼>
8M⊙), of the formation of a neutron-star remnant, and the beginning of a
SN explosion. There are four main phases numbered 1−4 above the plot:
1. Collapse. 2. Prompt-shock propagation and break-out, release of prompt
νe burst. 3. Matter accretion and mantle cooling. 4. Kelvin-Helmholtz
cooling of “protoneutron star.” The curves mark the time evolution of several
characteristic radii: The stellar iron core (RFe). The “neutrino sphere” (Rν)
with diffusive transport inside, free streaming outside. The “inner core”
(Ric) which for t ∼< 0.1 s is the region of subsonic collapse, later it is the
settled, compact inner region of the nascent neutron star. The SN shock
wave (Rshock) is formed at core bounce, stagnates for several 100ms, and
is revived by neutrino heating—it then propagates outward and ejects the
stellar mantle. The shaded area is where most of the neutrino emission
comes from; between this area and Rν neutrinos still diffuse, but are no
longer efficiently produced. (Adapted from Janka 1993.)

Neutrino trapping has the effect that the lepton number fraction
YL is nearly conserved at the value Ye which obtains at the time of
trapping. However, electrons and electron neutrinos still interconvert
(β equilibrium), causing a degenerate νe sea to build up. The core of
a collapsing star is the only known astrophysical site apart from the
early universe where neutrinos are in thermal equilibrium. It is the
only site where neutrinos occur in a degenerate Fermi sea as the early
universe is thought to be essentially CP symmetric with equal numbers
of neutrinos and antineutrinos to within one part in 109. When neutrino
trapping becomes effective, the lepton fraction per baryon is YL ≈ 0.35,

T. Janka 
(1993)
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Internal evolution

Borrows & 
Lattimer 
(1986)

398 Chapter 11

not much lower than the initial iron-core value, i.e. not much of the
lepton number is lost during infall. The conditions of chemical and
thermal equilibrium dictate that neutrinos take up only a relatively
small part (about 1

4) of the lepton number (Appendix D.2). A typical
YL profile after collapse is shown in Fig. 11.2

The collapse is intercepted when the inner core reaches nuclear den-
sity (ρ0 ≈ 3×1014 g cm−3), a point where the equation of state stiffens.
Because the inner core collapse is subsonic, the information about the
central condition spreads throughout, i.e. the collapse of the entire ho-
mologous core slows down. However, this information cannot propagate

Fig. 11.2. Snapshots of the profiles of temperature T and lepton number
fraction YL in the collapsed core of a massive star. The indicated times are
in seconds after collapse. The shaded arrows in the upper panel indicate
the motion of the temperature maximum. For a soft equation of state the
maximum temperature can be up to about 70MeV. (Adapted from Burrows
and Lattimer 1986.)

Notice that the 
center is initially 
cold (low entropy 

per baryon)
It heats up as 
lepton number 
diffuses out
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Evolution of the explosion 
is reflected in neutrinos
Neutronization burst, accretion and cooling phases can 
all be seen in neutrinos

Importantly, this signal depends on the progenitor mass
after 350 ms post bounce for the 10.8 and 18 M� progenitor models are due to the shock propagation over the position
of 500 km, where the observables are measured in a co-moving reference frame.

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5
8.8 solar mass

Time After Bounce [s]

L ν
 [1

053
 e

rg
/s

]

 

 
νe
anti−νe

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5

Time After Bounce [s]

L ν
 [1

053
 e

rg
/s

]

 

 
ν
µ/τ

anti−ν
µ/τ

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> rm

s [M
eV

]

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> 

[M
eV

]

 

 
νe
anti−νe

(anti)ν
µ/τ

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5
10.8 solar mass

Time After Bounce [s]

L ν
 [1

053
 e

rg
/s

]

 

 
νe
anti−νe

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5

Time After Bounce [s]

L ν
 [1

053
 e

rg
/s

]

 

 
ν
µ/τ

anti−ν
µ/τ

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> rm

s [M
eV

]

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> 

[M
eV

]

 

 
νe
anti−νe

(anti)ν
µ/τ

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5
18 solar mass

Time After Bounce [s]

L ν
 [1

053
 e

rg
/s

]

 

 
νe
anti−νe

0 0.2 0.4 0.6 0.8 1
0

0.1

0.2

0.3

0.4

0.5

Time After Bounce [s]
L ν

 [1
053

 e
rg

/s
]

 

 
ν
µ/τ

anti−ν
µ/τ

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> rm

s [M
eV

]

0 0.2 0.4 0.6 0.8 1
8

10
12
14
16
18
20

Time After Bounce [s]

<E
> 

[M
eV

]

 

 
νe
anti−νe

(anti)ν
µ/τ

Figure 2: Neutrino luminosities and energies with respect to time after bounce for the 8.8 M� O-Ne-Mg-core progen-
itor model from Nomoto (1983,1984,1987) (left panel) and the 10.8 M� and 18 M� Fe-core progenitor models from
Woosley et al. (2002) (middle and right panels respectively), measured in a co-moving frame at 500 km distance.

3.2 The O-Ne-Mg-core
A special star is the 8.8 M� progenitor model from Nomoto (1983,1984,1987). The central thermodynamic conditions
at the end of stellar evolution are such that only a tiny fraction of about 0.15 M� of Fe-group nuclei are produced, where
nuclear statistical equilibrium (NSE) applies (see Fig. 3 (a) top panel). Instead, the central composition is dominated
by 16O, 20Ne and 24Mg nuclei. Because temperature and density increase during the collapse, these nuclei are burned
into Fe-group nuclei and the NSE regime increases (see Fig. 3 middle panel). The core continues to deleptonize, which
can be identified at the decreasing Ye in Fig. 3. We use our nuclear reaction network as described in §2.2 to calculate
the dynamically changing composition, based on the abundances provided by the progenitor model. The size of the

Fig from Fischer, Whitehouse, Mezzacappa, Thielemann, Liebendörfer, arXiv:
0908.1871
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Measure each of the 
phases

The Neutronization burst provides information about the onset 
of the explosion, shock breakout through the neutrinosphere; 
also, a useful sharp time structure

During the Accretion stage the shock stalls at a few hundred 
km; we need to know when and how it is reenergized

50-year question in SN theory!

Cooling stage ends with the formation of a neutron star or a 
black hole. The signal is sensitive to new physics contributions to 
cooling (light hidden sector!). Monitor how the shock travels out 
and the turbulent bubble behind expands. 

May be possible thanks to neutrino oscillations!

28



Detectors, very briefly
Water-Cherenkov (Super-K/Hyper-K): nue-bars through inverse beta 
decays. 104 events in Super-K,  105 in Hyper-K. 

+ Elastic scattering on electrons (a few hundred at SK). Other 
flavors contribute. Pointing.

IceCube, no energy resolution, but a lot of statistics (millions of hits)!

Liquid Argon (DUNE): primarily electron neutrinos! Several thousand 
events, with good energy resolution

Liquid scintillator (JUNO): primarily inverse beta decays. Thousands of 
events.

Second-by-second information about the emitted neutrinos, in 
different channels. Need to figure out how to read this signal
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Neutrino mass measurement
Neutronization burst is a sharp 
time feature ~ 10 ms

Massive neutrino time delay 
�t=(l/c)(�m2/2E2)

For 10 kpc Galactic SN, l/c = 
1012 s. Then �t=10-2 s implies 
�m2 ~ 1 eV

For comparison, for SN1987a, 
duration of burst is ~ 10 s, but 
the distance is 50 kpc (LMC!). 
This gives �m2 ~ 20 eV.

2

drodynamics code with an implicit multi-flavor, multi-
energy-group two-moment closure scheme for neutrino
transport. The variable Eddington-factor closure is ob-
tained from a model Boltzmann equation [23]. We ac-
count for general relativistic (GR) corrections with an
effective gravitational potential (case A of Ref. [24]) and
the transport includes GR redshift and time dilation.
Tests showed good overall agreement until several 100 ms
after core bounce [24, 25] with fully relativistic simula-
tions of the Basel group’s Agile-Boltztran code. A
more recent comparison with a GR program [26] that
combines the CoCoNut hydro solver [27] with the Ver-
tex neutrino transport, reveals almost perfect agreement
except for a few quantities with deviations of at most
7–10% until several seconds. The total neutrino loss of
the PNS agrees with the relativistic binding energy of the
NS to roughly 1%, defining the accuracy of global energy
and lepton-number conservation in our simulations.
Our primary case (Model Sf) includes the full set of

neutrino reactions described in Appendix A of Ref. [28]
with the original sources. In particular, we account for
nucleon recoils and thermal motions, nucleon-nucleon
(NN) correlations, weak magnetism, a reduced effective
nucleon mass and quenching of the axial-vector coupling
at high densities, NN bremsstrahlung, νν scattering, and
νeν̄e → νµ,τ ν̄µ,τ . In addition, we include electron capture
and inelastic neutrino scattering on nuclei [29].
To compare with previous simulations and the Basel

work [20] we also consider in Model Sr a reduced set
of opacities, omitting pure neutrino interactions and all
mentioned improvements of the neutrino-nucleon inter-
actions relative to the treatment of [30].
Long-term simulations.—In Fig. 1 we show the evolu-

tion of the νe, ν̄e and νx luminosities and of the average
energies, defined as the ratio of energy to number fluxes.
The dynamical evolution, development of the explosion,
and shock propagation were previously described [18, 19].
The characteristic phases of neutrino emission are clearly
visible: (i) Luminosity rise during collapse. (ii) Shock
breakout burst. (iii) Accretion phase, ending already at
∼0.2 s post bounce when neutrino heating reverses the in-
fall. (iv) Kelvin-Helmholtz cooling of the hot PNS with
a duration of 10 s or more, accompanied by mass outflow
in the neutrino-driven wind.
The PNS evolves in the familiar way [13, 16] through

deleptonization and energy loss. It contracts, initially
heating up by compression and down-scattering of ener-
getic νe produced in captures of highly degenerate elec-
trons. With progressing neutronization the PNS cools,
approaching a state of β-equilibrium with vanishing νe
chemical potential µνe and minimal electron content.
In Model Sf, deleptonization and cooling take ∼10 s

until ν transparency is approached. For t > 8.9 s we find
T <∼ 6 MeV and µνe ∼ 0 throughout, and ṄL ≪ 1053 s−1.
The final baryon mass is Mb = 1.366M⊙ with radius
∼15 km. Neutrinos have carried away lepton number
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FIG. 1: Neutrino luminosities and mean energies observed
at infinity. Top: Full set of neutrino opacities (Model Sf).
Bottom: Reduced set (Model Sr).

of 6.57 × 1056 and energy Eν = 1.66 × 1053 erg, so the
gravitational mass is M = Mb − Eν/c2 = 1.273M⊙.
The evolution is faster than in previous works [16] or in
Model Sr because the high-density ν opacities are sup-
pressed, where NN correlations [31] probably dominate.
In Model Sr, deleptonization continues at 25 s on the low
level of ṄL

<∼ 1053 s−1, Tcenter ∼ 11.5MeV, and only 97%
of the gravitational binding energy have been lost.
Differences are also conspicuous in the luminosities.

Until 5.5 s they are higher (up to 60% at t ∼ 2 s) in
Model Sf, whereas afterwards they drop much faster com-
pared to Model Sr. On the other hand, for t >∼ 0.2 s, after
the end of accretion, the luminosities in both models be-
come independent of flavor within 10% or better. The
total radiated Eν shows nearly equipartition: 20% are
carried away by νe, 16% by ν̄e, and 4×16% by νx.
Spectra.—The mean neutrino energies evolve very dif-

ferently in the two cases. While they increase over 1–1.5 s
for νe and ν̄e in Model Sf, they increase only until ∼0.2 s
in Model Sr. The opacities are lower and thus the neu-
trino spheres at higher T , so Model Sf has larger ⟨ϵνe⟩ and
⟨ϵν̄e⟩ for several seconds before dropping below Model Sr

Hudepohl, Muller, Janka, Marek, Raffelt, 
PRL (2010)

30



Total energy output
How well can we measure total energy output?

Useful, for example, in looking for additional energy losses 
due to new physics

Problem: can’t measure neutrinos in all flavors, 

only in electron antineutrinos in water (SuperK, IceCube) 

or electron neutrinos in Argon (DUNE)

Need to understand oscillations

Other excellent reasons to understand oscillations, for 
example, to model nucleosynthesis or perhaps even the 
impact on the explosion itself.
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Tracing neutrinos back
Vacuum oscillations over O(10 kpc)

Possible matter effect in the Earth

“Solar” MSW in the outer envelope of the progenitor

“Atmospheric” MSW in the outer envelope of the progenitor

Turbulent region behind the shock

Collective oscillations near the neutrino-sphere

This is schematic, the order of some of these ingredients 
could be interchanged, depending on the progenitor mass, 
stage of the explosion 
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Vacuum oscillations

The oscillation length in vacuum, E/
�m2 ~ 102 km ≪ 10 kpc = 3*1017 km

Therefore, energies different by 
�E/E ~ 10-15 will have different 
oscillation phases

⇒complete decoherence between 

mass eigenstates

Also, wavepacket separation

which is the same

The result is an incoherent sum of 
spectra of vacuum mass eigenstates

NH

IH
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Possible Earth effect
The density of the Earth is close to resonant for the “solar” 
splitting and 20-40 MeV SN neutrinos

cf. the D/N effect in 8B solar neutrinos is expected at 
high energies

Can help to distinguish between different mixing scenarios

See, e.g., 

Smirnov, Spergel & Bahcall, PRD 1994

Lunardini & Smirnov, arXiv:hep-ph/0009356

Dighe, Kachelriess, Raffelt & Tomas, arXiv:hep-ph/0311172
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Next ingredient: MSW effect, caused by changing 
matter density

• Solar neutrinos: quantum mechanics problem

Vacuum

Matter

H
osc

= H
vac

+H
matter

i@t| ii = H
osc

| ii

UDiag(�m2
atm,�m2

�)U
† Hee =

p
2GFNe
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Sun: 2-state oscillations

The evolution is adiabatic (no level jumping), since losc << density scale 
height (|d ln�/dr|-1)

Hint: for most of the Sun, the density scale height is Rsun/10, while 
losc is comparable to the width of Japan (KamLAND)

Also, the coherence between the states is lost

The oscillation length ≪ the size of the production region

P2(⇥e � ⇥e) = sin2 � sin2 �� + cos2 � cos2 ��

cos2 ��

sin2 ��

cos2 �vac

sin2 �vac

VacuumCore
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Sun:3-state oscillations
The third state provides a ~ 4.5% correction

Notice that the projection of the electron 
neutrino on the third state is        , unaffected 
by matter

P3(⌫i ! ⌫i) = sin ✓413 + cos ✓413P2(⌫i ! ⌫i)

' 0.955P2(⌫i ! ⌫i)

Vacuum
Matter �m2

atm/2E⌫

�m2
�/2E⌫

Not to
scale!

sin ✓213 sin ✓213

sin ✓213
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SN ν oscillations: 2 
MSW densities 

ν-sphere

“regular MSW”νe νμ ντ

νe νμ ντ
_ _ _
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SN MSW transformations, 
schematics

➡ The neutrinos and 
antineutrinos have 
different level crossings

➡ Matter potential 
changes sign

➡ Given the scale height in 
the progenitor, the 
evolution is very adiabatic

➡ the adiabaticity of the 
atmospheric resonance 
is controlled by theta13 

For inverted hierarchy, the same happens in antineutrinos.

sin2 ��

cos2 ��

sin2 �13

F (�µ,⇥ )

F (�e)

F (�µ,⇥ )

sin2 ��

cos2 ��

sin2 �13
F (�µ,⇥ )

F (�e)

F (�µ,⇥ )

--
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Dynamical density profile

• Front shock reaches the regions where “atmospheric” and “solar” 
transformations happen, while neutrinos are being emitted

• See Schirato & Fuller (2002)       astro-ph/0205390 
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Moving shock and 
MSW transformations

➡ The shock is 
infinitely sharp from 
the neutrinos’ point 
of view (photon 
mean free path). 

➡When it arrives at 
the resonance, the 
evolution becomes 
non-adiabatic.

For inverted hierarchy, the same happens in antineutrinos.

sin2 ��

cos2 ��

sin2 �13
F (�µ,⇥ )

F (�e)

F (�µ,⇥ )

sin2 ��

cos2 ��

sin2 �13
F (�µ,⇥ )

F (�e)

F (�µ,⇥ )
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3D simulations show 
turbulence

• 3d simulations of the 
accretion shock instability 
Blondin, Mezzacappa, & 
DeMarino (2002)

• See http://www.phy.ornl.gov/
tsi/pages/simulations.html

• No central heating. Still,

• extensive, well-developed 
turbulence behind the 
shock
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Reproduced in a backyard 
water experiment

• Foglizzo, Masset, Guilet, 
Durand, Phys. Rev. Lett. 
108, 051103 (2012)

• Made PRL cover and APS 
Viewpoint highlight
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Neutrino signature of 
SASI

• The large sloshing 
motion could result in 
rapid variation of the 
neutrino event rate 
during the accretion 
phase

• It was suggested to look 
for this with IceCube

IceCube event ratesIceCube event rates

● Instantaneous rate for 
2D at 10 kpc:

● 
SN, 2D

 ~ 900 ms-1

[Lund et al., 2010.]

● Instantaneous rate for 
3D at 1 kpc:

● 
SN, 3D

 ~  55000 ms-1

[Lund et al., 2012.]

Lund, Marek, Lunardini, Janka, Raffelt,
  arXiv:1006.1889 
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Turbulence and MSW
• The level-jumping probability depends on fluctuations

• relevant scales are small, O(10 km)

• take large-scale fluctuations from simulations, scale 
down with a Kolmogorov-like power law 

• contributions of different scales to the level-
jumping probability are given by the following 
spectral integral 

P � GF⇥
2n�

0

⇤
dkC(k)G

�
k

2� sin 2�

⇥
, G(p) ⇥ �(p� 1)

p
�

p2 � 1
.

for details, see Friedland & Gruzinov, astro-ph/0607244
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Neutrino “self-refraction”
• Neutrinos undergo flavor 

conversion in the background 
of other neutrinos

• The neutrino induced 
contribution depends on the 
flavor states of the 
background neutrinos

• One has to evolve the 
neutrino ensemble as a whole

• Rich many-body physics, with  
many regimes 

3

Hamiltonian,

HFCNC =

√
2GF n2

2

!

const +

"

ϵ′ ϵ
ϵ −ϵ′

#$

, (4)

where GF is the Fermi constant and n2 is the number
density of scatterers in the medium.

As a toy example, consider a beam of electron neutri-
nos incident on a thin slab of matter of thickness L made
of FCNC interacting particles, as illustrated in Fig. 1.
Assume that the neutrino masses are sufficiently small so
that the effects of vacuum oscillation can be neglected.
The flavor conversion rate in the slab can then be found
using the following straightforward physical argument.
Let f be the amplitude for an electron neutrino to scat-
ter as a muon neutrino in a given direction on a particle in
the target. If the scattering amplitudes for different tar-
get particles add up incoherently, the flux of muon neutri-
nos in that direction is ∝ Ns|f |2, where Ns is the number
of scatterers. In the case of forward scattering, however,
the scattering amplitudes add up coherently and, hence,
the forward flux of muon neutrinos is ∝ N2

s |f |2. Indeed,
in the small L limit Eq. (4) gives

PFCNC
νe→νµ

≃ ϵ2(GF n2L)2/2 , (5)

which has the form PFCNC
νe→νµ

∝ N2
s |f |2, since ϵ ∝ f . No-

tice that by choosing a small L limit we were able to
ignore the secondary conversion effects in the slab, i.e.,
to assume that for all elementary scattering events the
incident neutrinos are in the νe state.

To summarize, for small enough L, the flavor conver-
sion rate due to coherent FC scattering in the forward
direction is proportional to the square of the modulus of
the product of the elementary scattering amplitude and
number of scatterers. This quadratic dependence on Ns

is what makes the coherent forward scattering important
even when the incoherent scattering can be neglected.

Notice that exactly the same arguments apply if one
considers the usual flavor-diagonal matter term due to
the electron background in a rotated basis, for instance,
in the basis of vacuum mass eigenstates. In this basis,
the matter Hamiltonian has off-diagonal terms, resulting
in transitions between the vacuum mass eigenstates.

B. Neutrino background: physical introduction

We seek the same description for the case of neutrino
background. Let us therefore modify the setup in Fig. 1
and replace the slab by a second neutrino beam, such
that the neutrino momenta in the two beams are orthog-
onal (see Fig. 2). To keep the parallel between this case
and the FCNC case, we will continue to refer to the orig-
inal beam as “the beam” and to the second beam as “the
background”. The neutrinos in each beam can be taken
to be approximately monoenergetic [31]. We again as-
sume that the neutrino masses are sufficiently small so

"Beam"

"Background"
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νe νµ

νx = cos ανe + sin ανµ

FIG. 2: Toy problem to illustrate neutrino flavor conversion
in the neutrino background.

"Beam"

"Background"
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FIG. 3: Elementary scattering event that causes a change of
the flavor composition of the beam

that, although flavor superposition states could be cre-
ated outside the intersection region, the effects of vacuum
oscillation inside the intersection region can be neglected.
Any flavor conversion that takes place in the system is
therefore due to neutrino-neutrino interactions in the in-
tersection region.

Let us first compute the amount of flavor conversion
in the beam using Eqs. (1,3). The conversion is expected
because of the presence of the off-diagonal terms in these
equations. The result depends on the flavor composition
of the background. If the background neutrinos are all
in the same flavor state

νx = cosανe + sinανµ (6)

and their density is n2, the Hamiltonian for the evolution
of a beam neutrino takes the form

H =

√
2GF n2

2

!

const +

"

cos 2α sin 2α
sin 2α − cos 2α

#$

. (7)
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density of scatterers in the medium.

As a toy example, consider a beam of electron neutri-
nos incident on a thin slab of matter of thickness L made
of FCNC interacting particles, as illustrated in Fig. 1.
Assume that the neutrino masses are sufficiently small so
that the effects of vacuum oscillation can be neglected.
The flavor conversion rate in the slab can then be found
using the following straightforward physical argument.
Let f be the amplitude for an electron neutrino to scat-
ter as a muon neutrino in a given direction on a particle in
the target. If the scattering amplitudes for different tar-
get particles add up incoherently, the flux of muon neutri-
nos in that direction is ∝ Ns|f |2, where Ns is the number
of scatterers. In the case of forward scattering, however,
the scattering amplitudes add up coherently and, hence,
the forward flux of muon neutrinos is ∝ N2

s |f |2. Indeed,
in the small L limit Eq. (4) gives
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≃ ϵ2(GF n2L)2/2 , (5)

which has the form PFCNC
νe→νµ

∝ N2
s |f |2, since ϵ ∝ f . No-

tice that by choosing a small L limit we were able to
ignore the secondary conversion effects in the slab, i.e.,
to assume that for all elementary scattering events the
incident neutrinos are in the νe state.

To summarize, for small enough L, the flavor conver-
sion rate due to coherent FC scattering in the forward
direction is proportional to the square of the modulus of
the product of the elementary scattering amplitude and
number of scatterers. This quadratic dependence on Ns

is what makes the coherent forward scattering important
even when the incoherent scattering can be neglected.

Notice that exactly the same arguments apply if one
considers the usual flavor-diagonal matter term due to
the electron background in a rotated basis, for instance,
in the basis of vacuum mass eigenstates. In this basis,
the matter Hamiltonian has off-diagonal terms, resulting
in transitions between the vacuum mass eigenstates.

B. Neutrino background: physical introduction

We seek the same description for the case of neutrino
background. Let us therefore modify the setup in Fig. 1
and replace the slab by a second neutrino beam, such
that the neutrino momenta in the two beams are orthog-
onal (see Fig. 2). To keep the parallel between this case
and the FCNC case, we will continue to refer to the orig-
inal beam as “the beam” and to the second beam as “the
background”. The neutrinos in each beam can be taken
to be approximately monoenergetic [31]. We again as-
sume that the neutrino masses are sufficiently small so
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that, although flavor superposition states could be cre-
ated outside the intersection region, the effects of vacuum
oscillation inside the intersection region can be neglected.
Any flavor conversion that takes place in the system is
therefore due to neutrino-neutrino interactions in the in-
tersection region.

Let us first compute the amount of flavor conversion
in the beam using Eqs. (1,3). The conversion is expected
because of the presence of the off-diagonal terms in these
equations. The result depends on the flavor composition
of the background. If the background neutrinos are all
in the same flavor state

νx = cosανe + sinανµ (6)

and their density is n2, the Hamiltonian for the evolution
of a beam neutrino takes the form

H =

√
2GF n2

2

!

const +

"

cos 2α sin 2α
sin 2α − cos 2α

#$

. (7)

Fuller et al, Notzold & Raffelt 1988; 
Pantaleone 1992; ...

Duan, Fuller, Qian, Carlson, 2006;
+ hundreds more

p
2GF

X

~p

ni(1� cos⇥~p~q)| ~pih ~p|

Figure from
Friedland & Lunardini,

  Phys. Rev.  D 68, 013007 (2003)

46



Simplest toy problem 
• Start with neutrinos of different energies, all initially in the same 

flavor superposition state cosθ0 |νe> + sinθ0 |νμ>
• Take the self-coupling to be large initially (much larger than the 

vacuum oscillation terms for these neutrinos).

• Gradually relax the self-coupling to zero. What is the final state 
of this system? 
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Simplest toy problem: 
spin picture

~S

~Hvac(E⌫)

decrease
self-coupling

• as the self-coupling is gradually taken to zero, 
spins align or anti-align along the external field

~si(E⌫)

~si(E⌫)
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Duan & Friedland, PRL (2011)

Observe that the motion is collective, involving neutrinos and 
antineutrinos of different energies on different trajectories 
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SN ν oscillations: 
physics cartoon 

ν-sphere Collective

turbulence

front shock

“regular MSW”

νe νμ ντ

νe νμ ντ
_ _ _
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Order-of-magnitude 
estimates 

• “Standard” MSW: transition from matter- 
to vacuum domination

• Turbulence: relevant density fluctuations on 
the scale of the neutrino osc. length on 
resonance

• Collective effects: transition from 
synchronized regime (strong self-coupling) 
to vacuum

a dramatic influence on the subsequent r-process, which in this case does not go beyond the

A ∼ 130 peak.

Our toy model confirms that the influence of the neutrino flavor transformations on su-

pernova nucleosynthesis depends sensitively on what stage of nucleosynthesis the material is

in when the transformation occurs. This is determined by the hydrodynamic trajectory of

the outflowing material. Fig. 2 shows approximate temperature ranges for each stage of the

nucleosynthesis along with the temperature as a function of radius for two sample hydro-

dynamic trajectories, described in Section 5. Fig. 2 also shows a sample electron neutrino

survival probability P (e) for 20 MeV neutrinos, calculated as described in Section 4 below. In

this example, the maximum rate of the flavor transformation occurs at roughly 140 km from

the neutron star. For the lower entropy trajectory shown by the dashed line, this corresponds

to the assembly of seed nuclei, and so we anticipate the nucleosynthetic consequences to be

similar to that shown by the purple line in the toy model plot, Fig. 1. For the higher entropy

trajectory given by the dot-dashed line in Fig. 2, the same location corresponds to an earlier

stage of nucleosynthesis, namely, the assembly of alpha particles. The influence of the flavor

transformation is expected to be more dramatic here, closer to that shown by the red line of

Fig. 1. Since large uncertainties remain in the astrophysical conditions of the r-process, we

investigate the nucleosynthesis using a sampling of parameterized wind trajectories in which

the swap may occur during earlier or later stages in the nucleosynthesis.

4. Collective neutrino oscillations

Let us now turn to modeling neutrino flavor oscillations. As we mentioned earlier, the main

mechanism of flavor conversion that is relevant to r-process nucleosynthesis is the collective

oscillations, caused by coherent neutrino-neutrino interactions, rather than the more familiar

MSW (matter-enhanced) conversion. We begin by reviewing the two processes.

Outside of the neutrinosphere, the neutrinos by definition do not experience any inco-

herent scattering. Yet, their coherent forward scattering on the background particles remains

important for the flavor evolution. The MSW effect [58, 59] is the textbook example of this

phenomenon. The scattering involved in this process is on electrons, protons, and neutrons of

the medium. The MSW process is well known to operate in the Sun and should also operate

in the supernova environment, as was recognized early on [60]. Yet, for the conditions typical

of an iron core supernova, this process does not impact the r-process.

To see this, consider the condition for the transformation, which is given by the compar-

ison of the vacuum and matter terms in the neutrino oscillation Hamiltonian,

∆m2/2Eν ∼
√
2GFNe. (4.1)

The l.h.s. is either of the two eigenvalue splittings in the vacuum oscillation term; the r.h.s. is

the corresponding splitting in the Wolfenstein matter term. Here, Eν is the neutrino energy,

Ne is the number density of background electrons and ∆m2 is either ∼ 7.7 × 10−5 eV2, or

– 5 –

to those of the neutrino-matter interactions and the vacuum oscillation term. This gives (e.g.,

[64]), |Nν −Nν̄ | ! |Ne− −Ne+ | and GF |Nν −Nν̄ | ! ∆m2/Eν , correspondingly.

The next step is to account for the angular factors in Eq. (4.1), which are important

for the conditions specific to the supernova. Indeed, at sufficiently large distances from the

neutrinosphere neutrino rays becomes nearly collinear and therefore the geometric factors

(1−cosΘ) become parametrically small. Comparing the neutrino self-interaction term to the

vacuum oscillation term, on gets

GF |Nν −Nν̄ |⟨1− cosΘ(rνν)⟩ ! ∆m2/Eν . (4.3)

Here, the brackets denote an appropriate averaging over angles. The l.h.s. falls rapidly with

radius, as ∝ Nν(r)(1 − cosΘ) ∝ r−4 [8], suggesting that any transformations have to occur

close to the neutrinosphere. Indeed, given the late-time emission rate of∼ 1051 erg/s/10 MeV ∼
1056 neutrinos per second, the radius of the neutrinosphere Rν ≃ 10 km, and the atmospheric

∆m2 = 2.7 × 10−3 eV2, Eq. (4.3) gives rνν ∼ O(100 km).

Importantly, a similar geometric correction does not apply when comparing the neutrino

self-interaction term to the background matter term (which would suppress collective oscil-

lations). This is because the overall effect of the background matter can be “rotated away”,

as explained in [65]. This important physical result is the reason why large collective flavor

transformations do occur under realistic supernova conditions [13, 14]. The residual disper-

sion of the matter phase on different trajectories, however, cannot be rotated away, so that

very dense matter does suppress collective oscillations [66]. The comparison of this dispersion

to neutrino self-interaction strength shows the inequality

|Nν −Nν̄ | ! |Ne− −Ne+| (4.4)

is unmodified [66].

Note that the same argument applies to the vacuum oscillation term, but in this case

the dispersion with energy is of the same size as ∆m2/Eν . Still, strictly speaking, it should

be understood that the r.h.s. of Eq. (4.3) contains the dispersion of the vacuum term (with

antineutrinos counting as negative energies).

Lastly, one should also consider the dispersion of the neutrino self-interaction on different

trajectories. It can be easily shown that, similarly to the matter term, this dispersion is

comparable to the average strength of the interaction [67]. In the frequently used single-

angle approximation, this dispersion is neglected by fiat (and the calculation considerably

simplifies as a result). The justification for this approximation came not from any first

principles argument, but rather from comparing the results of single-angle and multiangle

calculations in certain setups. On the other hand, as shown in [67], single-angle calculations

do not always reproduce full multiangle results. In cases when they disagree, the dispersion

in neutrino self-interaction term can lead to the suppression of the oscillations close to the

neutrinosphere. The condition for the oscillations is

|Nν −Nν̄ |⟨1− cosΘ(rνν)⟩ ∼ ∆m2/(GFEν), (4.5)

– 7 –
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This picture is very neat, 
perhaps too much so
• Do collective 

oscillations 
happen close to, 
or even inside 
the neutrino-
sphere?

• Crucial for the 
validity of the 
supernova 
models!
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Breaking of spherical 
symmetry

• The system could be unstable to axial 
symmetry breaking

• Raffelt, Sarikas de Sousa Seixas, PRL 111, 
091101 (2013)

• Mirizzi, PRD 88, 073004 (2013); arXiv:
1308.5255

• Also, potentially to symmetry breaking along 
the surface of emission (Duan & Shalgar, 2015)
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Can adding a tiny parameter 
(additional d.o.f.) have a large effect?

• Example where the solar 
mass splitting is turned on 
gradually

• At Δm⊙2=0, 2-flavor result 
is reproduced

• As soon as Δm⊙2≠0, the 
answer is closer to the 
realistic Δm⊙2 than to 
Δm⊙2=0

• 2-flavor trajectory can be 
unstable in the 3-flavor space

3
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FIG. 2: Investigating the role of the solar mass splitting, by
decreasing it, on the neutrino spectra at 1000 km.

For the matter profile at r ⇤ 100 � 1000 km we assume
a neutrino driven wind with ⇤ = ⇤0(10 km/r)3. We take
⇤0 = 2⇥ 106 g/cm�3, and Ye = 0.5.

Our three-flavor calculation is carried out with the fol-
lowing parameters: �m2

atm = �2.7⇥ 10�3 eV2 (inverted
mass hierarchy), �m2

⇥ = 7.7⇥10�5 eV2, �13 = 0.01, and
sin2 �12 = 0.31. In the two-flavor calculation, we set the
solar mixing angle �12 to zero and drop the state that
in vacuum is separated from the predominately ⇥e (⇥̄e)
state by the solar splitting.

We perform a multi-energy, single-angle calculations of
the evolution, starting at 40 km and ending at 1000 km.

4. Results: comparison of two- and three-flavor runs. –
The resulting spectra at 1000 km are presented in Fig. 1.
The top panels show the two-flavor calculations, the bot-
tom ones, the corresponding three-flavor runs. The ⇥e
spectra are on the left, and those for ⇥̄e are on the right.
The dashed and dotted curves show the corresponding
initial spectra (see legend). The animations showing the
complete evolution of the spectra as a function of the
distance from the center are available at [51].

The results of the two-flavor calculations appear to be
in very good agreement with the inverted hierarchy cal-
culations of [48]. Since we and [48] use similar initial
spectra, this agreement can be used to validate our code.

The important point is that the three-flavor calculation
results are significantly di⇥erent: (i) the high-energy split
in the neutrino channel is gone; (ii) in the antineutrino
channel, the flavor swap probability is neither zero, nor
one, but increases gradually with neutrino energy.

5. Discussion. – Both of these results appear surpris-
ing. How can the presence of the solar splitting, which
is only ⇤ 3% of the atmospheric splitting, completely re-
verse the e⇥ect of the latter at high energies? And what
explains the spectrum of the antineutrinos, which does
not follow either of the dashed curves (i.e., initial ⇥̄e or
⇥̄x spectra)? While split spectra seem to be ubiquitous
in self-refraction calculations, the flavor swap probabil-

0 10 20 30 40 50 60
0

0.5
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1.5
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⇤e at 500 km, different ⇥m�
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initial ⇤e
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2 �5⇤std. val.⌅⇥m�
2 �⇤std. val.⌅

FIG. 3: Investigating the role of the solar mass splitting, by
varying it, on the antineutrino spectra at 500 km.

ity is usually zero or one. Instead, we find a “mixed”
spectrum, which means the swap is incomplete.
First of all, we can rule out any important role of the

conventional MSW e⇥ect. The atmospheric level cross-
ing does occur here, but for the chosen parameters it is
strongly non-adiabatic (flavor preserving). Moreover, it
occurs when r � 600 km, by which point the neutrino
self-refraction e⇥ects have ceased. The small MSW ef-
fects are seen in the ⇥̄e channel as small wiggles.
As a next step, we can investigate what happens if

we artificially turn down the value of the solar splitting.
The results are shown in Fig. 2. These at first may be
even more surprising: when �m2

⇥ is exactly zero, the
two-flavor spectrum is reproduced, but as soon as it is
nonzero, even very small, the high-energy split disap-
pears. Since for �m2

⇥ = 7.7 ⇥ 10�7 eV2 (1% of its true
value) the corresponding oscillation length is 104 km –
much longer than the scales in the problem – one might
think the two-flavor limit should be reached. Instead, the
spectrum in this case is closer to the realistic three-flavor
one than to the two-flavor one.
To understand what is going on, let us consider the

evolution as a function of radius [49, 51]. Neutrinos,
initially in the flavor eigenstates, develop an instability
which leads to large collective oscillations. This insta-
bility is in fact well-known, first observed by Kostelecky
and Samuel in 1993 [27] and elaborated on recently in
[37] and [38]. The initial configuration is unstable, like
an inverted pendulum [27], in fact, in the simplest bi-
polar model [29, 30, 37] it is exactly like it [38]. What
is interesting in our case is that, shortly after the oscil-
lations develop between the “atmospheric” eigenstates,
the third state joins in. Just like the initial configuration
is unstable, the two-flavor trajectory is also unstable. A
small nonzero�m2

⇥ is enough to displace the system from
the “two-flavor ridge” and let it run away into the three-
flavor space (driven primarily by �m2

atm). The outcome
of the oscillations there (the final resting point of the pen-

For details, see A. F., Phys. Rev. Lett.104, 191102 (2010);
also Dasgupta, Dighe, Raffelt, Smirnov,  PRL (2009)
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What happens during 
the first second?

• Scattered “halo” neutrinos 
dominate oscillation 
Hamiltonian

• Matter inhomogeneous, plus 
some scattering is backward

• Nobody knows how to do 
this problem at the 
moment: need “super-
supercomputing”?
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We argue that the small fraction of neutrinos that undergo direction-changing scattering outside of
the neutrinosphere could have significant influence on neutrino flavor transformation in core-collapse
supernova environments. We show that the standard treatment for collective neutrino flavor trans-
formation is adequate at late times, but could be inadequate in the crucial shock revival/explosion
epoch of core-collapse supernovae, where the potentials that govern neutrino flavor evolution are
a�ected by the scattered neutrinos. Taking account of this e�ect, and the way it couples to entropy
and composition, will require a new paradigm in supernova modeling.

PACS numbers: 05.60.Gg,13.15.+g,14.60.Pq,26.30Hj,26.30Jk,26.50+x,97.60.Bw

In this letter we point out a surprising feature of neu-
trino flavor transformation in core-collapse supernovae.
These supernovae have massive star progenitors which
form cores which collapse to nuclear density and pro-
duce proto-neutron stars. The gravitational binding en-
ergy released, eventually some ⇥ 10% of the rest mass
of the neutron star, is emitted as neutrinos of all fla-
vors in a time window of a few seconds. Diverting a
small fraction of this neutrino energy into heating can
drive revival of the stalled core bounce shock [1–7] creat-
ing a supernova explosion and setting the conditions for
the synthesis of heavy elements [4, 6–9]. However, the
way neutrinos interact in this environment depends on
their flavors, necessitating calculations of neutrino flavor
transformation. These calculations show that neutrino
flavor transformation has a rich phenomenology, includ-
ing collective oscillations [10–38], which can a�ect im-
portant aspects of supernova physics [15, 16, 19–23, 27–
29, 31, 32, 39–43]. For example, neutrino-heated heavy
element r-process nucleosynthesis [44–48] and potentially
supernova energy transport above the core and the ex-
plosion itself [11, 37, 49] could be a�ected.

All collective neutrino flavor transformation calcula-
tions employ the “Neutrino Bulb” model, where neutrino
emission is sourced from a “neutrinosphere”, taken to be
a hard spherical shell from which neutrinos freely stream.
This seems like a reasonable approximation because well
above the neutrinosphere scattered neutrinos comprise
only a relatively small fraction of the overall neutrino
number density. However, this optically thin “halo” of
scattered neutrinos nonetheless may influence the way
flavor transformation proceeds. This result stems from a
combination of the geometry of supernova neutrino emis-
sion, as depicted in Fig. 1, and the neutrino intersection
angle dependence of neutrino-neutrino coupling.

Neutrinos are emitted in all directions from a neutri-
nosphere of radius R� , but those that arrive at a loca-
tion at radius r, and su�er only forward scattering, will
be confined to a narrow cone of directions (dashed lines
in Fig. 1) when r ⇤ R� . In contrast, a neutrino which
su�ers one or more direction-changing scattering events

R�

r
�ik

�k�k�

�i

�j

�ij

�ia

FIG. 1: Supernova neutrino emission geometry.

could arrive at the same location via a trajectory that
lies well outside this cone.
Following neutrino flavor evolution in the presence of

scattering, in general, requires a solution of the quan-
tum kinetic equations [50–52]. However, the rare na-
ture of the scattering that generates the halo suggests
a separation between the scattering-induced and coher-
ent aspects of neutrino flavor evolution. In the coherent
limit the neutrino-neutrino Hamiltonian, Ĥ�� , couples
the flavor histories for neutrinos on intersecting trajec-
tories [33, 44, 50, 53]. As shown in Fig. 1, a neutrino
⇥i leaving the neutrinosphere will experience a potential
given by a sum over neutrinos and antineutrinos located
at the same point as neutrino ⇥i:

Ĥ�� =
⌥
2GF

�

a

(1� cos �ia)n�,a |⇤�,a⇧ ⌅⇤�,a|

�
⌥
2GF

�

a

(1� cos �ia)n�̄,a |⇤�̄,a⇧ ⌅⇤�̄,a|, (1)

where the flavor state of neutrino ⇥a is represented by
|⇤�,a⇧, and �ia is the angle of intersection between ⇥i
and neutrino or antineutrino ⇥a/⇥̄a. Here n�,a is the lo-
cal number density of neutrinos in state a, and the 1 �
cos �ia factor disfavors small intersection angles, thereby
suppressing the potential contribution of the forward-
scattered-only neutrinos [10, 11]. Direction-altered scat-
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FIG. 3: Left: Color scale indicates the density within the shock front in a 15M� progenitor core-collapse supernova 500ms
after core bounce, during the shock revival epoch [57]. Right: E�ect of the scattered neutrino halo for the matter distribution
at Left. Color scale indicates the ratio of the sum of the maximum (no phase averaging) magnitudes of the constituents of the
neutrino-neutrino Hamiltonian, |Ĥbulb

⌫⌫ |+ |Ĥhalo
⌫⌫ |, to the contribution from the neutrinosphere |Ĥbulb

⌫⌫ |.

(e.g., the red curve in Fig. 2), in general, exhibit an av-
erage density profile that is ⇥ r�(2 to 3), which means
that |Ĥhalo

�� |/|Ĥbulb
�� | is expected to increase with radius.

Note, however, that though the relative contribution of
the halo may grow with radius, at su⌅ciently large dis-
tance from the proto-neutron star the neutrino-neutrino
potential ceases to be physically important.

Matter inhomogeneity, an essential feature of super-
nova explosion models [4–7, 57, 62, 63], adds complexity
to this issue. To study this e�ect we use the 2D mat-
ter density distribution, Fig. 3, taken from a supernova
model derived from a 15M⇥ progenitor [57]. This snap-
shot corresponds to 500ms after core bounce, during the
shock revival epoch, after the onset of the SASI [4, 5].
We mock up a full 3D density profile by cloning the 2D
profile into a 3D data cube. Starting with an initial flux
of neutrinos from the neutrinosphere [64], and taking all
baryons to be free nucleons, we use the full energy de-
pendent neutral current neutrino-nucleon scattering cross
sections [65] to calculate the number flux of neutrinos
scattered out of each spatial zone and into every other
spatial zone (retaining the necessary information about
relative neutrino trajectories between zones). We com-
pute the magnitude of |Ĥhalo

�� | at each location in the 2D
slice that comprises the original density distribution.

In this example calculation the scattered halo is taken
to be composed of neutrinos which have su�ered only a
single direction-changing scattering. Because the halo re-

gion is optically thin for neutrinos, multiple scatterings
become increasingly rare with radius and do not have a
geometric advantage in their contribution to |Ĥhalo

�� | rel-
ative to singly-scattered neutrinos. Neutrinos which ex-
perience direction-changing scattering that takes them
into the same cone of directions as neutrinos forward
scattering from the neutrinosphere are counted as con-
tributing to the halo (these neutrinos contribute � 10�6

of the halo potential). As before, we neglect the e�ects
of neutrino flavor oscillations. Fig. 3 shows the results
of this calculation out to a radius of r = 2000 km. Dis-
turbingly, neutrinos from the scattered halo in this 2D
model nowhere contribute a maximum magnitude less
than 14% of the neutrino-neutrino potential magnitude,
and in many places contribute 90% or more of the total.
Fig. 3 shows that matter inhomogeneities generate large
corresponding scattered halo inhomogeneities.

The inhomogeneity of the scattered halo is increased
by several scattering processes which have been omitted
from this illustrative calculation. We did not include
neutrino-electron scattering. This scattering process has
smaller cross sections and relatively forward peaked an-
gular distributions and therefore produces a subdominant
contribution to |Ĥhalo

�� |. What is more important is that
our calculation leaves out what is likely the dominant
source of neutrino direction-changing scattering in the
low entropy regions of the supernova envelope: coherent
neutrino-nucleus neutral current scattering.

Cherry, Carlson,  A.F., Fuller,  
Vlasenko, PRL (2012)
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Early in the explosion, 
computable

• Early in the 
explosion, large-
scale density  
fluctuations haven’t 
developed yet

• The problem can 
be modeled 
numerically and the 
halo can be shown 
to have an effect 

6

FIG. 5: A comparison of the emission angle averaged results of flavor transformation calculations with the halo neutrinos
included and with halo scattering neglected. Left panel: the calculation including the halo, mass basis (key top right, inset)
neutrino energy distribution functions versus neutrino energy. The dashed curve gives the initial ⌫ energy spectrum. Right
panel: the calculation neglecting halo scattering, mass basis (key top right, inset) neutrino energy distribution functions versus
neutrino energy. The dashed curve gives the initial ⌫ energy spectrum. Both panels show the final state of neutrino flavor
transformation at a radius of r = 12000 km.

FIG. 6: A comparison of the modeled event rate for detected
⌫e captures in a 17 kt liquid Argon detector between calcu-
lations with and without the scattered neutrino halo. The
spectral distortions created by the halo produce a clear swap
signature between 20 � 30 MeV, which constitute ⇠ 15 ad-
ditional ⌫e events in this 20 ms time slice of the supernova
signal.

IV. THEORY

The spectral distortions found in our calculations raise
a question: Do the halo neutrinos, though few in number,
nevertheless alter the qualitative and quantitative char-
acter of collective neutrino oscillations? The answer: At
7ms in our model the halo primarily a↵ects the collec-
tive oscillations of neutrinos propagating at large impact
parameters; but 8ms later the halo neutrinos completely

re-determine the course of neutrino flavor oscillation for
all emission trajectories. This result underscores the ne-
cessity for a self-consistent numerical treatment of this
nonlinear system.

The twisting of one of the swap surfaces through the
trajectory space has several direct consequences. The
first is the shift in the swap energies. When the halo
e↵ect is included in the 7ms post bounce case, a high en-
ergy tail of ⌫3 remains unswapped in the neutrino sector.
Figure 11 shows this feature in the total angle-averaged
energy spectra for electron neutrinos projected into the
three mass states for our simulation with and without the
halo. The total number of neutrinos in each mass state
for both the halo and no-halo cases are nearly identical
(there are small di↵erences on the order of ⇠ 0.1%, owing
to slight increases in the adiabaticity of flavor evolution
when the halo is included). With the halo the number
of neutrinos that remain in mass state 3 at high energy
causes the swap between ⌫3/⌫2 to form at lower energy.
Consequently, this also lowers the swap energy for mass
states ⌫2/⌫1.

This can be understood simply from the equations of
motion. The collective flavor oscillation which creates the
swaps (called the Regular Precession Mode) in this ex-
ample posseses two conserved constants of the motion,
e↵ective lepton numbers for each of the mass-squared
splittings [20]. Because the scattering of neutrinos into
the halo does not change the spectral shape of the entire
ensemble of neutrinos, one might reasonably expect that
the conserved lepton numbers that describe the flavor
evolution of the neutrinos to remain unchanged by the
presence of the halo. Indeed, this is what is found in our
calculations. Following the convention of Reference [20],

Cherry, Carlson,  A.F., Fuller,  
Vlasenko, PRD (2013)
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Direct impact on the r-
process

• Where exactly 
the oscillations 
start and how 
they develop early 
on is crucial for 
the r-process

Figure 8: Shows final abundances Y versus mass number A for simulations with no neutrino oscilla-
tions (green) and single-angle (red) and full multiangle (blue) oscillation calculations, both assuming
an inverted heirarchy. Scaled solar abundances (crosses) and the results of a simulation with neutrino
interactions turned off at T9 ∼ 9 (yellow) are shown for comparison. All four simulations use the
late-type density profile with entropy s/k = 200 and initial timescale τ = 18 ms.

– 18 –

Duan, A.F., McLaughlin & Surman,
  The influence of collective neutrino oscillations on a supernova r-process,

  J. Phys. G 38, 035201 (2011)
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What are we looking 
for?

• Experimentally, of special value are phenomena that can 
give nonthermal, time-varying features in the spectrum

Modeling
multiangle 

collective + 
moving shock

by A. F.

LAr detector 
model by K. 
Scholberg

Figure 7–5: Observed spectra in 34 kton of LAr for a 10 kpc core collapse, representing
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 * spectra by Duan & Friedland 
 * detector modeling by Kate Scholberg & co

WC

LAr
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Summary
The next galactic SN will be observed with high statistics in neutrinos 
(DUNE) and antineutrinos (Hyper-K/IceCube). Also in liquid scintillator 
(JUNO). Thousands of events, with second-by-second spectra.

Potentially a treasure trove of information: real-time development of 
the explosion, oscillation dynamics, new physics sensitivity, etc

The physics of SN neutrino oscillations is extremely rich, much more 
interesting than thought 10 years ago! Qualitatively new phenomena, 
inaccessible in the lab

• Known physics → not optional

• Need to understand these effects better; identify clean signatures; see 
if detector design can be optimized.

Nuclear and particle physics, astrophysics and supercomputing all come 
together. Fantastic subject to learn for graduate students and 
postdocs. ;-)

61


