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Fig. 19.— Residual maps for foreground model A used in this analysis. The fractional difference

in counts between the actual data and the fitted model is shown in the figures. Upper: All counts

above 100 MeV are included in the map. The pixel size is 0.8 deg2 (HEALPix order 6). Lower:

Only counts above 13 GeV are included in the map. The pixel size has been increased to 13 deg2

(HEALPix order 4) to account for the reduced count statistics at higher energies.

The Radio Sky!
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Huge Residual! !Over half of the polar brightness!
 results from an isotropic component: !
This is not a a minor fitting error! !
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Isotropic Component !

Spectrum consistent with 
synchrotron emission !

T = 1.26 ± 0.09 K  ( /1 GHz)-2.6!

Known from radio surveys, but assumed to be Galactic!
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the origin of the...

...not yet definitely established

gamma-ray or radio background (+NIRB + Xray) 

high energy neutrino or UHECR events

Marco Regis’s
 talk
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first talk on gamma -rays-> 

The Fermi LAT

Launched 2008
Data made public within 24 hours.
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Energy range: 

20 MeV to >300 GeV (~MZ)

Alex Drlica-Wagner   |   Fermi-LAT Dark Matter

Indirect Detection of 
Particle Dark Matter

2

WIMP

?

INDIRECT SEARCHES

Fermi-LAT

Every ~3 Hours

Alex Drlica-Wagner   |   Fermi-LAT Dark Matter

Indirect Detection of 
Particle Dark Matter

2

WIMP

?

INDIRECT SEARCHES

Fermi-LAT

Every ~3 Hours

Large field of view: 20% 
of the sky at any instant!

WHOLE SKY COVERAGE

Good angular resolution

<0.1 deg above 10 GeV

-> LAT a good tool to study isotropic gamma ray background ~100MeV- <~1 TeV.



The Fermi sky
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1) numerous sub-
threshold point 
sources
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Fig. 15.— Full sky map (top) and blow-up of the inner Galactic region (bottom) showing
sources by source class (see Table 6). All AGN classes are plotted with the same symbol for

simplicity.

[Fermi LAT coll., 1501.02003] 

2) Dark Matter 
annihilation
(or decay)

3+) ...

3FGL: 3033 sources, 
1100 - Blazars

The origin of this emission 

Φ~ρ2 σv



✓Use statistical properties of photon counts/correlation functions:

- 1D PDF: Hannes Zechlin’s talk

- wavelets: Richard Bartel’s talk

- auto-correlation: Nicolao Fornengo & Mattia Fornasa’s talks 
- x-correlations: Alessandro Cuoco & Maciej BILICK’s talks 

✓or ‘heads on’ approach - use the spectral flux of the isotropic emission 
(slightly of topic @ this meeting ;)

- CONs: 
- only one handle -- hard to model/subtract various ‘isotropic’ contributions

- PROs: 
- higher statistics - extends to ~800 GeV, constrains DM in 10s of TeV range
- (arguably) better handle on DM clustering uncertainties

The origin of this emission 
& DM signal search

THIS talk -- derivation of the isotropic emission flux and thus obtained DM limits



1. derivation of the IGRB 

- charged CR contamination - isotropic
- modeling of the galactic diffuse emission

2. ‘guaranteed’ contributions to IGRB 

3. Predictions of DM clustering  (constraints on DM cross section)
(NB: this is not an issue for decaying DM - IGRB provides one of the 
strongest constraints)

Main challenges for DM 
serach



1.  define event selection: customized selection of gamma ray events, at 
LOW and HIGH energies

2. template fitting of components of whole sky emission to determine the 
spectrum of the isotropic component

3. subtract additional cosmic ray contamination detector level simulations 

Derivation of the isotropic flux 

[Ackermann+, ApJ799, 2015)]
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The standard event classes (pass7) have 
insufficient CR background rejection 
(specially < 400 MeV and > 100 GeV) 
-> develop custom event selection using 
dedicated veto’s. 

EGB intensity

P7REP-ULTRACLEAN

P7REP-
IGRB_HI

P7REP-
IGRB_LO



1. define event selection: customized selection of gamma ray events, at 
LOW and HIGH energies

2. template fitting of components of whole sky emission to determine the 
spectrum of the isotropic component

3. subtract additional cosmic ray contamination detector level simulations 

Derivation of the isotropic flux 



step 2: Galactic diffuse emission:  Template Fitting Procedure 
(maximum likelihood in each pixel and energy bin)
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Fig. 3.— Map of counts observed by the Fermi LAT above 100 MeV using a Mollweide projection

in Galactic coordinates with a pixel scale of ≈ 0.9◦. The color scale is logarithmic. Overlaid is the

mask used in this analysis to exclude regions from the template fitting procedure (see Appendix C

for details).mask brightest HI regions

The Fermi bubbles 
template not considered 
-- but their impact 
included in the estimate 
of the systematics



step 2: Galactic diffuse emission:  Template Fitting Results 
(benchmark GDE model - similar to models in Ackermann+, ApJ, 2012)
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low energies (<13 GeV): 
- fit in each en bin
high energies fixed 
norm (average between 
6-51 GeV)



step 2: Galactic diffuse emission:  GDE uncertainties
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Residuals reasonably flat, but model 
over-predicts the data below 1 GeV 
- may indicate incomplete understanding 
of source distribution, ISRF etc.
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Fig. 19.— Residual maps for foreground model A used in this analysis. The fractional difference

in counts between the actual data and the fitted model is shown in the figures. Upper: All counts

above 100 MeV are included in the map. The pixel size is 0.8 deg2 (HEALPix order 6). Lower:

Only counts above 13 GeV are included in the map. The pixel size has been increased to 13 deg2

(HEALPix order 4) to account for the reduced count statistics at higher energies.
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step 2: Galactic diffuse emission:  GDE uncertainties

Plus vary halo height, magnetic fields, increase ISRF in the bulge, different CR source 
distributions, impact of the Fermi bubbles template... using the model A as the base for these 
changes. 



1. define event selection: customized selection of gamma ray events, at 
LOW and HIGH energies

2. template fitting of components of whole sky emission to determine the 
spectrum of the isotropic component

3. subtract additional cosmic ray contamination detector level simulations 

Derivation of the isotropic flux 



step 3: subtract remaining CR contamination (isotropic!) 
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Resulting Isotropic 
emission flux
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Fig. 7.— Comparison of the derived IGRB intensities for different foreground (FG) models. The

error bars include the statistical uncertainty and systematic uncertainties from the effective area

parametrization, as well as the CR background subtraction (statistical and systematic uncertainties

have been added in quadrature). The shaded band indicates the systematic uncertainty arising from

uncertainties in the Galactic foreground: the IGRB intensity range spanned by the three benchmark

models, the variants described in Section 4.2, and the normalization uncertainties derived from the

high-latitude data/model comparison. See Section 5.2 for details.

error bars: stat uncertainty from template fitting, syst uncertainty in LAT 
effective area, and syst uncertainty in residual cosmic-ray background levels [Ackermann+, ApJ799, 2015)]



Extragalactic background 
emission

EGB = IGRB + point sources (constant in time) 
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Fig. 10.— Comparison of the derived total EGB intensity (foreground model A) to other mea-

surements of the X-ray and γ-ray background. The error bars on the LAT measurement include

the statistical uncertainty and systematic uncertainties from the effective area parametrization, as

well as the CR background subtraction. Statistical and systematic uncertainties have been added

in quadrature. The shaded band indicates the systematic uncertainty arising from uncertainties in

the Galactic foreground. (Note that the EGRET measurements shown are measurements of the

IGRB. However, EGRET was more than an order of magnitude less sensitive to resolve individual

sources on the sky than the Fermi -LAT.)

[Ackermann+, ApJ799, 2015)]
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The origin of emissionEGB: Why is it important ? 

•  sa Undetected sources Diffuse processes

Markevitch+05

Blazars
Dominant class of LAT extra-
galactic sources. Many estima-
tes in literature.  EGB contribu-
tion ranging from 20% - 100%. 

Non-blazar active galaxies
27 sources resolved in 2FGL 
~ 25% contribution of radio 
galaxies to EGB expected. (e.g. 
Inoue 2011)

Star-forming galaxies
Several galaxies outside the 
local group resolved by LAT. 
Significant contribution to EGB 
expected. (e.g. Pavlidou & Fields, 
2002, Ackermann et al. 2012)

GRBs
High-latitude pulsars

Small contributions expected. 
(e.g. Dermer 2007, Siegal-Gaskins et al. 
2010)

Intergalactic shocks
Widely varying predictions of 
EGB contribution ranging from 
1% to 100% (e.g. Loeb & Waxman 
2000, Gabici & Blasi 2003)

Dark matter annihilation
Potential signal dependent on 
nature of DM, cross-section and 
structure of DM distribution 
(e.g. Ullio et al. 2002)

Interactions of UHE cosmic 
rays with the EBL

Dependent on evolution of CR 
sources, predictions varying from 
1% to 100 % (e.g. Kalashev et al. 2009)

Extremely large Galactic 
electron halo (Keshet et al. 2004)
  

CR interaction in small solar 
system bodys (Moskalenko & Porter 
2009)



The origin of emissionEGB: Why is it important ? 

•  sa Undetected sources Diffuse processes

Markevitch+05

Blazars
Dominant class of LAT extra-
galactic sources. Many estima-
tes in literature.  EGB contribu-
tion ranging from 20% - 100%. 

Non-blazar active galaxies
27 sources resolved in 2FGL 
~ 25% contribution of radio 
galaxies to EGB expected. (e.g. 
Inoue 2011)

Star-forming galaxies
Several galaxies outside the 
local group resolved by LAT. 
Significant contribution to EGB 
expected. (e.g. Pavlidou & Fields, 
2002, Ackermann et al. 2012)

GRBs
High-latitude pulsars

Small contributions expected. 
(e.g. Dermer 2007, Siegal-Gaskins et al. 
2010)

Intergalactic shocks
Widely varying predictions of 
EGB contribution ranging from 
1% to 100% (e.g. Loeb & Waxman 
2000, Gabici & Blasi 2003)

Dark matter annihilation
Potential signal dependent on 
nature of DM, cross-section and 
structure of DM distribution 
(e.g. Ullio et al. 2002)

Interactions of UHE cosmic 
rays with the EBL

Dependent on evolution of CR 
sources, predictions varying from 
1% to 100 % (e.g. Kalashev et al. 2009)

Extremely large Galactic 
electron halo (Keshet et al. 2004)
  

CR interaction in small solar 
system bodys (Moskalenko & Porter 
2009)

–  How much these source classes contribute to the EGB ? 
–  Can unresolved sources explain the bulk of the EGB ?



The origin of emission– 7 –

photon index via simulations and found that it can be approximated as logEb(GeV) !

9.25 " 4.11! (see left panel of Fig. 2). The spectral curvature seen in bright LAT blazars
is typically characterized using a logParabola model dN/dE # (E/E0)!!!"log(E/E0) (known
to approximate blazar SED well only around their peak), where ! is the photon index at

energy E0 and " is the curvature parameter (Nolan et al. 2012). In order to ascertain that
our SED model reproduces the correct amount of spectral curvature observed in blazars,

we simulated LAT observations of $1600 blazars with fluxes randomly extracted from the
3LAC catalog and a spectrum described by Eq. 11. We treated these spectra as the real

data and whenever the logParabola model was preferred over the power law at %4# (as in
Nolan et al. 2012) we estimated the ! and " parameters. As Fig. 2 (right panel) shows these
are found to be in good agreement with the parameters of the real blazar set, validating our

choice of the SED model.

We thus use the above Eb " ! relation to predict the integrated emission of the blazar
class that we compute as:

FEGB(E#) =

!max=3.5
!

!min=1.0

d!

zmax=6
!

zmin=10!3

dz

Lmax
! =1052
!

Lmin
! =1043

dL# ·"(L#, z,!)·
dN#

dE
·
dV

dz
[ph cm!2s!1sr!1GeV!1],

(12)
where "(L# , z,!) and dN!

dE are the LF and the spectrum reported above. Because the LF

displays steep power laws at high redshift and luminosity, the only limit that matters is
Lmin
# , which we set as the lowest observed luminosity. The normalization factor K of Eq. 11

is chosen so that a source at redshift z and with index !, implying Eb = Eb(!) given by the
slope of Fig. 2 (left panel), has a rest-frame luminosity L# . We also make sure that both the

LF and SED models are able to reproduce the 10–500GeV source counts (Ackermann et al.
2013), which is important to obtain a robust estimate of the contribution of blazars to the
high-energy EGB (see Fig. 1).

Integrating Eq. 12 above 0.1GeV for the three LF models and averaging3 the results

yields that all blazars (including the resolved ones) emit 5.70(±1.06) & 10!6 ph cm!2 s!1

sr!1, where the error is dominated by the systematic uncertainties (all similar in magnitude)
on the Fermi-LAT detection e#ciency (Abdo et al. 2010c), on the missing associations, the

di$erences between the three LF models, and the scatter of the Eb " ! relation. When
comparing this to the total EGB intensity of 11.3+1.6

!1.5 & 10!6 ph cm!2 s!1 sr!1 (AC14) we

conclude that blazars produce 50+12
!11% of the total EGB. Since the resolved component of

the EGB is 4.1(±0.4)&10!6 ph cm!2 s!1 sr!1 (see AC14), and most of the detected sources

3We used a weighted average with 1/!2
i
(e.g. inverse of flux variance for each model) weights.

BLLac contribution: based on 
properties of the resolved blazar 
population (~211 BL Lacs with full 
redshift information) model
- luminosity function
- spectra
- red shift evolution
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Fig. 15.— Full sky map (top) and blow-up of the inner Galactic region (bottom) showing
sources by source class (see Table 6). All AGN classes are plotted with the same symbol for

simplicity.
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Fig. 1.— Observed redshift (upper left), photon index (upper right), 0.1–100GeV source-
count (lower left), and 10–500GeV source-count (lower right) distributions of Fermi-LAT

blazars. For the upper panels, the continuous solid line is the PLE model convolved with
the detection e!ciency of Fermi-LAT (see Abdo et al. 2010c), while for the lower ones it

represents the predictions of the LF models. The 68% uncertainty band in the lower right
panel shows the prediction, for the 10–500GeV source counts, of the LF and SED model.

Error bars compatible with zero are 1! upper limits for the case of observing zero events in
a given bin.

energies larger than those probed here, while for FSRQs, because of the larger average
redshifts, the EBL e!ciently suppresses their >50GeV flux.

For the model reported above, the high-energy peak is a function of Eb alone, for fixed

"a and "b. We calibrated the relationships between Eb and the LAT-measured power-law
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Fig. 1.— Observed redshift (upper left), photon index (upper right), 0.1–100GeV source-
count (lower left), and 10–500GeV source-count (lower right) distributions of Fermi-LAT

blazars. For the upper panels, the continuous solid line is the PLE model convolved with
the detection e!ciency of Fermi-LAT (see Abdo et al. 2010c), while for the lower ones it

represents the predictions of the LF models. The 68% uncertainty band in the lower right
panel shows the prediction, for the 10–500GeV source counts, of the LF and SED model.

Error bars compatible with zero are 1! upper limits for the case of observing zero events in
a given bin.

energies larger than those probed here, while for FSRQs, because of the larger average
redshifts, the EBL e!ciently suppresses their >50GeV flux.

For the model reported above, the high-energy peak is a function of Eb alone, for fixed

"a and "b. We calibrated the relationships between Eb and the LAT-measured power-law

luminosity function red shift evolution

spectral index distribution

[Ajello+, ApJL, 2015)]



The origin of emission
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Fig. 3.— Top Panel: Integrated emission of blazars (with and without EBL absorption),
compared to the intensity of the EGB (datapoints from AC14). Lower Panel: as above,

but including also the emission from star-forming galaxies (gray band, Ackermann et al.
2012) and radio galaxies (black striped band, Inoue 2011) as well as the sum of all non-

exotic components (yellow band). An example of DM-induced !-ray signal ruled out by
our analysis is shown by the solid pink line, and summed with the non-exotic components
(long-dashed pink line). The inset shows the residual emission, computed as the ratio of the

summed contribution to the EGB spectrum, as a function of energy as well as the uncertainty
due to the foreground emission models (see AC14).

[Ajello+, ApJL, 2015)]



– 15 –

Energy[GeV]
-110 1 10 210 310

]
-1

 s
r

-1
 s

-2
dN

/d
E 

[G
eV

 c
m

2
 E

-810

-710

-610

EGB Spectrum (Ackermann et al. 2014b)

EGB Foreground modeling uncertainty

All Blazars - this work

All Blazars (no EBL) - this work

]
-1

 s
r

-1
 s

-2
dN

/d
E 

[G
eV

 c
m

2
 E

-910

-810

-710

-610

EGB Spectrum (Ackermann et al., 2014b)
Sum of components
All Blazars - this work

)bDM  (10 TeV b
DM + Astro components
Radio Galaxies (Inoue 2011)
Star-forming Gal. (Ackermann et al. 2012) 

Energy [GeV]
-110 1 10 210 310

 F
ra

ct
io

n 
of

 E
G

B

0.2
0.4
0.6
0.8

1
1.2
1.4
1.6
1.8 Sum of Components/EGB

Foreground Modeling Uncertainty

Fig. 3.— Top Panel: Integrated emission of blazars (with and without EBL absorption),
compared to the intensity of the EGB (datapoints from AC14). Lower Panel: as above,

but including also the emission from star-forming galaxies (gray band, Ackermann et al.
2012) and radio galaxies (black striped band, Inoue 2011) as well as the sum of all non-

exotic components (yellow band). An example of DM-induced !-ray signal ruled out by
our analysis is shown by the solid pink line, and summed with the non-exotic components
(long-dashed pink line). The inset shows the residual emission, computed as the ratio of the
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The origin of emission
-> The full range of the gamma ray EGB measurement can be explained by the 
contributions from blazars, radio and star forming galaxies 
- limits on additional contributions -> dark matter annihilations

Blazars: Stecker+93, Padovani+93, Salomon&Stecker94, Chiang&Mukherjee+98, Mukherjee&Chiang99, Muecke&Pohl00, 
Narumoto&Totani06, Giommi+06, Dermer07,Pavlidou&Venters08, Kneiske&Mannheim08, Bhattacharya et al. 2009, Inoue&Totani 
09, Abod et al. 2010, Stecker & Venters 2010, DiMauro14 etc
Star forming galaxies: Pavlidou & Fields 2002, Thompson+07, Bhattacharya&Sreekumar09, Makiya+11, Fields+10, 
Stecker&Venters+11, etc.
Radio galaxies: Stawarz+06, Inoue+08, Inoue11, Massaro&Ajello11, DiMauro13
Milli-second pulsars: Fauchere-Giguere & Loeb10, Siegal-Gaskins+10/ Dermer07, Calore14
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Halo model

standard approach
relies on halo finders + many parameters: density profiles, halo mass function, concentration of 
halos,... + repeat for SUBHALOS -- each needs to be extrapolated many orders of magnitude...

isotropic smooth Galactic DM halo signal in the IGRB derivation procedure of ref. [8].

Specifically, we check for consistency of the IGRB measurement with the presence of

such a Galactic DM signal in section 4. We summarize the main results of our work

in section 5.

2 Theoretical predictions of the isotropic dark matter anni-
hilation signals

The extragalactic gamma-ray intensity dφDM
/dE0 produced in annihilations of DM

particles with mass mχ and self-annihilation cross section �σv� over all redshifts z is

given by [15–17]:

dφDM

dE0
=

c �σv�(ΩDMρc)2

8πm2
χ

�
dz

e
−τ(E0,z)(1 + z)

3ζ(z)

H(z)

dN

dE

���
E=E0(1+z)

(2.1)

where c is the speed of light, ΩDM is the current DM abundance measured with respect

to the critical density ρc, H(z) is the Hubble parameter or expansion rate, and dN/dE

is the spectrum of photons per DM annihilation.
2
The function τ(E, z) parametrizes

the absorption of photons due to the extragalactic background light. The flux multiplier
ζ(z), which is related to the variance of DM density in the Universe and measures the

amount of DM clustering at each given redshift, is the most uncertain astrophysical

quantity in this problem. It can be expressed both in real space, making use of a Halo

Model (HM) approach [18], and in Fourier space by means of a Power Spectrum (PS)

approach [13, 14].

In the HM framework, ζ(z) is calculated by summing the contributions to the an-

nihilation signal from individual halos
3
of mass M from all cosmic redshifts, �F (M, z)�,

and for all halo masses, i.e.:

ζ(z) =
1

ρc

�

Mmin

dM
dn

dM
M

∆(z)

3
�F (M, z)� , (2.2)

where Mmin is the minimum halo mass considered, and ∆(z) and
dn
dM are the DM

halo-mass over-density and the halo mass function, respectively. The mean halo over-

density ∆(z) is defined with respect to the critical density of the Universe and its value

determines the virial radius of a halo, R∆, at each redshift. In this paper we will adopt

∆(0) = 200, following previous choices in the literature, and compute it at different
redshifts as in ref. [19]. The halo mass function

dn
dM is normalized by imposing that

all mass in the Universe resides inside halos (see [15] for more details). �F (M, z)� in

turn depends on the DM halo density profile and the halo size. Halo density profiles

are determined by N-body cosmological simulations, with the most recent results fa-

voring cuspy Navarro-Frenk-White (NFW) [20] and Einasto halos [21, 22], while some

2We assume here that the thermally-averaged annihilation cross section is velocity independent
and that DM is composed of self-conjugated particles.

3The term ‘halos’ refers to all types of virialized DM clumps and structures in the Universe that
lead to a DM density enhancement over the background.
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The DM extragalactic annihilation flux 
can be computed in the Halo Model 
from 3 or more quantities 
determined from simulations 
or 
directly from the Power Spectrum, 
with minimal assumptions
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Figure 2. Mass dependence of the best-fitting Einasto parameters for all
haloes in our sample at z = 0. Only relaxed haloes with more than 5000
particles within the virial radius are considered. The top and bottom panels
show, respectively, the concentration, c = r200/r!2, and shape parameter, !,
as a function of halo virial mass. Individual points are coloured according to
the third parameter (see colour bar on the right of each panel). The connected
symbols trace the median values for each Millennium Simulation (see legend
in the top panel); thin solid lines delineate the 25 to 75 percentile range.
The dashed curves indicate the fitting formulae proposed by Gao et al.
(2008). For clarity only 10 000 haloes per simulation are shown in this
figure. Haloes shown in grey are systems where the best-fitting scale radius
is smaller than the convergence radius; these fits are deemed unreliable
and the corresponding haloes are not included in the analysis. The grey
vertical bars highlight three different mass bins used to explore parameter
variations at fixed halo mass (see Sections 4.3 and 4.4). The small boxes
indicate haloes in each of those bins with average, higher-than-average and
lower-than-average values of ! (bottom panel) or of the concentration (top
panel).

concentration (Neto et al. 2007). An ideal definition of formation
time would result in a natural correspondence between the charac-
teristic density of a halo at z = 0 and the density of the Universe at
the time of its assembly.

We explore two possibilities in Fig 3. Here, we show the mean
density enclosed within various characteristic radii at z = 0 ver-
sus the critical density of the Universe at the time when the main
progenitor mass equals the mass enclosed within the same radii.

The left-hand panels correspond to radii enclosing 1/4, 1/2 and
3/4 of the virial mass of the halo. The dots indicate individual
haloes coloured by halo mass, as shown in the colour bar at the top.
Boxes and whiskers trace the 10th, 25th, 75th and 90th percentiles

in bins of "crit. Note the tight but rather weak (and non-linear)
correlation between densities at these radii. This confirms our earlier
statement that ‘half-mass’ formation times are unreliable indicators
of halo characteristic density: haloes with very different z1/2 may
nevertheless have similar concentrations.

The right-hand panels of Fig. 3 show the same density correla-
tions, but measured at various multiples of r!2, the scale radius of
the mass profile at z = 0. The middle panel shows that the mean den-
sity within r!2, ""!2# = M!2/(4!/3)r3

!2 is directly proportional to
the critical density of the Universe at the time when the virial mass
of the main progenitor equals M!2. Intriguingly, this is also true
at r!2/2 (top-right panel) and at 2 $ r!2 (bottom-right panel), al-
though with different proportionality constants (listed in the figure
legends).

This means that there is an intimate relation between the mass
profile of a halo and the shape of its MAH, in the sense that, once
the scale radius is specified, the MAH can be reconstructed from
the mass profile, and vice versa. Since mass profiles are nearly
self-similar when scaled to r!2, this implies that accretion histories
must also be approximately self-similar when scaled appropriately.
The MAH self-similarity has been previously discussed by van den
Bosch (2002), but its relation to the shape of the mass profile, as
highlighted here, has so far not been recognized.

4.3 NFW accretion histories and mass profiles

We explore further the relation between MAH and mass profile
by casting both in a way that simplifies their comparison, i.e. in
terms of mass versus density. In the case of the mass profile, this
is just the enclosed mass–mean inner density relation, M(""#) (see
Section 3.1). For the MAH, this reduces to expressing the virial
mass of the main progenitor in terms of the critical density, rather
than the redshift, M("crit(z)). In what follows, we shall scale all
masses to the virial mass of the halo at z = 0, M0; "crit(z) to the
value at present, "0; and ""# to 200 "0.

The top-left panel of Fig. 4 shows, in these scaled units, the av-
erage M(""#) profile for haloes in three different narrow mass bins
(indicated by the grey vertical bars in the bottom panel of Fig. 2).
These mean profiles are computed by averaging halo masses, for
given ""#, after scaling all individual haloes as indicated above. As
expected, each profile is well fitted by an NFW profile where the
concentration increases gradually with decreasing mass. The heavy
symbols on each profile indicate the value of M!2 and ""!2#. The
top-right panel shows the same data, but scaled to these character-
istic masses and densities. Clearly, the three profiles follow closely
the same NFW shape, which is fixed in these units.

The corresponding MAHs, computed as above by averaging
accretion histories of scaled individual haloes, are shown in the
bottom-left panel of Fig. 4. The heavy symbols on each profile
again indicate the value of M!2 (as in the above panel), as well as
"crit(z!2) = 776 ""!2#, computed using the relation shown in the
middle-right panel of Fig. 3.

In these scaled units, a single point can be used to specify the
‘concentration’ of an NFW profile, which is shown by the dashed
curves. Interestingly, these provide excellent descriptions of the
MAHs: rescaled to their own characteristic density and mass they
all look alike and also follow closely the NFW shape (bottom-right
panel of Fig. 4). The MAHs and mass profiles of CDM haloes are
not only nearly self-similar: they both have similar shapes that may
be approximated very well by the NFW profile.

This implies that the concentration of the mass profile just reflects
the ‘concentration’ of the MAH. Indeed, assuming that the NFW
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Figure 1. Halo density profiles and accretion histories. Left-hand panel: median density profiles of MS-II relaxed haloes in the mass range 1.24 <

log M200/(1010 h!1 M") < 1.54 (corresponding to particle numbers in the range 2.5 # 104 < N200 < 5 # 104), selected according to their concentra-
tion (see boxes in the top panel of Fig. 2). Densities are shown scaled to !0, the critical density at z = 0, and weighted by r2 in order to enhance the dynamic
range of the plot. Radii are scaled to the virial radius, r200. The best-fitting Einasto profiles are shown by the thin solid curves, with parameters listed in the
legend. Dot–dashed curves indicate NFW profiles (whose shape is fixed in these units) matched at the scale radius, r!2, where the r2! profiles peak. Arrows
indicate the half-mass radius, r1/2. Right-hand panel: median MAHs of the same set of haloes chosen for the left-hand panel. Halo accretion history is defined
as the evolution of the mass of the main progenitor, expressed in units of the mass of the halo at z = 0. The heavy circles indicate the redshift, z!2, when the
progenitor’s mass equals the mass, M!2, enclosed within the scale radius at z = 0. The starred symbols indicate the half-mass formation redshift.

In the scaled units of Fig. 1 the scale radius, r!2, signals the
location of the maximum of each curve, and different concentrations
show as shifts in the position of the maxima, which are indicated
by large filled circles. In addition to their different concentrations,
the profiles differ as well in ", which increases with decreasing
concentration (see legends in Fig. 1). Arrows indicate the half-
mass radius of each profile. Dot–dashed curves show NFW profiles
(whose shape is fixed in this plot) with the same concentration as
the best Einasto fit (solid lines). The density profile curves more
gently than NFW for " ! 0.18 and less gradually than NFW for
" " 0.18, respectively.

The (median) MAHs corresponding to the same sets of haloes
are shown in the right-hand panel of Fig. 1. We define the MAH of
a halo as the evolution of the virial mass of the main progenitor,3

usually expressed as a function of the scalefactor a = 1/(1 + z),
and normalized to the present-day value, M0 = M200(z = 0). As ex-
pected, more concentrated haloes accrete a larger fraction of their
final mass earlier on. The filled stars indicate the ‘half-mass for-
mation redshift’, z1/2, whereas the filled circles indicate z!2, the
redshift when the mass of the main progenitor first reaches M!2,
the mass enclosed within r!2 at z = 0.

4 R ESULTS

4.1 The mass–concentration–shape relations

The top panel of Fig. 2 shows the mass–concentration relation for
our sample of relaxed haloes at z = 0. Concentrations are estimated
from Einasto fits, and are colour coded by the shape parameter, ",
as indicated by the colour bar. The open symbols track the median
concentrations as a function of mass. The thin solid lines trace the

3 The main progenitor of a given dark matter halo is found by tracing
backwards in time the most massive halo along the main branch of its
merger tree.

25th and 75th percentiles of the scatter at fixed mass. Different
symbols are used for the different MS runs, as specified in the
legend. Note the excellent agreement in the overlapping mass range
of each simulation, which indicates that our fitting procedure is
robust to the effects of numerical resolution.

The bottom panel of Fig. 2 shows the mass–" relation, coloured
this time by concentration. The trend is again consistent with earlier
work; the median values of " are fairly insensitive to halo mass,
except at the highest masses, where it increases slightly. The mass–
concentration–shape trends are consistent with earlier work; for
example, the dashed lines correspond to the fitting formulae pro-
posed by Gao et al. (2008) and reproduce the overall trends very
well.

Fig. 2 illustrates an interesting point already hinted at in Fig. 1:
the shape parameter seems to correlate with concentration at given
mass. Interestingly, haloes of average concentration have approx-
imately the same shape parameter (" $ 0.18, i.e. quite similar to
NFW), regardless of mass. Haloes with higher-than-average con-
centration have smaller values of " and vice versa. This suggests
that the same mechanism responsible, at given mass, for deviations
in concentration from the mean might also be behind the different
mass profile shapes at z = 0 parametrized by ". We explore this
possibility next.

4.2 Characteristic densities and assembly times

As pointed out by Navarro et al. (1997) and confirmed by subsequent
work (see, e.g. Jing 2000), the scatter in concentration is closely
related to the accretion history of a halo: the earlier (later) a halo is
assembled the higher (lower) its concentration.

This is clear from the assembly histories shown in Fig. 1, which
illustrate as well that defining ‘formation time’ in a way that corre-
lates strongly and unequivocally with concentration is not straight-
forward. For example, the often-used half-mass formation redshift,
z1/2, varies only weakly with c, making it an unreliable proxy for

The Halo Model approach
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3. HALO MASS FUNCTION

3.1. Fitting Formula and General Results

Although the number density of collapsed halos of a given
mass depends sensitively on the shape and amplitude of the power
spectrum, successful analytical Ansätze predict the halo abun-
dance quite accurately by using a universal function describ-
ing the mass fraction of matter in peaks of a given height, ! !
"c/#(M; z), in the linear density field smoothed at some scale R "
(3M /4$%̄m)

1/3 (Press & Schechter 1974; Bond et al. 1991; Sheth
& Tormen 1999). Here, "c # 1:69 is a constant corresponding to
the critical linear overdensity for collapse and #(M ; z) is the rms
variance of the linear density field smoothed on scale R(M ). The
traditional nonlinear mass scale M$ corresponds to # " "c. This
fact has motivated the search for accurate universal functions de-
scribing simulation results by Jenkins et al. (2001), White (2002),
and Warren et al. (2006). Following these studies, we choose the
following functional form to describe halo abundance in our
simulations:

dn

dM
" f (#)

%̄m
M

d ln #%1

dM
: &2'

In extended Press-Schechter theory, the overdensity at a location
in a linear density field follows a random walk with decreasing
smoothing scale. The function f (#) is the #-weighted distribution
of first crossings of these random walks across a barrier separat-
ing collapsed objects from uncollapsed regions (e.g., where the
random-walking overdensity first crosses "c). The function f (#)
is expected to be universal to the changes in redshift and cos-
mology and is parameterized as

f (#) " A
#

b

! "%a

(1

# $
e%c=# 2

; &3'

where

#2 "
Z

P(k)Ŵ (kR)k 2 dk; &4'

P(k) is the linear matter power spectrum as a function of wave-
number k, and Ŵ is the Fourier transform of the real-space top-
hat window function of radius R. It is convenient to recall that the
matter variance monotonically decreases with increasing smooth-
ing scale; thus, higherM corresponds to lower #. In the figures and
text, we will use log #%1 as the independent variable. This quan-
tity increases monotonically with halo mass.

The functional form (3) was used in Warren et al. (2006) with
minor algebraic difference, and is similar to the forms used by
Sheth & Tormen (1999)11 and Jenkins et al. (2001). ParametersA,
a, b, and c are constants to be calibrated by simulations. The pa-
rameter A sets the overall amplitude of the mass function, while a
and b set the slope and amplitude of the low-mass power law, re-
spectively. The parameter c determines the cutoff scale at which
the abundance of halos exponentially decreases.

The best-fit values of these parameters were determined by fit-
ting equation (3) to all the z " 0 simulations using &2 minimiza-
tion and are listed in Table 2 for each value of !. For! ) 1600,

we fix the value of A to be 0.26 without any loss of accuracy.12

This allows the other parameters to vary monotonically with !,
allowing for smooth interpolation between values of !.
Figure 5 shows the mass function measured for three values

of ! and the corresponding best-fit analytic functions. We plot
(M 2/%̄m) dn/dM rather than dn/dM to reduce the dynamic range
of the y-axis, as dn/dM values span nearly 14 orders of magni-
tude. The figure shows that as ! increases the halo masses be-
come systematically smaller. Thus, from ! " 200 to 3200, the
mass scale of the exponential cutoff reduces substantially. The
shape of the mass function is also altered; at! " 200 the loga-
rithmic slope at low masses is *%1.85, while at ! " 3200 the
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Although the number density of collapsed halos of a given
mass depends sensitively on the shape and amplitude of the power
spectrum, successful analytical Ansätze predict the halo abun-
dance quite accurately by using a universal function describ-
ing the mass fraction of matter in peaks of a given height, ! !
"c/#(M; z), in the linear density field smoothed at some scale R "
(3M /4$%̄m)

1/3 (Press & Schechter 1974; Bond et al. 1991; Sheth
& Tormen 1999). Here, "c # 1:69 is a constant corresponding to
the critical linear overdensity for collapse and #(M ; z) is the rms
variance of the linear density field smoothed on scale R(M ). The
traditional nonlinear mass scale M$ corresponds to # " "c. This
fact has motivated the search for accurate universal functions de-
scribing simulation results by Jenkins et al. (2001), White (2002),
and Warren et al. (2006). Following these studies, we choose the
following functional form to describe halo abundance in our
simulations:
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In extended Press-Schechter theory, the overdensity at a location
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number k, and Ŵ is the Fourier transform of the real-space top-
hat window function of radius R. It is convenient to recall that the
matter variance monotonically decreases with increasing smooth-
ing scale; thus, higherM corresponds to lower #. In the figures and
text, we will use log #%1 as the independent variable. This quan-
tity increases monotonically with halo mass.

The functional form (3) was used in Warren et al. (2006) with
minor algebraic difference, and is similar to the forms used by
Sheth & Tormen (1999)11 and Jenkins et al. (2001). ParametersA,
a, b, and c are constants to be calibrated by simulations. The pa-
rameter A sets the overall amplitude of the mass function, while a
and b set the slope and amplitude of the low-mass power law, re-
spectively. The parameter c determines the cutoff scale at which
the abundance of halos exponentially decreases.

The best-fit values of these parameters were determined by fit-
ting equation (3) to all the z " 0 simulations using &2 minimiza-
tion and are listed in Table 2 for each value of !. For! ) 1600,

we fix the value of A to be 0.26 without any loss of accuracy.12

This allows the other parameters to vary monotonically with !,
allowing for smooth interpolation between values of !.
Figure 5 shows the mass function measured for three values

of ! and the corresponding best-fit analytic functions. We plot
(M 2/%̄m) dn/dM rather than dn/dM to reduce the dynamic range
of the y-axis, as dn/dM values span nearly 14 orders of magni-
tude. The figure shows that as ! increases the halo masses be-
come systematically smaller. Thus, from ! " 200 to 3200, the
mass scale of the exponential cutoff reduces substantially. The
shape of the mass function is also altered; at! " 200 the loga-
rithmic slope at low masses is *%1.85, while at ! " 3200 the
slope is nearly%2. This change in slope is due to two effects. First,
the fractional change in mass when converting between values of
! is not a constant; it depends on halo mass. Because halo con-
centrations are higher for smaller halos, the fractional change is
higher at lower masses, thus steepening the mass function. Sec-
ond, a number of low-mass objects withinR200 of a larger halo are
‘‘exposed’’ as distinct halos when halos are identified with ! "
3200. Although all halos contain substructure, these ‘‘revealed’’
subhalos will only impact overall abundance of objects at low
mass,M P 1012 h%1 M+, because the satellite fraction (the frac-
tion of all halos located within virial radii of larger halos) de-
creases rapidly from #20% to zero for M > 1012 h%1 M+ (e.g.,
Kravtsov et al. 2004). This trend can be understood using aver-
age properties of subhalos in parent CDM halos. Subhalo popu-
lations are approximately self-similar with only a weak trend with
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covers the mean matter density of the universe when integrating over all mass;
the function is normalized such that
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f (#) d ln #%1 " 1. Eq. (3) does not con-

verge when integrating to log #%1 " %1. In Appendix C we present a modified
fitting function that is properly normalized at all ! but still produces accurate
results at z " 0.

12 Although a four-parameter function is required to accurately fit the data at
low!, at high overdensities the error bars are sufficiently large that a degeneracy
between A and a emerges, and the data can be fit with only three free parameters,
given a reasonable choice for A.
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"m " 0:27.

TINKER ET AL.716 Vol. 688

3. HALO MASS FUNCTION

3.1. Fitting Formula and General Results

Although the number density of collapsed halos of a given
mass depends sensitively on the shape and amplitude of the power
spectrum, successful analytical Ansätze predict the halo abun-
dance quite accurately by using a universal function describ-
ing the mass fraction of matter in peaks of a given height, ! !
"c/#(M; z), in the linear density field smoothed at some scale R "
(3M /4$%̄m)

1/3 (Press & Schechter 1974; Bond et al. 1991; Sheth
& Tormen 1999). Here, "c # 1:69 is a constant corresponding to
the critical linear overdensity for collapse and #(M ; z) is the rms
variance of the linear density field smoothed on scale R(M ). The
traditional nonlinear mass scale M$ corresponds to # " "c. This
fact has motivated the search for accurate universal functions de-
scribing simulation results by Jenkins et al. (2001), White (2002),
and Warren et al. (2006). Following these studies, we choose the
following functional form to describe halo abundance in our
simulations:

dn

dM
" f (#)

%̄m
M

d ln #%1

dM
: &2'

In extended Press-Schechter theory, the overdensity at a location
in a linear density field follows a random walk with decreasing
smoothing scale. The function f (#) is the #-weighted distribution
of first crossings of these random walks across a barrier separat-
ing collapsed objects from uncollapsed regions (e.g., where the
random-walking overdensity first crosses "c). The function f (#)
is expected to be universal to the changes in redshift and cos-
mology and is parameterized as

f (#) " A
#

b

! "%a

(1

# $
e%c=# 2

; &3'

where

#2 "
Z
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of the y-axis, as dn/dM values span nearly 14 orders of magni-
tude. The figure shows that as ! increases the halo masses be-
come systematically smaller. Thus, from ! " 200 to 3200, the
mass scale of the exponential cutoff reduces substantially. The
shape of the mass function is also altered; at! " 200 the loga-
rithmic slope at low masses is *%1.85, while at ! " 3200 the
slope is nearly%2. This change in slope is due to two effects. First,
the fractional change in mass when converting between values of
! is not a constant; it depends on halo mass. Because halo con-
centrations are higher for smaller halos, the fractional change is
higher at lower masses, thus steepening the mass function. Sec-
ond, a number of low-mass objects withinR200 of a larger halo are
‘‘exposed’’ as distinct halos when halos are identified with ! "
3200. Although all halos contain substructure, these ‘‘revealed’’
subhalos will only impact overall abundance of objects at low
mass,M P 1012 h%1 M+, because the satellite fraction (the frac-
tion of all halos located within virial radii of larger halos) de-
creases rapidly from #20% to zero for M > 1012 h%1 M+ (e.g.,
Kravtsov et al. 2004). This trend can be understood using aver-
age properties of subhalos in parent CDM halos. Subhalo popu-
lations are approximately self-similar with only a weak trend with
mass (e.g., Moore et al. 1999; Gao et al. 2004), and the largest11 A convenient property of the Sheth & Tormenmass function is that one re-

covers the mean matter density of the universe when integrating over all mass;
the function is normalized such that

R
f (#) d ln #%1 " 1. Eq. (3) does not con-

verge when integrating to log #%1 " %1. In Appendix C we present a modified
fitting function that is properly normalized at all ! but still produces accurate
results at z " 0.

12 Although a four-parameter function is required to accurately fit the data at
low!, at high overdensities the error bars are sufficiently large that a degeneracy
between A and a emerges, and the data can be fit with only three free parameters,
given a reasonable choice for A.
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(M 2/%̄m) dn/dM against logM . The solid curves are the best-fit functions from
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Halo model

standard approach
relies on halo finders + many parameters: halo mass function, concentration of halos, their density 
profiles... each needs to be extrapolated many orders of magnitude...

isotropic smooth Galactic DM halo signal in the IGRB derivation procedure of ref. [8].

Specifically, we check for consistency of the IGRB measurement with the presence of

such a Galactic DM signal in section 4. We summarize the main results of our work

in section 5.

2 Theoretical predictions of the isotropic dark matter anni-
hilation signals

The extragalactic gamma-ray intensity dφDM
/dE0 produced in annihilations of DM

particles with mass mχ and self-annihilation cross section �σv� over all redshifts z is

given by [15–17]:

dφDM

dE0
=

c �σv�(ΩDMρc)2

8πm2
χ

�
dz

e
−τ(E0,z)(1 + z)

3ζ(z)

H(z)

dN

dE

���
E=E0(1+z)

(2.1)

where c is the speed of light, ΩDM is the current DM abundance measured with respect

to the critical density ρc, H(z) is the Hubble parameter or expansion rate, and dN/dE

is the spectrum of photons per DM annihilation.
2
The function τ(E, z) parametrizes

the absorption of photons due to the extragalactic background light. The flux multiplier
ζ(z), which is related to the variance of DM density in the Universe and measures the

amount of DM clustering at each given redshift, is the most uncertain astrophysical

quantity in this problem. It can be expressed both in real space, making use of a Halo

Model (HM) approach [18], and in Fourier space by means of a Power Spectrum (PS)

approach [13, 14].

In the HM framework, ζ(z) is calculated by summing the contributions to the an-

nihilation signal from individual halos
3
of mass M from all cosmic redshifts, �F (M, z)�,

and for all halo masses, i.e.:

ζ(z) =
1

ρc

�

Mmin

dM
dn

dM
M

∆(z)

3
�F (M, z)� , (2.2)

where Mmin is the minimum halo mass considered, and ∆(z) and
dn
dM are the DM

halo-mass over-density and the halo mass function, respectively. The mean halo over-

density ∆(z) is defined with respect to the critical density of the Universe and its value

determines the virial radius of a halo, R∆, at each redshift. In this paper we will adopt

∆(0) = 200, following previous choices in the literature, and compute it at different
redshifts as in ref. [19]. The halo mass function

dn
dM is normalized by imposing that

all mass in the Universe resides inside halos (see [15] for more details). �F (M, z)� in

turn depends on the DM halo density profile and the halo size. Halo density profiles

are determined by N-body cosmological simulations, with the most recent results fa-

voring cuspy Navarro-Frenk-White (NFW) [20] and Einasto halos [21, 22], while some

2We assume here that the thermally-averaged annihilation cross section is velocity independent
and that DM is composed of self-conjugated particles.

3The term ‘halos’ refers to all types of virialized DM clumps and structures in the Universe that
lead to a DM density enhancement over the background.
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enhancement of the signal due 
to DM clustering on all scales

halo mass function concentration of the halos & profile

->significant uncertainty in the 
prediction of the DM signal!

But, progress in the field being made 
-> see Miguel’s talk!

8 A. Moliné et al.

Figure 3. Top panel: Median halo (black symbols) and subhalo (colored symbols, for each radial bin) concentration parameter cV, and 1σ
errors, as a function of Vmax as found in the VL-II (circles) and ELVIS simulations (triangles). The concentrations for all individual subhalos

are also shown (smaller dots in the background). The results for microhalos from I14 (Ishiyama 2014) and for more massive halos from

BolshoiP (BP) (Klypin et al. 2011) are shown by black diamonds and squares, respectively. We also show our fits for halos given by Eq. (8)

(dashed black line) and subhalos in Eq. (7) (solid colored lines) for each of the three radial bins considered. Bottom panel: Same as top panel,

but for c200 as a function of m200. Our proposed fit for each of the radial bins, Eq. (6), and the P12 parametrization for the concentration

of halos (Prada et al. 2012) using the fit obtained in Sánchez-Conde & Prada (2014), are also shown.
c� 2016 RAS, MNRAS 000, 1–??

[Moline+, 2016]



(extrapolate) only one parameter, directly measured in simulations!

Power spectrum approach

astrophysical observations favor cored halos, e.g., Burkert density profiles [23, 24]. The

density profile κ can be easily expressed in terms of a dimensionless variable x = r/rs,
rs being the scale radius at which the effective logarithmic slope of the profile is −2. In

this prescription, the virial radius R∆ is usually parametrized by the halo concentration
c∆ = R∆/rs and the function F can be written as follows:

F (M, z) ≡ c3∆(M, z)

� c∆
0 dx x2κ2

(x)
�� c∆

0 dx x2 κ(x)
�2 . (2.3)

More realistically F is an average over the probability distribution of the relevant pa-

rameters (most notably c∆). Note that the above expression depends on the third

power of the concentration parameter. From simulations it has been determined that

the halo mass function and halo concentration decrease with halo mass and, conse-

quently, the flux multiplier ζ(z) given by eq. (2.2) is dominated by small mass halos

(which could be either field halos or subhalos
4
; see section 2.1 for further discussion).

Furthermore, DM halos contain populations of subhalos, possibly characterized by dif-

ferent mean values of the relevant parameters (e.g., different concentrations than those

of field halos). The signals from subhalos are typically included by adding an extra

term in eq. (2.2) to account for halo substructure, see [15].

As noted in [13] the flux multiplier can also be expressed directly in terms of

the non-linear matter power spectrum PNL (the Fourier transform of the two-point

correlation function of the matter density field):

ζ(z) ≡ �δ2(z)� =
� kmax d k

k

k3PNL(k, z)

2π2
≡

� kmax d k

k
∆NL(k, z), (2.4)

where ∆NL(k, z) ≡ k3PNL(k, z)/(2π2
) is the dimensionless non-linear power spectrum

and kmax(z) is the scale of the smallest structures that significantly contribute to the

cosmological annihilation signal. Loosely speaking, one could define a relation M =

4/3πρh (π/k)3 with ρh the characteristic density of the DM halo. Therefore kmax is the

PS counterpart to the minimal halo mass Mmin in eq. (2.2) in the HM prescription.

The extrapolation to masses or k scales beyond the resolution of N-body simu-

lations is the largest source of uncertainty in predictions of the extragalactic signal

of DM annihilation, since the smallest scales expected for the WIMP models are far

from being probed either by astrophysical observations or simulations.
5
Thus, different

methods of extrapolating to the smallest masses can lead to completely different re-

sults for the relevant quantities. Typical expectations for the minimum halo masses in

WIMP models are in the range Mmin ∈ [10
−9, 10−4

]M⊙ (see [28–30] and refs. therein),

while we only have observational evidence of structures down to 10
7
M⊙ [31] implying

4Subhalos are halos within the radius of another halo. A halo that does not reside inside any other
halo will be referred to as a field halo or, simply, halo.

5Notable exceptions on the simulation side are the works [25, 26], which simulated a few individual
∼ 10−6M⊙ halos and the recent work [27], where for the first time dozens to thousands of halos
have been resolved with superb mass resolution in the range 2× 10−6 − 4× 10−4M⊙. Note, though,
that these simulations were performed at high redshifts, so some extrapolation is needed to describe
structures at the present time.
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Figure 3. Extrapolations of ∆(k) to small scales. All curves are the same as in Fig. 1, with data points shown only up to k� = k1% (see

text for explanation). In addition, the blue shaded area shows the allowed range for the nonlinear power spectrum defined by equations

(5) and (6) and estimated from the MS data alone up to k�. The red area is corresponds instead to the allowed range estimated from

MSII data. The black, continuous curve shows the prediction of RHF corrected at large scales according to equation (11). Different panels

correspond to redshift z = 0, 1, 2 and 6, as shown. For z = 6 only the MSII extrapolation is considered, since the MS data do not cover

sufficiently well nonlinear scales.

This is not surprising since, as mentioned before, the large-k
asymptotic behavior has not been considered in the fitting
procedure. On the other hand, the stable clustering assump-
tion provides a “best guess” extrapolation that nicely falls
within the estimated limits, both from MS and MSII, for all
redshifts considered, even in the case of the tighter aggres-
sive limits of equations (8) and (10). This is evident as well
confronting the values obtained for ζ(z) with the allowed
interval as reported in Table 1.

These results are visualized as well in Fig. 5 where
the uncertainty on the dimensionless combination (1 +
z)3 ζ(z)H0/H(z) estimated from the extrapolated MS data
(blue regions) and MSII data (red regions) is shown as a func-
tion of redshift. Black curves correspond to the RHF+SC
prediction. Two different values for the integration cut-off
are considered, kmax = 106 and 108 hMpc−1 (continuous
and dashed curves, respectively). All extrapolations assume
k� = k1%. The left panel assumes the more conservative
bounds of equations (5) and (6) while the right panel as-

sumes equations (8) and (10). Clearly the lower bounds are
not affected much by the two orders of magnitude difference
in the cut-off assumed here, while the upper bounds change
by up to about a factor of ten, depending on the redshift,
in the conservative extrapolations case. Notice that we limit
the plots to the four outputs available, z = 0, 1, 2 and 6
and that we have no upper bounds estimated from MS at
redshfit z = 6, so we stop at z = 2. The estimated uncer-
tainties obviously depend as well on the choice of k�, the
starting point for the extrapolations: choosing k� = k0.1%

would have lead to larger bounds by roughly an order of
magnitude at all redshifts. Such a choice, however, would be
probably too conservative as it would ignore a large range of
scales well probed by simulations, as one can estimate from
the comparison between MS and MSII.

Fig. 6 attempts a comparison of our results based on
the power spectrum extrapolation with the results obtained
in the Halo Model approach by Zavala, Springel & Boylan-
Kolchin (2010) (and presented in Abdo et al. (2010b)) using
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Figure 3. Comparison of the predicted cosmological DM-annihilation-induced gamma-ray

intensities as given by both the PS and HM approaches. The ζ values implicitly used are

those given in figure 1. This particular example is for a 500 GeV DM particle annihilating

to bb̄ channel with a cross section �σv� = 3 × 10
−26

cm
3
/s. The signal range shown in gray

(which is computed within the PS approach) translates directly into uncertainties in the DM

limits of section 3.

2.4 Galactic dark matter signal contributions

Within a DM halo, the DM distribution has two distinct components: a centrally-
concentrated smooth distribution and a population of subhalos. While the smooth
component has been studied extensively over a large span of halo masses, it is only more
recently that several high-resolution simulations of Milky-Way-size halos addressed the
subhalo component in more detail. These simulations quantified the radial distribution
of subhalos inside the host halo, their abundance and their overall luminosity [44, 56,
57]. The smooth and subhalo components are fundamentally different in terms of the
level of anisotropy and, in the following, we quantify their relevance for this work.

The smooth DM density profile of the main halo, ρ(r), is found in pure DM N-body
simulations to be NFW [20] or Einasto [58, 59], while more computationally-expensive
simulations which include baryonic effects have not yet converged on the profile shape in
the inner regions of the Galaxy, finding both more cored [60, 61] and more cuspy profiles
[62, 63]. Indeed, the solution to this issue might be substantially more complicated:
the ability for galaxies to retain their DM cusps may depend on the ratio of their stellar
and halo masses [64]. Observational tracers of the gravitational potential also cannot
be used to determine the DM profile within <∼ 2 kpc from the Galactic center as it is
gravitationally dominated by baryons [65, 66]. However, the considerable uncertainties
in the profile shape of the inner Galaxy are not critical for this work. We will deal
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density profile κ can be easily expressed in terms of a dimensionless variable x = r/rs,
rs being the scale radius at which the effective logarithmic slope of the profile is −2. In

this prescription, the virial radius R∆ is usually parametrized by the halo concentration
c∆ = R∆/rs and the function F can be written as follows:
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More realistically F is an average over the probability distribution of the relevant pa-

rameters (most notably c∆). Note that the above expression depends on the third

power of the concentration parameter. From simulations it has been determined that

the halo mass function and halo concentration decrease with halo mass and, conse-

quently, the flux multiplier ζ(z) given by eq. (2.2) is dominated by small mass halos

(which could be either field halos or subhalos
4
; see section 2.1 for further discussion).

Furthermore, DM halos contain populations of subhalos, possibly characterized by dif-

ferent mean values of the relevant parameters (e.g., different concentrations than those

of field halos). The signals from subhalos are typically included by adding an extra

term in eq. (2.2) to account for halo substructure, see [15].

As noted in [13] the flux multiplier can also be expressed directly in terms of

the non-linear matter power spectrum PNL (the Fourier transform of the two-point

correlation function of the matter density field):

ζ(z) ≡ �δ2(z)� =
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k3PNL(k, z)

2π2
≡
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∆NL(k, z), (2.4)

where ∆NL(k, z) ≡ k3PNL(k, z)/(2π2
) is the dimensionless non-linear power spectrum

and kmax(z) is the scale of the smallest structures that significantly contribute to the

cosmological annihilation signal. Loosely speaking, one could define a relation M =

4/3πρh (π/k)3 with ρh the characteristic density of the DM halo. Therefore kmax is the

PS counterpart to the minimal halo mass Mmin in eq. (2.2) in the HM prescription.

The extrapolation to masses or k scales beyond the resolution of N-body simu-

lations is the largest source of uncertainty in predictions of the extragalactic signal

of DM annihilation, since the smallest scales expected for the WIMP models are far

from being probed either by astrophysical observations or simulations.
5
Thus, different

methods of extrapolating to the smallest masses can lead to completely different re-

sults for the relevant quantities. Typical expectations for the minimum halo masses in

WIMP models are in the range Mmin ∈ [10
−9, 10−4

]M⊙ (see [28–30] and refs. therein),

while we only have observational evidence of structures down to 10
7
M⊙ [31] implying

4Subhalos are halos within the radius of another halo. A halo that does not reside inside any other
halo will be referred to as a field halo or, simply, halo.

5Notable exceptions on the simulation side are the works [25, 26], which simulated a few individual
∼ 10−6M⊙ halos and the recent work [27], where for the first time dozens to thousands of halos
have been resolved with superb mass resolution in the range 2× 10−6 − 4× 10−4M⊙. Note, though,
that these simulations were performed at high redshifts, so some extrapolation is needed to describe
structures at the present time.
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Figure 7. Upper panels: nonlinear cold dark matter power spectra from the OWLS simulations, corresponding to a pure CDM simulation
(“DM only”, blue dots), a reference simulation (“REF”, orange dots) and the simulation including AGN feedback (“AGN”, red dots), see text
for explanation. Numerical results are compared with the HF (black dot-dashed curve) and RHF (black, continuous curve) predictions, in
addition to the linear power spectrum (black, dashed) and the shot-noise contribution (black, dotted). Lower panels: nonlinear, effective
spectral index, equation (7), obtained from the power spectrum measurements. Also shown, as vertical lines, are the scales corresponding
to a 1% and 10% shot-noise contribution to the power spectrum of the DM only simulation. All results are shown at redshift z = 0 (left
panels) and 1 (right panels).

shows a good agreement with data at sufficiently large scales,
while discrepancies arise for fairly small galaxies, of the size
of the typical dwarf galaxies of the Milky Way. It is still
unclear the extent to which baryonic effects may be resolve
these issues, although it is likely that they can play a role:
For example, velocity dispersions in small halos are close
to 30 km s−1, a value at which heating of the intergalactic
gas by the ultraviolet photo-ionizing background should sup-
press gas accretion onto halos, causing them to remain dark.
In addition, supernovae and stellar winds from the first gen-
eration of stars could drive remaining gas out of the shallow
potential wells of these low mass halos. In most proposed
explanations, the discrepancy between ΛCDM and observa-
tions is attributed to observational bias: the underlying pre-
dictions for the dark matter clustering would be correct, but
not reflected in the the properties of the “luminous objects”

which are the observed ones. If this is the case, one can
argue that baryonic effects on the DM density profile—or
equivalently the concentration of these small halos—should
be negligible.

All in all, we believe that just like for the Galactic halo
DM signal, also for the EDMF the main systematic uncer-
tainty in the calculation is probably linked to baryonic ef-
fects at small scales (kpc or below). We are confident how-
ever that the importance of the small-scale tests of cosmo-
logical models will motivate further efforts in this direction
in the coming decades.

3.3 Massive neutrinos

Massive neutrinos decouple in the early Universe as relativis-
tic particles. At a relatively large redshift—which depends

c� ???? RAS, MNRAS 000, 1–??

P(k) from OWLS simulation
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Fig. 4.— Upper limits on the self-annihilation cross section for the bb̄ (top) and !+!!

(bottom) channels as derived in this work (see § 3) compared to the conservative and

sensitivity-reach limits reported in Ackermann et al. (2014c). The blue band reflects the
range of the theoretical predicted DM signal intensities, due to the uncertainties in the

description of DM subhalos in our Galaxy as well as other extragalactic halos, adopting a
cut-o! minimal halo mass of 10!6M". For comparison, limits reported in the literature are
also shown (Abramowski et al. 2011; Ackermann et al. 2014a; Aleksić et al. 2014).

DM clustering uncertainty

combining everything together: 
- uncertainty in galactic diffuse emission models and contribution of unresolved 
sources taken into account in chi2 procedure
- colored band - uncertainty due to DM clustering

(starting to) probe generic prediction for WIMP models - thermal freeze out cross section.

[Ajello+, ApJL, 2015)]
(see also diMauro+, PRD91 (2015), Cholis+ JCAP1402 (2014)] 
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same DM clustering assumptions
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Pass 8 IGRB measurement 
- ongoing

Goals:

First and Last Name  |  Title of Presentation  |  Date  |  Page  

Main goals of pass8 analysis.

2

Extend energy range to <~30 MeV Reduce foreground modeling systematic uncertainty

Reduce  
high-energy  
statistical  
uncertainty

Resolve more sources.
Extend the measurement 
to >~ 2 TeV (probably 
IGRB limits only)Better high-energy PSF / PSF classes/ 

reduction of IGRB with respect to the EGB

+ P8ULTRACLEANVETO 
class already incorporates 
TkrSSDVeto selection of the 
P7REP_IGRB_HI event class.

Better effective area at high energies / low energies.

Accurate energy reconstruction beyond 1 TeV.



Future
efforts ongoing: 
- getting closer to explaining the origin of the IGRB
- both  WIMP limits from spectral flux and ‘anisotropy’ analyses expected to 

play significant part in the upcoming WIMP search.Interplay with Other Indirect-Detection Methods 

•  With 15 years of data the LAT would: 
•  Have the best sensitivity for indirect detection up to 800 GeV (b-quark channel) 
•  Probe the thermal relic cross section up to > 400 GeV (b-quark channel) 
•  Confirm or rule out a DM-interpretation of the GeV excess 
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Comparison of LAT Projected Limits with Other Indirect-detection Limits for b-quark Channel 

[Charles+, submitted to Physics Reports]

Preliminary
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Isotropic emission
Results: PL + exp cut-off
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The origin of emissionModeling the Luminosity Function 
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Luminosity Function 
Local Luminosity Function 

Evolution in luminosity as a 
power-law with index k and 
a cut-off after zcut=-1-kγ 
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SED Modeling 

•  We adopt a simple double power law absorbed by the EBL: 
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