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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:

t0
�1

�p =

c

2

Z 1

0

d✏0
n0
�(✏0)

�2

p✏02

Z
2�p✏

0

0

d✏00✏00��p(✏
00
)K�p(✏

00
) , (2)

where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
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mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
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field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
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only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
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n ! p+ e� + ⌫̄e ⇡+ ! µ+ + ⌫µ ! e+ + ⌫e + ⌫̄µ + ⌫µ

⇤ kotera@iap.fr † murase@psu.edu

+ …

3



 
Pulsars as neutrino producers

A&A proofs: manuscript no. flares0607
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�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):
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We can also approximate the product of these quantities
with a Heaviside function, where ✏00
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= 0.2 GeV is the
threshold energy in the proton rest frame:
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e ⇡+ ! µ+ + ⌫µ ! e+ + ⌫e + ⌫̄µ + ⌫µ
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0
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p

/� and L
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2R2B02
= ⌘
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, we
obtain:
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This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:
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where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L
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⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p
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/c) and energy E
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, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
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This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).
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< min(t0
dyn

, t0
loss

, t0
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) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0
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is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0
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. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
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e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.
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is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
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of the flaring region, t0
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= R/��c. The optical depth
f�p = t0
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/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:
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where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):
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(3)

And the elasticity is:
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(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:
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) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e

⇤ kotera@iap.fr † murase@psu.edu

Why transients are promising sources of ultrahigh energy cosmic rays

Kumiko Kotera⇤

Sorbonne Universités, UPMC Univ. Paris 6, CNRS, UMR 7095,

Institut d’Astrophysique de Paris, 98 bis bd Arago, 75014 Paris, France and

Department of Astronomy & Astrophysics, Kavli Institute for Cosmological Physics,

The University of Chicago, Chicago, IL 60637, USA

Kohta Murase†

Department of Physics; Department of Astronomy & Astrophysics;

Center for Particle and Gravitational Astrophysics,

The Pennsylvania State University, PA 16802, USA

(Dated: August 3, 2016)

In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
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Energy budget
Magnetic field strength/structure
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Background for interaction
baryonic density
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location: near the star, nebular region, surrounding supernova ejecta

Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Cosmic ray acceleration in pulsars

 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)

(Goldreich & Julian 1969)
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ej,51M

�1/2
ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc

«1/2
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⇤ 1.6� 106 s M1/2
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, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar

contact
discontinuity

forward 
shock

reverse shock
termination shock

blast (at rest)
pulsar wind nebula

cold 
SN ejecta

relativistic
pulsar wind

Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)
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Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
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) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):
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We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:
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into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)
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Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
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expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined

c� 2012 RAS, MNRAS 000, 1–9

total energy

pulsar luminosity

tp ~ a few years 
for ms pulsars

 pulsar outflow energetics

conversion of pulsar electromagnetic into kinetic energy

maximum energy:
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit
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e
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⌅ = R�⇤. Assuming a constant central supernova density
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the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):
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We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.
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sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
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into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
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file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2
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1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi
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3
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in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
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?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit
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3
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 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)

(Goldreich & Julian 1969)
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where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):
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with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):
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We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
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and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep
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into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)
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Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
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(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2
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„
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«�1/2

, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.

Kumiko Kotera • Habilitation Thesis page 30 of 95

pair 
multiplicity

Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit

�lim =
3
2

mec
2

e

3/2
B

1/2
PWN

' 2.0⇥ 107
L

1/8
p,45t

7/8
sd,7.5⌘

�1/4
B t̂

9/8

' 1.8⇥ 107
⌘

�1/4
B P

1/2
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3/4
I
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. (2.9)
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Mej
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ej,51M

�1/2
ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc

«1/2

(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2

0.2

„
vej

2� 109 cm s�1

«�1/2

, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.
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into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
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its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R
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where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
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note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit

�lim =
3
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 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)

(Goldreich & Julian 1969)
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vej = vSN =

„
2

Eej

Mej

«1/2

⇤ 4.5� 108 cm s�1 E1/2
ej,51M

�1/2
ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc

«1/2

(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2

0.2

„
vej

2� 109 cm s�1

«�1/2

, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar

contact
discontinuity

forward 
shock

reverse shock
termination shock

blast (at rest)
pulsar wind nebula

cold 
SN ejecta

relativistic
pulsar wind

Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
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between the pulsar wind and the SN ejecta in the blast rest mass
frame.
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interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).
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sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�
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2 + 2m
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c2
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(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of
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where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth
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assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.

Kumiko Kotera • Habilitation Thesis page 30 of 95

pair 
multiplicity

Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit

�lim =
3
2

mec
2

e

3/2
B

1/2
PWN

' 2.0⇥ 107
L

1/8
p,45t

7/8
sd,7.5⌘

�1/4
B t̂

9/8

' 1.8⇥ 107
⌘

�1/4
B P

1/2
�3 RPWN,16.5

3/4
I

�1/4
45 t̂

9/8
. (2.9)
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 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)

(Goldreich & Julian 1969)
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Induced electric field

Implies a charge density (Goldreich-Julian 69)
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ej,51M
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ej,5 ,
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where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
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Mej�
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(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2
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„
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2� 109 cm s�1
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, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar

contact
discontinuity

forward 
shock

reverse shock
termination shock

blast (at rest)
pulsar wind nebula

cold 
SN ejecta

relativistic
pulsar wind

Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined

c� 2012 RAS, MNRAS 000, 1–9

2 K. Kotera, E. S. Phinney, and A. V. Olinto

locity

vej = vSN =

„
2

Eej

Mej

«1/2

⇤ 4.5� 108 cm s�1 E1/2
ej,51M

�1/2
ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc

«1/2

(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2

0.2

„
vej

2� 109 cm s�1

«�1/2

, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar

contact
discontinuity

forward 
shock

reverse shock
termination shock

blast (at rest)
pulsar wind nebula

cold 
SN ejecta

relativistic
pulsar wind

Figure 1. Scheme of the structures created by the interaction
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total energy

pulsar luminosity

tp ~ a few years 
for ms pulsars

 pulsar outflow energetics

conversion of pulsar electromagnetic into kinetic energy

maximum energy:

fraction of luminosity into 
particle kinetic energy 

mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:
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in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
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/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains
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note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit
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(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc
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(2)

⇤ 1.6� 106 s M1/2
ej,5�1/2
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with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9� 107 s

„
vej

2� 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1� 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar
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shock
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blast (at rest)
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cold 
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relativistic
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9� 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit
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3
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 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)
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The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
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novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
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the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):
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We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).
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2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„
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99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
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profile (see Matzner & McKee 1999 and Chevalier 2005 for
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with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).
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For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).
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13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
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Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.
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mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc2 ⌘ ṄGJ

�

mic
2 + 2m

e

c2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Am

p

the ion mass and 
the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8⇥ 109

(1 + �PWN) (1 + xi)
�1

4 P�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R

?

its radius and xi ⌘ mi/ (2m
e

) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zim
e

),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B2

PWN/
�

4⇡nmc2
�

, with
nmc2 ⌘ nimic

2 + 2n
e

m
e

c2 the rest mass energy
density, B2

PWN/4⇡ the electromagnetic energy den-
sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5⇥ 1020 eVA56 ⌘ �1
4 P�2

i,�3B13R
3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Am

p

c2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e

+�e

� pairs of proper density n

e

with a small admixture
of ions, of proper density n

i

.
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pair 
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc

2

' 4.4⇥ 109

1 + xi
L

1/2
p,45

�1
4

' 3.5⇥ 109

1 + xi


�1
4 P

�2
�3 B?,13R

3
?,6 . (2.7)

in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc

2 ⌘ ṄGJ

�
mic

2 + 2mec
2
�
, with ṄGJ = B?R

3
?⌦2

/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �

2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
✓

Lw

Ṅmc

2

◆1/3

' 4.0⇥ 102


�1/3
4 B

1/3
?,13R?,6P

2/3
�3 . (2.8)

note: the above assumes that the fraction of wind luminosity that is not

transferred to pairs because of radiative losses is transferred to radiation and

not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit

�lim =
3
2

mec
2

e

3/2
B

1/2
PWN

' 2.0⇥ 107
L

1/8
p,45t

7/8
sd,7.5⌘

�1/4
B t̂

9/8

' 1.8⇥ 107
⌘

�1/4
B P

1/2
�3 RPWN,16.5

3/4
I

�1/4
45 t̂

9/8
. (2.9)
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 Charge density
Conséquences : Champs électriques forts

• Champ électrique induit

partout où un plasma dense 
est en corotation

• Notamment à l’intérieur de
l’étoile à neutrons

• Implique la présence d’une certaine densité de charge

• À la surface, E >> gravité, forces interatomiques (work 
function) ⇒ particules chargées aisément extraites de
l’étoile jusqu’à (space-charge limited flow)

(Goldreich & Julian 1969)
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Induced electric field
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charges and current distribution present outside the light-cylinder are superluminal even
if the particles themselves remain subluminal. Such motions generate radiation qualified
as Schott radiation by da Costa & Kahn (1985) and to be distinguished from Cerenkov
radiation. A analogy with Cerenkov emission was nevertheless put forward by Ardavan
(1981). This flow outside the light-cylinder will be discussed in the pulsar wind theory
sec. 7.
In a series of papers by Ardavan (1976a,b,d ,e,c) it was claimed that the transition

between the corotating magnetosphere and the wind should go through a shock disconti-
nuity and not via a continuous MHD flow. Singular surfaces in the magnetosphere were
also found by Buckley (1976).

3. Theory of pulsar magnetospheres

Establishing a consistent model of pulsar physics requires an accurate and quantitative
description of the magnetospheric structure, the dynamics and radiative outputs, that
is, the magnetic field topology, the current flowing inside and outside the light-cylinder
and particle acceleration mechanisms. Such a study in the general case is very difficult to
conduct. Simple situations are instead treated but keeping the problem interesting from
a physical point of view. The hypotheses usually accepted are the following
• the magnetosphere is filled with a pair plasma screening the electric field such that E·

B = 0 everywhere. This means that all charged particles adapt their motion to maintain
a vanishing acceleration along field lines, thus E∥ = 0. Spatially localized slight deviations
from this rigorous E∥ = 0 fulfilment are expected to ignite electromagnetic activity in the
magnetosphere. Subleties in achieving E∥ ̸= 0 lead to different plasma regimes involving
a plethora of gap and cap models.
• particles follow an electric drift motion superposed to a translation along field lines.
• the regime is stationary and at least for earlier models assumed axisymmetric

(aligned rotator).
• primary particles emanate from the surface of the star, there is no pair creation.
• the plasma is quasi-neutral, which means that the space charge is overwhelmed by

a background much more dense neutral plasma.

polar cap

outer gap

slot gap

closed magnetosphere

open field lines
(base of the wind)

Pétri (2016)
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Figure 11. Muon neutrino upper limits with 90% C.L. evaluated for the 44
sources (dots) for the combined four years of data (40, 59, 79, and 86 string
detector configurations). The solid black line is the flux required for 5σ discovery
of a point source emitting an E−2 flux at different declinations, while the dashed
line is the median upper limit or sensitivity also for a 90% C.L. The sensitivity of
this search represents a 40%–50% improvement compared to previous IceCube
results (dash-dotted line; Aartsen et al. 2013c). The ANTARES sensitivities and
upper limits are also shown (Adrián-Martı́nez et al. 2014). For sources in the
southern hemisphere, ANTARES constrains neutrino fluxes at lower energies
than this work.
(A color version of this figure is available in the online journal.)

4. RESULTS AND IMPLICATIONS

In this section, we summarize all the results from the different
searches and their implication on astrophysical models of
neutrino emission. While no significant excess has been found
in any of the searches and all results are consistent with the
background-only hypothesis, this has allowed us to set upper
limits that exclude some of the models.

4.1. All-sky Searches

4.1.1. All-sky Point Source Scan

Figure 5 shows the result of the all-sky scan for point sources
in terms of significance at each location in the sky given in
equatorial coordinates. The most significant deviation in the
northern sky has a pre-trial p-value of 4.81×10−6 and is located
at 29.◦25 R.A. and 10.◦55 decl. At this location, the best-fit values
of the number of source events, n̂s , and signal spectral index,
γ̂ , are 43.0 and 2.88, respectively. In the southern sky, the most
significant deviation has a pre-trial p-value of 6.81×10−6 and is
located at 347.◦95 R.A. and −57.◦75 decl. Here, the best-fit values
of n̂s and γ̂ are 13.0 and 3.95, respectively. After accounting
for the trial factor associated with scanning the sky for the most
significant spots, the post-trial p-values are 0.23 for the spot
located in the northern sky and 0.44 for the spot located in the
southern sky.

4.1.2. All-sky Scans for Extended Sources

Table 2 summarizes the most significant hotspots in the
sky from the scans for sources of various extensions. All
observations were compatible with the background hypothesis.
Figures 6–10 show the corresponding skymaps for 1◦, 2◦, 3◦,
4◦, and 5◦ extension, respectively.

Since filtering streams, reconstructions, and detector config-
urations evolved with time, we also examined each of the four
years of data independently as an a posteriori cross-check. The

Figure 12. Flux predictions (solid) for three models of neutrino emission from
the Crab Nebula, with their associated 90% C.L. upper limits (dashed) for an
energy range containing 90% of the signal. Both the model from Amato et al.
(2003) and the most optimistic model from Link & Burgio (2005, 2006) are
now excluded at 90% C.L. For the gamma-ray-based model from Kappes et al.
(2007), the upper limit is still a factor of 1.75 above the prediction.
(A color version of this figure is available in the online journal.)

largest fluctuation was observed for the 1◦ extension hypothe-
sis in data from the 79 string configuration at 266.75 R.A. and
13.25 decl., where 0.35% of scrambled maps in that year re-
sulted in a fluctuation more significant than the one observed.
Since we scanned over five different extensions for every year,
the corresponding trial-corrected p-value is 7.2%, well compat-
ible with a background fluctuation. The hot-spot seems to be
driven by a single well-reconstructed very high-energy event
which, when folded with the wider source template, overlaps
with some nearby lower-energy ones. From calibration using
the shadow of the Moon (Aartsen et al. 2013d), there is no evi-
dence for a systematic error in IceCube’s point-spread function
that could lead to the observed spread for events originating
from a point-like source. The region is not significant in any of
the other years of data.

4.2. List of 44 Candidate Sources

The search for neutrino emission from an a priori list of
44 candidate sources produced the results shown in Tables 3
and 4. In the northern sky, 1ES 0229+200 has the strongest
upward fluctuation. The pre-trial p-value of such a fluctuation is
0.053, but after considering the random chance of observing a
fluctuation as strong or stronger than this in any of the sources,
the post-trial p-value is 0.61. In the southern sky, PKS 0537−441
has the strongest upward fluctuation, with a pre-trials p-value
of 0.083 and a post-trials p-value of 0.33. Upper limits on the
E−2 muon neutrino flux for 90% confidence level (C.L.) from
each source are listed in the table, and are shown along with the
analysis sensitivity in Figure 11.

While many baseline models for CR acceleration and high-
energy neutrino production predict E−2 neutrino spectra, indi-
vidual sources with unique conditions can produce significantly
different spectra. Models for any source in the sky can be tested
with the analysis method used in this work, and a number of
individual sources were previously considered in Aartsen et al.
(2013c). Here, we update the 90% C.L. upper limits on three
models of neutrino emission from the Crab Nebula (Figure 12)
as well as three Galactic SNRs (Figure 13).
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sis in data from the 79 string configuration at 266.75 R.A. and
13.25 decl., where 0.35% of scrambled maps in that year re-
sulted in a fluctuation more significant than the one observed.
Since we scanned over five different extensions for every year,
the corresponding trial-corrected p-value is 7.2%, well compat-
ible with a background fluctuation. The hot-spot seems to be
driven by a single well-reconstructed very high-energy event
which, when folded with the wider source template, overlaps
with some nearby lower-energy ones. From calibration using
the shadow of the Moon (Aartsen et al. 2013d), there is no evi-
dence for a systematic error in IceCube’s point-spread function
that could lead to the observed spread for events originating
from a point-like source. The region is not significant in any of
the other years of data.

4.2. List of 44 Candidate Sources

The search for neutrino emission from an a priori list of
44 candidate sources produced the results shown in Tables 3
and 4. In the northern sky, 1ES 0229+200 has the strongest
upward fluctuation. The pre-trial p-value of such a fluctuation is
0.053, but after considering the random chance of observing a
fluctuation as strong or stronger than this in any of the sources,
the post-trial p-value is 0.61. In the southern sky, PKS 0537−441
has the strongest upward fluctuation, with a pre-trials p-value
of 0.083 and a post-trials p-value of 0.33. Upper limits on the
E−2 muon neutrino flux for 90% confidence level (C.L.) from
each source are listed in the table, and are shown along with the
analysis sensitivity in Figure 11.

While many baseline models for CR acceleration and high-
energy neutrino production predict E−2 neutrino spectra, indi-
vidual sources with unique conditions can produce significantly
different spectra. Models for any source in the sky can be tested
with the analysis method used in this work, and a number of
individual sources were previously considered in Aartsen et al.
(2013c). Here, we update the 90% C.L. upper limits on three
models of neutrino emission from the Crab Nebula (Figure 12)
as well as three Galactic SNRs (Figure 13).
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Figure 11. Muon neutrino upper limits with 90% C.L. evaluated for the 44
sources (dots) for the combined four years of data (40, 59, 79, and 86 string
detector configurations). The solid black line is the flux required for 5σ discovery
of a point source emitting an E−2 flux at different declinations, while the dashed
line is the median upper limit or sensitivity also for a 90% C.L. The sensitivity of
this search represents a 40%–50% improvement compared to previous IceCube
results (dash-dotted line; Aartsen et al. 2013c). The ANTARES sensitivities and
upper limits are also shown (Adrián-Martı́nez et al. 2014). For sources in the
southern hemisphere, ANTARES constrains neutrino fluxes at lower energies
than this work.
(A color version of this figure is available in the online journal.)
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(2007), the upper limit is still a factor of 1.75 above the prediction.
(A color version of this figure is available in the online journal.)
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:

t0
�1

�p =

c

2

Z 1

0

d✏0
n0
�(✏0)

�2

p✏02

Z
2�p✏

0

0

d✏00✏00��p(✏
00
)K�p(✏

00
) , (2)

where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)

Article number, page 2 of 13

Why transients are promising sources of ultrahigh energy cosmic rays

Kumiko Kotera⇤

Sorbonne Universités, UPMC Univ. Paris 6, CNRS, UMR 7095,

Institut d’Astrophysique de Paris, 98 bis bd Arago, 75014 Paris, France and

Department of Astronomy & Astrophysics, Kavli Institute for Cosmological Physics,

The University of Chicago, Chicago, IL 60637, USA

Kohta Murase†

Department of Physics; Department of Astronomy & Astrophysics;

Center for Particle and Gravitational Astrophysics,

The Pennsylvania State University, PA 16802, USA

(Dated: August 3, 2016)

In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.
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energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2
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proton composition, this implies that the sources have to
be exceptionally bright.
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a priori to produce these particles, and their associated
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flux constrains the source energy budget to EUHECR =
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the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-
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are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
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One can then define a neutrino flux suppression factor as

fsup = min

2
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(2.21)

Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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(2.22)

where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
Z
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
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15 M5/8

ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1

DH

Z zH
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1

1 + z

dD

dz

<(D)

<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
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One can then define a neutrino flux suppression factor as
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

+ …

Most promising & robust way to produce observable neutrinos from pulsars/magnetars

7



Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

 
Understanding the neutrino spectra from SN region

Fang, KK, Murase, Olinto 2016

 neutrino spectrum

Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

 UHECR spectrum

magnetar: P=1 ms, B=1015 G
hadronic interactions only

A&A proofs: manuscript no. flares0607

suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:

t0
�1

�p =

c

2

Z 1

0

d✏0
n0
�(✏0)

�2

p✏02

Z
2�p✏

0

0

d✏00✏00��p(✏
00
)K�p(✏

00
) , (2)

where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e ⇡+ ! µ+ + ⌫µ ! e+ + ⌫e + ⌫̄µ + ⌫µ
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

X

cascades

One can then define a neutrino flux suppression factor as

fsup = min

2

41,
 ✓

t⇡p
�⇡ ⌧⇡

◆�1

+

✓
t⇡�
�⇡ ⌧⇡

◆�1
!�1

3

5 ⇠ 6.5⇥ 10�8 ⌘�1�1
4 P�3

i,�3B15M
�5/2
ej,1 t43.5 .

(2.21)

Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
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15 M5/8
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Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor
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<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:

t0
�1

�p =

c

2

Z 1

0

d✏0
n0
�(✏0)

�2

p✏02

Z
2�p✏

0

0

d✏00✏00��p(✏
00
)K�p(✏

00
) , (2)

where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B
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15 M5/8
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Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor
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<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:

t0
�1

�p =

c

2

Z 1

0

d✏0
n0
�(✏0)

�2

p✏02

Z
2�p✏

0

0

d✏00✏00��p(✏
00
)K�p(✏

00
) , (2)

where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
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limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.

– 9 –

X

cascades

One can then define a neutrino flux suppression factor as

fsup = min
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(2.21)

Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:

E2
⌫
dN⌫

dE⌫
/
(�

E⌫/Ehad
⌫

�(2�p)
if E⌫ < Ehad

⌫�
E⌫/Ehad

⌫

�(1�p)
e�E

⌫

/(f
⌫

ECR) if Ehad
⌫ < E⌫ < ECR/4

(2.22)

where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
Z

E⌫
dN⌫

dE⌫
dE⌫ =

Z
3

8
ECR

dNCR

dECR
fsupfmesdECR . (2.23)

The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B

�1/4
15 M5/8

ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as

E2
⌫,b�⌫,b =
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4⇡
<(0) fzDH

3

8
E2
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dNCR

dE
(t⌫,b) fsupfmes (2.26)

where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1

DH

Z zH

0

1

1 + z

dD

dz

<(D)

<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
⌫,b�⌫,b = 1.5⇥ 10�8GeV cm�2 s�1 sr�1 3/44 P�3/4

i,�3 ⌘3/4B�7/4
15 Z�1M�5/8

ej,1

⇥ fz
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<(0)
1.2⇥ 103Gpc�3 yr�1

. (2.28)
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One can then define a neutrino flux suppression factor as
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Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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⌫
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⌫
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⌫

/(f
⌫

ECR) if Ehad
⌫ < E⌫ < ECR/4

(2.22)

where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
Z

E⌫
dN⌫

dE⌫
dE⌫ =

Z
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8
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dECR
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B
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ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor
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For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B

�1/4
15 M5/8

ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1
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<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
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Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
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ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as
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where DH is the Hubble distance corresponding to redshift zH, and the factor
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For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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suppose that a flaring event is associated to the acceleration
of hadrons within the source. We will concentrate in this
study on the proton case, which should lead to higher rates
of neutrino production. Our goal in this work is indeed to
find necessary conditions on the background fields for the
detection of flares in neutrinos, as discussed in Section 5.3.
The case of heavier nuclei can be derived at the cost of
scaling down the expected fluxes in the proton case by a
factor of 5-10 (Murase & Beacom 2010).

2. Neutrino production mechanisms in transients

- acceleration of protons Emax and spectrum
- discussion on energy loss timescales, why tdyn is domi-
nant, also introduce tsyn
- photon backgrounds for transient sources

Neutrinos can be produced by accelerated hadrons. We
consider two principal production channels: photo-hadronic
interactions and hadronic interactions. Firstly we focus on
photo-hadronic interactions and we study the interaction
between the photons emitted during the flaring event and
hadrons that could be accelerated during this violent event.
We discuss hadronic interactions in section 6.6.

2.1. Accelerated particles

In the following, we consider L
B

= ⌘
B

L
tot

, where L
tot

is
the total luminosity detected during the flare (by a given
detector) and L

B

is the magnetic luminosity, defined as
L

B

⇠ �c �

2R2B2 (Lemoine & Waxman 2009). Here � = v/c
where v is the velocity of the flaring region (bulk velocity)
and � = (1 � �2

)

�1/2 is the bulk Lorentz factor of the
outflow.

We consider a hadron of charge eZ, Lorentz factor �

p

(�
p

= v
p

/c) and energy E
p

, accelerated in a region of
size R and magnetic field B. We compare the acceleration
timescale t

acc

and the dynamical timescale t
dyn

of the re-
gion. In the following, all the quantities denoted with a
prime are in the comoving frame and other quantities are
in the laboratory frame. Therefore, t0

dyn

= R/��c, where
� = v/c and v the characteristic speed of the region. For
successful acceleration, one needs to satisfy t0

acc

< t0
dyn

.
As E0

p

= E
p

/� and L
B

⇠ �c �

2R2B02
= ⌘

B

L
tot

, we
obtain:

E
p,max

⇠ Ze

�

✓
�⌘

B

L
tot

c

◆
1/2

. (1)

This comparison provides a better constraint on the
maximal energy of accelerated particles, as we take into
account the speed of the accelerating region. We get back
to the first condition when � ! 1 (for an ultra-relativistic
moving region).

In practice, we need t0
acc

< min(t0
dyn

, t0
loss

, t0
esc

) (see,
e.g., Kotera & Olinto 2011), where t0

loss

is the energy-loss
timescale and t0

esc

is the escape time of particles from the
accelerating region. For non-relativistic flares the limiting
timescale is usually t0

dyn

. [comment on dynamical time be-
ing limiting]

[comment on spectrum for hadrons]
[comment on luminosity in hadrons (cases where ⌘p >

1)]

2.2. Background photon spectrum

2.3. Photo-hadronic interactions

In the case of photo-hadronic interactions, the interaction
between an accelerated hadron and a photon field can
produce neutrinos. It involves the following interactions:
p + � ! n + ⇡+ and p + � ! p + ⇡0.

In the first channel, neutrinos are produced by the decay
of charged pions, e.g.: ⇡+ ! µ+

+ ⌫µ followed by µ+ !
e+ +⌫e + ⌫̄µ. The second channel only produces photons by
the decay of neutral pions: ⇡0 ! 2�.

This description is greatly simplified as many other
photo-hadronic interaction channels contribute to the pro-
duction of neutrinos, for instance multi-pions productions.
Such processes are simulated in the SOPHIA code (Mücke
et al. 1999). A complete description of the photo-hadronic
interaction allows a good prediction of the interaction cross-
section.

2.4. Energy-loss timescale

In the following, all the quantities are calculated in the
comoving frame of the emitting region. Its Lorentz factor
is �.

Photo-hadronic interaction are characterised by an
energy-loss timescale t0�p. We evaluate the neutrino produc-
tion by comparing this timescale to the dynamical timescale
of the flaring region, t0

dyn

= R/��c. The optical depth
f�p = t0

dyn

/t0�p characterises the production rate.
Following a classical approach (e.g. Dermer & Menon

2009), in the isotropic and ultra-relativistic case (Stecker
1968), we obtain the energy loss timescale of the photo-
hadronic interaction:
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where ��p(✏00) is the interaction cross section in the proton
rest frame and n0

�(✏0) = dN 0
�/d✏0dV 0 is the spectral number

density in the comoving frame. The quantity K(✏00) char-
acterises the inelasticity of the reaction in the proton rest
frame, that is the loss of energy during one interaction. The
knowledge of the cross section, the inelasticity coefficient
and the spectrum of the background photons is sufficient
to determine the timescale.

2.5. Cross-section, elasticity profiles and photon spectrum

We can approximate the cross-section profile by the sum of
two step functions, used in Atoyan & Dermer (2003):

��p(✏
00
) =

⇢
340 µbarn, 200 MeV < ✏00 < 500 MeV ,
120 µbarn, ✏00 > 500 MeV .

(3)

And the elasticity is:

K�p(✏
00
) =

⇢
0.2, 200 MeV < ✏00 < 500 MeV ,
0.6, ✏00 > 500 MeV .

(4)

We can also approximate the product of these quantities
with a Heaviside function, where ✏00

th

= 0.2 GeV is the
threshold energy in the proton rest frame:

��p(✏
00
)K�p(✏

00
) = h��pK�pi H(✏00 � ✏00

th

) . (5)
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In the transient sky are found the most violent phe-
nomena in the universe. Magnetars, super/hypernovae,
gamma-ray bursts, tidal-disruption flares, and many
more bright objects lasting for a fraction of second to
years, are being routinely discovered nowadays, thanks
to surveys and searches conducted mostly in wavelengths
from radio to X-rays. We argue in this paper that such
transient objects seem to be favored as sources of the
highest energy particles, by the current multi-messenger
observational data.

The origin of ultrahigh energy cosmic rays, detected at
energies > 1020 eV, is still unknown [1]. A stringent lower
limit on the bolometric luminosity of any astrophysical
outflow can be placed as a necessary condition to acceler-
ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
be exceptionally bright.

Many of the new classes of transients would be able
a priori to produce these particles, and their associated
neutrinos. Above E > 1019 eV, the observed cosmic-ray
flux constrains the source energy budget to EUHECR =
1044.5 ergMpc�3yr�1, which is not easily reached by most
astrophysical populations. Additionally, for UHECRs,
the source density for steady candidates is highly con-
strained by the absence of observed anisotropy in the ar-
rival direction of cosmic rays (Abreu et al. 2013, Takami
et al. 2014). Constraints on the density of transient
sources are subject to the time spread ⌧ experienced by
particles as they are deflected in the intergalactic mag-
netic fields (IGMF): n = ⇢s/⌧ , where ⇢s is the real source
density, and ⌧ is bounded by lower and upper observa-
tional limits obtained on Galactic and IGMF structures
respectively [3]. Even rare transient events could thus
mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
the number of candidates, and it becomes possible to do

a case-by-case object study.
Another information given by the distribution of the

arrival directions is the absence of multiplets, namely
cosmic ray events arriving with little angular separation
in the sky. This lack can be used to constrain the ap-
parent number density of sources to n0 > 10�5 Mpc�3,
if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
10�5 Mpc�3 are strongly disfavoured [5]. The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
intergalactic magnetic field. By intersecting the infor-
mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
tion [6]. On the other hand, pulsars seem to easily fulfill
both criteria.
For all the transient objects depicted in Fig. 1, time-

variability is a crucial signature that can only be used if
neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
source or its environment.
n ! p+ e� + ⌫̄e
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ate particles to energy E [2]: L > 1045(E/1020 eV)2Z�2

erg/s, with Z the charge number of the particle. For a
proton composition, this implies that the sources have to
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mimic a rather dense population - but Fig. 1 shows that
the energy budget condition leaves a handful of transient
events. By going to the highest energies, we narrow down
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if cosmic rays are protons [3, 4], a simple evaluation
leading to n0 ⇠ 10�4 Mpc�3 [3], and models with n̄ <
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of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) might not be compatible with the lack of
multiplets in the case of proton composition. For tran-
sient sources, the apparent n0 and real ⇢0 number den-
sities of proton UHECR sources are related via the cos-
mic ray arrival time spread �t due to magnetic fields:
⇢0 ⇠ n0/�t [6]. The time spread �t is bounded on its
lower end by the lower limit of the Galactic magnetic
field, and on its upper end by the upper limit on the
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mation on the required density with the required energy
budget estimated earlier, one finds that most transient
sources (AGN flares, High and Low luminosity GRBs)
only tightly meat the requirements for UHECR produc-
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both criteria.
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neutrino/gamma-ray and gravitational wave signatures
are combined. No temporal correlation between a tran-
sient source and charged UHECRs is expected because
of time delays due to deflections in the cosmic magnetic
fields. But secondary neutrinos or photons should exhibit
time-variabilities. This essential quantity can finally be
considered with the current instrumental precision. Its
measurement, combined with data at longer wavelengths
would reveal in particular the magnetic structure of the
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:
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where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
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The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B

�1/4
15 M5/8

ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as

E2
⌫,b�⌫,b =

1

4⇡
<(0) fzDH
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where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1
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Z zH

0

1

1 + z

dD

dz

<(D)

<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)
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. (2.28)
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Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as

E2
⌫,b�⌫,b =

1

4⇡
<(0) fzDH

3

8
E2

CR

dNCR

dE
(t⌫,b) fsupfmes (2.26)

where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1

DH

Z zH

0

1

1 + z

dD

dz

<(D)

<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
⌫,b�⌫,b = 1.5⇥ 10�8GeV cm�2 s�1 sr�1 3/44 P�3/4

i,�3 ⌘3/4B�7/4
15 Z�1M�5/8

ej,1

⇥ fz
2.25

<(0)
1.2⇥ 103Gpc�3 yr�1

. (2.28)
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Figure 2. Spectra of cosmic rays (left) and neutrinos (right) from a magnetar with surface magnetic
field B = 1015 G and initial spin period Pi = 1 ms, comparing to measurements of the KASCADE
[58, 59] and the Auger Observatory [60], as well as the IceCube 5-year sensitivity [61, 62]. Only
hadronuclear interaction is taken into account, and the acceleration e�ciency is set to be ⌘ = 1. In
both plots, analytical results from this work (blue) are comparable to numerical results from [16, 63]
(note that in the right panel, the black dashed line shows only neutrinos from primary cosmic rays).

For milder magnetic fields than for magnetars, the spin-down time is longer and the ejecta
can become diluted enough to allow the escape of heavy nuclei at UHE. One might con-
sider however that some mechanisms invoked in the next section and in Section 4 can carve
a path for cosmic rays to escape safely, for magnetars in particular which are extreme objects.

2.4 Neutrino production and di↵use flux

The cosmic-ray interactions on the hadronic and radiative backgrounds described in the pre-
vious sections will inevitably lead to the production of charged pions, and thus of neutrinos.
The meson production e�ciency reads

fmes = min (⌧pp + ⌧p� , 1) (2.20)

We will assume that for each interaction, charged pions undertake a fraction of the parent
cosmic-ray energy f⇡ ⌘ E⇡/ECR ⇠ 0.2 , and each neutrino f⌫ ⌘ E⌫/E⇡ ⇠ 0.25.

At early times when the ejecta is very dense, the secondary nuclei and pions continue to
interact with the radiation and hadron background and produce higher order nuclei, neutrinos
and pions [14]. Charged pions have a lifetime of ⌧⇡ = 2.6 ⇥ 10�8 s in the lab frame. They
interact with protons with cross section �⇡p ⇠ 5⇥10�26 cm2 and elasticity ⇠⇡p = 0.5 [14], and
with thermal photons with �⇡� ⇠ 10�28 cm2 and ⇠⇡� ⇠ 0.5, producing additional neutrinos
and pions that undergo further ⇡p and ⇡� interaction. Notice that the ⇡� cross section
was estimated by �⇡� ⇠ �p� (�⇡p/�pp). This cascade continues until min(t⇡� , t⇡p) = �⇡ ⌧⇡.
Charged pions then stop interacting and decay into neutrinos via ⇡± ! e±+⌫e(⌫̄e)+ ⌫̄µ+⌫µ.
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One can then define a neutrino flux suppression factor as

fsup = min

2

41,
 ✓

t⇡p
�⇡ ⌧⇡

◆�1

+

✓
t⇡�
�⇡ ⌧⇡

◆�1
!�1

3

5 ⇠ 6.5⇥ 10�8 ⌘�1�1
4 P�3

i,�3B15M
�5/2
ej,1 t43.5 .

(2.21)

Assuming that cosmic rays follow dNCR/dECR / E�p
CR , then the spectrum of the neutrinos

from the pion decay can be written as [14]:

E2
⌫
dN⌫

dE⌫
/
(�

E⌫/Ehad
⌫

�(2�p)
if E⌫ < Ehad

⌫�
E⌫/Ehad

⌫

�(1�p)
e�E

⌫

/(f
⌫

ECR) if Ehad
⌫ < E⌫ < ECR/4

(2.22)

where Ehad
⌫ ⇡ 0.25 (t⇡p(ECR)/⌧⇡) m⇡c2 is the break energy for cosmic rays injected with

energy ECR. The neutrino flux is normalized by
Z

E⌫
dN⌫

dE⌫
dE⌫ =

Z
3

8
ECR

dNCR

dECR
fsupfmesdECR . (2.23)

The total neutrino spectrum thus breaks for fsup = 1 at time

t⌫,b = 3.0⇥ 105 s ⌘1/41/44 P 3/4
i,�3B

�1/4
15 M5/8

ej,1 . (2.24)

Inserting t⌫,b into equation 2.5, the break is found at energy

E⌫,b = 1.2⇥ 1017 eVA3/44 ⌘3/4P�3/4
i,�3 B�3/4

15 M�5/8
ej,1 . (2.25)

For the two estimates above, we have assume that ⇡p interactions are dominant over ⇡�, as
t⇡p < t⇡� for our chosen parameters t3.5, B15 and Pi,�3. Note that most of the neutrinos
are produced by cosmic rays of 1018�19 eVs. The neutrino flux at the break energy from a
population of UHECR sources with birth rate <(D) at a given distance D, can be estimated
as

E2
⌫,b�⌫,b =

1

4⇡
<(0) fzDH

3

8
E2

CR

dNCR

dE
(t⌫,b) fsupfmes (2.26)

where DH is the Hubble distance corresponding to redshift zH, and the factor

fz ⌘
1

DH

Z zH

0

1

1 + z

dD

dz

<(D)

<(0) dz . (2.27)

For a uniform source birthrate <(D) = <(0), fz ⇠ 0.55, and for a source emissivity following
the star formation rate (SFR) as in Ref. [64], fz ⇠ 2.5. For magnetars, for which hadronic
interactions dominate, the di↵use neutrino flux can then be estimated as [14] (assuming
tsd ⌧ t⌫,b)

E2
⌫,b�⌫,b = 1.5⇥ 10�8GeV cm�2 s�1 sr�1 3/44 P�3/4

i,�3 ⌘3/4B�7/4
15 Z�1M�5/8

ej,1

⇥ fz
2.25

<(0)
1.2⇥ 103Gpc�3 yr�1

. (2.28)
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Figure 3. Interaction timescale ratios tp�/tpp (colored contours) calculated at the break time t⌫,b
defined in Equation 2.24 (white contours showing log t⌫,b), for the parameter space (B,P

i

), with
⌘
th

= 1. The radiation field is dominant over the hadronic backgrounds for the fastest-spinning
neutron stars with sub-millisecond periods (green colors). For pulsars with periods more than ⇠ 1
ms, hadronic interactions dominate at t⌫,b (red colors). The lower limit of the y-axis corresponds to
the minimum spin period of a neutron star, Pi,min

⇠ 0.6ms [69].

spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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We normalize the flux of neutrinos by setting the associated cosmic-ray flux to the observed
level. Assuming an energy loss length Dloss on the intergalactic backgrounds at a given
energy, the cosmic-ray flux can be estimated roughly as

�CR ' 1

4⇡
E2

CR

dNCR

dECR
<(0)Dloss . (2.29)

At the cosmic-ray break energy, at time tCR,b = max(t⇤pp, t
⇤
p�) ⇠ t⇤p� , the cosmic-ray flux thus

reads

E2
CR,b�CR = 2.0⇥ 10�12GeV cm�2 s�1 sr�1AZ�1⌘B�2

15 4 (2.30)

⌘�3/5
th,0 P 1/5

i,�3M
�1/2
ej,1

<(0)
1.2⇥ 103Gpc�3 yr�1

Dloss

4000Mpc

In the majority of the parameter-space considered, ECR,pp . 1017 eV and we fall in a regime
where the energy-loss distance is close to the Hubble distance. Di↵usion e↵ects in the in-
tergalactic magnetic fields would alter the distance Dloss (see, e.g., [65–67]) significantly for
cosmic-ray energies & 1017 eV, then we take the corresponding Dloss as calculated in [10].

In Figure 2 we show the cosmic ray and neutrino spectra from a magnetar with B = 1015 G
and Pi = 1 ms calculated using the above methods. As a consistency check, we also show
the spectra calculated via numerical simulations [16, 63]. We find that the two approaches
produce comparable results.

The predicted flux is then compared with the observed cosmic ray flux �ob
CR. In our calculation

we take the measurements by KASCADE [58, 59] and the Auger Observatory [60]. Notice
that the energy losses by interactions on the cosmic radiation fields during the propagation
from the source to the Earth further changes the spectrum. This change is not taken into
account here, as the dominant process at these energies are adiabatic losses.

As the main contributors to cosmic rays below 1017 eV are known to be most probably not
extragalactic, we thus only consider sources that have the energetics to go above this energy,
with E0 = 1017 eV. This will be indicated as a green dashed line in the top left corner of our
limitting contours in Sec. 3.

In addition, we limit the upper bound of the birth rate of the sources to be no more than
20% of supernova birth rate RSN = 1.2⇥ 105Gpc�3 yr�1 [14, 68], which can be expressed

<(0) = min

✓
�ob
CR

�CR
R0, 20%RSN

◆
. (2.31)

2.5 Comparison between radiative and hadronic background e↵ects

As both radiative and hadronic backgrounds evolve with time, the dominant process in a
pulsar also changes over time. The time t⌫,b when neutrino spectrum breaks due to the
ending of ⇡p or ⇡� suppression (defined in Equation 2.24) serves as a good reference time for
the system. Figure 3 presents the ratios tpp/tp� (colored contours) calculated at t⌫,b (white
contours showing log t⌫,b), for the parameter space (B,Pi), with ⌘th = 1. The radiation
field is dominant over the hadronic backgrounds for the fastest-spinning neutron stars with
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Figure 3. Interaction timescale ratios tp�/tpp (colored contours) calculated at the break time t⌫,b
defined in Equation 2.24 (white contours showing log t⌫,b), for the parameter space (B,P

i

), with
⌘
th

= 1. The radiation field is dominant over the hadronic backgrounds for the fastest-spinning
neutron stars with sub-millisecond periods (green colors). For pulsars with periods more than ⇠ 1
ms, hadronic interactions dominate at t⌫,b (red colors). The lower limit of the y-axis corresponds to
the minimum spin period of a neutron star, Pi,min

⇠ 0.6ms [69].

spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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), with
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ms, hadronic interactions dominate at t⌫,b (red colors). The lower limit of the y-axis corresponds to
the minimum spin period of a neutron star, Pi,min

⇠ 0.6ms [69].

spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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We normalize the flux of neutrinos by setting the associated cosmic-ray flux to the observed
level. Assuming an energy loss length Dloss on the intergalactic backgrounds at a given
energy, the cosmic-ray flux can be estimated roughly as

�CR ' 1

4⇡
E2

CR

dNCR

dECR
<(0)Dloss . (2.29)

At the cosmic-ray break energy, at time tCR,b = max(t⇤pp, t
⇤
p�) ⇠ t⇤p� , the cosmic-ray flux thus

reads

E2
CR,b�CR = 2.0⇥ 10�12GeV cm�2 s�1 sr�1AZ�1⌘B�2

15 4 (2.30)

⌘�3/5
th,0 P 1/5

i,�3M
�1/2
ej,1

<(0)
1.2⇥ 103Gpc�3 yr�1
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4000Mpc

In the majority of the parameter-space considered, ECR,pp . 1017 eV and we fall in a regime
where the energy-loss distance is close to the Hubble distance. Di↵usion e↵ects in the in-
tergalactic magnetic fields would alter the distance Dloss (see, e.g., [65–67]) significantly for
cosmic-ray energies & 1017 eV, then we take the corresponding Dloss as calculated in [10].

In Figure 2 we show the cosmic ray and neutrino spectra from a magnetar with B = 1015 G
and Pi = 1 ms calculated using the above methods. As a consistency check, we also show
the spectra calculated via numerical simulations [16, 63]. We find that the two approaches
produce comparable results.

The predicted flux is then compared with the observed cosmic ray flux �ob
CR. In our calculation

we take the measurements by KASCADE [58, 59] and the Auger Observatory [60]. Notice
that the energy losses by interactions on the cosmic radiation fields during the propagation
from the source to the Earth further changes the spectrum. This change is not taken into
account here, as the dominant process at these energies are adiabatic losses.

As the main contributors to cosmic rays below 1017 eV are known to be most probably not
extragalactic, we thus only consider sources that have the energetics to go above this energy,
with E0 = 1017 eV. This will be indicated as a green dashed line in the top left corner of our
limitting contours in Sec. 3.

In addition, we limit the upper bound of the birth rate of the sources to be no more than
20% of supernova birth rate RSN = 1.2⇥ 105Gpc�3 yr�1 [14, 68], which can be expressed

<(0) = min

✓
�ob
CR

�CR
R0, 20%RSN

◆
. (2.31)

2.5 Comparison between radiative and hadronic background e↵ects

As both radiative and hadronic backgrounds evolve with time, the dominant process in a
pulsar also changes over time. The time t⌫,b when neutrino spectrum breaks due to the
ending of ⇡p or ⇡� suppression (defined in Equation 2.24) serves as a good reference time for
the system. Figure 3 presents the ratios tpp/tp� (colored contours) calculated at t⌫,b (white
contours showing log t⌫,b), for the parameter space (B,Pi), with ⌘th = 1. The radiation
field is dominant over the hadronic backgrounds for the fastest-spinning neutron stars with
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Figure 3. Interaction timescale ratios tp�/tpp (colored contours) calculated at the break time t⌫,b
defined in Equation 2.24 (white contours showing log t⌫,b), for the parameter space (B,P

i

), with
⌘
th

= 1. The radiation field is dominant over the hadronic backgrounds for the fastest-spinning
neutron stars with sub-millisecond periods (green colors). For pulsars with periods more than ⇠ 1
ms, hadronic interactions dominate at t⌫,b (red colors). The lower limit of the y-axis corresponds to
the minimum spin period of a neutron star, Pi,min

⇠ 0.6ms [69].

spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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Figure 3. Interaction timescale ratios tp�/tpp (colored contours) calculated at the break time t⌫,b
defined in Equation 2.24 (white contours showing log t⌫,b), for the parameter space (B,P

i

), with
⌘
th

= 1. The radiation field is dominant over the hadronic backgrounds for the fastest-spinning
neutron stars with sub-millisecond periods (green colors). For pulsars with periods more than ⇠ 1
ms, hadronic interactions dominate at t⌫,b (red colors). The lower limit of the y-axis corresponds to
the minimum spin period of a neutron star, Pi,min

⇠ 0.6ms [69].

spin period less than ⇠ 1 ms. This is because the higher rotational speed the star has, the
more energy can be converted to the thermal photons. To have hadronic interactions always
dominate over photopion interactions over the entire (P,B) parameter-space studied here, ⌘th
needs to be as low as ⇠ 10�3. Our calculation here does consider super-luminous supernova.
For super-luminous cases, the radiation energy can reach 1051 erg, and the p� process would
be more important.

Note however that this calculation assumes that the radiation background in the supernova
ejecta is isotropic. In the case of a jet-like structure, the radiation field would be beamed and
the corresponding photon energy experienced by the proton would scale with 1/�, � being
the Lorentz factor of the jet. For lower dissipation e�ciency into radiation and beamed
radiation, the contribution of the radiative background should be lower unless jet emission is
intense. It is thus likely that the hadronic interactions are dominant over a large fraction of
the parameter space that enables the acceleration of particles to UHE. This case is discussed
in Section 4.

One caveat of this comparison assumes that accelerated cosmic rays undergo interactions
with radiative and baryonic backgrounds at the same time. However in a realistic picture,
cosmic rays would most probably interact with the thermal photons that fill the entire pulsar
wind bubble first, and then with baryons when they manage to go through the bubble. In
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We normalize the flux of neutrinos by setting the associated cosmic-ray flux to the observed
level. Assuming an energy loss length Dloss on the intergalactic backgrounds at a given
energy, the cosmic-ray flux can be estimated roughly as

�CR ' 1

4⇡
E2

CR

dNCR

dECR
<(0)Dloss . (2.29)

At the cosmic-ray break energy, at time tCR,b = max(t⇤pp, t
⇤
p�) ⇠ t⇤p� , the cosmic-ray flux thus

reads

E2
CR,b�CR = 2.0⇥ 10�12GeV cm�2 s�1 sr�1AZ�1⌘B�2
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In the majority of the parameter-space considered, ECR,pp . 1017 eV and we fall in a regime
where the energy-loss distance is close to the Hubble distance. Di↵usion e↵ects in the in-
tergalactic magnetic fields would alter the distance Dloss (see, e.g., [65–67]) significantly for
cosmic-ray energies & 1017 eV, then we take the corresponding Dloss as calculated in [10].

In Figure 2 we show the cosmic ray and neutrino spectra from a magnetar with B = 1015 G
and Pi = 1 ms calculated using the above methods. As a consistency check, we also show
the spectra calculated via numerical simulations [16, 63]. We find that the two approaches
produce comparable results.

The predicted flux is then compared with the observed cosmic ray flux �ob
CR. In our calculation

we take the measurements by KASCADE [58, 59] and the Auger Observatory [60]. Notice
that the energy losses by interactions on the cosmic radiation fields during the propagation
from the source to the Earth further changes the spectrum. This change is not taken into
account here, as the dominant process at these energies are adiabatic losses.

As the main contributors to cosmic rays below 1017 eV are known to be most probably not
extragalactic, we thus only consider sources that have the energetics to go above this energy,
with E0 = 1017 eV. This will be indicated as a green dashed line in the top left corner of our
limitting contours in Sec. 3.

In addition, we limit the upper bound of the birth rate of the sources to be no more than
20% of supernova birth rate RSN = 1.2⇥ 105Gpc�3 yr�1 [14, 68], which can be expressed

<(0) = min

✓
�ob
CR

�CR
R0, 20%RSN

◆
. (2.31)

2.5 Comparison between radiative and hadronic background e↵ects

As both radiative and hadronic backgrounds evolve with time, the dominant process in a
pulsar also changes over time. The time t⌫,b when neutrino spectrum breaks due to the
ending of ⇡p or ⇡� suppression (defined in Equation 2.24) serves as a good reference time for
the system. Figure 3 presents the ratios tpp/tp� (colored contours) calculated at t⌫,b (white
contours showing log t⌫,b), for the parameter space (B,Pi), with ⌘th = 1. The radiation
field is dominant over the hadronic backgrounds for the fastest-spinning neutron stars with
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FIG. 1: The di↵use neutrino flux (⌫µ+⌫e+⌫⌧ after neutrino mixing in space) from an extragalactic newborn pulsar population
that would produce the measured UHECRs. The source emissivity follows the SFR (blue) or is uniform over time (black).
Overlaid are all flavor neutrino flux sensitivities of the IceCube detector after 1 year (red thin dash) and 5 years (red thick
dash) of operations [4], and the expected 3 year ARA-37 sensitivities (orange dash dotted) [5]. The redshift dependence of
source spectra has been taken into account to follow equation 2.

[3] A. M. Hopkins and J. F. Beacom, ApJ 651, 142 (2006), astro-ph/0601463.
[4] R. Abbasi et al. (2011), 1111.2736.
[5] P. Allison, J. Au↵enberg, R. Bard, J. Beatty, D. Besson, et al., Astropart.Phys. 35, 457 (2012), 1105.2854.

Neutrino flux for population of pulsars 
fitting the UHECR spectrum 
interactions in PWN

Lemoine, KK, Pétri 2015Figure 4. Neutrino spectra produced via pp (dot-dashed) and p� (solid) interactions for a population
of pulsars with initial rotation period P�3

= 1, dipole magnetic field B?,13 = 1, leptonic multiplicity

4

= 1, ⌘
rad

= 0, ⌘
B

= 0.1; left panel: cosmic ray flux normalized to the data at > 1018 eV; right
panel: cosmic ray flux normalized to the data at > 1019 eV . The sensitivity of IceCube-86 for 5 years
[85], JEM-EUSO [86], and ARA-37 for 3 years [87] are overplotted. In red dotted lines, the fit to the
UHECR spectrum measured by the Auger Observatory [88], in red circles.

In order to evaluate the neutrino flux that results from pp interactions in the nebula
environment, we consider only the interactions that arise as the cosmic rays cross the super-
nova remnant, given the very low density of particles within the nebula itself. As discussed
in Ref. [30], the optical depth to pp interactions during the crossing of a 10M� supernova
remnant can be written

⌧pp ' 0.3 yr

tesc
. (3.8)

The pp interactions only take place whenever tesc < tad and tesc < t�⇡+

. Given the small
optical depth to photo-pion production, the latter condition is always satisfied; the former
amounts to � > �PWN�conf , therefore the pp neutrino signal only concerns the highest energy
range. It is then straightforward to evaluate the di↵use pp neutrino flux from Eq. (3.7),
making the substitution tloss/t�⇡ ! min(⌧pp, 1)ctesc/RPWN.

Figure 4 presents the neutrino spectrum produced by protons accelerated with a spectral
index of s = 2.2, for a population of pulsars with identical parameters, with initial rotation
period P�3 = 1, dipole magnetic field B?,13 = 1, leptonic multiplicity 4 = 1, ⌘rad = 0,
⌘B = 0.1. The birth rate of these sources are assumed to have an occurrence rate scaled
to the star formation rate (SFR) with ṅs = 800Gpc�3 yr�1 at z = 0 (i.e. ' 1 � 2% of
the supernova rate) in the left panel, which match the cosmic-ray flux at energies as low
as 1018 eV, in order to provide a maximum neutrino flux for this scenario. The right panel
shows the expected neutrino flux if the cosmic-ray flux is matched at energies > 1019 eV,
corresponding to a more reasonable occurence rate ns = 200Gpc�3 yr�1 at z = 0. The
calculation of the cosmic-ray spectrum considers energy losses during propagation in the
intergalactic medium.

The maximum neutrino flux produced by pp interactions lies slightly below the 5-year
sensitivity of IceCube-86 and above the 3-year sensitivity of the projected Askaryan Radio
Array (ARA). It might thus become detectable in the next decade, depending on the exact
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FIG. 1: The di↵use neutrino flux (⌫µ+⌫e+⌫⌧ after neutrino mixing in space) from an extragalactic newborn pulsar population
that would produce the measured UHECRs. The source emissivity follows the SFR (blue) or is uniform over time (black).
Overlaid are all flavor neutrino flux sensitivities of the IceCube detector after 1 year (red thin dash) and 5 years (red thick
dash) of operations [4], and the expected 3 year ARA-37 sensitivities (orange dash dotted) [5]. The redshift dependence of
source spectra has been taken into account to follow equation 2.
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[4] R. Abbasi et al. (2011), 1111.2736.
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= 0, ⌘
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= 0.1; left panel: cosmic ray flux normalized to the data at > 1018 eV; right
panel: cosmic ray flux normalized to the data at > 1019 eV . The sensitivity of IceCube-86 for 5 years
[85], JEM-EUSO [86], and ARA-37 for 3 years [87] are overplotted. In red dotted lines, the fit to the
UHECR spectrum measured by the Auger Observatory [88], in red circles.

In order to evaluate the neutrino flux that results from pp interactions in the nebula
environment, we consider only the interactions that arise as the cosmic rays cross the super-
nova remnant, given the very low density of particles within the nebula itself. As discussed
in Ref. [30], the optical depth to pp interactions during the crossing of a 10M� supernova
remnant can be written

⌧pp ' 0.3 yr

tesc
. (3.8)

The pp interactions only take place whenever tesc < tad and tesc < t�⇡+

. Given the small
optical depth to photo-pion production, the latter condition is always satisfied; the former
amounts to � > �PWN�conf , therefore the pp neutrino signal only concerns the highest energy
range. It is then straightforward to evaluate the di↵use pp neutrino flux from Eq. (3.7),
making the substitution tloss/t�⇡ ! min(⌧pp, 1)ctesc/RPWN.

Figure 4 presents the neutrino spectrum produced by protons accelerated with a spectral
index of s = 2.2, for a population of pulsars with identical parameters, with initial rotation
period P�3 = 1, dipole magnetic field B?,13 = 1, leptonic multiplicity 4 = 1, ⌘rad = 0,
⌘B = 0.1. The birth rate of these sources are assumed to have an occurrence rate scaled
to the star formation rate (SFR) with ṅs = 800Gpc�3 yr�1 at z = 0 (i.e. ' 1 � 2% of
the supernova rate) in the left panel, which match the cosmic-ray flux at energies as low
as 1018 eV, in order to provide a maximum neutrino flux for this scenario. The right panel
shows the expected neutrino flux if the cosmic-ray flux is matched at energies > 1019 eV,
corresponding to a more reasonable occurence rate ns = 200Gpc�3 yr�1 at z = 0. The
calculation of the cosmic-ray spectrum considers energy losses during propagation in the
intergalactic medium.

The maximum neutrino flux produced by pp interactions lies slightly below the 5-year
sensitivity of IceCube-86 and above the 3-year sensitivity of the projected Askaryan Radio
Array (ARA). It might thus become detectable in the next decade, depending on the exact
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FIG. 2. (Color online) Model-dependent 90% confidence-
level limits (solid lines) for (upper panel) cosmogenic-neutrino
predictions (dashed lines) from Ahlers [22] and Kotera [37]
and (lower panel) astrophysical neutrino fluxes from AGN
(BLR) models of Murase [45] and Padovani (long dashes: Y

⌫�

= 0.8, short dashes: Y

⌫�

= 0.3) [46], and Fang pulser model
[48]. The Murase model prediction (s=2.3, ⇠

CR

=100) [45] is
overlapped with the upper limit. The range of limits indi-
cates the central 90% energy region. The wide energy cover-
age of the current analysis (Fig. 1) allows a stringent model-
dependent limit to be placed for both cosmogenic and astro-
physical models.

of the di↵use extragalactic �-ray background [35, 36].
Our constraints on these models imply that the major-
ity of the observed �-ray background is unlikely to be of
cosmogenic origin.

Limits on cosmogenic neutrino models [37, 38] using
two classes of source-evolution functions are presented
in Table I. One evolution function is the star formation
rate (SFR) [39], which is a generic measure of structure
formation history in the universe, and the other is that
of FRII radio-loud AGN [40, 41]. The cosmogenic mod-
els assuming FRII-type evolution have already been con-
strained by the previous study [7]. In addition, these
strong evolution models may conflict with the observed
�-ray background. The current analysis not only strongly
constrains the FRII-type but also disfavors much weaker
SFR as a UHECR source evolution model. Cosmogenic
models with weaker source evolution than SFR, such as
evolution of high-energy peaked BL Lac objects [42], are
not constrained. The predicted neutrino spectra and
the corresponding model-dependent limits are presented
in Fig. 2. Heavy composition UHECRs produce only a
small flux of cosmogenic neutrinos with respect to pure
proton UHECRs. Thus the limit on the proton com-
position cosmogenic models could also be considered as
the limit on the proton fraction of a mixed-composition
UHECR model for the given evolution model. A more
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FIG. 3. (Color online) Constraints on UHECR source evolu-
tion model and generic all flavor E

�2 power-law flux model
parameters. The colored areas represent parameter space ex-
cluded by the current analysis. (Top) Cosmogenic flux pa-
rameters m and z

max

of UHECR-source cosmological evolu-
tion function of the form  

s

(z) / (1+ z)m, assuming proton-
dominant UHECR primaries with only the CMB as the back-
ground photon field. A semi-analytic formulation [43] is used
to estimate the neutrino flux. The boxes indicate approxi-
mate parameter regions for SFR [39] and FRII ([40] and [41])
for reference. (Bottom) Upper limits on E

�2 power-law neu-
trino flux normalization �0 and spectral cuto↵ energy E

cut

⌫

.

generic scanning of parameter space for the source evo-
lution function,  s(z) / (1 + z)m, up to the maximum
source extension in redshift z  z

max

, was also performed
using an analytical parameterization [43]. Because only
the CMB is assumed as the target photon field in the pa-
rameterization, the limits are systematically weaker than
that on the models that include extragalactic background
light, such as infrared and optical photons, with the given
evolution parameters. The resultant exclusion contour is
shown in the upper panel of Fig. 3. Where each point
represents a given cosmogenic-neutrino model and the
contour represents the exclusion confidence limit calcu-
lated using the LLR method. Our results disfavor a large
portion of the parameter space where m � 3.5 for sources
distributed up to z

max

= 2. These constraints imply that
the sources of UHECRs must evolve more slowly than the
SFR. Otherwise, a proton-dominant composition at the
highest energies, in particular the dip model [44], is ex-
cluded.
Astrophysical neutrinos — We tested astrophysical

neutrino models for the UHECR sources. One of the
advantages of studying astrophysical neutrino models
is that not only proton-dominant, but also mixed- or

7

⌫ Model Event rate p-value MRF
per livetime

Kotera et al. [37]
SFR 3.6+0.5

�0.8 22.3+10.8
�3.9 % 1.44

Kotera et al. [37]
FRII 14.7+2.2

�2.7 <0.1% 0.33
Aloisio et al. [38]
SFR 4.8+0.7

�0.9 7.8+6.8
�1.8% 1.09

Aloisio et al. [38]
FRII 24.7+3.6

�4.6 <0.1% 0.20
Yoshida et al. [51]
m = 4.0, z

max

= 4.0 7.0+1.0
�1.0 0.1+0.4

�0.1% 0.37
Ahlers et al. [22]
best fit, 1 EeV 2.8+0.4

�0.4 9.5+6.5
�1.6% 1.17

Ahlers et al. [22]
best fit, 3 EeV 4.4+0.6

�0.7 2.2+1.3
�0.9% 0.66

Ahlers et al. [22]
best fit, 10 EeV 5.3+0.8

�0.8 0.7+1.6
�0.2% 0.48

TABLE I. Cosmogenic neutrino model tests: Expected num-
ber of events in 2426 days of e↵ective livetime, p-values from
model hypothesis test, and 90%-CL model-dependent limits
in terms of the model rejection factor (MRF) [52], defined as
the ratio between the flux upper limit and the predicted flux.

⌫ Model Event rate p-value MRF
per livetime

Murase et al. [45]
s = 2.3, ⇠

CR

=100 7.4+1.1
�1.8 2.2+9.9

�1.4% 0.96 (⇠
CR

96)
Murase et al. [45]
s = 2.0, ⇠

CR

=3 4.5+0.7
�0.9 19.9+20.2

�9.2 % 1.66 (⇠
CR

5.0)
Fang et al. [48]
SFR 5.5+0.8

�1.1 7.8+14.4
�3.7 % 1.34

Fang et al. [48]
uniform 1.2+0.2

�0.2 54.8+1.7
�2.7% 5.66

Padovani et al. [46]
Y

⌫�

= 0.8 37.8+5.6
�8.3 <0.1% 0.19 (Y

⌫�

0.15)

TABLE II. Astrophysical neutrino model tests: Same as
Table I. The flux normalization scales linearly for AGN
models with the assumed baryonic loading factor ⇠

CR

for
Murase FSRQ (broad-line region) [45] or neutrino-to-� ra-
tio Y

⌫�

for Padovani BL Lac [46] models. A power-law pro-
ton UHECR spectrum with index s is assumed in the FSRQ
model. The corresponding parameters for these models to
explain the measured IceCube neutrino flux in TeV-PeV
range [26] are excluded by more than 99.9% CL.
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Figure 5. Same as Fig. 4, but considering both hadronic and radiative backgrounds. For the
radiative background, we assume ⌘

th

= 1, and the thermal component dominants over the non-
thermal component (see Sec. 2.2 for details).

magnetars have a fast spin-down time while the system remains too opaque for pions to
decay, which results a cuto↵ on the neutrino peak energy. The dotted red line delimits
the region where neutron stars would emit a di↵usive neutrino background that exceeds the
5-year sensitivity of the IceCube Observatory.

Figure 5 depicts the same parameter region, but additionally takes into account the radiation
background in the pulsar winds. A thermalization factor of ⌘th = 1 is assumed for this cal-
culation. The radiation background does not change the neutrino break energy significantly.
However, as the radiation field decreases much slower than the hadron background, it causes
the cosmic ray spectrum to break much later in time compared to the hadronic case. As
a result, the lower cosmic ray flux at ECR,b implies a higher normalization for the neutrino
flux, and a larger parameter region is constrained by observations.

In Fig. 6 we present the limit contours for a range of acceleration e�ciency with ⌘ =
[0.01, 0.1, 0.5, 1]. For all four cases, we assume ejecta mass Mej = 10M�, no jet configu-
ration, and source emissivity following SFR. Both hadronic and radiation backgrounds with
⌘th = 1 are considered. We find no strong variation in cases with ⌘ � 0.5. For ⌘ < 0.5,
the confinement area decreases for smaller ⌘. Note that in the case ⌘ = 0.01, the maximum
cosmic ray energy accelerated by the pulsar wind can only reach 1018 eV.
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hadronic + radiative, no jet

ECR < 1017 eV

that case, the region filled with warm color in Fig. 3 should still be significantly impacted by
the photopion process.

3 Parameter scan and the viable neutron stars

Figure 4. The neutrino flux log
10

(E2

⌫,b�⌫,b) in GeV cm�2 s�1 sr�1 emitted by populations of neu-
tron stars with the same characteristic (B,P ), assuming acceleration e�ciency ⌘ = 1, ejecta mass
M

ej

= 10M�, jet fraction f
jet

= 0 and source emissivity following a SFR evolution. The sources
birthrates are normalized via cosmic ray measurements. Only hadronic backgrounds is considered
for the interactions. Overlaid are the IceCube 5-year sensitivity limit [61, 62] (red dotted), cosmic
ray peak energies E

CR,b (black dashed), and neutrino break energies E⌫,b (white). We only consider
parameter region below the green dashed line, which encloses sources that can produce cosmic rays
above 1017 eV. The parameter space below the red dotted line is excluded.

Figures 4 and 5 show the expected neutrino flux log10(E
2
⌫,b�⌫,b) emitted by populations of

neutron stars over the parameter space of (B,P ), considering only hadronic interactions
(Fig. 4) and both hadronic and photo-pion interactions (Fig. 5). In this parameter scan we
assume that neutron stars have an acceleration e�ciency ⌘ = 1, ejecta mass Mej = 10M�,
and a source emissivity following a uniform distribution. In these plots we have calibrated the
source birthrate using cosmic ray observations. Specifically, for each point in the parameter
space, the birth rate of the neutron star population with characteristics (P,B) is calculated
so as to fit the measured cosmic ray flux at ECR,b, following Eq. (2.31).

We first consider hadronic interactions in Fig. 4. The white contours present the neutrino
break energy E⌫,b where the neutrino spectrum peaks, and the green contours present the
peak energies ECR,b of high-energy cosmic rays from the neutron stars. E⌫,b reaches 1018 eV
in the parameter region of 1012G < B < 1015G and Pi < 0.6ms. For larger P and smaller
B, E⌫,b decreases because the star is less energetic. On the other hand, when B > 1014G,
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assume that neutron stars have an acceleration e�ciency ⌘ = 1, ejecta mass Mej = 10M�,
and a source emissivity following a uniform distribution. In these plots we have calibrated the
source birthrate using cosmic ray observations. Specifically, for each point in the parameter
space, the birth rate of the neutron star population with characteristics (P,B) is calculated
so as to fit the measured cosmic ray flux at ECR,b, following Eq. (2.31).

We first consider hadronic interactions in Fig. 4. The white contours present the neutrino
break energy E⌫,b where the neutrino spectrum peaks, and the green contours present the
peak energies ECR,b of high-energy cosmic rays from the neutron stars. E⌫,b reaches 1018 eV
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Figure 5. Same as Fig. 4, but considering both hadronic and radiative backgrounds. For the
radiative background, we assume ⌘

th

= 1, and the thermal component dominants over the non-
thermal component (see Sec. 2.2 for details).

magnetars have a fast spin-down time while the system remains too opaque for pions to
decay, which results a cuto↵ on the neutrino peak energy. The dotted red line delimits
the region where neutron stars would emit a di↵usive neutrino background that exceeds the
5-year sensitivity of the IceCube Observatory.

Figure 5 depicts the same parameter region, but additionally takes into account the radiation
background in the pulsar winds. A thermalization factor of ⌘th = 1 is assumed for this cal-
culation. The radiation background does not change the neutrino break energy significantly.
However, as the radiation field decreases much slower than the hadron background, it causes
the cosmic ray spectrum to break much later in time compared to the hadronic case. As
a result, the lower cosmic ray flux at ECR,b implies a higher normalization for the neutrino
flux, and a larger parameter region is constrained by observations.

In Fig. 6 we present the limit contours for a range of acceleration e�ciency with ⌘ =
[0.01, 0.1, 0.5, 1]. For all four cases, we assume ejecta mass Mej = 10M�, no jet configu-
ration, and source emissivity following SFR. Both hadronic and radiation backgrounds with
⌘th = 1 are considered. We find no strong variation in cases with ⌘ � 0.5. For ⌘ < 0.5,
the confinement area decreases for smaller ⌘. Note that in the case ⌘ = 0.01, the maximum
cosmic ray energy accelerated by the pulsar wind can only reach 1018 eV.
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that case, the region filled with warm color in Fig. 3 should still be significantly impacted by
the photopion process.

3 Parameter scan and the viable neutron stars

Figure 4. The neutrino flux log
10

(E2

⌫,b�⌫,b) in GeV cm�2 s�1 sr�1 emitted by populations of neu-
tron stars with the same characteristic (B,P ), assuming acceleration e�ciency ⌘ = 1, ejecta mass
M

ej

= 10M�, jet fraction f
jet

= 0 and source emissivity following a SFR evolution. The sources
birthrates are normalized via cosmic ray measurements. Only hadronic backgrounds is considered
for the interactions. Overlaid are the IceCube 5-year sensitivity limit [61, 62] (red dotted), cosmic
ray peak energies E

CR,b (black dashed), and neutrino break energies E⌫,b (white). We only consider
parameter region below the green dashed line, which encloses sources that can produce cosmic rays
above 1017 eV. The parameter space below the red dotted line is excluded.

Figures 4 and 5 show the expected neutrino flux log10(E
2
⌫,b�⌫,b) emitted by populations of

neutron stars over the parameter space of (B,P ), considering only hadronic interactions
(Fig. 4) and both hadronic and photo-pion interactions (Fig. 5). In this parameter scan we
assume that neutron stars have an acceleration e�ciency ⌘ = 1, ejecta mass Mej = 10M�,
and a source emissivity following a uniform distribution. In these plots we have calibrated the
source birthrate using cosmic ray observations. Specifically, for each point in the parameter
space, the birth rate of the neutron star population with characteristics (P,B) is calculated
so as to fit the measured cosmic ray flux at ECR,b, following Eq. (2.31).

We first consider hadronic interactions in Fig. 4. The white contours present the neutrino
break energy E⌫,b where the neutrino spectrum peaks, and the green contours present the
peak energies ECR,b of high-energy cosmic rays from the neutron stars. E⌫,b reaches 1018 eV
in the parameter region of 1012G < B < 1015G and Pi < 0.6ms. For larger P and smaller
B, E⌫,b decreases because the star is less energetic. On the other hand, when B > 1014G,
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Figure 8. Limiting contours for di↵erent jet fraction f
jet

= 0.001, 0.01, 0.1, 0.5. Like previous plots,
the parameter space within the contours is excluded by IceCube. All cases assume ejecta mass
M

ej

= 10M�, ⌘ = 1 and source emissivity following SFR. The sources birthrates are normalized via
cosmic ray measurements. Both hadronic backgrounds and radiative backgrounds assuming ⌘

th

= 1
are considered for the interactions.

Figure 8 shows the limiting contours for di↵erent jet fractions with fjet = [0.001, 0.01, 0.1, 0.5].
⌘ = 1 and source emissivity following SFR have been assumed for all cases. As expected, when
fjet ⌧ 1, the results get back to cases without any jet configuration. The parameter space
is less confined with a large fjet, as most cosmic rays escape without producing neutrinos.
Interestingly, the most standard magnetars remain excluded even with a large jet fraction.

5 Discussion, conclusions

In this work we have constrained magnetars as sources of cosmic rays above 1017 eV, by
comparing their expected neutrino production to the observational limits measured by the
IceCube Observatory. We have considered particle interactions with both radiative field
in the pulsar wind nebula and the hadronic backgrounds of the supernova ejecta. High-
energy neutrinos provide a powerful tool to probe very high-energy cosmic-ray acceleration
hidden in supernova ejecta [14]. Assuming a proton cosmic ray composition, we find that the
assumption of magnetars being the dominant high-energy cosmic ray sources is mostly ruled
out by the IceCube upper limits on the di↵usive neutrino background, unless the ejecta mass
is much smaller than in a typical core-collapse supernova, or a large fraction of cosmic rays
can escape without significant interactions from the jet-like structures piercing the ejecta.
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 magnetar jet puncturing SN ejecta
Magnetar-energized supernova explosions and GRB-jets 5

Figure 1. Model A at time t ' 200 ms. Left panel: log10⇢ measured in g cm�3. Right panel: Radial velocity, v

r

/c. The unit length in
all figures in this paper is L = GM/c

2 ' 2km. The dynamic range of colour plots does not always reflect the full range of variation of
the represented quantity but is rather selected to make more revealing images.

Figure 2. Same as in figure 1 but for model B at t ' 200 ms.

3 RESULTS

Figure 1 shows the global structure of model A at time
t ' 200 ms when the simulations were terminated because
the shock wave has reached the outer boundary of the com-
putational domain. The low density “column” along the
symmetry axis reveals the volume occupied by the colli-
mated outflows from the magnetar. One can see that these
jets have already “drilled” holes in the supernova envelope,
that is the layer of stellar material compressed by the super-

nova shock, and are beginning to propagate directly through
the collapsing star. The unit length in this and other figures
is L = GM/c2 ' 2km. Thus, the propagation speed of the
jets is about 5 ⇥ 104km s�1 or 0.17c. At this speed the jets
would travel across the star of radius ' 2⇥ 105km in about
4 s. The right panel of fig.1 shows that the flow speed of the
jets can be as high as 0.5c. The plots show no signs of the
jet termination shock - this is because the jet flow is sub-fast
and can decelerate smoothly when it reaches the jet head.
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Conclusions

 pulsars/magnetars should be strong high-energy neutrino emitters
 surrounding SN ejecta material unavoidable to produce neutrinos 

unless punctured by jet (GRB-like)
 IceCube already strongly constraining pulsar/magnetar scenarios for 

UHECR production
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Magnetars
fast spin-down (~days)
possible jets disrupting SN envelope
flares

Newborn pulsars
spin-down (~years)
like Crab, but 400 years ago
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 some (P,B) neutron-star 
populations excluded for UHECR 
production

 newborn pulsars with uniform 
emissivity evolution excluded at 
90% C.L. by IceCube as UHECR 
producers


