
2016 N. Bucciantini: Istanbul CompStar 2016 1

INAF Osservatorio Astrofisico di Arcetri
http://www.arcetri.astro.it

A.G. Pili, A. Drago, G. Pagliara, L. Del Zanna

Niccolo’ Bucciantini

 Millisecond Magnetar Model for 
GRBs: some recent developments

http://www.nordita.edu
http://www.nordita.edu


2016 N. Bucciantini: Istanbul CompStar 2016

Temporal Properties
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Prompt light-curve is not informative - too much variety

GRB’s with photon energies ranging from
100 MeV to 18 GeV !Dingus and Catelli, 1998". In
some cases this very-high-energy emission was delayed
more than an hour after the burst !Hurley, 1994; Som-
mer et al., 1994". No high-energy cutoff above a few
MeV has been observed in any GRB spectrum. Re-
cently, González et al. !2003" have combined the BATSE
!30 keV–2 MeV" data with the EGRET data for 26
bursts. In one of these bursts, GRB 941017 !according to
the common notation GRB’s are numbered by the date",
they have discovered a high-energy tail that extended up
to 200 MeV and looked like a different component. This
high-energy component appeared 10–20 sec after the
beginning of the burst and displayed a roughly constant
flux with a relatively hard spectral slope !F!"!0" up to
200 sec. At late times !150 sec after the trigger" the very-
high-energy !10–200 MeV" tail contained 50 times more
energy than the “main” #-ray energy !30 keV–2 MeV"
band. The TeV detector, Milagrito, discovered !at a sta-
tistical significance of 1.5e–3 or so, namely, at 3$" a TeV
signal coincident with GRB 970417 !Atkins et al., 2000,
2003". If true, this would correspond to a TeV fluence
that exceeds the low-energy #-ray fluence. However, no
further TeV signals were discovered from the other 53
bursts observed by Milagrito !Atkins et al., 2000" or from
several bursts observed by the more sensitive Milagro
!McEnery, 2002". One should recall, however, that due
to the attenuation of the IR background TeV photons
could not be detected from z%0.1. Thus, even if most
GRB’s emit TeV photons, those photons will not be de-
tected on Earth.

Another puzzle is the low-energy tail. Cohen et al.
!1997" analyze several strong bursts and find that their
low-energy slope is around 1/3 to !1/2. However,
Preece et al. !1998, 2002" suggest that about 1/5 of the
bursts have a low-energy power spectrum & steeper than
1/3 !the synchrotron slow-cooling low-energy slope". A
larger fraction is steeper than !1/2 !the fast-cooling syn-
chrotron low-energy slope". However, this is not seen in

any of the spectra from HETE4 whose low-energy reso-
lution is somewhat better. All HETE bursts have a low-
energy spectrum that is within the range 1/3 to !1/2
!Barraud et al., 2003". As both BATSE and HETE use
NaI detectors that have a poor low-energy resolution
!Cohen et al., 1997", this problem might be resolved only
when a better low-energy spectrometer is flown.

2. Temporal structure

The duration of the bursts spans five orders of magni-
tude, ranging from less than 0.01 sec to more than
100 sec. Common measures for the duration are T90
!T50", which corresponds to the time in which 90%
!50%" of the counts of the GRB arrive. As I discuss
below !see Sec. II.A.3", the bursts are divided into long
and short bursts according to their T90. Most GRB’s are
highly variable, showing 100% variations in flux on a
time scale much shorter than the overall duration of the
burst. Figure 3 depicts the light curve of a typical vari-
able GRB !GRB 920627". The variability time scale 't is
determined by the width of the peaks. 't is much shorter
!in some cases by more than a factor of 104" than T, the
duration of the burst. Variability on a time scale of mil-
liseconds has been observed in some long bursts
!McBreen et al., 2001; Nakar and Piran, 2002c". How-
ever, only #80% of the bursts show substantial substruc-
ture in their light curves. The rest are rather smooth,
typically with a fast-rise exponential decay !FRED"
structure.

4HETE II is a dedicated GRB satellite that aims at quickly
locating bursts with high positional accuracy. It is properly
known as HETE II because HETE I was lost upon launch
when its rocket failed. See http://space.mit.edu/HETE/ for a
description of HETE II and its instruments.

FIG. 2. The hardness-duration correlation for BATSE bursts.
HR is the ratio of fluence between BATSE channels 3 and 2.
!, short bursts; !, long bursts; solid line, a regression line for
the whole sample; dotted lines, the regressions lines for the
short and long samples, respectively. From Qin et al., 2000.

FIG. 3. !Color in online edition" The light curve of GRB
920627. The total duration of the burst is 52 sec, while typical
pulses are 0.8 sec wide. Two quiescent periods lasting #10 sec
are marked by horizontal solid bold lines.

1147Tsvi Piran: The physics of gamma-ray bursts

Rev. Mod. Phys., Vol. 76, No. 4, October 2004

Variability up to ms

Variability timescale ~ ms 
implies a compact stellar mass 

engine

Variability shorter than duration 
implies continuous injection
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GRBs Long and Short
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There are two distinct groups:

Short-Hard (less than 2 sec)

Long-Soft (more than 2 sec)

Distinction based on Time and Hardness as 
observed in the BATSE instruments

Long are found in the inner and younger parts of 
galaxies
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GRBs - SNe
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Stanek et al 2003
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Fig. 1.— Evolution of the GRB03029/SN2003 spectrum, from April 1.13 UT (2.64 days
after the burst), to April 8.13 UT (9.64 days after the burst). The early spectra consist of a

power-law continuum (F! ! !!0.9) with narrow emission lines originating from HII regions
in the host galaxy at a redshift of z=0.168. Spectra taken after Apr. 5 show the development

of broad peaks in the spectra characteristic of a supernova.
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 First GRB/SN association
1998bw

Spatial Coincidence

– 12 –

Table 1: Times of maximum, and apparent and absolute peak magnitudes of SN1998bw.

U B V R I

Date 1998 (UT) May 9.6 May 10.2 May 12.2 May 13.4 May 13.8

Apparent mag 13.81 ± 0.10 14.09 ± 0.05 13.62 ± 0.05 13.61 ± 0.05 13.70 ± 0.05

Absolute mag -19.16 ± 0.10 -18.88 ± 0.05 -19.35 ± 0.05 -19.36 ± 0.05 -19.27 ± 0.05

Fig. 1.— Left panel: NTT R band image May 1.3 UT. Right panel: DSS image

N

W

Galama et al 1998

2003dh
Spectral Evolution

A&A 568, A19 (2014)

Fig. 1. GRB 120729A: optical and X-ray (0.3–10 keV) light curves.
BRcIc magnitudes have been transformed into gri using transformation
equations from Jordi et al. (2006), see the main text for details. The
optical data are host-subtracted and have been corrected for foreground
and rest-frame extinction. Note that the errorbars are usually smaller
than the size of the plotted symbols. All LCs have been fit with a broken
power-law to determine the decay rate before (↵⌫,1) and after (↵⌫,2) and
the break (T⌫,B), as well as the timing of the break. ↵1 is approximately
the same in the optical and X-ray, as well as the time of the break (TB ⇡
0.1 d). After the break the X-ray decays at a faster rate than the optical
filters. In r and i we simultaneously fit a SN-component (i.e. a stretch
and luminosity factor relative to a redshifted, k-corrected template LC).
The paucity of optical points limits our analysis, however when fixing
the stretch factor to s = 1.0 in both filters, we find luminosity factors of
kr = 1.29 ± 0.19 and ki = 0.76 ± 0.11.

fitting the r and i LCs, see Sect. 2.5) to determine the de-
cay rate before (↵⌫,1) and after (↵⌫,2) the break, as well as the
timing of the break (T⌫,B). Our best-fitting parameters (fit be-
tween 0.005–30 d) are (1) X-ray: ↵X,1 = 0.97 ± 0.06, ↵X,2 =
3.54±0.27, TX,B = 0.12±0.02 d; (2) optical: ↵g,1 = 0.86±0.04,
↵g,2 = 2.49 ± 0.14, Tg,B = 0.11 ± 0.02 d; ↵r,1 = 0.86 ± 0.03,
↵r,2 = 2.85±0.10, Tr,B = 0.10±0.02 d; ↵i,1 = 0.95±0.07, ↵i,2 =
2.77 ± 0.22, and Ti,B = 0.14 ± 0.04 d. The time the LC breaks
is approximately the same at all frequencies (TB ⇡ 0.11 d). The
value of ↵1 is roughly the same at all wavelengths before the
break, and while ↵2 is steeper in the X-ray than the optical, it is
quite similar in all optical bands, although there is a hint that it
decays slightly slower in g, though of course the paucity of ob-
servations limits how much we can comment on this. If instead
we fit the optical LCs simultaneously, assuming that the time the
LC breaks and the decay constants before and after the break
are the same, we find ↵opt,1 = 0.89 ± 0.09, ↵opt,2 = 2.70 ± 0.18,
Topt,B = 0.10 ± 0.04 d.

If the achromatic break at t � t0 ⇡ 0.11 d is interpreted as a
jet break, it is possible to estimate the angular width of the jet
using Eq. (4) in Piran (2004). Assuming a density of n = 1 cm�3

and an isotropic kinetic energy in the ejecta ⌘ ⌘Eiso,�, where ⌘
is the radiative e�ciency and we assume a value of ⌘ = 0.2, we
estimate an opening angle of ✓ ⇡ 4.4�. Using Eiso,� = 2.3+0.3

�1.5 ⇥
1052, this in turn this implies a beaming-corrected �-ray energy
release of E✓� = ( ✓

2

2 )Eiso,� ⇠ 6.8 ⇥ 1049 erg. If the density is
higher, n = 10, the opening angle is larger (✓ ⇡ 5.7�), and so is
the beam-corrected kinetic energy (E✓,� ⇠ 1.2 ⇥ 1050 erg).

2.3. The spectral energy distribution

We combined our host-subtracted GTC magnitudes at t � t0 =
0.75 d, which were corrected for foreground extinction and

Fig. 2. GRB 120729A: rest-frame X-ray to optical SED of the AG at
t � t0 = 0.42 d. A single PL provides a good fit to the data, with � =
1.0 ± 0.1. Our best-fitting parameters (�2/d.o.f. = 29.6/28) are AV =
0.15 mag (<0.55 at 90% CL), and an intrinsic column absorption of
NH = 1.0 ⇥ 1021 cm�2 (<2.7 ⇥ 1021 at 90% CL).

converted into monochromatic fluxes, with contemporaneous
X-ray observations to construct an X-ray to optical spectral en-
ergy distribution (SED), with the intention of deriving an esti-
mate of the amount of rest-frame extinction (Fig. 2). We used the
general procedure outlined in Guidorzi et al. (2009) when con-
structing the energy spectrum. As there are fewer X-ray photons
at late times (the final observation is at t � t0 = 0.5 d), the X-ray
spectrum was accumulated from 0.046 to 0.074 days with 2.5 ks
exposure.

Both a single (�X = �O) and broken PL (�X��O = 0.5, which
is fixed) were fitted to the SED, and it was found that a cooling
break was not needed to fit the data, with a spectral index of
� = 1.0±0.1 proving to be a good fit. When a cooling break was
imposed upon the data, it was always found to occur below the
optical data. The paucity of data does not allow us to distinguish
between the di↵erent extinction curves of the Small Magellanic
Cloud (SMC), Large Magellanic Cloud (LMC), and Milky Way
(MW) from Pei (1992), therefore we adopted the SMC template
(which has proved to be a suitable fit to the AG SEDs, e.g. Kann
et al. 2006). Our best-fitting parameters (�2/d.o.f. = 29.6/28)
are AV = 0.15 mag (<0.55 at 90% CL), and an intrinsic column
absorption of NH = 1.0⇥1021 cm�2 (<2.7⇥1021 at 90% CL). To
convert the rest-frame extinction into equivalent observer-frame
extinctions in our SDSS filters we used the SMC extinction
template at z = 0.8 and the e↵ective wavelengths in Fukugita
et al. (1995), finding Ag,obs = 0.34 mag, Ar,obs = 0.26 mag and
Ai,obs = 0.20 mag. We used these values of the rest-frame extinc-
tion throughout our analysis of GRB 120729A.

2.4. The host galaxy

We used our griz observations of the host galaxy, taken at t� t0 ⇡
189 d and corrected for foreground extinction, to constrain some
of its key physical properties (Fig. 3). Our procedure involves
fitting the photometry with stellar population synthesis models
from Bruzual & Charlot (2003) with LePHARE (Arnouts et al.
1999). We used a Calzetti dust-attenuation law (Calzetti et al.
2000), a Chabrier initial mass function (Chabrier 2003), and a
grid of di↵erent star-burst ages with varying e-folding timescales
to derive theoretical galaxy spectra, which then were compared
to our photometry. A more elaborate description of our SED fit-
ting procedure and its caveats is given in Krühler et al. (2011).

A19, page 4 of 16

Optical SN Bump
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Canonical Collapsar
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4 M.V.Barkov & S.S. Komissarov

Figure 3. The inner region at t = 0.45s. Left panel: the magnetization parameter, log10P/Pm, and the magnetic field lines; Middle
panel: the ratio of azimuthal and poloidal magnetic field strengths, log10B�/Bp, and the magnetic field lines; Right panel: the magnetic
field strength, log10(B), and the magnetic field lines.

disk. Their main argument, that both fields are produced by
the same azimuthal current flowing in the disk, misses the
fact that additional currents may flow in the magnetosphere
and over the disk/funnel surface and support the magnetic
field inside the funnel in the manner similar to solenoid. In
our case, the poloidal field threading the BH is the original
field of the progenitor that has been accumulated during the
initial phase of free infall.

The left panel of fig.4 shows the barionic mass flux
as a function of spherical radius. One can see that it re-
duces from the free-fall value Ṁ ⌅ �0.5M⇤s�1 down to

Ṁ ⌅ �0.06M⇤s�1 at the event horizon. Between r ⌅ 60rg

and r = 2500rg this reduction reflects the e⇤ect of the bow
shock driven into the star by the jets. The sharp reduction at
r ⌅ 60rg corresponds to the position of the accretion shock
and marks the transition from approximate free-fall to the
centrifugally supported disk.

The middle panel of fig.4 shows the integral energy
fluxes of the jets as functions of spherical radius. To be
more precise the integration is carried out over the the whole
sphere but the contribution from areas with ⌅ > 108g cm�3

is excluded. We have verified that the bulk contribution to
the fluxes computed in this way comes from the jets. The
barionic rest mass flux, ⌅ur, is excluded from the total and
the matter energy fluxes, that is these fluxes are computed
via

Ė = �2⇤

⇤

S

(T r
t + ⌅ur)

⇧
�d⇥, (2)

where � is the determinant of the metric tensor of space
and T is either the total stress-energy-momentum tensor
or its hydrodynamic part. The most important conclusion
suggested by this figure is that at least 80% of the jet en-
ergy is provided directly by the BH and at a very high rate,
Ė ⌅ 2 ⇥ 1051erg s�1. The remaining 20% seem to be pro-
vided by the inner part of the disk – this explains the rise of
jet power between the event horizon and r ⌅ 10rg. Indeed,
careful examination of the solution shows that some mag-
netic field lines enter the jet from the skin layers of the disk

with ⌅ > 108g cm�3. However, it remains to be shown that
this is not caused by the numerical di⇤usion of magnetic flux
from the funnel into the disk. The right panel of fig.4 shows
the distributions of Poynting flux and hydrodynamic energy
flux (including the rest mass-energy) across the horizon and
allows us to determine whether it is the Blandford-Znajek
or the MHD-Penrose mechanism (Punsly & Coroniti 1990;
Punsly 2001; Koide et al.2002) or both of them that pro-
vide the energy supply to the jets. Since the hydrodynamic
flux is everywhere negative the MHD-Penrose mechanism
can be ruled out with certainty. This is confirmed by the
fact that the hydrodynamic energy-at-infinity is positive ev-
erywhere inside the ergosphere. Thus the jet is powered by
the Blandford-Znajek mechanism. For a force-free monopole
magnetosphere the Blandford-Znajek power is given by

ĖBZ =
1
6c

�
⇥h�
4⇤

⇥2

, (3)

where ⇥h is the angular velocity of the BH and � is the mag-
netic flux threading the BH. In the derivation we assumed
that the angular velocity of magnetosphere ⇥ = 0.5⇥h. This
holds well even for rapidly rotating BHs with monopole mag-
netospheres (Komissarov 2001) and corresponds to the mean
value of ⇥ measured in our simulations as well. Using the
measured value of � we derive ĖBZ ⌅ 2.6⇥1051erg s�1 which
agrees quite well with the value of ĖBZ provided by fig.4. The
total amount of free energy-at-infinity in the bow shock and
the bubble at time t = 0.45s is E ⌅ 1.37 ⇥ 1051erg. Since
the explosion develops only at t = 0.24s the mean jet power
over the active period is < Ė >⌅ 6⇥1051erg s�1, indicating
the higher jet power at the early stages of the explosion.

The middle panel of fig.4 also shows that initially the
jets are Poynting-dominated but gradually the electromag-
netic energy is converted into the energy of matter. However,
the accuracy of our simulations is insu⌃cient to capture the
jet dynamics. First of all, we are forced to keep the flow
magnetization below the limit at which the code crashes –
this is done via artificial injection of plasma in the danger
cells. This reduces the length scale for the energy conversion
via magnetic acceleration of plasma, as well as the asymp-

c� 0000 RAS, MNRAS 000, 000–000

 Hot torus Disk wind BZ jet

Possible avenues to drive a GRB:

v-v Annihilation driving a wind
Disk wind powered by BP

BZ extracting energy from the BH

Pro

Collapse in high mass stars favors BH
Jets are naturally associated with accretion 

disks
Disk wind can give the correct Ni56 load
Very high Γ can be achieved in the jet

Fragmentation of the torus can lead to late time 
accretion events (flares)

Accretion can be sustained for a long time

Cons

Need rapidly rotating BH
There is a Jmax for the envelope

Γ is set by non obvious mass loading
Need ordered seed magnetic field

Need a long surviving torus inside SN
Direct collapse to BH not obviously produces 

SN shock

Komissarov & Barkov 2007
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I assume the weak vector potential Aφ and the poloidal field is normalized so that the 
minimum value of pgas/pmag = 102 where pgas is the thermal pressure and pmag is the magnetic 
pressure. I use a simple equation of state pgas = (Γ-1)u where u is the internal energy density. 
Γ=4/3 was chosen so that the equation of state roughly represents radiation gas.  

 
As for the boundary condition in the radial direction, I adopt the outflow boundary 

condition for the inner and outer boundaries. As for the boundary condition in the zenith angle 
direction, the axis of symmetry boundary condition is adopted for the rotation axis, while the 
reflecting boundary condition is adopted for the equatorial plane. As for the magnetic fields, the 
equatorial symmetry boundary condition, in which the normal component is continuous and the 
tangential component is reflected, is adopted. 

 
As for 3-dimensional calculations, I used the same progenitor model with the spherical 

mesh with 256(r) by 256(θ) by 32 (�) grid points. As for the theta direction, the whole space is 

covered in the simulation (0<�<�) [7]. 

3. Results 

 
Figure 1. Contours of rest mass density in logarithmic scale for all models at the same 
time-slice 1.5760 sec. 
 

In figure 1, contours of rest mass density in logarithmic scale are shown for all models at 
the same time-slice 1.5760 sec. Cgs units are used for the rest mass density, while the length in 

What is the role of the BH rotation?
IS rotation important for the jet?

Nagataki 2012

P
o
S
(
G
R
B
 
2
0
1
2
)
0
9
6

Collapsar and Magnetar Models for LGRBs S.Nagataki 

 
     5 

 
 

the vertical/horizontal axes is written in G=M=c=1 unit. r=1 and 4000 corresponds to 2.95x 105 
cm and 1.18x109 cm, respectively. These results are projected on the (r sin(θ), r cos(θ))-plane. 
Upper left panel shows the state of a=0, upper right panel shows the one of a=0.5, lower left 
panel shows the one of a=0.9, and lower right panel shows the one of a=0.95. It is clearly shown 
that the rotating black hole drives the jet (the Schwartzschild black hole cannot drive a jet, while 
a more rapidly rotating black hole is driving a stronger jet). 
 

 
Figure 2. Plots of the jet energy for all models (a=0, 0.5, 0.9, 0.95) 
 

In figure 2, plots of the jet energy for all models at t=160000 are shown. It is noted that the 
contribution of the rest mass energy is subtracted. The blue curve represents the jet energy 
within the opening angle theta = 5 degree, while the red curve represents the one within theta = 
10 degree. The unit of vertical axis is 1048 erg. It is clearly seen that a more rapidly rotating 
black hole is driving a stronger jet. The total energy of the jet for a=0.95 is as large as 1050 erg. 
Thus it is concluded that 'faster is better' (rapidly rotating black hole is better to drive a GRB jet).   

 
I am extending my study on collapsars by performing 3-dimensional simulations. In 

figure 3, an example of the 3-dimensional simulation is shown. The progenitor model is 
same with the 2-D simulations, and Kerr parameter is chosen to be 0.9 in this simulation. 
The basic picture of the dynamics is same with 2-D. Further investigation will be presented 
in the near future.   

Kerr parameter a > 0.5 for efficient jet.
At ~ 1.5 sec the jet is still non-relativistic. 
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SGRBs Merger Model
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Merger of NS-NS require old population

109P 8/3M�5/3
1 (1 + q)(1 + 1/q)yr

AD duration post merger < 1s

0.2
⇤

MBH

4M⇥

⌅0.5 ⇤
Rcirc

RSch

⌅0.5 � �

0.01

⇥�1
⇤

cs

109cm/s

⌅�2

s

Rezzolla
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The millisecond-magnetar
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Magnetars have fields ~ 1014-15 G  
 They might be born as fast rotators
Efficient dynamo implies P ~ tconv ~ ms  

Millisecond magnetar have 
the correct energy

€ 

ERot ≈ 2 ×1052 P
1 ms
⎛ 

⎝ 
⎜ 

⎞ 

⎠ 
⎟ 
−2

ergs

Typical spin-down times are ~ 
100-1000 sec

€ 

E
⋅

≈1049 P
1 ms
⎛ 

⎝ 
⎜ 

⎞ 

⎠ 
⎟ 
−4 BDip

1015  G
⎛ 

⎝ 
⎜ 

⎞ 

⎠ 
⎟ 

2

ergs s-1

Pro

NS are naturally associated to core 
collapse SN

Less angular momentum required than 
BH-AD

NS population can explain transition from 
asymmetric SNe to XRFs to GRBs

Magnetar can show energetic bursts

 Pulsars have 
relativistic 

winds. 
Magnetars too!

Chandra X-Ray

Magnetar

Westerlund I

Galactic 
magnetars not 

likely from GRBs 
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18 Cenko et al.

Afterglow Kinetic Energy (EKE; erg)
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Pre−Swift GRBs
Bright Swift GRBs
Subluminous GRBs
Fermi−LAT GRBs

Magnetar Limit

Fig. 10.— Two-dimensional relativistic energy release (Erel ! E! + EKE) from GRBs. Cosmologically distant (z ! 0.5) events from
the pre-Swift era are shown in red. The logarithmic mean for these events, "Erel# = 2 $ 1051 erg, is indicated by the solid black line.
Shaded regions correspond to 1!, 2!, and 3! errors on this mean value. The three most nearby events (GRBs 980425, 031203, and
060218) are plotted in green and are underluminous by several orders of magnitude. The four LAT events from this work are plotted
in blue; all but GRB090328 fall at the high end of the pre-Swift distribution (note that we have not plotted horizontal errors bars for
GRB090926A due to the large uncertainty in EKE). Instead, they are more consistent with some of the brightest events from the Swift
era (black squares). The total relativistic energy release from GRB090926A appears to exceed 1052 erg. Such hyper-energetic events pose
a severe challenge to the magnetar models, where the total energy release cannot exceed 3 $ 1052 erg (dashed black line). References —
Panaitescu & Kumar (2002): GRBs 990123, 990510, 991208, 991216, 000301C, 010222; Yost et al. (2003): GRBs 970508, 980703, 000926;
Berger et al. (2004): GRBs 970508, 980703; Chevalier et al. (2004): GRB020405; Berger et al. (2001): GRB000418; Li & Chevalier (1999):
GRB980425; Soderberg et al. (2004): GRB031203; Soderberg et al. (2006): GRB060218; Frail et al. (2006): GRB050904; Chandra et al.
(2008): GRB070125; Cenko et al. (2010): GRBs 050820A, 060418, 080319B.

dominated jets can be accelerated to extreme Lorentz
factors over relatively large angles. However, it is unclear
how such outflows can convert su!cient electromagnetic
energy to accelerate electrons and produce the observed
prompt gamma-ray emission. Other particle-acceleration
mechanisms besides MHD shocks may be required in this
case (e.g., Beloborodov 2009). Alternatively, the gamma-
ray emission may be patchy (e.g., Kumar & Piran 2000)
or the jet may be structured (see, e.g., Granot 2007 and
references therein), so that we are measuring only the
extrema of "0 and not the true bulk of the relativistic
flow carrying most of the energy.

4.3. Comparison with Other Work

In this section, we attempt to place this work in con-
text, both by comparing our results with those of other
authors who have studied these same events, and by high-
lighting additional di#erences between our LAT sample
and GRBs detected by satellites at lower energies.
McBreen et al. (2010) present optical and NIR obser-

vations of three events from this work (GRBs 090323,
090328, and 090902B), taken primarily with the GROND
instrument (Greiner et al. 2008). In the case of
GRB090323, these authors find an optical spectral in-

dex of !O = 1.90 ± 0.01, consistent with the value de-
rived here, and our measurements of the host-galaxy flux
agree nicely. We derive a slightly steeper optical spectral
index, but our results are consistent at the 2.5" level.
Most importantly, McBreen et al. (2010) infer from the
steep optical decay that a jet break occurred before the
first optical observations began (tj " 1 day), resulting
in a narrow beaming angle (# " 2!) and a correspond-
ingly small collimation-corrected prompt energy release
[E! " 3(1) ! 1051 erg for a constant-density (wind-like)
circumburst medium]. We consider this possibility un-
likely, however, as it is di!cult to explain both the flat
radio light curve and the more slowly fading X-ray after-
glow (!X " 1.5) through post jet-break evolution (see
also § 4.4).
Our results also di#er from those of McBreen et al.

(2010) regarding the jet break time of GRB090328.
These authors argue that the steep optical decay index
(!o " 2.3) derived at early times requires a jet break be-
fore the commencement of observations (tj " 1.5 days).
The data presented in our work are not su!cient to
uniquely determine the optical temporal decay index
(particularly given the possible contribution from an un-
derlying host galaxy). However, it is again di!cult to

Selected sample with jet 
opening angle 

Prompt Y-energy must be 
corrected for beaming

Cenko et al 2010 Very energetic events.
ATT! Prompt energy is sensitive 
to viewing angle assumptions

Measuring the true energetics of the GRB: 
E photon (prompt) + E kinetic (later non-rel. expansion)

Emission is beamed in ~ 
10 deg\
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Figure 12. Bolometric light curves of PTF10hgi, SN 2011ke, PTF11rks, SN 2011kf, SN 2012il, and SN 2010gx and the diffusion semi-analytical model that best fits
the light curve (black solid line). The limits are shown as empty upside down triangles. The best fit of the 56Ni model (black dashed line) for each SN is also reported.
(A color version of this figure is available in the online journal.)

From the fits, it appears that no physical and consistent
solutions for 56Ni heating can be determined, as found by
previous authors (Pastorello et al. 2010; Quimby et al. 2011b;
Chomiuk et al. 2011; Leloudas et al. 2012). One could invoke a
combination of CSM interaction to explain the peak luminosity
and then 56Ni masses of 1–4 M! to account for the tail phases,
but, as discussed above, this requires full ! -ray trapping and
somewhat fine tuning of the two scenarios to work in unison.

6.2. Magnetar Model

Kasen & Bildsten (2010), Woosley (2010), and Dessart et al.
(2012) have already proposed that a rapidly spinning magnetar
can deposit its rotational energy into an SN explosion and
significantly enhance the luminosity. This appears to be an

appealing scenario as the model is fairly simple, and this
additional power source can potentially transform a canonical
Type Ic SN into an SL-SN Ic. To investigate this further and
quantitatively compare our extensive light curves with this
model, we have derived semi-analytical diffusion models. We
use standard diffusion equations derived by Arnett (1982) and
add magnetar powering (as in Kasen & Bildsten 2010) to fit
the light curves of our five objects. A full description can be
found in Appendix D. Assuming full trapping of the magnetar
radiation,18 the ejecta mass Mej, explosion energy Ek, and the
opacity " only influence the bolometric light curve through

18 Which is the case if the SED of the magnetar is dominated by X-ray
radiation, as in the Crab pulsar, for instance (Weisskopf et al. 2000).
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Figure 17. Comparison of light curves, photospheric velocities, and photospheric temperatures from our semi-analytical model (black dashed) and the one-dimensional
radiation hydrodynamical simulations of Kasen & Bildsten (2010, red solid). Also shown is the input magnetar energy (blue dotted line).
(A color version of this figure is available in the online journal.)

Table A9
Best-fitting Values of System Parameters (After the Slash) Compared to the

Actual Simulation Values of Kasen & Bildsten (2010, Before the Slash);
Derived Parameters on the Right

Mej B14 Pms Shift Emag

(days)

3.0/3.0 2.0/2.2 2.0/2.3 !1.57/0 3.9
3.0/3.1 3.0/3.2 2.0/2.3 0.17/0 4.0
3.0/2.8 5.0/5.4 2.0/2.4 !0.038/0 3.6

5.0/3.1 3.0/3.2 2.0/2.3 0.18/0 3.9
5.0/3.0 4.0/4.3 2.0/2.4 7e!4/0 3.7
5.0/3.0 5.0/5.4 2.0/2.4 0.18/0 3.7

7.0/4.1 2.0/2.1 1.5/1.8 !0.039/0 6.6
7.0/3.8 3.0/3.2 1.5/1.9 !4.9e!4/0 6.1

10/12.8 2.0/2.7 2.0/1.6 !5.0/0 8.0
10/9.2 3.0/3.5 2.0/2.2 !3.6/0 4.3
10/7.4 5.0/5.1 2.0/2.9 1.8e!4/0 2.4

= !core

" ! 1
, (D16)

where
!core(t) = #$core(t)Vcoret. (D17)

One should in general distinguish between the photosphere
and the thermalization layer, where the temperature of the
continuum is determined. The position of these depends on
the total opacity # and the absorption opacity #a, respectively.
However, due to our simple treatment such detail is unwarranted,
and we approximate them to be the same, R". As long as the
atmosphere is optically thick (!env > 1), R"(t) is found from
solving ! #

R"(t)
#$(r, t)dr = 1, (D18)

Table A10
Best-fit Parameters for 56Ni Modeling of the Bolometric Light Curves and %2

red

Object Shift M(56Ni) Mej E t0 %2
red

(day) (M$) (M$) (1051 erg) (MJD)

SN 2011ke 36.0 3.0 6.1 8.1 55650.65 35
SN 2011kf 38.0 5.0 11 15.0 55920.65 58
SN 2012il 26.0 2.9 5.9 6.2 55918.56 193
PTF10hgi 37.0 2.6 5.9 6.2 55322.78 1.2
PTF11rks 31.0 3.0 6.1 8.1 55912.11 53
SN 2010gx 30.0 6.0 13.0 15.0 55269.22 860

which gives

R"(t) = Rcore(t)
"

" ! 1
!core(t)

# 1
1!"

. (D19)

If the photosphere has receded into the core, the expression
is instead

R"(t) = Rcore(t) !
1 ! !core

"!1

#$core
. (D20)

Typical density profiles in Ib/c models show " % 10 (e.g.,
Figure 1 in Kasen & Bildsten 2010), which is the value we
use here.

From the photospheric radius R"(t) we retrieved the velocity
at the photosphere (Vphot)

Vphot(t) = Vcore
R"(t)

Rcore(t)
. (D21)

The effective temperature is found from application of the
blackbody formula, using the model luminosities at correspond-
ing times.
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Figure 13. Top: bolometric light curves for B14 = 5, Pms = 5, Mej = 5 M!
without 56Ni contribution (black solid) and with M(56Ni) = 0.1 M! (red dashed).
Also shown is the total energy emitted by M(56Ni) = 0.1 M! (green dotted)
and the light curve produced by this amount of 56Ni in a 5 M! ejecta with
Ek = 1051 erg (blue dot-dashed). Bottom: comparison between magnetar and
56Co decay rate. The gray box is the region where the two slopes are similar to
within 25%.
(A color version of this figure is available in the online journal.)

their combined effect on the diffusion timescale parameter (see
Appendix D):

!m = 10 d
!

Mej

1 M!

"3/4 !
Ek

1051 erg

""1/4 !
"

0.1 cm2 g"1

"1/2

.

(2)
The magnetar luminosity depends on two parameters, the
magnetic field strength B14 (expressed in terms of 1014 G) and
the initial spin period Pms (in milliseconds). Combined with
the explosion date t0, we therefore have four free parameters
to fit. Table 4 lists the best-fit parameters for each object, and
Figure 12 shows the fits. As the #2 fitting gives good matches
to models without 56Ni, we have no need to introduce 56Ni as
an additional free parameter. All the models have M(56Ni) =
0 M! and we investigated the sensitivity to the assumed 56Ni
mass by recomputing the fits including 0.1 M! of 56Ni in the
ejecta (the typical 56Ni yield in core-collapse SNe). We find
virtually the same fit parameters as we do without the nickel. As
can be seen from Figure 13 (top), the two magnetar models

Table 4
Best-fit Parameters for Magnetar Modeling of the Bolometric Light Curves

and #2
red Value on the Left; Derived Parameters on the Right

Object !m B14 Pms t0 #2
red Emag Mej V final

core
(days) (MJD) (1051 erg) (M!) (km s"1)

SN 2011ke 35.0 6.4 1.7 55650.65 1.8 6.9 8.6 12400
SN 2011kf 15.4 4.7 2.0 55920.65 5.8 5.0 2.6 19600
SN 2012il 18.4 4.1 6.1 55918.56 3.9 0.5 2.3 10500
PTF10hgi 26.2 3.6 7.2 55322.78 0.5 0.4 3.9 7700
PTF11rks 21.0 6.8 7.5 55912.11 5.0 3.6 2.8 16500
SN 2010gx 32.4 7.4 2.0 55269.22 3.9 5.0 7.1 11900

(B14 = 5, Pms = 5, Mej = 5 M!) with (red dashed) and
without 56Ni (black solid) are similar. The late decline rate in
the magnetar model (>100 days) is actually quite similar to the
56Co decay rate as shown in Figure 13 (bottom), but fully trapped
$ -rays are required. As Figure 13 shows, this full trapping is
different from the typical light curve of a radioactivity-powered
Type Ib/c SN in which full trapping is not observed. Recently,
Dexter & Kasen (2012) showed that fall-back accretion can give
a similar asymptotic behavior of the light curve (Lt # t"5/3)
which is a scenario that would need further investigation.

The light curves are quite well reproduced with appropriate
choices of parameters, and the tail phase luminosities that we
measure can also be explained with this model. The diffusion
timescale parameters are between 15 and 35 days, which
corresponds to ejecta masses of 2–9 M! for " = 0.1 cm2 g"1

(see Appendix D for further details about ") and

Ek = 1051 +
1
2

(Emag " Erad)(erg), (3)

where E mag is the total energy of the magnetar and E rad is the
total radiated energy of the SN. We use a factor of 1/2 for an
approximation of the average kinetic energy over the magnetar
energy input phase, which we show in Appendix D.4 produces
good agreement with more detailed time-dependent calculations
of Ek.19 These ejecta masses are consistent with the ones derived
for radioactivity-powered Type Ib/c ejecta (Ensman & Woosley
1988; Shigeyama et al. 1990; Valenti et al. 2011; Drout et al.
2011; Eldridge et al. 2013). Furthermore, Figure 14 shows
that the evolution of photospheric velocities and temperatures
match the observed ones reasonably well. While the velocity and
temperature evolution as estimated from our models are crude,
this good agreement is an important test for the physical self-
consistency of the model. From the light curve fits to ejecta mass
and kinetic energy, we estimate the ejecta velocities (Vcore; see
Equation (D11)) which we compare to the observed velocities
of the emission lines (Ca H&K and Mg i] %4571; see Table 3),
finding them reasonably similar.

From the plot of bolometric light curves shown in Figure 6,
it appears that there is a gap between the faintest SL-SNe Ic
and the brightest normal Type Ic. One possibility is that this
is an observational bias. As SL-SNe Ic are intrinsically rare
(Quimby et al. 2011b), we find them at moderate redshifts
simply due to the large survey volume required to find them.
If intermediate objects were also as rare, then we would require
wider field searches to encompass more local volume as they

19 We also investigated the sensitivity to this assumption by computing masses
(as well as photospheric velocities and temperatures) also from
Ek = 1051 + 0.4Emag where the 40% conversion to kinetic energy is a typical
value (Woosley 2010). We found very small differences in the derived
quantities.
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Figure 13. Top: bolometric light curves for B14 = 5, Pms = 5, Mej = 5 M!
without 56Ni contribution (black solid) and with M(56Ni) = 0.1 M! (red dashed).
Also shown is the total energy emitted by M(56Ni) = 0.1 M! (green dotted)
and the light curve produced by this amount of 56Ni in a 5 M! ejecta with
Ek = 1051 erg (blue dot-dashed). Bottom: comparison between magnetar and
56Co decay rate. The gray box is the region where the two slopes are similar to
within 25%.
(A color version of this figure is available in the online journal.)

their combined effect on the diffusion timescale parameter (see
Appendix D):

!m = 10 d
!

Mej

1 M!

"3/4 !
Ek

1051 erg

""1/4 !
"

0.1 cm2 g"1

"1/2

.

(2)
The magnetar luminosity depends on two parameters, the
magnetic field strength B14 (expressed in terms of 1014 G) and
the initial spin period Pms (in milliseconds). Combined with
the explosion date t0, we therefore have four free parameters
to fit. Table 4 lists the best-fit parameters for each object, and
Figure 12 shows the fits. As the #2 fitting gives good matches
to models without 56Ni, we have no need to introduce 56Ni as
an additional free parameter. All the models have M(56Ni) =
0 M! and we investigated the sensitivity to the assumed 56Ni
mass by recomputing the fits including 0.1 M! of 56Ni in the
ejecta (the typical 56Ni yield in core-collapse SNe). We find
virtually the same fit parameters as we do without the nickel. As
can be seen from Figure 13 (top), the two magnetar models

Table 4
Best-fit Parameters for Magnetar Modeling of the Bolometric Light Curves

and #2
red Value on the Left; Derived Parameters on the Right

Object !m B14 Pms t0 #2
red Emag Mej V final

core
(days) (MJD) (1051 erg) (M!) (km s"1)

SN 2011ke 35.0 6.4 1.7 55650.65 1.8 6.9 8.6 12400
SN 2011kf 15.4 4.7 2.0 55920.65 5.8 5.0 2.6 19600
SN 2012il 18.4 4.1 6.1 55918.56 3.9 0.5 2.3 10500
PTF10hgi 26.2 3.6 7.2 55322.78 0.5 0.4 3.9 7700
PTF11rks 21.0 6.8 7.5 55912.11 5.0 3.6 2.8 16500
SN 2010gx 32.4 7.4 2.0 55269.22 3.9 5.0 7.1 11900

(B14 = 5, Pms = 5, Mej = 5 M!) with (red dashed) and
without 56Ni (black solid) are similar. The late decline rate in
the magnetar model (>100 days) is actually quite similar to the
56Co decay rate as shown in Figure 13 (bottom), but fully trapped
$ -rays are required. As Figure 13 shows, this full trapping is
different from the typical light curve of a radioactivity-powered
Type Ib/c SN in which full trapping is not observed. Recently,
Dexter & Kasen (2012) showed that fall-back accretion can give
a similar asymptotic behavior of the light curve (Lt # t"5/3)
which is a scenario that would need further investigation.

The light curves are quite well reproduced with appropriate
choices of parameters, and the tail phase luminosities that we
measure can also be explained with this model. The diffusion
timescale parameters are between 15 and 35 days, which
corresponds to ejecta masses of 2–9 M! for " = 0.1 cm2 g"1

(see Appendix D for further details about ") and

Ek = 1051 +
1
2

(Emag " Erad)(erg), (3)

where E mag is the total energy of the magnetar and E rad is the
total radiated energy of the SN. We use a factor of 1/2 for an
approximation of the average kinetic energy over the magnetar
energy input phase, which we show in Appendix D.4 produces
good agreement with more detailed time-dependent calculations
of Ek.19 These ejecta masses are consistent with the ones derived
for radioactivity-powered Type Ib/c ejecta (Ensman & Woosley
1988; Shigeyama et al. 1990; Valenti et al. 2011; Drout et al.
2011; Eldridge et al. 2013). Furthermore, Figure 14 shows
that the evolution of photospheric velocities and temperatures
match the observed ones reasonably well. While the velocity and
temperature evolution as estimated from our models are crude,
this good agreement is an important test for the physical self-
consistency of the model. From the light curve fits to ejecta mass
and kinetic energy, we estimate the ejecta velocities (Vcore; see
Equation (D11)) which we compare to the observed velocities
of the emission lines (Ca H&K and Mg i] %4571; see Table 3),
finding them reasonably similar.

From the plot of bolometric light curves shown in Figure 6,
it appears that there is a gap between the faintest SL-SNe Ic
and the brightest normal Type Ic. One possibility is that this
is an observational bias. As SL-SNe Ic are intrinsically rare
(Quimby et al. 2011b), we find them at moderate redshifts
simply due to the large survey volume required to find them.
If intermediate objects were also as rare, then we would require
wider field searches to encompass more local volume as they

19 We also investigated the sensitivity to this assumption by computing masses
(as well as photospheric velocities and temperatures) also from
Ek = 1051 + 0.4Emag where the 40% conversion to kinetic energy is a typical
value (Woosley 2010). We found very small differences in the derived
quantities.
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X-ray Afterglow Behaviors
Burrows et al.

X-ray flares: Late time internal shock emission?

This may be answered by GLAST with IC component observation

Late time X-ray flares
102-105 seconds after burst

Late phase plateau indicates 
continuos energy supply

536 A. Rowlinson et al.

Figure 5. The BAT-XRT light curve and hardness ratios for GRB 090515 in blue in comparison to other GRBs. (a) GRB 070724A in red. (b) GRB 050813 in
red and GRB 050509B in purple. (c) GRB 060717A in red and GRB 080520A in purple. (d) GRB 090607 in red. (e) GRB 050421 in red and GRB 080503 in
purple. (f) GRB 070616 in red. In the lower boxes for each graph, there is the hardness ratio for the BAT data [(50–100) keV/(25–50) keV], with a star, and
the hardness ratio for the XRT data [(1.5–10) keV/(0.3–1.5) keV].

C! 2010 The Authors. Journal compilation C! 2010 RAS, MNRAS 409, 531–540

  Plateau at 10-100 sec

>> 1 sec (dynamical timescale for 
accretion on BH)

Rowlinson et al 2010
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10 , whereas for GRB 051221A (four times more intense and briefly the brightest 
burst detected by the BAT) R^t < 2 x 10""*. 
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FIGURE 1. Temporalprofileoffirst short burstwith extended emission detected by 5'w//?, GRB 050724, 
plotted with 1-s resolution except for region surrounding initial pulse complex (T{l/e} -^ 0.2 s), at 64-ms 
resolution. A Bayesian Block representation is overlaid (grey histogram). Intensity scale is truncated to 
emphasize the -^ 100-s EE interval. The ratio of average EE intensity to peak IPC intensity, R jnt = IRE ̂  
IlPC "^ 0.01, near the median of the Rint distribution. 

SHORT BURST ANALYSIS 

We utilize BB representations of the burst temporal profiles to "denoise" the data, before 
making measurements of the timescales and intensities of the IPC and EE components. 
We define a duration measure, T{l/e} - the interval between outermost points of (1/e) 
X peak intensity - since it is relatively resilient against brightness bias. 

We describe the BATSE analysis in brief. Starting from a sample of 552 apparent 
short bursts (including eight known bursts with extended emission)[l]; subtracting a 
quadratic background model (fitted over 115s before and 160 s after the putative signal 
interval); performing the BB analysis; and then eliminating bursts with fluctuations > 
3 a above or below the BB representation outside of the IPC and putative EE signal 
region (110s total), we obtained a usable sample of 256 bursts. A calibration experiment 
was performed using the same length interval starting '-̂  175 s after the IPC interval to 
characterize the expected ambient temporal fluctuations. The difference between the 
distributions of average intensity for the putative signal interval and the calibration 
interval indicates that ^^ 64 bursts, or ^^ 25% of the sample, have extended emission, 
with 10^^ < Rint < 10^' . Note, however, at EE intensities < 30 counts s^', where half 
of these bursts lie in the intensity distribution, one cannot say with any confidence which 
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Figure 1. BAT light curve of GRB 080503 with 1 s binning in the 15–150 keV
band, with a 16 ms binning curve superposed for the duration of the short spike
near t = 0. The short spike is also shown alone in the left inset. An extended,
highly binned (10 s) light curve is shown in the right inset, demonstrating the
faint emission continuing until about 200 s.

batgrbproduct, was used to process the BAT event data. In ad-
dition to the script, we made separate spectra for the initial peak
and the extended emission interval by batbinevt, applying
batphasyserr to the PHA files. Since the spectral interval of
the extended emission includes the spacecraft slew period, we
created the energy response files for every 5 s period during the
time interval, and then weighted these energy response files by
the 5 s count rates to create the averaged energy response. The
averaged energy response file was used for the spectral anal-
ysis of the extended emission interval. Similar methods were
employed for previous Swift SGRBs.

For GRB 080503, the T90 durations of the initial short spike
and the total emission in the 15–150 keV band are 0.32 ± 0.07 s,
and 232 s respectively. The peak flux of the initial spike
measured in a 484 ms time window is (1.2 ± 0.2) !
10"7 erg cm"2 s"1. The hardness ratio between the 50–100 keV
and the 25–50 keV bands for this initial spike is 1.2 ± 0.3,
which is consistent with the hardness of other Swift SGRBs,
though it is also consistent with the LGRB population. In
Figure 3, we plot the hardness and duration of GRB 080503
against other Swift bursts, resolving this burst and other short
events with extended emission separately into the spike and the
extended tail. The properties of the initial spike of GRB 080503
match those of the initial spikes of other SGRBs with extended
emission (and are consistent with the population of short bursts
lacking extended emission), while the hardness and duration of
the extended emission are similar to that of this component in
other short bursts.

The fluence of the extended emission measured from 5 s
to 140 s after the BAT trigger in the 15–150 keV bandpass
is (1.86 ± 0.14) ! 10"6 erg cm"2. The ratio of this value to
the spike fluence is very large (#30 in the 15–150 keV band),
higher than that of any previous Swift short (or possibly short)
event including GRB 060614. It is not, however, outside the
range measured for BATSE members of this class, which have
measured count ratios up to #40 (GRB 931222, Norris &
Bonnell 2006). In Figure 4, we plot the fluences in the prompt
versus extended emission of all Swift SGRBs to date. BATSE
bursts are overplotted as solid gray diamonds; HETE event
GRB 050709 is shown as a circle. The two properties appear
essentially uncorrelated, and the ratio has a wide dispersion in

Table 1
Prompt Emission Properties of Swift SGRBs and Candidate SGRBs

GRB Class Ambiguous? z SEE/Sspike

050509B N 0.2249 < 14.3
050724 N 0.258 2.64 ± 0.49
050813 N 0.722? < 3.64
050906 Ya · · · < 14.87
050911 Ybc 0.1646? 1.31 ± 0.43
050925 Yd · · · < 1.83
051105A N · · · < 8.06
051210 Yb 0.114? 2.72 ± 1.33
051221A Yb 0.5465 < 0.16
051227 Yb · · · 2.87 ± 0.677
060313 N · · · < 0.29
060502B N 0.287? < 3.45
060801 N 1.131? < 1.84
060614 Ybe 0.125 6.11 ± 0.25
061006 Yb 0.4377 1.75 ± 0.26
061201 N 0.111? < 0.71
061210 N 0.41? 2.81 ± 0.63
061217 N 0.827 < 3.81
070209 N · · · < 8.08
070429B N 0.904 < 2.44
070714B N 0.92 0.477 ± 0.163
070724A N 0.457 < 4.24
070729 N · · · < 2.16
070731 Yb · · · < 1.37
070809 Yb 0.219? < 1.37
070810B N · · · < 9.40
070923 N · · · < 5.96
071112B N · · · < 4.14
071227 Yb 0.383 1.56 ± 0.49f

080503 Ye · · · 32.41 ± 5.7

Notes.
a SGR flare in IC 328?
b Spike T90 > 1 s.
c Extended-emission episode is of much shorter duration than in all other events.
d Soft event; in Galactic plane.
e Fluence dominated by extended emission.
f Significance of the extended emission is less than 4! .

both directions. Although only two Swift events populate the
high extended-to-spike ratio portion of the diagram (and the
classification of GRB 060614 is controversial), the difference in
this ratio between these and more typical events is only about a
factor of 10, and the intermediate region is populated by events
from BATSE and HETE18, suggesting a continuum in this ratio
across what are otherwise similar events.

Lag analysis (Norris et al. 2000) has also been used as a short–
long diagnostic. For GRB 080503, the spectral lag between the
50–100 keV and the 25–50 keV bands using the light curves in
the 16 ms binning is 1 ± 15 ms (1! error), consistent with zero
and characteristic of short-hard GRBs. Unfortunately, the signal
is too weak to measure the spectral lag for the extended emission
which dominates the fluence. While lag can vary between pulses
in a GRB (Hakkila et al. 2008) and short pulses typically have
short lags, even very short pulses in canonical long GRBs have
been observed to have non-negligible lags (Norris & Bonnell
2006).

Based on all of these arguments, we associate GRB 080503
with the “short” (Type I) class. Regardless of classification,
however, the extremely faint afterglow of this burst appears to
be a unique feature. In fact, as we will show, while the extremely

18 However, the HETE fluence ratio is in a very different bandpass, and the
actual ratio may be significantly lower than the plotted ratio

The fluence of the EE is 
comparable or bigger that the 

initial spike 

About 1/4 - 1/3 of sSGRBs have 
extended emission
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Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-

7

Figure 4. Time evolution of the light cylinder radius RL (solid
line), Alfven radius RA (dot-dashed line; eq. [A2]), ‘Y’ point ra-
dius RY (dashed line), sonic radius Rs (double dot-dashed line),
and neutron star radius Rns (see Fig. A1) for the solution shown
in Figure 2.

Figure 5. Same as Figure 2, but calculated for di!erent proto-
magnetar properties. The first two models are for P0 = 1 ms
and Bdip = 1016 G, and assume values of the magnetic obliquity
! = "/2 (dotted line) and ! = 0 (solid line), respectively. The
dashed line shows a lower spin-down case, calculated for P0 = 2
ms, Bdip = 1015 G, and ! = "/2.

neutrino-driven mass loss rate is invalid for Bdip !> 3" 1016

G (see Appendix A).

2.2 Results

The results of our calculations are summarized in Figures
2 # 5 and Table 1. As already discussed, Figure 2 shows
the wind magnetization !0(t) and power Ė(t) as a function
of time since core bounce, calculated for Mns = 1.4M$,
P0 = 1.5 ms, Bdip = 2 " 1015 G, and " = #/2. Figure 4
shows the time evolution of several critical radii associated
with this wind solution.

During the first few seconds, Ė rises because ! and Bdip

increase by angular momentum and magnetic flux conserva-
tion, respectively, as the proto-NS contracts to its final ra-
dius. On longer timescales, Ė reaches a maximum and then

decreases once the NS begins to spin down and the open
magnetosphere shrinks. The latter results because both the
spin-down and the larger wind magnetization cause RY to
increase (see Figs. 3 and 4). Figure 2 also shows that !0 in-
creases rapidly for the first ! 100 seconds as the NS cools
and the neutrino-driven mass loss rate decreases. This re-
sults in several distinct stages in the wind evolution, which
we denote by Roman numerals in Figure 2 and are discussed
individually in the next section. At late times !0 plateaus
and then begins decreasing once the wind mass loss rate
reaches its minimum value proportional to the Goldreich-
Julian flux (eq. [A14]). Once !0 % 1 force-free spin-down
obtains, such that Ė asymptotes at late times to the stan-
dard3 force-free decay Ė & t!2.

Figure 5 shows three additional wind models, calculated
for di"erent values of Bdip, P0, and ". The models shown
with solid and dotted lines correspond, respectively, to high
spin-down cases with Bdip = 1016 G, P0 = 1 ms, calcu-
lated for di"erent values of the magnetic obliquity " = 0
and #/2. The third model shown with a dashed line is a
lower spin-down case with Bdip = 1015 G, P0 = 2 ms, and
" = #/2. Although the evolution of Ė(t) and !0(t) are qual-
itatively similar to the fiducial model in Figure 2, di"erences
are apparent. Note that the higher(lower) spin-down mod-
els achieve larger(smaller) values of Ė and !0, except at late
times. Also note that at fixed Bdip and P0, !0 is larger for the
aligned rotator (" = 0) than in the oblique case (" = #/2)
due to the enhanced mass loss in the latter case caused by
centrifugal ‘slinging’ (see eq. [A12] and surrounding discus-
sion).

Table 1 summarizes the results of several additional cal-
culations, which explore the sensitivity of our results to vari-
ations in the proto-magnetar properties and in the adopted
NS cooling model. Our primary conclusion is that key ob-
servables are most sensitive to the dipole field Bdip, rota-
tion rate P0, and obliquity ". Plausible variations in the NS
mass Mns, stretch parameter $s, and the cooling model, on
the other hand, generally result in at most order unity dif-
ferences. For this reason we fix Mns = 1.4M$ and $s = 3
in the sections to follow and confine our analysis to the 3D
parameter space (Bdip, P0,").

3 STAGES OF THE PROTO-MAGNETAR
MODEL

In this section we describe the stages of proto-magnetar
wind evolution and quantify their relationship to GRB phe-
nomenology. Our discussion is guided closely by Figures
2#5.

I. Pre-Supernova/Thermally-Driven Wind

(!0 !< 10!3; t !< few"100 ms)

3 Note, however, that the measured braking indices of Galac-
tic pulsars generally di!er from the force-free prediction
(e.g. Livingstone et al. 2007; see §5).

GRB

Moderately relativistic 
phase

5

Figure 2. Wind power Ė (right axis) and magnetization !0 (left axis; eq. [2]) of the proto-magnetar wind as a function of time since
core bounce, calculated for a neutron star with mass Mns = 1.4M!, initial spin period P0 = 1.5 ms, surface dipole field strength
Bdip = 2" 1015 G, and magnetic obliquity " = #/2. Stages denoted I.#V. are described in detail in §3.

but includes additional details not addressed in previous
work. Our results are presented in §2.2.

2.1 Evolutionary Wind Model

2.1.1 Model Description

The two most important properties of the proto-magnetar
wind are the mass loss rate Ṁ and the energy loss rate,
or wind power, Ė. The wind power contains kinetic and
magnetic (Poynting flux) components: Ė = Ėkin + Ėmag. A
related quantity, determined from Ṁ and Ėmag, is the wind
magnetization1

!0 !
"2!2

Ṁc3
, (2)

where ! is the NS rotation rate, " ! Brr
2 is the magnetic

flux threading the open magnetosphere divided by 4# stera-
dians (Michel 1969), and Br " the poloidal field strength. As

1 Note that this definition may di!er from that used else-
where in the literature. In particular, what we define as !0

is sometimes referred to as the ‘baryon loading’ parameter
(e.g. Drenkhahn & Spruit 2002).

shown in Appendix A, " is directly related to the Poynting
flux Ėmag (eq. [A3]). The magnetization is important be-
cause it delineates non-relativistic (!0 "< 1) from relativistic
(!0 "> 1) outflows and a"ects the asymptotic partition be-
tween kinetic and magnetic energy in the wind. In particu-
lar, in relativistic outflows most of the wind power resides
in Poynting flux (Ėmag # Ėkin) at the fast magnetosonic
surface. The value of !0 in this case crucially a"ects the ef-
ficiency with which the jet may accelerate and dissipate its
energy (§4.1) and is approximately equal to the outflow’s
maximum achievable Lorentz factor #max $ Ė/Ṁc2 % !0.

In Appendix A we describe in detail how Ė, Ṁ , and
!0 are determined in magnetized proto-NS winds. To briefly
summarize, mass loss during the first t " 30&100 seconds is
caused by neutrino heating in the proto-NS atmosphere. As
a result, Ṁ ' L5/3

! $10/3! depends sensitively on the neutrino
luminosity L! and the mean neutrino energy $! during the
Kelvin-Helmholtz cooling phase (eq. [A8]). In most cases we
take L!(t) and $!(t) from the proto-NS cooling calculations
of Pons et al. (1999) (see Fig. A1), but modified by a ‘stretch
factor’ %s (defined in eq. [A11]) that qualitatively accounts
for the e"ects of rotation on the cooling evolution.

We assume that mass loss from the proto-NS occurs
only from portions of the surface threaded by the open mag-
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netic flux. We assume a dipolar magnetosphere, bounded
by the bundle of ‘last-closed’ field lines which intersect the
‘Y’ point radius in the magnetic equator (Figure 3 is an
illustration of the relevant geometry). We determine the
dependence of the Y-point radius on the wind properties
using results from the axisymmetric MHD simulations of
Bucciantini et al. (2006), which span the !0 < 1 to !0 >
1 transition. Using numerical results from Metzger et al.
(2008), we further account for the enhancement in Ṁ that
occurs due to magneto-centrifugal forces in the heating re-
gion. This e!ect is most important when the NS is rotating
very rapidly (P !< 2 ms) and the magnetic obliquity is large,
such that the polar cap samples regions near the rotational
equator. After t " t!!thin ! 30# 100 seconds, the proto-NS
becomes transparent to neutrinos, which causes L! and "! to
decrease sharply (Fig. A1). Once neutrino heating decreases
su"ciently, other processes (e.g. ##B or ### pair produc-
tion) likely take over as the dominant source of mass-loading
(Hibschman & Arons 2001; Thompson 2008) and the wind
composition may change from baryon- to pair-dominated.
Lacking a predictive model for Ṁ at late times, we assume
that Ṁ scales with the Goldreich & Julian (1969) flux for a
fixed value of the pair multiplicity µ!+ = 106. Our conclu-
sions are fortunately insensitive to this choice (see §5). The
full expression for Ṁ is given in equation (A15).

Proto-magnetar winds are magnetically-driven
throughout most of their evolution. When the wind is
non-relativistic, its speed at the fast surface is v" $ !1/3

0 c,

the wind power is Ė % !2/3
0 Ṁ % Ṁ1/3 and Ėmag = 2Ėkin

(Lamers & Cassinelli 1999). For relativistic winds Ė % !0Ṁ
is approximately independent of Ṁ , and Ėmag & Ėkin at
the fast point. Indeed, in the limit that !0 & 1 we assume
that Ė approaches the force-free spin-down rate (Spitkovsky
2006), which depends only on $ and #. Even for relatively
large (but finite) values of !0, however, spin-down occurs
more rapidly than in the force-free case because the ‘Y’
point radius RY resides inside the light cylinder (see Fig. 3).
The full expression for Ė is given in equation (A5).

2.1.2 Spin-Down Evolution and Initial Conditions

Proto-magnetar winds are magneto-rotationally powered
throughout most of their evolution. The NS thus loses angu-
lar momentum J = I# to the wind at the rate J̇ = #Ė/#.
Neglecting mass loss (a good approximation), the rotation
rate # evolves according to

#̇
#

= #
2Ṙns

Rns
#

2Ė
Erot

, (3)

where Erot is the NS rotational energy (eq. [1]). In equa-
tion (3) we neglect angular momentum losses due to grav-
itational waves, which become important if the NS is suf-
ficiently aspherically distorted by its strong interior mag-
netic field (e.g. Cutler 2002; Arons 2003; Stella et al. 2005;
Dall’Osso et al. 2009). This is a good approximation pro-
vided that either the magnetic obliquity is small or the
interior magnetic field is less than ! 100 times stronger
than the outer dipole field. We also neglect gravitational
wave emission due to non-axisymmetric waves or instabil-
ities (e.g. r-modes; Andersson 1998), although these are
implicitly taken into account through the maximum initial

NS rotation rate that we consider (see below). We also ne-
glect the possibility of late-time accretion onto the proto-
magnetar (e.g. Metzger et al. 2008; Zhang & Dai 2009),
which could a!ect the spin-down evolution both through
accretion torques and by altering the geometry of the mag-
netosphere.

Given Ė and Ṁ as a function of # and time, we solve
equation (3) to obtain #(t), Ṁ(t), Ė(t), and !0(t). A wind
solution is thus fully specified by just four parameters: the
NS mass Mns; the ‘initial’ angular rotation rate #0 = 2%/P0;
the surface dipole magnetic field strength Bdip; and the in-
clination angle & (‘obliquity’) between the magnetic and ro-
tational axes (see Fig. 3). Since the proto-NS is still con-
tracting for several seconds following core bounce, #0 and
Bdip are more precisely defined as the maximum values
that would be achieved were the NS to contract at con-
stant angular momentum J % R2

nsMns# and magnetic flux2

$ % BdipR
2
ns, respectively.

If the magnetic field is amplified on a timescale com-
parable to the duration of the NS cooling epoch (e.g. via
linear field winding), the assumption of a fixed dipole flux
may be a poor approximation. On the other hand, if field
growth occurs more rapidly via a convection-driven dynamo
(Duncan & Thompson 1992) or the dynamical-timescale
MRI (e.g. Akiyama et al. 2003; Thompson et al. 2005), then
the field is probably established - and finds a MHD stable
configuration (Braithwaite & Spruit 2006) - in less than a
few seconds (Spruit 2008). In this case the assumption that
$ is fixed may be reasonable.

Given the uncertainty in the origin of magnetar fields,
in general we allow both P0 and Bdip to vary independently
within their respective physical ranges (P0 !> 1 ms, Bdip !<

3 ' 1016 G; see below). However, if the magnetic field is in
fact generated from the free energy available in di!erential
rotation, then a relationship between Bdip and P0 of the
form

Bdip = 1016 G
!

"B
10!3

"1/2 ! Rns

12 km

"!1/2 ! P0

ms

"!1

(4)

could result, where we have assumed that the magnetic
energy in the dipole field (% B2

dipR
3
ns) is a fraction "B

of the rotational energy Erot % R2
nsP

!2
0 (eq. [1]) and

that the energy in di!erential rotation scales with Erot.
In our models we require that P0 !> 1 ms because this
is the allowed range of stable proto-NS rotational periods
(e.g. Strobel et al. 1999). This maximum rotation rate may
be enforced in practice by the e"cient loss of angular mo-
mentum incurred by very rapidly spinning NSs to MRI-
generated turbulence or waves radiated by nonaxisymmet-
ric instabilities (e.g. Thompson et al. 2005; Ott et al. 2005;
Wheeler & Akiyama 2007). We furthermore only consider
models with Bdip !< 3 ' 1016 G because although fields up

to $ 3 ' 1017 G are in principle possible if "B ! 1, sta-
ble magnetic configurations generally require a total field
strength which is larger than the dipole component by a fac-
tor !> 10 (e.g. Tayler 1973; Braithwaite 2009). In addition,
our assumption that the magnetic field does not a!ect the

2 Note the distinction between the conserved dipole flux through
the stellar interior ! defined here and the open flux through the
magnetosphere ! (eq. [2]), which evolves in time.
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Figure 19. Regimes of high energy phenomena produced by magnetar birth in core collapse supernovae, as a function of the magnetic
dipole field strength Bdip and initial rotation period P0, calculated for an aligned rotator (! = 0).

6.5 Choked Jets and Very Luminous Supernovae

Magnetars in the lower right hand corner of Figure 19 pro-
duce jets with peak isotropic luminosities !< 1048 ergs s!1.
Low power jet may be unstable (Bucciantini et al. 2009) or
take longer to propagate through the star than the dura-
tion of the GRB. Magnetars in this regime may thus pro-
duce ‘choked’ jets with little direct electromagnetic radia-
tion (although they could still be a source of high energy
cosmic rays or neutrinos; e.g. Waxman 1995; Vietri 1995;
Ando & Beacom 2005; Murase et al. 2009).

A number of core-collapse SNe have been recently dis-
covered that are unusually bright and/or optically-energetic
(e.g. Ofek et al. 2007; Smith et al. 2007; Smith et al. 2008;
Quimby et al. 2007; Rest et al. 2009; Gal-Yam et al. 2007;
Quimby et al. 2009). Proposed explanations for these
events, collectively known as very luminous SNe (VLSNe),
include pair-instability SNe (Barkat et al. 1967); interac-
tion of the supernova shock with dense circumstellar ma-
terial (e.g. Gal-Yam et al. 2007; Smith et al. 2007, 2008;
Metzger 2010); and the injection of late-time rotational en-
ergy from a rapidly-spinning magnetar (Kasen & Bildsten
2010; Woosley 2010). In order to energize the supernova
ejecta on the ! days-weeks timescales relevant for power-
ing VLSNe, Kasen & Bildsten (2010) conclude that a mag-

netar with Bdip ! 5 " 1014 G must possess an initial rota-
tion period P0 ! 2 # 20 ms. This nominlly places VLSNe-
producing magnetars in the ‘choked jet’ regime. We note,
however, that in order to explain VLSNe, the initially Poynt-
ing flux-dominated magnetar wind must thermalize its en-
ergy behind the SN shock, instead of escaping in a jet
(Bucciantini et al. 2009), which might still be able to prop-
agate through the star on the longer timescales of relevance
for VLSNe.

6.6 Galactic Magnetars

If known Galactic magnetars were born with magnetic fields
similar to their current observed strengths Bdip ! 1014#1015

G (e.g. Kouveliotou et al. 1998) and as fast rotators, then
Figure 19 suggests that their formation was accompanied
by a thermal-rich GRB/XRF or choked jet, depending on
their initial rotational period. Slower rotation, correspond-
ing to a choked jet, may be likely in the majority of cases
because Galactic magnetars are formed in ! 10% of core
collapse SN (Woods & Thompson 2006), yet only a small
fraction of envelope-stripped SN are accompanied by rela-
tivistic ejecta (Soderberg et al. 2006). Furthermore, the SN
remnants of Galactic magnetars do not show evidence for
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Figure 18. Scatter plot of the wind power at the beginning of the plateau-like, high-!0 phase Ėplateau ! Ė|tend as a function of the
spin-down timescale "s|tend . Each point represents a model calculated within the range of initial spin periods 1 ms ! P0 ! 5 ms and
surface dipole fields 3 " 1014 ! Bdip ! 3 " 1016 G; results are shown for both magnetic obliquities # = 0 and # = $/2. We also show
for comparison the luminosities and end times tend,X of the sample of plateaus from Lyons et al. (2010), which show a steep decline in
flux at times t #> tend,X. Triangles and diamonds show the luminosities calculated assuming that the ratio between (observed) isotropic
X-ray luminosity and wind power is equal to, or is a factor of 10 larger than, respectively, the gamma-ray beaming fraction (eq. [6]).

from L10 LX = LX,iso!
!1
X corrected by a factor !X = fb,X"

!1
r,X

that accounts for both the X-ray beaming fraction fb,X and
the e!ciency that spin-down power is converted into X-ray
luminosity "r,X. We show two cases, in which !X equals, or
is a factor ! 10 times larger than, the gamma-ray beaming
fraction fb (which we estimate using equation (6) and the
measured isotropic GRB energies). Note that because tend,X
is a lower limit on #s, figure 18 shows that all of the plateaus
measured by L10 are consistent with being powered by mag-
netar spin-down for !X "< 10fb. If tend is instead interpreted

as the spin-down time itself,10 our results indicate that ei-
ther (1) the jet opening angle during the plateau phase is a
few times larger than during the GRB itself, i.e. fb,X # fb
and/or (2) the fraction of the spin-down power escaping
through the jet and radiated in X-rays is $ 1. Although

10 As would be the case if spin-down triggers an abrupt end to
the emission due to e.g. the delayed formation of a black hole from
a rotationally-supported hyper-massive NS (e.g. Baumgarte et al.
2000).

it is natural to expect that the radiative e!ciency may be
low when $0 is very large at late times, too low of an e!-
ciency may be inconsistent with afterglow energetics. It is
also possible that a fraction of the late-time spin-down en-
ergy is instead transferred to the supernova shock, although
numerical simulations of the interaction of the wind with
the star suggest this need not be the case during the GRB
itself (Bucciantini et al. 2009).

Late-time magnetar activity could also produce X-
ray flaring. Margutti et al. (2010) find that the average
flare luminosity decreases as Lflare % t!! where % =
2.7 (cf. Lazzati et al. 2008, Margutti et al. 2010). Although
standard force-free spin-down predicts % = 2 at times # #s,
steeper decays are inferred from the measured braking in-
dices n of some pulsars (e.g. % = 4/(n & 1) ! 2.42 for
PSR J1846-0258 with n = 2.65; Livingstone et al. 2007).
If prompt emission is indeed suppressed at late times by the
high magnetization of the jet, periodic enhancements in the
jet’s mass-loading could temporarily ‘revive’ prompt-like in-
ternal emission, resulting in flaring. Temporarily enhanced
mass loss could result, for instance, from currents driven by

Observed plateau energies are compatible 
with late spin-down injection from the 

magnetar.
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Figure 1. Schematic diagram of the stages of the proto-magnetar
model for Short GRBs with Extended Emission. (A) The merger
of two binary neutron stars, or the accretion-induced collapse
of a rotating white dwarf, results in the formation of a compact
! 10!3"0.1M# torus around the central proto-neutron star. (B)
Accretion of the torus powers a relativistic bipolar jet, resulting
in a short GRB lasting ! 0.1"1 s, similar to the standard NS-NS
merger model. Following accretion, however, a rapidly spinning
(millisecond) proto-magnetar remains. (C) Material ejected dur-
ing the merger, by the supernova following AIC, or via outflows
from the accretion disk, results in a ! 10!3 " 10!1M# enve-
lope around the proto-magnetar moving outwards with a velocity
vej ! 0.1 " 0.2 c. The relativistic wind from the proto-magnetar
collides with the ejecta, producing a magnetar wind nebula. (D)
Magnetic stresses in the nebula redirect the magnetar wind into a
bipolar jet. After the jet breaks through the ejecta on a timescale
! 1 " 10 s (Fig. 3), the magnetar wind escapes and accelerates
to ultrarelativistic speeds (Fig. 2). Emission from the jet at much
larger radii powers the extended emission lasting ! 10 " 100 s,
similar to the proto-magnetar model for long GRBS (see Fig. 5).

is disrupted. Although a NS remnant is guaranteed in the
case of AIC, the merger of a double NS binary could also
leave a stable NS remnant, provided that either (1) the total
mass of the binary is low and/or the NS equation of state is
sti! (Shibata & Taniguchi 2006); (2) the proto-NS forms in a
meta-stable state supported by di!erential rotation (Baum-
garte, Shapiro & Shibata 2000), but it then loses su"cient
mass via magneto-centrifugal outflows (Thompson, Chang
& Quataert 2004; Metzger, Thompson, & Quataert 2007)
to reach stability. The likelihood of this possibility has in-
creased recently due to the discovery of a ! 2M" NS (De-
morest et al. 2010), which suggests that the nuclear EOS is
indeed sti! (see also Özel et al. 2010). Given that rapid ro-
tation is expected in both NS-NS merger and AIC scenarios,
it is plausible that the proto-NS will generate a magnetar-
strength field by, for instance, an !## dynamo (Duncan &
Thompson 1992), shear instabilities at the merger interface
(Price & Rosswog 2006), or the magneto-rotational instabil-
ity (MRI; e.g. Akiyama et al. 2003; Thompson, Quataert &
Burrows 2005).

Though not surrounded by the envelope of a massive
star, magnetars formed from NS-NS mergers or AIC do
not form in vacuum. In the AIC case $ 10!3 # 10!2M"

is ejected during the SN explosion on a timescale $< 1 s
(e.g. Woosley & Baron 1992; Dessart et al. 2006), while in
NS-NS mergers a similar mass may be ejected dynamically
due to tidal forces during the merger process (e.g. Rosswog
2007). Mass loss also occurs in outflows from the accretion
disk on timescales $< seconds, due to heating from neutri-
nos (Metzger, Thompson, & Quataert 2008; Dessart et al.
2009), turbulent viscosity (Metzger, Piro, & Quataert 2008;
Metzger, Piro, & Quataert 2009a), and nuclear energy re-
leased by the recombination of free nuclei into 4He (Lee &
Ramirez-Ruiz 2007; Metzger, Piro, & Quataert 2008; Lee,
Ramirez-Ruiz & López-Cámara 2009). During the first few
seconds after forming, outflows from the magnetar itself are
heavily mass-loaded and non-relativistic, resulting in a sig-
nificant quantity of ejecta $> 10!3M" (Thompson, Chang &
Quataert 2004; Bucciantini et al. 2006; Metzger, Thompson
& Quataert 2007). All together, $ 10!3 # 0.1M" is ejected
with a characteristic velocity vej $ 0.1 # 0.2 c and kinetic
energy $ 2 % 1050(vej/0.1c)2(Mej/0.01M") ergs.

A few seconds after the merger or AIC, one is left with
a proto-magnetar embedded in a confining envelope.3 This
configuration is qualitatively similar to that developed in
the proto-magnetar model for LGRBs by Bucciantini et al.
(2007, 2008, 2009), except that the enshrouding envelope is
much less massive. In these previous works it was shown
that, although the power in the magnetar wind is relatively
isotropic (e.g. Bucciantini et al. 2006), its collision with
the slowly-expanding ejecta produces a hot ‘proto-magnetar
nebula’ (Bucciantini et al. 2007). As toroidal flux accumu-
lates in the nebula, magnetic forces – and the anisotropic
thermal pressure they induce – redirect the equatorial out-
flow towards the poles (Begelman & Li 1992; Königl & Gra-
not 2002; Uzdensky & MacFadyen 2007; Bucciantini et al.
2007, 2008, 2009; Komissarov & Barkov 2007). Stellar con-
finement thus produces a mildly-relativistic jet, which drills
a bipolar cavity through the ejecta. Once the jet ‘breaks
out’, an ultra-relativistic jet (fed by the magnetar wind at
small radii) freely escapes. The EE is then powered as the jet
dissipates its energy at much larger radii. One virtue of ap-
plying this picture to SGRBEEs is that it naturally explains
why the EE resembles long GRBs in several properties, such
as its duration and the existence of a late-time ‘steep decay’
phase (cf. Tagliaferri et al. 2005; Perley et al. 2009).

Although SGRBEEs resemble long GRBs in many prop-
erties, important di!erences also exist. The EE is gener-
ally softer (X-rays rather than gamma-rays), somewhat dim-
mer, and its variability is generally smoother (appearing to
display e.g. a higher ‘duty cycle’), than long GRBs. As-
sessing the viability of the proto-magetar model for SGR-
BEEs therefore requires determining whether these di!er-
ences may in part result from di!erences in the geometry
of the relativistic outflow. These in turn may result because
the confining ejecta is significantly less massive and dense
than in the core collapse case.

In this paper we investigate the interaction of the rela-

3 In cases when the ejecta originates from the earlier [non-
relativistic] stage of the magnetar wind, the distinction between
‘wind’ and ‘ejecta’ is blurred. In general, however, the magnetar
outflow becomes ultra-relativistic relatively abruptly, such that
this distinction is well-defined (Metzger et al. 2011).

c$ ???? RAS, MNRAS 000, 1–10
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Figure 2. Snapshots of the interaction of the proto-magnetar wind with the confining shell of ejecta at t = 35 seconds. The upper panel
shows the density structure (cgs units), while the lower panel shows the magnitude of the velocity in units of the speed of light. The left,
centre, and right columns show, respectively, cases corresponding to a low (Ė/Mej = 1050 erg s!1 M!1

" ; case A), ‘average’ (Ė/Mej = 1051

erg s!1 M!1
" ; case B) and high (Ė/Mej = 1052 erg s!1 M!1

" ; case C) power wind. Axis are in units of 1011 cm.

outflow and the overall dynamics of the MWN-ejecta inter-
action between the three cases. In both the low power (A)
and ‘average’ (B) cases the MWN is confined within the
ejecta. A well-collimated bipolar relativistic outflow devel-
ops, qualitatively similar to that found in the core collapse
context as applied to LGRB (e.g. Bucciantini et al. 2008). In
contrast, in the high power case (C) the MWN has almost
completely blown the shell apart.

Quantifying the geometry of the jet, in order to measure
e.g. the jet opening angle, is nontrivial because its shape is
not simply conical. In case A the jet shape is parabolic, while
in case C the jet ‘flares out’ into a diverging flow. In the high
power case C, it is unclear whether the ejecta will provide
any confinement at all. Although Rayleigh-Taylor instability
is fundamentally a three-dimensional process, and in princi-
ple axisymmetric simulations might fail to reproduce prop-
erly its detailed growth and geometrical properties, 2D sim-
ulations in the context of Pulsar Wind Nebulae (Jun 1998;
Bucciantini et al. 2004) agree with observations in term of
the size and average properties of the unstable mixing layer.
This might be due partly to the presence of a strong toroidal
field which can suppress the growth in the azimuthal direc-
tion. We note, moreover, that the jet propagates through
the ejecta approximately an order of magnitude faster than

the time required for the shell to fragment. Thus, even in the
case of an energetic wind, a collimated outflow may form ini-
tially in the polar region (albeit with a wide opening angle).
In principle limited confinement could be hence maintained
for a short time ! 10"30 s, before shell fragmentation com-
pletes and the outflow becomes more isotropic.

Figure 3 shows the ‘break-out’ time and characteris-
tic opening angle of the jet as a function of Ė/Mej, cal-
culated from several simulations including those shown in
Figure 2. The break-out time scales approximatively as
# (Ė/Mej)

!1/2. Although, given the self-similar nature of
the ejecta, we expect that quantities should depend primar-
ily on the ratio Ė/Mej, the precise functional dependence
is non-trivial to derive. Although we find that the basic jet
properties are relatively robust to our assumed value for C,
more substantial changes could in principle result for dif-
ferent values of Ė/Mj, re and rin. Nevertheless, we do not
expect large variations in the latter quantities, with respect
to the fiducial values adopted in this paper.

Extrapolating Figure 3 to low values Ė/Mej !< 1049 erg

s!1 M!1
" , we find that the jet requires !> 20 s to break out.

This timescale is comparable to both the delay observed
before the onset of the EE in SGRBEEs, and to the time
that the proto-magnetar wind spends at its highest spin-

c! ???? RAS, MNRAS 000, 1–10

The confining ejecta shell is 
assumes self-similar

The outcome is just a function of 
the ration of the mass in the 

ejecta and the PNS luminosity

 L / M ~ 1052 erg / Msun

 L / M ~ 1051 erg / Msun

 L / M ~ 1050 erg / Msun
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Figure 4. Isotropic jet luminosity Ėiso ! Ėf!1
b , where fb =

!/4! " "2
j /2 is the jet beaming fraction and ! is the opening solid

angle of the jet, after it has relaxed on a timescale t # 35 s (Fig. 2).
Diamonds show calculations performed assuming uniform ejecta,
while triangles show cases with a lower polar density.

nosity in the proto-magnetar model depends primarily on
Mej. If, by contrast, Ė/Mej > 1052 erg s!1 M!1

" then the
shell may be entirely disrupted (in which case the isotropic
luminosity is instead directly ! Ė), while if Ė/Mej < 1049

erg s!1 M!1
" the jet is probably choked and no emission is

expected on timescales of relevance.
The geometry of the magnetar jet also has consequences

for the ubiquity of EE associated with short GRBs. As noted
by Metzger, Quataert & Thompson (2008), without con-
finement the magnetar outflow (responsible for the EE) is
mostly equatorial, while the accretion-powered jet (respon-
sible for the initial short GRB) is probably polar. An impor-
tant question is thus whether a typical observer will see both
components. Our results show that, except perhaps in the
most energetic cases, the magnetar wind is diverted into a
polar outflow. Unfortunately, the opening angles of SGRBs
are poorly constrained4 observationally, with measured val-
ues ranging from a few to > 25 degrees (Burrows et al. 2006;
Grupe et al. 2006). It is thus possible that events could exist
for which the extended emission is not observable because
it is more collimated than the initial SGRB, in which case
the event would be classified as a ‘normal’ short burst (see
Barkov & Pozanenko 2011 for a similar idea). Such events
cannot be too common because the fraction of short GRBs
with observed EE is already rather large (Norris & Bonnell
2006). This implies that the magnetar wind cannot be too
collimating, which suggests that the average shell mass is
low (we provide additional evidence for a wide-angle mag-
netar jet below).

Alternatively, events may exist for which only the EE
is observable, because the initial short burst is more nar-
rowly collimated. These events would probably be classified
as regular long duration GRBs or X-ray Flashes, but would
not be accompanied by a bright associated supernova. It is
di!cult to place definitive constaints on the rate of such
events, although we note that at least one X-ray Flash with
an EE-like light curve was not in fact accompanied by a
bright supernova (XRF 040701; Soderberg et al. 2005).

4 In such a ‘two jet’ scenario it is also unclear which jet to as-
sociate a putative opening angle measurement with (e.g. Granot
2005).

Figure 5. Average bolometric luminosity of GRB emission from
the proto-magnetar jet as a function of time after formation,
calculated using the models described in Metzger et al. (2011).
Emission predicted by the internal shock and magnetic dissipa-
tion models are shown with solid and dashed lines, respectively.
The calculation assumes that the magnetar has an aligned dipole
field of strength Bdip = 2 $ 1015 G and an initial spin period
P0 = 1.5 ms. We adopt a value for the electron radiative e"ciency
#e = 0.2 and a beaming fraction fb = 0.3 (see text). For compar-
ison we also plot the 15 % 350 keV Swift BAT extended emission
light curves for GRBs 060614 (dotted), 080503 (dot-dashed), and
061005 (triple-dot-dashed) (Butler & Kocevski 2007).

We now attempt to constrain the properties of the
ejecta using the measured luminosity of the EE. The sam-
ple of SGRBEEs with known redshifts and measured EE
fluences is unfortunately small and incomplete. The sample
may furthermore be biased against less luminous events, in
which case the lower limits are not constraining. Neverthe-
less, when measured, the isotropic luminosity of the EE is
typically in the range LEE " 2 # 1048 $ 2 # 1049 erg s!1

(Figure 5 shows some examples). Since we found that dur-
ing the early jet-formation phase the isotropic luminosity is
(Fig. 4)

Ėiso,j " 1 $ 3 # 1051(Mej/0.1M")erg s!1, (2)

we can relate the observed EE luminosity LEE to the ejecta
mass:

Mej " 0.01 $ 0.03

„
LEE

1049 erg s!1

« “ !p

0.1

”!1 “!rad

0.3

”!1
M%,

(3)
where !rad & LEE/Ėiso,EE is the radiative e!ciency of the
jet, and !p & Ėiso,EE/Ėiso,j " 0.1 $ 0.3 is the ratio between
the isotropic power of the magnetar wind during the EE
phase Ėiso,EE at late times (t " 10 $ 100 s) and that at
early times Ėiso,j (t "< 10 s), when the opening angle of the
jet is determined. Detailed evolutionary models of proto-
magnetar spin-down (Metzger et al. 2011) show that !p is
typically " 0.1 $ 0.3.

Equation (3) shows that for typical values of !rad, !EE,
and the measured EE luminosity, the inferred ejecta masses
are in the range Mej " 10!3 $ 10!1M%, consistent with the
range of predicted ejecta masses in both the NS-NS merger
and AIC scenarios (Sec. 1). This represents an important
consistency check on the proto-magnetar model.

Adopting a typical value of the ejecta mass Mej =

c& ???? RAS, MNRAS 000, 1–10
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Energy injection in short GRBs and the role of magnetars P. T. O’Brien

Figure 2: Example fits for two of the SGRBs in this sample. GRB 051221A (left) is best fit by a stable
magnetar and GRB 120305A (right) is best fit by a magnetar which collapses to a black hole at ⇠200 s. The
grey data points are excluded from the fit.

Figure 3: A graph showing the magnetic field and spin period of the magnetar fits produced. The solid
(dashed) red line represent the spin break up period for a 1.4 M� (2.1 M�) neutron star [16] and the unshaded
region shows the expected region for an unstable pulsar, as defined in [17] and [26]. The initial rotation
period needs to be 10ms [29] and the lower limit for the magnetic field is �1015G [27]. Blue stars = good
fit to the magnetar model with a stable magnetar, Green circles = good fit to the model with an unstable
magnetar which collapses to form a BH, and Red triangles = poor fit to the model.

Nevertheless, these expressions reasonably approximate the spin-down of very highly magnetized
neutron stars of most relevance in this paper. Isotropic emission is also a reasonable assumption
for relatively powerful magnetar winds, since (unlike following the collapse of a massive star) the
magnetar outflow cannot be confined efficiently by the relatively small quantity of surrounding
material expected following a NS merger [3].

4

 Rowlinson & O’Brien 2012
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Does not require an entire new paradigm for 
stellar death.

It allows a unified picture of SN-GRBs and Long-
Short GRBs.

Simplicity of use: one can easily integrate the 
dipole spin-down formula.

Its fits the data, with a simple model with very 
few free parameters.
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No reliable formation model for millisecond 
magnetar (stable).

Outflow interaction / energy deposition with 
ambient medium is extremely simplified.

Hard to explain multi-bursts events.

Not clear if there is a “smoking gun”
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Figure 1. Meridional slices (x–z-plane; z being the vertical) of the specific entropy at various postbounce times. The “2D” (octant 3D) simulation (leftmost panel)
shows a clear bipolar jet, while in the full 3D simulation (three panels to the right) the initial jet fails and the subsequent evolution results in large-scale asymmetric
lobes.
(A color version of this figure is available in the online journal.)

results for a model with initial poloidal B field of 1012 G indicate
that 2D and 3D magnetorotational CCSNe are fundamentally
different. In 2D, a strong jet-driven explosion is obtained,
while in unconstrained 3D, the developing jet is destroyed by
nonaxisymmetric dynamics, caused most likely by an m = 1
MHD kink instability. The subsequent CCSN evolution leads to
two large asymmetric shocked lobes at high latitudes. Highly
magnetized tubes tangle, twist, and drive the global shock front
steadily, but not dynamically outward. Runaway explosion does
not occur during the !185 ms of postbounce time covered.

2. METHODS AND SETUP

We employ ideal GRMHD with adaptive mesh refinement
(AMR) and spacetime evolution provided by the open-source
EinsteinToolkit (Mösta et al. 2014; Löffler et al. 2012).
GRMHD is implemented in a finite-volume fashion with
WENO5 reconstruction (Reisswig et al. 2013; Tchekhovskoy
et al. 2007) and the HLLE Riemann solver (Einfeldt 1988) and
constrained transport (Tóth 2000) for maintaining divB = 0. We
employ the K0 = 220 MeV variant of the equation of state of
Lattimer & Swesty (1991) and the neutrino leakage/heating ap-
proximations described in O’Connor & Ott (2010) and Ott et al.
(2012). At the precollapse stage, we cover the inner !5700 km
of the star with four AMR levels and add five more during
collapse. After bounce, the protoneutron star is covered with a
resolution of !370 m and AMR is set up to always cover the
shocked region with at least 1.48 km linear resolution.

We take the 25 M" (at zero-age-main-sequence) presuper-
nova model E25 from Heger et al. (2000) and set up axisym-
metric precollapse rotation using the rotation law of Takiwaki
& Kotake (2011; see their Equation (1)) with an initial cen-
tral angular velocity of 2.8 rad s#1. The fall-off in cylindrical
radius and vertical position is controlled by the parameters
x0 = 500 km and z0 = 2000 km, respectively. We set up
the initial magnetic field with a vector potential of the form
Ar = A! = 0;A" = B0(r3

0 )(r3 + r3
0 )#1 r sin ! , where B0 con-

trols the strength of the field.
In this way, we obtain a modified dipolar field structure that

stays nearly uniform in strength within radius r0 and falls off like
a dipole outside. We set B0 = 1012 G and choose r0 = 1000 km

to match the initial conditions of model B12X5#0.1 of the
2D study of Takiwaki & Kotake (2011), in which a jet-driven
explosion is launched !20 ms after bounce.

We perform simulations both in full, unconstrained 3D and
in octant symmetry 3D (90 degree rotational symmetry in the
x–y-plane and reflection symmetry across the x–y-plane) with
otherwise identical setups. Octant symmetry suppresses most
nonaxisymmetric dynamics, since it allows only modes with
azimuthal numbers that are multiples of m = 4. In order to study
the impact of potential low-mode nonaxisymmetric dynamics
on jet formation, we add a 1% m = 1 perturbation (random
perturbations lead to qualitatively the same results) to the full 3D
run. Focusing on a potential instability of the strong toroidal field
near the spin axis, we apply this perturbation to the velocity field
within a cylindrical radius of 15 km and outside the protoneutron
star, 30 km ! |z| ! 75 km, 5 ms after bounce.

3. RESULTS

Collapse and the very early postbounce evolution proceed
identically in octant symmetry and full 3D. At bounce, !350 ms
after the onset of collapse, the poloidal and toroidal B field
components reach Bpol, Btor ! 1015 G. The hydrodynamic
shock launched at bounce, still approximately spherical, stalls
after !10 ms at a radius of !110 km. Rotational winding,
operating on the extreme differential rotation in the region
between inner core and shock, amplifies the toroidal component
to 1016 G near the rotation axis within !20 ms of bounce.
At this time, the strong polar magnetic pressure gradient, in
combination with hoop stresses excerted by the toroidal field,
launches a bipolar outflow. As depicted by the leftmost panel of
Figure 1, a jet develops and reaches !800 km after !70 ms in
the octant-symmetry run. The expansion speed at that point is
mildly relativistic (vr $ 0.1–0.15 c). This is consistent with the
2D findings of Takiwaki & Kotake (2011).

The full 3D run begins to diverge from its more symmetric
counterpart around !15 ms after bounce. A nonaxisymmetric
spiral (m = 1) deformation develops near the rotation axis.
It distorts and bends the initially nearly axisymmetrically
developing jet, keeping it from breaking out of the stalled
shock. The nearly prompt magnetorotational explosion of the

2
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Figure 4. Volume renderings of entropy and ! at t ! tb = 161 ms. The z-axis is the spin axis of the protoneutron star and we show 1600 km on a side. The colormap for
entropy is chosen such that blue corresponds to s = 3.7kb baryon!1, cyan to s = 4.8kb baryon!1 indicating the shock surface, green to s = 5.8kb baryon!1, yellow to
s = 7.4kb baryon!1, and red to higher entropy material at s = 10kb baryon!1. For ! we choose yellow to correspond to ! = 0.1, red to ! = 0.6, and blue to ! = 3.5.
Magnetically dominated material at ! < 1 (yellow) is expelled from the protoneutron star and twisted in highly asymmetric tubes that drive the secular expansion of
the polar lobes.
(A color version of this figure is available in the online journal.)

collapse of the protoneutron star and black hole formation. In
this case, the engine supplying the lobes with low-! plasma
is shut off. Unless their material has reached positive total en-
ergy, the lobes will fall back onto the black hole, which will
subsequently hyperaccrete until material becomes centrifugally
supported in an accretion disk. This would set the stage for a
subsequent long GRB and an associated Type Ic-bl CCSN that
would be driven by a collapsar central engine (Woosley 1993)
rather than by a protomagnetar (Metzger et al. 2011).

The results of the present study highlight the importance of
studying magnetorotational CCSNe in 3D. Future work will be
necessary to explore later postbounce dynamics, the sensitivity
to initial conditions and numerical resolution, and possible nu-
cleosynthetic yields. Animations and further details on our sim-
ulations are available at http://stellarcollapse.org/cc3dgrmhd.
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Figure 4. Volume renderings of entropy and ! at t ! tb = 161 ms. The z-axis is the spin axis of the protoneutron star and we show 1600 km on a side. The colormap for
entropy is chosen such that blue corresponds to s = 3.7kb baryon!1, cyan to s = 4.8kb baryon!1 indicating the shock surface, green to s = 5.8kb baryon!1, yellow to
s = 7.4kb baryon!1, and red to higher entropy material at s = 10kb baryon!1. For ! we choose yellow to correspond to ! = 0.1, red to ! = 0.6, and blue to ! = 3.5.
Magnetically dominated material at ! < 1 (yellow) is expelled from the protoneutron star and twisted in highly asymmetric tubes that drive the secular expansion of
the polar lobes.
(A color version of this figure is available in the online journal.)

collapse of the protoneutron star and black hole formation. In
this case, the engine supplying the lobes with low-! plasma
is shut off. Unless their material has reached positive total en-
ergy, the lobes will fall back onto the black hole, which will
subsequently hyperaccrete until material becomes centrifugally
supported in an accretion disk. This would set the stage for a
subsequent long GRB and an associated Type Ic-bl CCSN that
would be driven by a collapsar central engine (Woosley 1993)
rather than by a protomagnetar (Metzger et al. 2011).

The results of the present study highlight the importance of
studying magnetorotational CCSNe in 3D. Future work will be
necessary to explore later postbounce dynamics, the sensitivity
to initial conditions and numerical resolution, and possible nu-
cleosynthetic yields. Animations and further details on our sim-
ulations are available at http://stellarcollapse.org/cc3dgrmhd.
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Figure 1. Snapshots of the magnetic field strength (color-coded in logarithmic scale and Gauss) and rest-mass density contours in the (x, z) plane at representative
times for model dip-60. Magnetic field lines are drawn in red in the left panel. The leftmost inset shows a magnification of the HMNS, the other ones show a
horizontal cut at z = 120 km.
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Figure 2. Same as Figure 1, but for model dip-6.
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Figure 3. Same as Figure 1, but for model rand.

of collimation in the magnetic-driven wind from the BMP will
depend sensitively on the magnetic field geometry and could
be absent if the field is randomly distributed.

In all of the configurations considered, the magnetized
baryon-loaded outflow has rest-mass densities ⇠ 10
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of collimation in the magnetic-driven wind from the BMP will
depend sensitively on the magnetic field geometry and could
be absent if the field is randomly distributed.

In all of the configurations considered, the magnetized
baryon-loaded outflow has rest-mass densities ⇠ 10
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of collimation in the magnetic-driven wind from the BMP will
depend sensitively on the magnetic field geometry and could
be absent if the field is randomly distributed.
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baryon-loaded outflow has rest-mass densities ⇠ 10
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Given the high rotation at merger it is possible to form a supra-
massive PNS supported by strong rotation (differential) close to mass 

shedding!

This will lose energy as in the standard millisecond magnetar 
scenario. 

Is this energy can be stored before the PNS collapse to BH, and 
released only later one one can have a time-reversed scenario: 

The relativistic jet is produced later but seen before.
The magnetar rotational energy is extracted before but seen later

!0.01–0.1 c and then progressively slows down as part of the
kinetic energy is lost. This wind can be driven in a number of
ways, possibly all acting at the same time: via shock heating
(Hotokezaka et al. 2013), via magnetic fields and differential
rotation (Kiuchi et al. 2012; Franci et al. 2013; Siegel et al.
2014), or via neutrinos (Metzger & Fernández 2014; Perego
et al. 2014). In all cases, the duration of the slow wind is
1–10 s, and in the first two scenarios the wind is isotropic for
realistic magnetic-field topologies (Siegel et al. 2014), and will
be quenched once differential rotation is suppressed. At this
point, the uniformly rotating and magnetized BMP will emit a
fast and baryon-poor wind (green-shaded area) moving with
bulk speeds of !0.3–0.5 c. The BMP provides a continuous
source of dipole radiation over a timescale set by the stability of
the BMP, i.e., _ �1 10 s3 .

Because the slow and fast winds have different velocities,
the latter catches up with the former, producing a shock that
heats the matter locally and leads to an X-ray emission.
However, because the matter of the slow wind is baryon rich
and optically thick, the X-ray photons will not propagate freely,
but rather diffuse through the slow-wind material until reaching
a photospheric radius from which they reach the observer.
Because the effective speed of propagation of the X-ray
photons is U_c , where U � 1 is the optical depth of the slow
wind where photons are produced, and the shock front moves
through the wind with a relative speed of_c 5, X-ray diffusion
can be ignored until the shock is close to the photosphere.

As the fast and slow winds interact, and the X-ray
propagation takes place through the slow-wind material, the
BMP will have spun down via dipolar emission to a sufficiently
slow rate to collapse to a BH surrounded by a hot dense torus,
possibly sending a radio signal (Falcke & Rezzolla 2014;
Zhang 2014). Soon after this happens, magnetic instabilities

will develop in the torus, amplifying the magnetic field
(Rezzolla et al. 2011; Kiuchi et al. 2014) and leading to the
construction of a jet-like magnetic structure (Rezzolla et al.
2011). This magnetic funnel can then collimate the low-density
material in its interior, which could be heated either by the
neutrinos emitted from the torus (Ruffert & Janka 1999) or via
magnetic reconnection. In addition, the matter ejected with the
slow wind can further confine the propagation of the jet (Aloy
et al. 2005; Murguia-Berthier et al. 2014; Nagakura et al.
2014). As a result, an ultrarelativistic jet could be launched
propagating with Lorentz factors ( ! 100–1000 (light-blue
shaded area). The dynamics of the jet across the winds material
is similar to the one envisaged for long GRBs, so that a burst of
gamma-rays is assumed to be produced as the jet breaks out,
with luminosities of ��L 10 –10 erg s50 51 1, over the timescale
of the duration of the accreting torus, i.e., 0.01–1 s. A snapshot
of the expanded winds is shown in the right panel of Figure 1.
In essence, our model solves both the X-ray timescale riddle

(the emission is produced by the BMP, which can survive up to
10 s4 ) and the timing riddle (the X- and gamma-ray emission
are produced at different times and locations, and propagate at
different speeds).

3. INTERACTION OF THE SLOW AND FAST WIND
AND THE RELATIVISTIC JET

A baryon-rich slow wind is expected immediately after the
merger, which lasts for a time of 1 �t 1 10 ssw . The mass-loss
rate during this time is _ � �

:M M˙ 10 ssw
3 1 and the wind speed

is _V c 10sw (Siegel et al. 2014). The slow-wind phase ends
when the BMP starts to rotate as a solid body, which is also
roughly when the neutrino luminosity drops off, and a global
dipole magnetic field is assumed to emerge (Zhang &

Figure 1. Left: schematic spacetime diagram showing in red the region occupied by the BMP, which eventually collapse leading to BH–torus system. Shown in brown
and green are the regions occupied by the magnetically driven slow wind and by the dipole-driven fast wind. The interaction of the two winds generates a shock and
the sustained X-ray emission, while a jet is produced by the BH–torus. Right: schematic snapshot after a BH–torus system has been produced and the winds have
expanded.
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!0.01–0.1 c and then progressively slows down as part of the
kinetic energy is lost. This wind can be driven in a number of
ways, possibly all acting at the same time: via shock heating
(Hotokezaka et al. 2013), via magnetic fields and differential
rotation (Kiuchi et al. 2012; Franci et al. 2013; Siegel et al.
2014), or via neutrinos (Metzger & Fernández 2014; Perego
et al. 2014). In all cases, the duration of the slow wind is
1–10 s, and in the first two scenarios the wind is isotropic for
realistic magnetic-field topologies (Siegel et al. 2014), and will
be quenched once differential rotation is suppressed. At this
point, the uniformly rotating and magnetized BMP will emit a
fast and baryon-poor wind (green-shaded area) moving with
bulk speeds of !0.3–0.5 c. The BMP provides a continuous
source of dipole radiation over a timescale set by the stability of
the BMP, i.e., _ �1 10 s3 .

Because the slow and fast winds have different velocities,
the latter catches up with the former, producing a shock that
heats the matter locally and leads to an X-ray emission.
However, because the matter of the slow wind is baryon rich
and optically thick, the X-ray photons will not propagate freely,
but rather diffuse through the slow-wind material until reaching
a photospheric radius from which they reach the observer.
Because the effective speed of propagation of the X-ray
photons is U_c , where U � 1 is the optical depth of the slow
wind where photons are produced, and the shock front moves
through the wind with a relative speed of_c 5, X-ray diffusion
can be ignored until the shock is close to the photosphere.

As the fast and slow winds interact, and the X-ray
propagation takes place through the slow-wind material, the
BMP will have spun down via dipolar emission to a sufficiently
slow rate to collapse to a BH surrounded by a hot dense torus,
possibly sending a radio signal (Falcke & Rezzolla 2014;
Zhang 2014). Soon after this happens, magnetic instabilities

will develop in the torus, amplifying the magnetic field
(Rezzolla et al. 2011; Kiuchi et al. 2014) and leading to the
construction of a jet-like magnetic structure (Rezzolla et al.
2011). This magnetic funnel can then collimate the low-density
material in its interior, which could be heated either by the
neutrinos emitted from the torus (Ruffert & Janka 1999) or via
magnetic reconnection. In addition, the matter ejected with the
slow wind can further confine the propagation of the jet (Aloy
et al. 2005; Murguia-Berthier et al. 2014; Nagakura et al.
2014). As a result, an ultrarelativistic jet could be launched
propagating with Lorentz factors ( ! 100–1000 (light-blue
shaded area). The dynamics of the jet across the winds material
is similar to the one envisaged for long GRBs, so that a burst of
gamma-rays is assumed to be produced as the jet breaks out,
with luminosities of ��L 10 –10 erg s50 51 1, over the timescale
of the duration of the accreting torus, i.e., 0.01–1 s. A snapshot
of the expanded winds is shown in the right panel of Figure 1.
In essence, our model solves both the X-ray timescale riddle

(the emission is produced by the BMP, which can survive up to
10 s4 ) and the timing riddle (the X- and gamma-ray emission
are produced at different times and locations, and propagate at
different speeds).

3. INTERACTION OF THE SLOW AND FAST WIND
AND THE RELATIVISTIC JET

A baryon-rich slow wind is expected immediately after the
merger, which lasts for a time of 1 �t 1 10 ssw . The mass-loss
rate during this time is _ � �

:M M˙ 10 ssw
3 1 and the wind speed

is _V c 10sw (Siegel et al. 2014). The slow-wind phase ends
when the BMP starts to rotate as a solid body, which is also
roughly when the neutrino luminosity drops off, and a global
dipole magnetic field is assumed to emerge (Zhang &

Figure 1. Left: schematic spacetime diagram showing in red the region occupied by the BMP, which eventually collapse leading to BH–torus system. Shown in brown
and green are the regions occupied by the magnetically driven slow wind and by the dipole-driven fast wind. The interaction of the two winds generates a shock and
the sustained X-ray emission, while a jet is produced by the BH–torus. Right: schematic snapshot after a BH–torus system has been produced and the winds have
expanded.
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Figure 1. Luminosities throughout Phases I–III for the fiducial parameter
setup (cf. Table 1). Phase II is indicated by two black dashed lines (see also
the inset figures), the black dotted line refers to tres. The green, blue, and red
dashed lines mark the spin-down timescale and the time of transition to the
optically thin regime of the PWN and of the ejecta shell, respectively. Top:
Lab frame thermal and non-thermal luminosities, together with the spin-down
luminosity Lsd. Middle: Total thermal and non-thermal observer luminosi-
ties. Bottom: Observer luminosity in different energy bands (cf. Section 2).

the optical depth strongly decreases. This steep decrease of
the average density toward the end of Phase I is evident from
Figure 2.

At t = tpul,in, once the density in the vicinity of the NS
has become sufficiently small, a pulsar magnetosphere is set
up and Phase II begins (cf. Section 4.2.1 of Paper I). The re-
sulting pulsar wind inflates a PWN behind the less rapidly
expanding ejecta. This PWN is highly overpressured with
respect to the ejecta material and thus drives a strong shock
through it, which sweeps up all the material into a layer of
shock-heated ejecta material. Initially, the shock front (de-
noted by Rsh in Figure 4) moves essentially with the speed
of light and decelerates to non-relativistic speeds when en-
countering higher density material shortly before reaching the
outer ejecta radius Rej at t = tshock,out (which terminates Phase
II). At any time, this shock front separates the ejecta into
shocked (Rn < r < Rsh) and unshocked (Rsh < r < Rej) ma-
terial, where Rn denotes the outer radius of the PWN. Phase II
can be much shorter than Phase I depending on parameters. Its
duration is indicated by the black dashed lines in Figures 1, 3,
and 4 (see the inset figures, in particular). During this phase
the lab-frame luminosity is ever increasing due to a rapidly
decreasing optical depth, which, in turn, is caused by the fact
that the thickness of the unshocked ejecta layer decreases as
the shock front is moving across the baryon-loaded wind.

When Rsh = Rej (cf. Figure 4), Phase III begins. A higher
expansion speed than in Phase I and II (cf. Section 4.3.2 of
Paper I) induces a rapid decrease of the optical depth (cf. Fig-
ure 3), which results in a steep rise of the total luminosity.
The luminosity reaches its maximum at ⇠ 10

48 erg s�1 when
a significant fraction of the energy reservoir of the ejecta ma-
terial has been consumed. This maximum brightening of the
system occurs at ⇠ 10

3 s, i.e., on the timescale of hours af-
ter the BNS merger. We note that this brightening is a very
robust feature of our model and it occurs on roughly simi-
lar timescales for almost any other set of parameters (see the
following sections). If the ejecta shell is further accelerated
after t = tshock,out (not considered here for reasons discussed
in Section 3.2), this maximum brightening is expected to be
shifted to slightly earlier times. Preliminary results indicate
that in determining this timescale, acceleration is likely to
dominate other effects such as employing different opacities.

After having radiated away most of its energy, the ejecta
shell enters an asymptotic regime, in which the internal en-
ergy of the ejecta layer is essentially determined by the flux
of inflowing energy from the PWN. The energy deposited and
thermalized in the ejecta shell per time step is again radiated
away during the same time step, thanks to the ever decreasing
photon diffusion timescale of the ejecta shell. Hence, there
is no further energy acquisition anymore. In this regime, the
overall luminosity is determined by the luminosity of escap-
ing photons from the PWN, which is again set by the spin-
down luminosity Lsd of the pulsar as the PWN conserves en-
ergy (see Appendix D of Paper I and the discussion in Sec-
tion 5.6 of Paper I). Therefore, the total luminosity follows
the spin-down luminosity (green line in the top panel of Fig-
ure 1; see also Section 4.2.1 of Paper I) at a constant ratio set
by the efficiency factor ⌘TS (cf. Table 1). Hence, it also shows
the characteristic / t

�2 scaling at late times t � tsd, where
tsd is the spin-down timescale (cf. Section 4.2.1 of Paper I;
indicated by the green dashed line in Figures 1 and 3).

In this asymptotic regime, the evolution equation for Eth
(Equation (14) of Paper I) becomes stiff and an alternative
scheme is used to further evolve the set of coupled differential
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Figure 1. Left Panel: Entropy map at t = 666 ms after core bounce,
from the magnetized, rotating “M1” core-collapse calculation of Dessart et
al. (2008) using the 35M! ZAMS collapsar progenitor model of Woosley &
Heger (2006). Note the presence of a bipolar MHD outflow, simultaneous
with continued accretion of the stellar envelope through a disk in the equa-
tor. Right Panel: Total proto-NS mass MNS as a function of time after core
bounce. MNS initially grows due to accretion. However, for model M1 the
(magneto-centrifugally-driven) mass loss at high latitudes eventually exceeds
the accretion rate and MNS begins to decrease. BH formation is thus unlikely.
Reproduced with the kind permission of L. Dessart and The Astrophysical
Journal.

A sample of D08’s results are illustrated in Figure 1 (cf. Burrows et al. 2007).
Soon after the collapse to nuclear densities, a bipolar MHD outflow develops from
the newly-formed proto-NS. The explosion is not initially successful over all solid
angles, as matter continues to accrete through a disk near the equator. However,
the angular momentum accreted by the NS maintains its rapid rotation, which
enhances the neutrino-driven mass-loss rate from mid-latitudes due to magneto-
centrifugal “slinging” (e.g. Thompson, Chang, & Quataert 2004; Metzger et
al. 2007). Importantly, in their strongly magnetized model (M1), the mass-loss
rate at high latitude eventually exceeds the accretion rate and for t "> 300 ms
the NS’s mass begins decreasing! Although D08’s simulations cannot address
the possibility of later fall-back, and a di!erent progenitor angular momentum
profile could change the conclusions, their results are nonetheless suggestive: a
core self-consistently endowed with the requisite properties to produce a GRB
in the collapsar model (strong B and rapid rotation) may not result in a BH at
all.3

If a BH is not created following core collapse, then a rapidly spinning,
highly magnetized proto-NS (a “proto-magnetar”) likely remains behind in the
cavity produced by the (successful) outgoing SN shock. This naturally leads

3Note that this conclusion does not imply that BHs cannot form from very massive stars. It
does suggest that BHs may not form from the subset of rapidly-rotating progenitors which are
responsible for hyper-energetic SNe and GRBs.

Nothing forbid matter to accrete onto the newly born 
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al. 2007). Importantly, in their strongly magnetized model (M1), the mass-loss
rate at high latitude eventually exceeds the accretion rate and for t "> 300 ms
the NS’s mass begins decreasing! Although D08’s simulations cannot address
the possibility of later fall-back, and a di!erent progenitor angular momentum
profile could change the conclusions, their results are nonetheless suggestive: a
core self-consistently endowed with the requisite properties to produce a GRB
in the collapsar model (strong B and rapid rotation) may not result in a BH at
all.3

If a BH is not created following core collapse, then a rapidly spinning,
highly magnetized proto-NS (a “proto-magnetar”) likely remains behind in the
cavity produced by the (successful) outgoing SN shock. This naturally leads

3Note that this conclusion does not imply that BHs cannot form from very massive stars. It
does suggest that BHs may not form from the subset of rapidly-rotating progenitors which are
responsible for hyper-energetic SNe and GRBs.
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Fig. 1.— Left panel : 15! 150 keV luminosity of GRB 061121 binned with signal-to-noise S/N = 5. The minimum luminosity before the
onset of the propeller phase Lmin (dashed line) and the maximum quiescent time luminosity L(rm) (dotted line) are compared with the
precursor (red dots), quiescence (blue dots) and main event (red dots) emission. Characteristic luminosities have been derived independently
from the fitting of the late–time X–ray emission with the spin–down power of the magnetar. The values derived for the magnetic field
and spin period with this procedure are: B = 6.03 " 1015 G, P = 4.40 ms. We assumed a beaming factor fb = 0.01 and a radiative
e!ciency !r = 0.1. Inset : BAT count rate light curve of GRB 061121, with the precursor (red area), the quiescence (blue area) and the
main event (red area). Right upper panel: accretion onto the surface of the magnetar. The magnetospheric radius rm is smaller than the
co–rotation radius rc, where the magnetosphere centrifugal drag balances gravity: in–falling matter from the accretion disk rotates faster
than the magnetosphere and accretion onto the magnetar surface takes place. This phase accounts for both the precursor(s) and the main
event emission. Right lower panel: propeller phase. The magnetospheric radius rm is larger than the co–rotation radius rc: centrifugal
forces on the in–falling matter at rm are too large to allow for co–rotation, the net radial force is outward and the in–fall velocity drops
to zero as well as the accretion power. This phase corresponds to the quiescent times between the precursor(s) and the main emission.
Since rm # Ṁ!2/7, when enough matter is accumulated to fulfill the condition rm < rc the propeller phase ends and accretion restarts,
corresponding to a new emission episode.

phase: accretion is inhibited and the GRB becomes qui-
escent. During this phase, matter continues to pileup at
rm (at a few neutron star radii) until its pressure is high
enough to overcome the centrifugal barrier again. Accre-
tion onto the surface of the neutron star then restarts,
giving rise to another high energy event. All the emis-
sion episodes are produced by the same mechanism and,
thus, have the same observational properties.
Every emission episode should lie above the character-

istic luminosity corresponding to the onset of the pro-
peller phase Lmin, providing a strong observational test
for the consistency of this model. This is indeed con-
firmed for the GRBs with precursors in the BAT6 sam-
ple, with typical values for the magnetic field and the spin
period of a newly born magnetar (Duncan & Thompson
1992) (see Fig. 1, left panel where GRB 061121 is por-
trayed as an example, and Table 2). It is possible to
have multiple precursors, if the centrifugal barrier is pen-
etrated more than once, i.e. if centrifugal forces are
weaker than for single precursor emission. This is the
case for, e.g., GRB 070306 (see Appendix A).
During the propeller phase the luminosity does not

drop to zero. A smaller luminosity L(rm) is expected
resulting from the gravitational energy release of the
in–falling matter up to rm, escaping through the pre-

excavated funnel. This provides an upper limit to
the observed quiescent time luminosity since only a
fraction of it may leak out from the jet base. The
Swift/BAT was triggered by the precursor of GRB
060124 (Romano et al. 2006), a burst that displayed a
very long quiescent time (! 90 s in the cosmological rest
frame), allowing the Swift satellite to slew to the source
and detect the quiescent emission with the X–Ray Tele-
scope (XRT, Burrows et al. 2005a). This quiescent lumi-
nosity is almost constant and ! 100 times fainter than
the main event, well below the predictions for L(rm) (see
Fig. 2, left panel).
An expectation for the propeller model is that the

longer the quiescent time, the stronger and longer the
subsequent emission episode, due to the larger amount
of matter stored during the propeller phase. For the spe-
cial cases of GRB 070306 and GRB 061222A with two
precursors4, these scalings can be tested within the same
burst. In particular we found that in GRB 061222A both
the total energy emitted in the BAT energy band and
the duration (T90

5) are proportional to the previous qui-

4 The other GRBs with multiple precursors are GRB 060904A
and GRB 080602, where the multiple precursors are not well sep-
arated in time.

5 Time interval between 5% and 95% of the fluence being emit-
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2 D. Gruber et al.: Fermi/GBM observations of the ultra-long GRB 091024:

the LAT energy range during any of the time intervals in which
the burst was in the LAT field of view (Bouvier et al. 2009).

Not many GRBs have been observed in the optical band
while the prompt gamma-ray emission was still active (the
best example being GRB 990123 and GRB 080319B, see e.g.
Akerlof et al. 1999; Racusin et al. 2008). For GRB 091024 opti-
cal data were acquired soon after the first trigger, and through-
out its active phase. Henden et al. (2009) obtained photometry
using the Sonoita Research Observatory (SRO) starting 540 s
after the trigger. Ten Rc-band, nine V-band, and one Ic-band
exposures were acquired. The 2m - Faulkes Telescope North
started observing the field of GRB 091024 207 s after the trig-
ger (Cano et al. 2009). The 0.6m Super LOTIS telescope started
observing 58 s after the BAT trigger (Updike et al. 2009).

Optical spectra of the afterglow were obtained with the Low
Resolution Imaging Spectrometer mounted on the 10-m Keck
I telescope and the GMOS-N spectrograph at Gemini North, re-
vealing a redshift of z = 1.09 (Cenko et al. 2009; Cucchiara et al.
2009)

This paper is organized as follows. In Sect. 2 we describe
the GBM observation and data reduction together with the spec-
tral and spectral lag analysis of the three well-defined emission
episodes. In Sect. 3 we describe the behavior of the optical af-
terglow data compared to the prompt gamma-ray emission. In
Sect. 4 we estimate a lower limit on the initial Lorentz factor us-
ing the variability time scale of the prompt emission. We discuss
the position of GRB 091024 in the Yonetoku- and Amati rela-
tions in Sect. 5. Finally, in Sect. 6 we summarize our findings
and conclusions.

Throughout this paper we use a flat cosmology with !m =
0.32, !" = 0.68 and H0 = 72kms!1Mpc!1 (Bennett et al. 2003;
Spergel et al. 2003).

2. GBM data analysis

Using all 12 NaI detectors, we created the background subtracted
light curve shown in Fig. 1. It shows three distinct emission pe-
riods, separated by two periods of quiescence. The first emission
episode consists of at least two FRED (Fast Rise, Exponential
Decay) like pulses (hereafter episode I). The time in which 90%
of the fluence is observed is T90,I = 72.6 ± 1.8 s. Another emis-
sion episode starts 630 s after t0. This emission period, which
actually triggered GBM a second time, consists of an initial
pulse (T90,II = 44.5±5.4 s, hereafter episode II). A multi-peaked
episode starts 200 s later (corresponding to 840 s after t0) and
continues for 350 s with T90,III = 150 ± 10 s (hereafter episode
III).

Due to the highly variable background caused by Fermi’s
“rocking angle” observing mode, it is impossible to detect an
excess in count rate during the two epochs between episode I and
II and between II and III in the GBM data. We conclude that the
GRB signal during these intervals, if any, is below background
level. Thus, we define these two epochs as phases of quiescence.

With its very long duration of T90 " 1020 s, GRB 091024
is the longest burst detected by Fermi/GBM and also one of the
longest bursts ever seen (see Table 1). Among the longest events,
only GRB 020410 and GRB 970315D show a multi-peaked be-
havior whereas the others have a long lasting FRED-like pulse.

2.1. Spectral analysis

Photons are detected up to # 500 keV during all three emission
episodes. For the spectral analysis we determined which of the
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Fig. 1. Background corrected light curve of GRB091024 in the
energy range 8 - 1000 keV. The vertical dash-dotted lines show
the times of the two triggers and the dashed line the beginning
of the ARR.

GBM detectors had source angles ! $ 60% for the whole duration
of the three distinct emission periods and, at the same time, were
not occulted either by the spacecraft or by the solar panels. Only
data from detectors fulfilling these criteria (see Table 2) were
used for the analyses. Even though both BGO detectors show
little signal throughout the duration of the burst, they were in-
cluded nonetheless for the spectral analysis to get an upper limit
at high energies.

For the purposes of our spectral analysis we used CSPEC
data (Meegan et al. 2009), from 8 keV to 40 MeV, with a tem-
poral resolution of 1.024 s. For each emission episode we fitted
low-order polynomials to a user defined background interval be-
fore and after the prompt emission for every energy channel and
interpolated this fit across the source interval. The spectral anal-
ysis was performed with the software package RMFIT (version
3.3rc8) and the GBM Response Matrices v1.8.

Three model fits were applied, a single power-law (PL),
a power-law function with an exponential high-energy cuto#
(COMP) and the Band function (Band et al. 1993). The best
model fit is the function which provides the lowest Castor C-
stat1 value (Cash 1979). The profile of the Cash statistics was
used to estimate the 1" asymmetric error.

Emission episodes I and II.

Detectors NaI 7 (53%), NaI 8 (8%) and NaI 11 (55%) had an un-
obstructed view of episode I. Although the GRB illuminated the
spacecraft from the side, thus illuminating the BGOs through
the photomultipliers, we included BGO 1 for the spectral anal-
ysis since the detector response matrix (DRM) accounts for this
e#ect. The spectral fit was performed over the T90,I interval,
i.e. from -3.8 s to 67.8 s. The COMP model, with Epeak =
412+69

!53 keV and energy index !0.92 ± 0.07 provides the best fit
to the data.

Episode II shows a single emission period. Di#erent detec-
tors, i.e. NaI 6 (27%), NaI 7 (50%) and NaI 9 (32%) and BGO 1,
fulfilled the selection criteria and were used for the spectral anal-

1 http://heasarc.nasa.gov/lheasoft/xanadu/xspec/manual/
XSappendixCash.html

Gruber et al 2010
GRB 091024
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EoS and current radius-mass constraints for Compact Star

ω

Figure 4

The combined constraints at the 68% confidence level over the neutron star mass and radius obtained from
(Left) all neutron stars in low-mass X-ray binaries during quiescence (Right) all neutron stars with
thermonuclear bursts. The light grey lines show mass-relations corresponding to a few representative
equations of state (see Section 4.1 and Fig. 7 for detailed descriptions.)

(Guillot et al. 2013; Guillot & Rutledge 2014; Lattimer & Steiner 2014; Özel et al. 2015). The most

recent results are displayed as correlated contours on the neutron-star mass-radius diagram4 (see
Fig. 4).

Several sources of systematic uncertainties that can a!ect the radius measurements have been

studied, which we discuss in some detail below.

Atmospheric Composition. The majority of qLMXBs for which optical spectra have been ob-
tained show evidence for H! emission (Heinke et al. 2014), indicating a hydrogen rich companion.

Although none of these spectra have been obtained for globular cluster qLMXBs, assuming that
sources in globular clusters have similar companions to those in the field led to the use of hydrogen

atmospheres when modeling quiescent spectra. There is one source among the six that have been

analyzed in detail, for which there is evidence to the contrary. There is only an upper limit on the
H! emission from the qLMXB in NGC 6397 using HST observations (Heinke et al. 2014). Because

of this, this source has been modeled with a helium atmosphere and the corresponding results are

displayed in Fig. 4.

Non-thermal Component. Assuming di!erent spectral indices in modeling the none-thermal

spectral component also has a small e!ect on the inferred radii (Heinke et al. 2014). The low

counts in the spectra do not allow an accurate measurement of this parameter; however, a range of
values have been explored in fitting the data.

Interstellar Extinction. Because of the low temperature of the surface emission from qLMXBs,

the uncertainty in the interstellar extinction has a non-negligible e!ect on the spectral analyses. Dif-
ferent amounts of interstellar extinction have been assumed in di!erent studies (Guillot et al. 2013;

Lattimer & Steiner 2014). A recent study explored di!erent models for the interstellar extinction

4The full mass-radius likelihoods and tabular data for these sources can be found at
http://xtreme.as.arizona.edu/NeutronStars.
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FIG. 3: Gravitational and baryonic mass-radius relations of
QSs (set1) and of hadronic stars (with and without hyper-
ons, for x!! = 1.25, x"! = 1). A is the maximum mass
of hadronic stars containing hyperons. B is the gravitational
mass for which hyperons start to form. The dot on the red
dashed curve stands for the baryonic mass of B. The quark
stellar configurations D and C have the same baryonic masses
of B and A but smaller gravitational masses.

of conversion depending on the specific microphysics pro-
cess of formation of the first droplets of quark matter and
on the subsequent expansion of the newly formed phase.
There are many studies in the literature addressing these
issues. In the scenario here discussed, conversion of cold
hadronic stars, quantum nucleation represents a possible
mechanism for the formation of the first quark matter
droplet [24, 25, 55–57]. Once a seed of quark matter is
formed, the conversion of the whole hadronic star pro-
ceeds very fast, with time scales of the order of ms, due
to the development of hydrodynamical instabilities [58–
60]. A detailed study of the conversion process with the
new proposed EoSs is mandatory for future works.
Another scenario for the formation of quark stars is re-

lated to the supernova explosion of massive progenitors.
Large densities can be reached at the moment of the col-
lapse, soon after the bounce, due to the large fallback and

hyperons can already appear at this stage, immediately
triggering the formation of quark matter. There the en-
ergy released in the conversion can help Supernovae to
explode [56, 61]. In general the conversion of a hadronic
star into a QS will produce spectacular transient events
such as neutrino and gamma-ray-bursts.

There are many possible observables which could be
used to test our proposal in which most of the known neu-
tron stars (with masses close to ! 1.4M!) are hadronic
stars while massive stars are more likely QSs (bare or
with a crust). We predict that massive CSs also have
large radii and, being composed by a di!erent type of
matter with respect to the 1.4M! stars (in particular re-
garding strangeness), should show anomalous cooling his-
tories and spinning frequency distributions; for instance,
the photon emission from the surface of a bare QS is very
di!erent from the one of neutron stars [62, 63]. More-
over also quasi-periodic oscillations of very massive CSs
should di!er from the ones of hadronic stars [14].

Finally let us discuss a well known argument against
the coexistence of QSs and neutron stars, based on the
production of strangelets during the merging of two CSs
[64, 65]. If at least one of the two CSs is a QS it is possible
that strangelets are emitted polluting the whole Galaxy
and triggering the conversion of all CSs into QSs. How-
ever recent numerical simulations of QSs’ mergers have
shown that, in many cases, a prompt collapse to a black
hole occurs and no matter is ejected. In particular, this
occurs for values of the total mass of the merger larger
than ! 3M! [66]. It is clear that in the scenario here
proposed this request is easily satisfied since for us QSs
have masses larger than ! 1.5M!. Another possibility
to prevent the strangelets pollution is o!ered by the ob-
servation that the burning of a neutron star into a QS is
uncomplete (at least in hydrodynamical simulations [58–
60]): it is therefore possible that a thick layer of hadronic
matter survives shielding the inner quark matter core and
making it more di"cult to release strangelets.

We thank Anna Watts for valuable discussions. G.P.
acknowledges financial support from the Italian Ministry
of Research through the program “Rita Levi Montalcini”.
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other hand, to have very massive configurations the EoS
should be sti! at those same densities. No microscopic
mechanism exists to allow a sudden sti!ening of the EoS
at those large densities. What we discuss in this Letter is
instead a solution based on two families of CSs, one made
of hadrons and the other made of deconfined quarks, QSs
(we assume that the Bodmer-Witten hypothesis to hold
true). While in the literature many papers exist in which
two families have been discussed [24, 25], none takes into
account the two constraints discussed above.
It is rather natural to imagine that CSs with small radii

are composed of hadrons. As already mentioned above,
at densities larger than about 2.5 ÷ 3 !0 hyperons start
appearing and in principle also "(1232)-resonances can
be produced [75]. The production of these particles soft-
ens the EoS and allows very compact configurations. On
the other hand, this same softening forbids this hadronic
family of CSs to reach very large masses [26–30]. It is
therefore very tempting to imagine that the most mas-
sive stars correspond to QSs, since quark matter is known
to be rather sti! and to support massive configurations
[12, 31, 32]. A crucial question concerns the stability of
the stars populating the hadronic branch: when hyper-
ons start being produced in the center of the star it is
relatively easy to have a transition to the more stable
QS configuration because droplets of strange quark mat-
ter can be formed. For instance, the extremely compact
hyperonic stars obtained in Ref.[33], would be unstable
against decay into quark stars. In order to have stable
stars with very small radii we resort to the production of
" resonances which can shift the strangeness production
(hyperons) to higher densities.
In relativistic heavy ion collisions, where large values

of temperature and density can be reached, a state of
resonance matter may be formed and the"s are expected
to play a central role. [34–37]. [76] Moreover, it has been
pointed out that the existence of "s can be very relevant
also in the core of neutron stars [29, 30, 38–40].
Concerning the hadronic EoS, we use the relativistic
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FIG. 2: Mass-radius relations of QSs (set1 and set2) and of
hadronic stars. The two orange lines correspond to the 1!
limit for the radii extracted from the analyses of quiescent
low-mass X-ray binaries [15].

mean field model with the inclusion of the octet of light-
est baryons (nucleons and hyperons) in the framework of
the GM3 non-linear Walecka type model of Glendenning-
Moszkowsky [41]. The values of the meson-hyperon cou-
pling constants have been fitted to reproduce the poten-
tial depth of hyperons at saturation (UN

! = !28 MeV,
UN
" = +30 MeV, UN

# = !18 MeV) [42, 43]. To incorpo-
rate "-isobars in the framework of e!ective hadron field
theories, a formalism was developed to treat " analo-
gously to the nucleon, taking only the on-shell "s into
account and the mass of the "s are substituted by the
e!ective one in the mean field approximation [44, 45].
The Lagrangian density of the "-isobars can then be ex-
pressed as [44, 46, 47]

L$ = "$ ! [i#µ$
µ
! (M$ ! g"$%) ! g#$#µ&

µ]"!
$ , (1)

where "!
$ is the Rarita-Schwinger spinor for the "-

baryon.
Due to the uncertainty on the meson-" coupling con-

stants, we limit ourselves to considering only the cou-
plings with % and & meson fields, which are explored in
the literature [46–48]. If the SU(6) symmetry is exact,
one adopts the universal couplings x"$ = g"$/g"N = 1
and x#$ = g#$/g#N = 1. However, the SU(6) symmetry
is not exactly fulfilled and one may assume the scalar cou-
pling ratio x"$ > 1 with a value close to the mass ratio
of the " and the nucleon [47]. On the other hand, QCD
finite-density sum rule results show that the Lorentz vec-
tor self-energy for the " is significantly smaller than the
nucleon vector self-energy implying therefore x#$ < 1
[48].
In this paper we adopt two di!erent choices for the

"-meson couplings (x"$ = 1.25, x#$ = 1 and x"$ =
1.15, x#$ = 0.9). Both parameterizations are consistent
with the experimental flow data of heavy-ion collisions
at intermediate energies [49]. Larger net attraction for
"-isobar can imply mechanical instabilities in the EoS
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mechanism exists to allow a sudden sti!ening of the EoS
at those large densities. What we discuss in this Letter is
instead a solution based on two families of CSs, one made
of hadrons and the other made of deconfined quarks, QSs
(we assume that the Bodmer-Witten hypothesis to hold
true). While in the literature many papers exist in which
two families have been discussed [24, 25], none takes into
account the two constraints discussed above.
It is rather natural to imagine that CSs with small radii

are composed of hadrons. As already mentioned above,
at densities larger than about 2.5 ÷ 3 !0 hyperons start
appearing and in principle also "(1232)-resonances can
be produced [75]. The production of these particles soft-
ens the EoS and allows very compact configurations. On
the other hand, this same softening forbids this hadronic
family of CSs to reach very large masses [26–30]. It is
therefore very tempting to imagine that the most mas-
sive stars correspond to QSs, since quark matter is known
to be rather sti! and to support massive configurations
[12, 31, 32]. A crucial question concerns the stability of
the stars populating the hadronic branch: when hyper-
ons start being produced in the center of the star it is
relatively easy to have a transition to the more stable
QS configuration because droplets of strange quark mat-
ter can be formed. For instance, the extremely compact
hyperonic stars obtained in Ref.[33], would be unstable
against decay into quark stars. In order to have stable
stars with very small radii we resort to the production of
" resonances which can shift the strangeness production
(hyperons) to higher densities.
In relativistic heavy ion collisions, where large values

of temperature and density can be reached, a state of
resonance matter may be formed and the"s are expected
to play a central role. [34–37]. [76] Moreover, it has been
pointed out that the existence of "s can be very relevant
also in the core of neutron stars [29, 30, 38–40].
Concerning the hadronic EoS, we use the relativistic
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mean field model with the inclusion of the octet of light-
est baryons (nucleons and hyperons) in the framework of
the GM3 non-linear Walecka type model of Glendenning-
Moszkowsky [41]. The values of the meson-hyperon cou-
pling constants have been fitted to reproduce the poten-
tial depth of hyperons at saturation (UN

! = !28 MeV,
UN
" = +30 MeV, UN

# = !18 MeV) [42, 43]. To incorpo-
rate "-isobars in the framework of e!ective hadron field
theories, a formalism was developed to treat " analo-
gously to the nucleon, taking only the on-shell "s into
account and the mass of the "s are substituted by the
e!ective one in the mean field approximation [44, 45].
The Lagrangian density of the "-isobars can then be ex-
pressed as [44, 46, 47]

L$ = "$ ! [i#µ$
µ
! (M$ ! g"$%) ! g#$#µ&

µ]"!
$ , (1)

where "!
$ is the Rarita-Schwinger spinor for the "-

baryon.
Due to the uncertainty on the meson-" coupling con-

stants, we limit ourselves to considering only the cou-
plings with % and & meson fields, which are explored in
the literature [46–48]. If the SU(6) symmetry is exact,
one adopts the universal couplings x"$ = g"$/g"N = 1
and x#$ = g#$/g#N = 1. However, the SU(6) symmetry
is not exactly fulfilled and one may assume the scalar cou-
pling ratio x"$ > 1 with a value close to the mass ratio
of the " and the nucleon [47]. On the other hand, QCD
finite-density sum rule results show that the Lorentz vec-
tor self-energy for the " is significantly smaller than the
nucleon vector self-energy implying therefore x#$ < 1
[48].
In this paper we adopt two di!erent choices for the

"-meson couplings (x"$ = 1.25, x#$ = 1 and x"$ =
1.15, x#$ = 0.9). Both parameterizations are consistent
with the experimental flow data of heavy-ion collisions
at intermediate energies [49]. Larger net attraction for
"-isobar can imply mechanical instabilities in the EoS

A strangeness burning front develops from the core into the 
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semi-analytical calculations [14–17]. This process is most likely a deflagration (subsonic combustion) and not a
detonation (supersonic combustion) although its velocity is substantially increased, up to two orders of magnitude,
by the development of hydrodynamical instabilities. A common finding within this approach is that at some critical
density this rapid combustion stops and the neutron star cannot fully convert into a strange quark star. These results
have been recently confirmed in 3+1D hydrodynamics numerical simulations: the star is converted on a time scale of
ms thanks to hydrodynamical instabilities but a sizable fraction of the star, of the order of few 0.1M!, is left unburnt
[18, 19]. A natural question that we will address in this paper arises: does the combustion really stop or does it
proceed on a longer time scale?
After clarifying the reason for which, in a purely hydrodynamical approach, the turbulent combustion stops (the

critical density being given by the condition proposed by Coll in Ref.[20]), we will model the subsequent slow conversion
process (which is driven by strangeness di!usion and weak interaction processes). We will demonstrate that in such
a two steps scenario, a first stage of fast turbulent combustion and a second stage of slow laminar combustion, one
could obtain a noticeable imprint on the neutrino signal emitted from the formation of a strange quark star.
The paper is organized as follows: in Section II we will review the procedure adopted for treating the combustion

within a purely hydrodynamical approach and we will explain the meaning of the Coll’s condition. In Section III we
will model the slow combustion process and provide some example of the neutrino signals released by a strange star
at birth. We draw our conclusion in Section IV.

II. TURBULENT HYDRODYNAMICAL COMBUSTION

We review here the way the combustion is treated if the combustion zone is so thin to be considered as a surface
of discontinuity, usually called flame front. The generalization of the classical combustion theory within relativistic
(magneto-)hydrodynamics has been presented by Coll and Anile in Refs.[20, 21]. Denoting with pi, ei, ni and
Xi = (ei+pi)/n2

i the pressure, energy density, baryon density and dynamical volume of fluid i, the so-called “condition
for exothermic combustion”, we will name it “Coll’s condition”, for the conversion of fluid 1 into fluid 2 reads:
e1(p,X) > e2(p,X), i.e. at fixed pressure and dynamical volume, the energy density of fluid 1, the fuel, must be
larger then the one of fluid 2, the ash, see also [22] for the case of classical hydrodynamics. Introducing the enthalpy
density wi = ei+ pi, the Coll’s condition can be equivalently expressed as w1(p,X) > w2(p,X). As we will show, this
condition is necessary in the case of a detonation, while in the case of a deflagration it determines the appearance
of hydrodynamical instabilities dramatically accelerating the combustion process. To our knowledge this issue is not
discussed in any standard textbook of hydrodynamics nor in any research paper. Our result also implies that Coll’s
condition corresponds to the request of exothermicity in the case of detonations while its violation does not exclude
the possibility of slow processes of combustion.
Let us consider the two fluids to be hadronic matter and quark matter. For the hadronic matter we adopt a generic

equation of state at zero temperature eh(ph, Xh) (this situation corresponds to the case of the conversion of a cold
hadronic star) while for quark matter we consider the simple case of the equation of state of the MIT bag model with
massless quarks as in Ref. [18]. The relation between energy density and pressure in this case reads: eq = 3pq + 4B
where B is the usual bag constant (notice that in the case of massless quarks the energy density is a function of only
p and not of X). The more general case of a polytrope is discussed in the appendix A, see also [23].
Similarly to the case of the discontinuity associated with a shock wave, also in the case of the flame front, one has to

impose the continuity equations for the fluxes of baryon number (or mass flux), momentum and energy. By indicating
with j the number of baryons ignited per unit time and unit area of the flame front, one obtains the following relations
between the thermodynamical quantities of the hadronic fluid and of the quark fluid:

nhuh = nquq = j (1)

(pq ! ph)/(Xh !Xq) = j2 (2)

wh(ph, Xh)Xh ! wq(pq, Xq)Xq = (ph ! pq)(Xh +Xq) (3)

the last equation corresponding to the so-called relativistic detonation adiabat. uh and uq are the four-velocities of
hadronic and quark matter in the flame front rest frame. Starting from hadronic matter in the state A: ph = pA
and Xh = XA and for a given value of j, Eqs. 1-3 allow to determine the final state B of quark matter, pq = pB
and Xq = XB which lies on the detonation adiabat. In particular, the second equation represents a line in the (p,X)
plane passing through A and with angular coe"cient equal to !j2. The intersections of this line with the detonation
adiabat allow to find the state B of quark matter. The baryon number flux j, or equivalently the flame front velocity
with respect to one of the two fluids ui, in general cannot be expressed in terms of the thermodynamical variables
of the states A and B. It is instead related to the specific microscopic properties of the chemical reactions of the
combustion, the heat transfer and the di!usion of chemical species across the flame front and therefore it must be
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FIG. 3: Enclosed gravitational mass and radius as a function of the baryon density for a 1.5M! hadronic star before the
turbulent conversion (black lines) and after the turbulent conversion (red lines). The black dashed line marks the appearance
of hyperons: the seed of strange quark matter is formed at densities larger than this threshold. The red dashed line marks the
density below which Coll’s condition is no more fulfilled and the turbulent combustion does not occur anymore. Below this
density, the combustion proceeds via the slow di!usive regime.

To provide some example of the results obtained by imposing the Coll’s condition, we display in Fig.2 the di!erence
between the energy density of hadronic matter and of quark matter (again massless quarks for simplicity) for the
following equations of state: the LS180 model from [24], the GM3 model from [25] and the SFHo model from [26]
also with the inclusion of delta resonances and hyperons [27]. Pure nucleonic equations of state provides two values
of baryon density for which the Coll’s equation holds (as also found in [14, 18]). In general, the sti!er the hadronic
equation of state the smaller the density window for which the turbulent hydrodynamical combustion can take place.
One the other hand, when considering deltas and hyperons, within the SFHo model, the turbulent hydrodynamical
combustion is always possible above the threshold for the formation of deltas (see dashed line). Notice that once a
certain amount of hyperons is present in a hadronic star, the conversion is a necessary process in the scenario of the
Witten’s hypothesis [28].

III. DIFFUSIVE REGIME

A. Di!usion of strangeness and exothermicity

As explained before, when the flame front reaches nh = nh the hydrodynamical instabilities responsible for the very
fast conversion of the inner part of the star are not active anymore. The subsequent evolution of the system can be
described by using the laminar burning velocity of the front vlh computed in [6, 10]: it corresponds to vmh in the limit
"D ! 0 (see Eq. 5). Let us first review how the conversion process is described within microscopic kinetic theory
approaches: we follow in particular the more recent treatment presented in [10]. The conversion is basically due to
two simultaneous processes: di!usion of quarks within the combustion layer and flavor changing weak interactions
among quarks (the process u+ d ! u+ s being the most relevant for our case). One starts by introducing a position
dependent strangeness unbalance a(x) = (nK(x) " nQ

K)/nQ where the coordinate x = 0 defines the position of the

conversion boundary, nK(x) = (nd(x) " ns(x))/2 and nQ
K = nK(x) for x ! +# (it would vanish for instance in the

case of massless strange quarks). In the limit x ! +# one has bulk equilibrated strange quark matter with baryon
density nQ, while for x < 0, a(x) = cost = a(0!) $ aN . If the hadronic phase is assumed to be made only of neutrons

and if nQ
K = 0 then aN = nN/nQ with nN being the baryon density of neutron matter. In the following, for simplicity,

we will adopt these conditions. Within the combustion zone, where both di!usion and chemical reactions are active,
strange quark matter is out of beta equilibrium. There are two useful reference frames: the one in which the flame
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front is at rest and the one in which quark matter is at rest. If vlh and vlq are the (laminar) velocities of hadronic
matter and quark matter in the front frame, in the quark matter frame the velocity of the front is vlf = !vlq and
v!lh = vlh ! vlq . We remind that vlq and vlh are related by the baryon flux continuity equation: vlqnq = vlhnh.
By solving the steady state transport equation for a given in [6, 10] with the boundary conditions a(0+) " aQ! =

nQ
K(0+)/nQ and a(x # +$) = 0 (notice that a(x) monotonically decreases from x = 0 to x # +$) one obtains for

the velocity of the front in the quark matter rest frame (in the suprathermal regime of Ref.[10]):

vlf =

!

D

!

a4Q"

2aN (aN ! aQ")
. (6)

The quark di!usion coe"cient D and the inverse rate of chemical reactions (for the process u + d # u + s) ! are
given by [8, 10]:

D = 0.1
" µq

300MeV

#2/3
$

T

10MeV

%#5/3

cm2/sec, ! = 1.3% 10#9

$

300MeV

µq

%5

sec. (7)

Notice that vlf scales as & T#5/6: the more the star is heated up by the conversion process the slower the burning
velocity. This fact will have important consequences for the thermal evolution of the star and the neutrino signal
which will be discussed in the following. The value of the parameter aQ" is crucial: the larger aQ" the larger vlf .
This quantity is just the boundary condition for the transport equation but its value cannot be taken arbitrarily large
because one needs to impose the exothermicity of the process of combustion. In other terms, if the unbalance aQ" is
too large the front cannot move because there are not enough strange quarks to trigger deconfinement. Its maximum
value amax

Q" is estimated in Appendix B.
Let us now explain how we model the conversion during the di!usive regime. Once the initial state A of the hadronic

phase is fixed, at a density nh ' nh, one needs two equations to determine the state of the newly produced quark
phase (for instance in terms of µq and T ). As in the case of a weak deflagration discussed before, since the velocities
during the di!usive regime are small with respect to the sound velocities, we can set ph = pA = pq = pB" (as also
assumed in [6, 10]) and moreover wh/nh = wA/nA = wq/nq = wB"/nB" [40] Notice that these two equations match
continuously at nh = nh with the equations for the turbulent hydrodynamical regime.
The process of conversion is exothermic if during the temporal evolution of the system some heat is released to

the environment. Let us discuss how the heat per baryon generated by the conversion can be calculated. The
equation of conservation of the enthalpy per baryon wA/nA(pA, TA) = wB/nB(pA, TB) allows to find the value of
TB and if it turns out that TB > TA, the process is exothermic. By indicating with N the number of baryons
composing the system, the total initial enthalpy is given (for uniform matter) by NwA/nA(pA, TA). Because of
cooling, asymptotically the system will reach again the initial temperature TA and the total enthalpy of the system
after the full conversion and after the cooling process will be NwB/nB(pA, TA). Hence, the total heat Q released by
the process of conversion and emitted into the environment (via neutrino cooling in the case of a compact star) is given
by Q " N(wB/nB(pA, TB)!wB/nB(pA, TA)) = N(wA/nA(pA, TA)!wB/nB(pA, TA)). Thus, the di!erence between
the enthalpy per baryon of the fuel and of the ashes calculated at the same pressure and temperature corresponds to
the heat per baryon q released by the conversion: q = wA/nA(pA, TA)! wB/nB(pA, TA).
A natural question concerns the point at which the conversion will stop. Let us indicate with ph(r) and pq(r) the

hadronic matter and quark matter pressure profiles inside the star (r is the radial coordinate). The radius of the
star R, is obtained by imposing p(r) = 0 whatever is the composition of the surface of the star. When the burning
front is close to the surface of the star, the conservation of the enthalpy per baryon (for an initially cold star) implies
eA/nA(TA = 0, pA = 0) = eB/nB(TB > 0, pA = 0) > eB/nB(TB = 0, pA = 0). But eA/nA(TA = 0, pA = 0) =
930 MeV (corresponding the energy per baryon of the iron nuclei composing the outer crust) and it is necessarily
larger than eB/nB(TB = 0, pA = 0) under the hypothesis of absolutely stable strange quark matter. This means
that the conversion is exothermic, and therefore it will continue, up to the surface of the star. Therefore, just by
thermodynamics arguments, one would expect that the whole hadronic star converts into a quark star. On the other
hand, the existence of a crystalline structure in the outer crust can significantly hinder the conversion process [6]. It
has been noticed in Ref. [29] that the preheating of the crust due to the heat released by the conversion of the inner
region leads to the dissociation of nuclei which greatly facilitates the burning into quark matter. In [29] it has been
estimated that the time needed to dissolve and convert the outer crust is of the order of few tens of ms. We will
neglect in our calculation the conversion of the outer crust and consider only the, slower, conversion of the hadronic
layer between nh and the neutron drip line density nd = 2.6 % 10#4fm#3. The conversion of the outer layer can be
important e.g. when discussing short gamma-ray-bursts. We will consider this problem in a future paper.
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front is at rest and the one in which quark matter is at rest. If vlh and vlq are the (laminar) velocities of hadronic
matter and quark matter in the front frame, in the quark matter frame the velocity of the front is vlf = !vlq and
v!lh = vlh ! vlq . We remind that vlq and vlh are related by the baryon flux continuity equation: vlqnq = vlhnh.
By solving the steady state transport equation for a given in [6, 10] with the boundary conditions a(0+) " aQ! =

nQ
K(0+)/nQ and a(x # +$) = 0 (notice that a(x) monotonically decreases from x = 0 to x # +$) one obtains for

the velocity of the front in the quark matter rest frame (in the suprathermal regime of Ref.[10]):

vlf =

!

D

!

a4Q"

2aN (aN ! aQ")
. (6)

The quark di!usion coe"cient D and the inverse rate of chemical reactions (for the process u + d # u + s) ! are
given by [8, 10]:

D = 0.1
" µq

300MeV

#2/3
$

T

10MeV

%#5/3

cm2/sec, ! = 1.3% 10#9

$

300MeV

µq

%5

sec. (7)

Notice that vlf scales as & T#5/6: the more the star is heated up by the conversion process the slower the burning
velocity. This fact will have important consequences for the thermal evolution of the star and the neutrino signal
which will be discussed in the following. The value of the parameter aQ" is crucial: the larger aQ" the larger vlf .
This quantity is just the boundary condition for the transport equation but its value cannot be taken arbitrarily large
because one needs to impose the exothermicity of the process of combustion. In other terms, if the unbalance aQ" is
too large the front cannot move because there are not enough strange quarks to trigger deconfinement. Its maximum
value amax

Q" is estimated in Appendix B.
Let us now explain how we model the conversion during the di!usive regime. Once the initial state A of the hadronic

phase is fixed, at a density nh ' nh, one needs two equations to determine the state of the newly produced quark
phase (for instance in terms of µq and T ). As in the case of a weak deflagration discussed before, since the velocities
during the di!usive regime are small with respect to the sound velocities, we can set ph = pA = pq = pB" (as also
assumed in [6, 10]) and moreover wh/nh = wA/nA = wq/nq = wB"/nB" [40] Notice that these two equations match
continuously at nh = nh with the equations for the turbulent hydrodynamical regime.
The process of conversion is exothermic if during the temporal evolution of the system some heat is released to

the environment. Let us discuss how the heat per baryon generated by the conversion can be calculated. The
equation of conservation of the enthalpy per baryon wA/nA(pA, TA) = wB/nB(pA, TB) allows to find the value of
TB and if it turns out that TB > TA, the process is exothermic. By indicating with N the number of baryons
composing the system, the total initial enthalpy is given (for uniform matter) by NwA/nA(pA, TA). Because of
cooling, asymptotically the system will reach again the initial temperature TA and the total enthalpy of the system
after the full conversion and after the cooling process will be NwB/nB(pA, TA). Hence, the total heat Q released by
the process of conversion and emitted into the environment (via neutrino cooling in the case of a compact star) is given
by Q " N(wB/nB(pA, TB)!wB/nB(pA, TA)) = N(wA/nA(pA, TA)!wB/nB(pA, TA)). Thus, the di!erence between
the enthalpy per baryon of the fuel and of the ashes calculated at the same pressure and temperature corresponds to
the heat per baryon q released by the conversion: q = wA/nA(pA, TA)! wB/nB(pA, TA).
A natural question concerns the point at which the conversion will stop. Let us indicate with ph(r) and pq(r) the

hadronic matter and quark matter pressure profiles inside the star (r is the radial coordinate). The radius of the
star R, is obtained by imposing p(r) = 0 whatever is the composition of the surface of the star. When the burning
front is close to the surface of the star, the conservation of the enthalpy per baryon (for an initially cold star) implies
eA/nA(TA = 0, pA = 0) = eB/nB(TB > 0, pA = 0) > eB/nB(TB = 0, pA = 0). But eA/nA(TA = 0, pA = 0) =
930 MeV (corresponding the energy per baryon of the iron nuclei composing the outer crust) and it is necessarily
larger than eB/nB(TB = 0, pA = 0) under the hypothesis of absolutely stable strange quark matter. This means
that the conversion is exothermic, and therefore it will continue, up to the surface of the star. Therefore, just by
thermodynamics arguments, one would expect that the whole hadronic star converts into a quark star. On the other
hand, the existence of a crystalline structure in the outer crust can significantly hinder the conversion process [6]. It
has been noticed in Ref. [29] that the preheating of the crust due to the heat released by the conversion of the inner
region leads to the dissociation of nuclei which greatly facilitates the burning into quark matter. In [29] it has been
estimated that the time needed to dissolve and convert the outer crust is of the order of few tens of ms. We will
neglect in our calculation the conversion of the outer crust and consider only the, slower, conversion of the hadronic
layer between nh and the neutron drip line density nd = 2.6 % 10#4fm#3. The conversion of the outer layer can be
important e.g. when discussing short gamma-ray-bursts. We will consider this problem in a future paper.

Core conversion last just a few seconds
The conversion of the outer layer of ~ 0.1 Msun 

can last much longer depending on its 
density stratification and strangeness 

concentration
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FIG. 4: Neutrino luminosity associated with the burning during the di!usive regime of the combustion for three choices of
the parameter amax

Q! . The black line represents the luminosity obtained from the rapid combustion of the core as estimated by
using Eq.9.

assumptions imply that the temperature is uniform within the star and one can write a simple equation that expresses
the energy conservation:

C(T )
dT

dt
= !L(T ) + 4!r2f j(rf , T ) q(rf , T ) (10)

where C is the heat capacity of the star, L the neutrino luminosity and j = nhv!lh is the number of baryons ignited
per unit time and unit area. The thermodynamical variables nh, q and µq (which appears in v!lh) are all functions of
rf (t) and T (t). Concerning the heat capacity, we use C = 2 " 1039M/M"(T/109) erg/K obtained in Ref. [30] for a
uniform density quark star or a hadronic star.
By solving simultaneously Eqs. 8 and 10 with initial conditions: r(0) = r, T (0) = T0 MeV (which is the temperature

of the star for r > r after the turbulent regime and it is of the order of 5 MeV as found in [19]) we can calculate the
time needed to complete the conversion of the star and the neutrino luminosity due to the conversion of the material
left unburnt after the turbulent stage. In Fig.4, we show three cases corresponding to di!erent values of amax

Q# (aN is
fixed to one as in [6]). We also display the curve of luminosity corresponding to Eq. 9.
As discussed above, we assume that the neutrino luminosity estimated in [19] and approximated by Eq. 9 is close

to the exact one during the first seconds. After some 10 seconds the luminosity estimated by taking into account the
conversion of the outer layer becomes larger than the one obtained in [19] where the outer layer remained unburnt.
From that moment forward we assume that the estimate for the neutrino luminosity obtained by solving Eqs. 8
and 10 is close to the exact one. In other words, we have separated the complicated problem of the heat di!usion
and of the burning of the outer layer into two stages: the first one lasting a few seconds during which the neutrino
luminosity is dominated by the heat deposited during the rapid combustion of the core and is evaluated by solving
the problem of heat transport as in [19] and a second stage, starting after a few seconds, during which the process
of exothermic conversion of the outer layer provides enough heat to dominate the temperature of the star and the
neutrino luminosity. During this second slow stage we have assumed the star to be isothermal.
A quasi-plateau in the neutrino luminosity associated with the combustion of the hadronic layer is obtained (partic-

ularly evident for the smallest value of amax
Q# ). This feature is a necessary consequence of the temperature dependence

of the burning velocity: as the conversion proceeds, the temperature increases due to the release of energy and there-
fore the velocity decreases. It is a self-regulating mechanism which rapidly leads to an almost constant velocity of
burning and an almost constant luminosity of neutrinos. The process goes on until the whole star is converted. The
kink appearing in the luminosity curves signals the end of the conversion: the following evolution is governed only by
the cooling and the standard power law luminosity is obtained.

Typical plateaus lasting ~ 20-100 s

Drago & Pagliara 2015
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If born rapidly rotating the centrifugal support might 
be strong enough to keep the central density above 

the threshold for strangeness nucleation

2 A. G. Pili, N. Bucciantini, A. Drago, G. Pagliara, L. Del Zanna

& Pagliara 2014) for the case of non-rotating stars. Here we will
improve that work by including rotation and spin-down evolution.
Since both the initial hadronic and the final quark configurations are
fast rotating stars, we compute the structure of rigidly rotating stars
beyond the Hartle’s approximation through the XNS code, which
adopts the conformally-flat approximation for the space-time met-
ric (see Bucciantini & Del Zanna 2011 or Pili, Bucciantini & Del
Zanna 2014 ).

A distinctive feature of our two families scenario is that the
formation of a QS is accompanied by a rather large amount of en-
ergy released in the conversion, of the order of 1053 erg. Moreover,
we will show that since the final QS configuration is larger then
the initial HS configuration, the conversion is accompanied by a
significant increase of the momentum of inertia with a correspond-
ing decrease of the rotational frequency. We will discuss possible
phenomenological implications of the two-families scenario for the
light curves of LGRBs in connection with late time activity emis-
sions. For the case of quark stars there are two possible ways to
produce a jet with the appropriate Lorentz factor. The first mecha-
nism is based on the ablation of baryonic material from the surface
of the star as long as the conversion front has not yet reached the
surface. A second mechanism is based on the rather large emission
of electron-positron pairs from the surface of the bare quark star
(Usov 1998, 2001; Page & Usov 2002). Both mechanism can be at
work for producing late time activities.

2 THE QUASI-STATIONARY EVOLUTION OF
COMPACT STARS

In order to investigate the possible implications of the two-family
of CSs scenario for the phenomenology of GRBs we have com-
puted a large set of rigidly (rotation rate ⌦ = const) rotating equi-
librium models for both HSs and QSs. Given the typical cooling
properties of newly formed proto-neutron stars (Pons et al. 1999),
the assumption of a cold star is justified at times larger than & 10
s after formation (the radius is relaxed to its final value). This
numerical models are then linked together to describe the quasi-
stationary evolution of CSs under the e↵ect of the magnetic brak-
ing. With this simple approach we can give a preliminary estimate
of both the timescales and the energetics involved in the spin-down
before and after quark deconfinement, which we assume to hap-
pen when the central baryon density ⇢c reaches the critical values
⇢crit = 1.34 ⇥ 1015 g/cm3 (Drago, Lavagno & Pagliara 2014). We
also derive the range of initial masses for which a delayed HS to
QS conversion is possible.

Numerical models have been obtained using the equations of
state discussed in Drago et al. (2015). The stars have been dis-
cretized with ⇠ 500 grid points in both the radial and angular direc-
tion and Einstein equations are solved with a semi-spectral method
using 20 spherical harmonics. Since the typical surface magnetic
field invoked by the magnetar model for GRBs are of the order of
1015 G our models are computed neglecting magnetic field. Indeed,
as discussed in Pili, Bucciantini & Del Zanna (2015), only central
magnetic field strengths higher than ⇠ 1016 G, corresponding to
surface magnetic fields stronger than few 1015 G, are able to mod-
ify the stellar global properties to a level appreciable with respect
to the overall accuracy of the numerical scheme ( . 10�3). Hence
we can safely assume that the stellar structure and the associated
global quantities such as the gravitational mass M, the baryonic
mass M0 (a proxy for the total baryon number), the circumferential
radius R and the Komar angular momentum J (for definitions see
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Figure 1. Gravitational mass as a function of the equatorial radius for both
HSs and QSs. Thin dashed lines are sequences of constant frequency ev-
ery 200 Hz from the non-rotating configurations (thick solid blue and green
lines) to the configuration rotating at the maximum frequency (thin solid
blue and green lines). The red solid line locates HSs with ⇢c = ⇢crit. The yel-
low region shows the configurations centrifugally supported against decon-
finement while the red dashed line locates QSs originating from the phase
transition of HSs on top of the red solid line. Labeled configuration are
discussed in the text.

Pili, Bucciantini & Del Zanna 2014 and reference therein) do not
depend on the magnetic field strengths.

In the millisecond magnetar model for GRBs the typical rota-
tion rates invoked in the literature (Metzger et al. 2011; Bucciantini
et al. 2012) can be as high as ⇠ 1 ms. The maximum rotation rate
of compact stars at the end of deleptonization has been investigated
in several papers (Goussard, Haensel & Zdunik 1998; Villain et al.
2004; Camelio et al. 2016). Its value depends on the initial physical
conditions of the protoneutron star (e.g. the entropy profile and a
possible di↵erential rotation) and on the compactness of the final
cold and deleptonized configuration. If one adopts rather sti↵ equa-
tions of state, the maximum rotational frequency ranges between
300 and 600 Hz (Goussard, Haensel & Zdunik 1998; Villain et al.
2004; Camelio et al. 2016). In our analysis we use a rather soft
hadronic equation of state due to the formation of delta resonances
and hyperons and the maximum rotation frequency is expected to
be larger. In the following we limit the computation of HS rotat-
ing models to a maximum frequency f = 103 Hz. On the other
hand, for those QSs resulting from deconfinement it is su�cient
to limit the spin frequency to 600 Hz. The results are shown in fig-
ure 1 where we plot the mass-radius relation for di↵erent sequences
of CSs at constant spin frequency. There are two limiting configu-
rations: the non-rotating configuration A with M(A) = 1.45M�,
M0(A) = 1.67M� and R = 10.9 km; the 1 ms rotating configuration
B with M(B) = 1.58M�, M0(B) = 1.82M� and R = 12 km. These
define the mass range of interest for delayed quark deconfinement.
The value of the critical mass of the configuration A cannot be de-
termined with high precision not even in the scheme of the two
families. The main uncertainties are due to the dynamics regulating
the appearance of baryonic resonances and on the estimate of the
nucleation time of the first droplet of quark matter (Bombaci et al.
2016).

Massive HSs, that after their initial cooling (lasting for at most
a few tens of seconds after core collapse) end above the red line in
figure 1, have ⇢c > ⇢crit and they will decay immediately to a QS.

c� 0000 RAS, MNRAS 000, 000–000

Spin-down might lead to QD at later time
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baryon mass M0. Detailed results on configuration labeled with A and Bs are listed in table 1.
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Figure 3. Time evolution of the spin-frequency (left panel) and of the rotational energy (right panel) for dipole magnetic field losses along sequences of
constant baryonic mass M0.

energy reservoir available to the HS before deconfinement which
occurs after a spin-down time scale �tsd which ranges from sev-
eral minutes to hours. Comparing �Ksd with the typical energetics
of the millisecond magnetar model for GRBs (figure 19 of Met-
zger et al. 2011) one notices that the values shown in table 2 are
compatible with the requirement for classical GRBs, being �Ksd

much larger than 1050�51 erg, i.e. the typical energy emitted in X-
rays and in �-ray during GRB events. We also remark that since
�tsd is much larger than the typical duration of the prompt phase of
LGRBs, deconfinement does not spoil the nice description of the
prompt emission of LGRBs within the proto-magnetar model.

However, as discussed before, also the HS to QS transition is
characterized by a huge release of energy (table 1) that in princi-
ple could manifest itself as a second transient. Hence the time to
deconfinement �td is indicative of the delay between the prompt
GRB emission due to the HS and the possible flare or second
prompt emission associated to quark deconfinement. Let us sum-

marize how the deconfinement process proceeds and how is the
energy released. As studied in Drago & Pagliara (2015a), decon-
finement can be described as a combustion process which can be
separated in two phases. The first phase is very rapid due to turbu-
lence and it converts the bulk of the star in a time scale of few ms
(Drago, Lavagno & Parenti 2007; Herzog & Ropke 2011). The sec-
ond phase is dominated by di↵usion of strangeness and it is there-
fore much slower, typically lasting a few tens of seconds (Drago
& Pagliara 2015a). The huge energy associated to deconfinement
is released via thermal neutrinos whose luminosity can similarly be
divided into an initial peak associated with the deconfinement of the
bulk of the star and a lower quasi-plateaux emission associated with
the burning of the external layer of the star. The interaction of neu-
trinos with the material of the crust of the star causes the ablation
of baryons which plays a crucial role in the proto-magnetar model
of GRBs. A distinctive feature of the formation of a quark star is
the rapid suppression of the baryonic flux once the conversion front

c� 0000 RAS, MNRAS 000, 000–000

This set a range of masses where centrifugal support 
is possible 
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For larger masses QD is “immediate”

The neutrino luminosity of the core burning phase is 
too high to lead to relativistic outflows.

Once the star if fully converted in SQM baryon loading 
vanishes.

The delayed QD could allow for a precursor
The burning of the outer surface 
layer is short because of the high 

mass 
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FIG. 3: Panel (a): total neutrino luminosity. Solid lines cor-
respond to the luminosity associated with the rapid burning
of the central area (and two di!erent values for the di!usion
time). Dashed line the neutrino luminosity of the slow com-
bustion of the external layer of the star. Panel (b): Maximum
bulk Lorentz factor of the magnetar jet, "max, as a function of
time, shown for two values of B/P 2, where B is the magnetic
dipole and P the rotation period. The two horizontal lines
bracket the range of values of "max required to produce GRB
prompt emission according to conventional models. Here and
in panel (a) the arrows indicate the time t0 !13 s at which
the conversion of the remnant into a quark star is completed.
Panel (c): duration of the prompt emission of the sGRB as
a function of B/P 2, shown for two values of the time needed
for baryon cessation tc (see text).

trinos with energies of a few MeV.
The evolution of Ṁ is quite complicated. During

the first tenth of a second it reaches values as large as
Ṁ ! 10!3M"s!1 [32]. In the following few seconds,
the baryon flow is associated with the generation of pro-
tons via !-decay in the cooling process. In this way the
remnant atmosphere becomes progressively more proton
rich, similar to the evolution of a proto-neutron star after
a supernova explosion. In our simple analysis we borrow
from the existing literature the result that Ṁ remains
very large for a few seconds [33] and we assume that it
can be approximated better and better with the formula
used in the case of a proto-neutron star after a supernova
explosion. In that case Ṁ is approximately given by [34]:

Ṁ ! 1.2"10!9C5/3L5/3
!e,51

"10/3!e,MeVM
!2
1.4R

5/3
6 M"s

!1 , (1)

where L!e,51 is the electron anti-neutrino luminosity in
units of 1051 erg, "!e,MeV is their energy in MeV, M1.4

is the neutron star mass in units of 1.4 M", R6 is the
radius of the star in units of 106 cm, and C ! 2 is a
correction factor to account for additional channels of
neutrino heating [34]. The energy of neutrinos from the
merger remnant is typically # 10 MeV [35].
The crucial ingredient in the calculation of Ṁ , and

hence !max, is the neutrino luminosity. This has been

evaluated in [28], accounting only for the heat deposited
during the rapid burning of the central region, while [26]
also evaluates the emission associated with the prolonged
burning of the external layer. The contributions to the
neutrino luminosity from the initial phase of prompt
burning in the core, Lc

! , can be approximated in a sim-
ple way by introducing the neutrino di"usion time #di! .
Following Ref. [28]:

Lc
! ! Q/#di! e!t/"diff , (2)

where Q ! (2$3)"1053 erg is the total heat deposited by
quark deconfinement during the rapid burning phase and
# ! 2(3)s for a star of mass 1.4(1.8) M", respectively.
We employ a similar formula in the merger case, but
accounting for the larger amount of heat deposited, Q !

1054 erg (also due to the gravitational potential energy
before the merger and in part to the use of a di"erent
equation of state), and #di! ! 3$4 s, the latter estimated
following Ref.[35] (their eq. 6).
Fig. 3 shows that, while the quark star is still form-

ing, the neutrino luminosity is very large and it corre-
sponds to a mass loss rate of # 10!4M"s!1. Therefore
the Lorentz factor does not reach high enough values to
produce the GRB prompt emission. This stage mirrors
the early evolution of the proto-magnetar in lGRB, where
no relativistic jet is created during the first ! 10 s after
core bounce due to the high baryon load. In the case of
lGRBs, after that phase the baryon load slowly reduces
and a GRB lasting a few tens seconds is produced. Notice
that in the case of lGRB, the mass of the proto-magnetar
and its initial temperature are significantly smaller and
quark deconfinement need not to take place. By contrast,
in the merger case, the quark conversion is unavoidable
and when the front reaches the stellar surface baryonic
ablation ceases. To zeroth order, therefore, the prompt
emission from the rotating magnetized merger remnant
is suppressed at all epochs: the mass loss rate is too large
prior to quark conversion, or too low after the conversion.
In neither case can a prolonged relativistic outflow of the
appropriate Lorentz factor form. In this zero-order ap-
proximation, the maximum Lorentz factor !max jumps
from values of the order of unity to, virtually, infinity.
Such a sudden jump in the outflow’s Lorentz factor

is clearly not physical: what is missing is a description
of the period over which the most external layer of the
star is converted into quarks. Even if baryon loading
were to cease abruptly, a minimum time would be re-
quired to clear the jet of baryons, which we estimate to
be td ! 0.01 s as the dynamical timescale near the base
of the wind (Ref. [36], Fig. 9). However, there is a po-
tentially more important e"ect that delays the time for
baryon cessation. Since the star is rapidly rotating near
centrifugal break-up, its shape is deformed into an ellip-
soid with an equatorial radius Req larger than its polar
radius Rp. For a soft EoS, such as that we employ for the
hadronic phase, we expect Req/Rp ! 1.2$1.4 for a rota-
tion rate of ! 1 kHz [37]. Using the results of Ref.[26], we
estimate that the burning front will reach the pole and

The correct condition for mass loading are realized 
only during the burning of the outer layer ~ 0.1-2 sec

Drago et al 2015
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The resulting QS can also be a ‘rapid rotator” and 
power late type activity

For masse in the range of centrifugal support QD can 
be delayed tens to thousands of seconds

Quark deconfinement in the protomagnetar model of LGRB 3

On the other hand those HSs having M0 < M0(A) will never ex-
perience this transition1. Since for isolated CSs the baryonic mass
is a conserved quantity, only those HSs having baryonic mass be-
tween M0(A) and M0(B) can migrate into the QS branch when their
baryon central density rises to ⇢crit as a consequence of spin-down.
The yellow shaded region of figure 1 shows these configurations.
All the configurations having the same baryonic mass as A (for ex-
ample the 1 ms rotator configuration C) take an infinite time to de-
confine (deconfinement takes place at zero frequency). This same
region is also shown in the left panel of figure 2 in terms of central
baryon density ⇢c and gravitational mass M. Here blue lines are se-
quences of equilibria for given baryon mass and therefore they rep-
resent the evolutionary paths of HSs undergoing spin-down. Notice
that along these sequences the variation of the gravitational mass,
and hence of the total energy, is at most of the order of ⇠ 1%.

As soon as the central density reaches the critical value the
HS decays into a QS. For simplicity we assume that this transi-
tion is instantaneous and both the baryon number (baryonic mass)
and the angular momentum J are conserved. The red dashed line
in figure 1 and in the right panel of figure 2 maps upon the QS se-
quences the configurations which originate from quark deconfine-
ment of HSs. With reference to our limiting configurations, the HS
labeled with A migrates to the configuration Â with gravitational
mass M(Â) = 1.32M� , while the HS B migrates to the configura-
tion B̂ with M(B̂) = 1.44M�. In both cases the total energy released
in the transition is of the order of ⇠ 0.1M�.

Finally, after the formation, QSs can spin-down following the
evolutionary path of constant M0 showed in the right panel of fig-
ure 2. Detailed results are presented in table 1 where we list the
variation of the spin frequency � fd, of the gravitational mass �Md

and of the rotational kinetic energy �Kd (where K := 1
2 J⌦ ) during

the phase transition for a set of selected models. Since QSs have
larger radii and hence also a larger moment of inertia, conservation
of the angular momentum implies a drop in spin frequency. Inter-
estingly we found that the variation of the stellar radius is slightly
larger (⇠ 10% between cases A and B) at higher M0. Hence tran-
sitions at higher M0 are characterized by a bigger percent variation
of the spin frequency and of the rotational energy. �Kd only ac-
counts for the variation of the kinetic energy while the total change
of energy is given by the variation of the gravitational mass �Md

and it will produce a reheating of the star. In the range of interest,
�Md ' 1053 erg and �Kd ' 1051�52 erg. This significant amount of
energy released by quark deconfinement can be associated with a
late time activity as we will discuss in the following.

In the magnetar GRB model the spindown evolution is gov-
erned by magnetic torques. Therefore in order to evaluate the typi-
cal evolutionary timescales of our models we adopt, for simplicity,
the spin-down formula for an aligned dipole rotator:

dJ
dt
= �B2R6⌦3

4
, (1)

where B is the magnetic field strength at the pole and we assume
that the magnetic flux � = BR2 is constant during the evolution.
This choice gives only an upper limit to the timescale for decon-
finement: oblique rotators or mass loaded winds can have higher
torques (Metzger et al. 2011) that can lead to faster spin-down (up
to a factor 10) in the first tens of seconds. Furthermore we neglect

1 For simplicity, We are not considering here the process of nucleation of
quark matter (Bombaci et al. 2016). In a more realistic case the red lines
connecting the configurations A and B would transform in a strip whose
width is connected to the nucleation time

Table 1. Global quantities at the phase transition for the configurations la-
beled in figure 2: gravitational mass M and spin frequency f of the hadronic
configuration at deconfinement; di↵erence between the spin frequency � fd,
the gravitational mass �Md, and the rotational energy �Kd before and after
deconfinement.

Label M0 f � fd M �Md �Kd
[M�] [Hz] [Hz] [M�] [M�] [1052 erg]

A 1.666 0.00 0.00 1.452 0.132 0.00
B1 1.677 300 130 1.462 0.132 0.20
B2 1.687 400 177 1.470 0.133 0.35
B3 1.698 500 224 1.480 0.133 0.57
B4 1.733 700 317 1.520 0.136 1.18
B5 1.785 900 413 1.555 0.139 2.14
B 1.820 1000 462 1.585 0.142 2.80

Table 2. Spin-down timescales to quark deconfinement �tsd together with
the associated variation of the rotational kinetic energy �Ksd starting from
an initial spin period Pi for the equilibrium sequences shown in figure 3. We
also report the spin-down timescales �tq (defined as the time needed to half
the rotational frequency of the QS) and the corresponding rotational energy
loss �Kq after quark deconfinement. The initial magnetic field is of 1015 G.

M0 Pi ! Pd �tsd �Ksd �tq �Kq
[M�] [ms] [1052 erg] [1052erg]

1.666 1.0! 1 1 5.91 - -
1.677 1.0! 3.3 2.7 hr 5.48 37 hr 0.19

2.0! 3.3 1.8 hr 0.82
3.0! 3.3 37 min 0.13

1.687 1.0! 2.5 1.5 hr 5.13 21 hr 0.33
2.0! 2.5 36 min 0.46

1.698 1.0! 2.0 55 min 4.68 14 hr 0.53
1.733 1.0! 1.4 23 min 3.37 8.2 hr 1.20
1.785 1.0! 1.1 6 min 1.37 5.4 hr 1.95
1.820 1.0! 1.0 0 0 4.6 hr 2.41

the possibility of late time mass accretion (Bernardini et al. 2014)
because it introduces extra degree of freedom that cannot be easily
constrained. Moreover we also neglect gravitational waves emis-
sion which is relevant only if the star owns a very strong inter-
nal toroidal field larger than ⇠ 1016 G (Dall’Osso, Shore & Stella
2009). In the mass range of interest we have evaluated the spin-
down timescale up to deconfinement, which is shown in figure 3
and table 2, for each equilibrium sequence of constant M0 , assum-
ing an initial surface magnetic field B0 = 1015 G. Note that the
timescales scales with B�2

0 . Conservation of the magnetic flux �
is also assumed to hold during the phase transition. The resulting
magnetic field strength is of the order of 0.5B0 due to the change of
the stellar radius.

The time evolution of the spin frequency f and of the rota-
tional energy K is shown in figure 3 for the HS configurations la-
belled B1�B5. It is evident that HSs with higher mass have a shorter
lifetime before deconfinement, since they reach the critical density
at higher spin frequencies. In table 2 we list the time it takes to
deconfinement and the associated rotational spin down energy loss
�Ksd for di↵erent values for the initial spin-period.

3 DISCUSSION AND CONCLUSIONS

Let us consider now the phenomenological implications of our sce-
nario for the evolution of proto-magnetars. The variation of the ro-
tational energy �Ksd displayed in table 2 gives an estimate of the
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Figure 3. Time evolution of the spin-frequency (left panel) and of the rotational energy (right panel) for dipole magnetic field losses along sequences of
constant baryonic mass M0.

energy reservoir available to the HS before deconfinement which
occurs after a spin-down time scale �tsd which ranges from sev-
eral minutes to hours. Comparing �Ksd with the typical energetics
of the millisecond magnetar model for GRBs (figure 19 of Met-
zger et al. 2011) one notices that the values shown in table 2 are
compatible with the requirement for classical GRBs, being �Ksd

much larger than 1050�51 erg, i.e. the typical energy emitted in X-
rays and in �-ray during GRB events. We also remark that since
�tsd is much larger than the typical duration of the prompt phase of
LGRBs, deconfinement does not spoil the nice description of the
prompt emission of LGRBs within the proto-magnetar model.

However, as discussed before, also the HS to QS transition is
characterized by a huge release of energy (table 1) that in princi-
ple could manifest itself as a second transient. Hence the time to
deconfinement �td is indicative of the delay between the prompt
GRB emission due to the HS and the possible flare or second
prompt emission associated to quark deconfinement. Let us sum-

marize how the deconfinement process proceeds and how is the
energy released. As studied in Drago & Pagliara (2015a), decon-
finement can be described as a combustion process which can be
separated in two phases. The first phase is very rapid due to turbu-
lence and it converts the bulk of the star in a time scale of few ms
(Drago, Lavagno & Parenti 2007; Herzog & Ropke 2011). The sec-
ond phase is dominated by di↵usion of strangeness and it is there-
fore much slower, typically lasting a few tens of seconds (Drago
& Pagliara 2015a). The huge energy associated to deconfinement
is released via thermal neutrinos whose luminosity can similarly be
divided into an initial peak associated with the deconfinement of the
bulk of the star and a lower quasi-plateaux emission associated with
the burning of the external layer of the star. The interaction of neu-
trinos with the material of the crust of the star causes the ablation
of baryons which plays a crucial role in the proto-magnetar model
of GRBs. A distinctive feature of the formation of a quark star is
the rapid suppression of the baryonic flux once the conversion front
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On the other hand those HSs having M0 < M0(A) will never ex-
perience this transition1. Since for isolated CSs the baryonic mass
is a conserved quantity, only those HSs having baryonic mass be-
tween M0(A) and M0(B) can migrate into the QS branch when their
baryon central density rises to ⇢crit as a consequence of spin-down.
The yellow shaded region of figure 1 shows these configurations.
All the configurations having the same baryonic mass as A (for ex-
ample the 1 ms rotator configuration C) take an infinite time to de-
confine (deconfinement takes place at zero frequency). This same
region is also shown in the left panel of figure 2 in terms of central
baryon density ⇢c and gravitational mass M. Here blue lines are se-
quences of equilibria for given baryon mass and therefore they rep-
resent the evolutionary paths of HSs undergoing spin-down. Notice
that along these sequences the variation of the gravitational mass,
and hence of the total energy, is at most of the order of ⇠ 1%.

As soon as the central density reaches the critical value the
HS decays into a QS. For simplicity we assume that this transi-
tion is instantaneous and both the baryon number (baryonic mass)
and the angular momentum J are conserved. The red dashed line
in figure 1 and in the right panel of figure 2 maps upon the QS se-
quences the configurations which originate from quark deconfine-
ment of HSs. With reference to our limiting configurations, the HS
labeled with A migrates to the configuration Â with gravitational
mass M(Â) = 1.32M� , while the HS B migrates to the configura-
tion B̂ with M(B̂) = 1.44M�. In both cases the total energy released
in the transition is of the order of ⇠ 0.1M�.

Finally, after the formation, QSs can spin-down following the
evolutionary path of constant M0 showed in the right panel of fig-
ure 2. Detailed results are presented in table 1 where we list the
variation of the spin frequency � fd, of the gravitational mass �Md

and of the rotational kinetic energy �Kd (where K := 1
2 J⌦ ) during

the phase transition for a set of selected models. Since QSs have
larger radii and hence also a larger moment of inertia, conservation
of the angular momentum implies a drop in spin frequency. Inter-
estingly we found that the variation of the stellar radius is slightly
larger (⇠ 10% between cases A and B) at higher M0. Hence tran-
sitions at higher M0 are characterized by a bigger percent variation
of the spin frequency and of the rotational energy. �Kd only ac-
counts for the variation of the kinetic energy while the total change
of energy is given by the variation of the gravitational mass �Md

and it will produce a reheating of the star. In the range of interest,
�Md ' 1053 erg and �Kd ' 1051�52 erg. This significant amount of
energy released by quark deconfinement can be associated with a
late time activity as we will discuss in the following.

In the magnetar GRB model the spindown evolution is gov-
erned by magnetic torques. Therefore in order to evaluate the typi-
cal evolutionary timescales of our models we adopt, for simplicity,
the spin-down formula for an aligned dipole rotator:

dJ
dt
= �B2R6⌦3

4
, (1)

where B is the magnetic field strength at the pole and we assume
that the magnetic flux � = BR2 is constant during the evolution.
This choice gives only an upper limit to the timescale for decon-
finement: oblique rotators or mass loaded winds can have higher
torques (Metzger et al. 2011) that can lead to faster spin-down (up
to a factor 10) in the first tens of seconds. Furthermore we neglect

1 For simplicity, We are not considering here the process of nucleation of
quark matter (Bombaci et al. 2016). In a more realistic case the red lines
connecting the configurations A and B would transform in a strip whose
width is connected to the nucleation time

Table 1. Global quantities at the phase transition for the configurations la-
beled in figure 2: gravitational mass M and spin frequency f of the hadronic
configuration at deconfinement; di↵erence between the spin frequency � fd,
the gravitational mass �Md, and the rotational energy �Kd before and after
deconfinement.

Label M0 f � fd M �Md �Kd
[M�] [Hz] [Hz] [M�] [M�] [1052 erg]

A 1.666 0.00 0.00 1.452 0.132 0.00
B1 1.677 300 130 1.462 0.132 0.20
B2 1.687 400 177 1.470 0.133 0.35
B3 1.698 500 224 1.480 0.133 0.57
B4 1.733 700 317 1.520 0.136 1.18
B5 1.785 900 413 1.555 0.139 2.14
B 1.820 1000 462 1.585 0.142 2.80

Table 2. Spin-down timescales to quark deconfinement �tsd together with
the associated variation of the rotational kinetic energy �Ksd starting from
an initial spin period Pi for the equilibrium sequences shown in figure 3. We
also report the spin-down timescales �tq (defined as the time needed to half
the rotational frequency of the QS) and the corresponding rotational energy
loss �Kq after quark deconfinement. The initial magnetic field is of 1015 G.

M0 Pi ! Pd �tsd �Ksd �tq �Kq
[M�] [ms] [1052 erg] [1052erg]

1.666 1.0! 1 1 5.91 - -
1.677 1.0! 3.3 2.7 hr 5.48 37 hr 0.19

2.0! 3.3 1.8 hr 0.82
3.0! 3.3 37 min 0.13

1.687 1.0! 2.5 1.5 hr 5.13 21 hr 0.33
2.0! 2.5 36 min 0.46

1.698 1.0! 2.0 55 min 4.68 14 hr 0.53
1.733 1.0! 1.4 23 min 3.37 8.2 hr 1.20
1.785 1.0! 1.1 6 min 1.37 5.4 hr 1.95
1.820 1.0! 1.0 0 0 4.6 hr 2.41

the possibility of late time mass accretion (Bernardini et al. 2014)
because it introduces extra degree of freedom that cannot be easily
constrained. Moreover we also neglect gravitational waves emis-
sion which is relevant only if the star owns a very strong inter-
nal toroidal field larger than ⇠ 1016 G (Dall’Osso, Shore & Stella
2009). In the mass range of interest we have evaluated the spin-
down timescale up to deconfinement, which is shown in figure 3
and table 2, for each equilibrium sequence of constant M0 , assum-
ing an initial surface magnetic field B0 = 1015 G. Note that the
timescales scales with B�2

0 . Conservation of the magnetic flux �
is also assumed to hold during the phase transition. The resulting
magnetic field strength is of the order of 0.5B0 due to the change of
the stellar radius.

The time evolution of the spin frequency f and of the rota-
tional energy K is shown in figure 3 for the HS configurations la-
belled B1�B5. It is evident that HSs with higher mass have a shorter
lifetime before deconfinement, since they reach the critical density
at higher spin frequencies. In table 2 we list the time it takes to
deconfinement and the associated rotational spin down energy loss
�Ksd for di↵erent values for the initial spin-period.

3 DISCUSSION AND CONCLUSIONS

Let us consider now the phenomenological implications of our sce-
nario for the evolution of proto-magnetars. The variation of the ro-
tational energy �Ksd displayed in table 2 gives an estimate of the
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QD releases about 0.1Msun energy - the final QS as a 
radius ~ 305 larger than the original NS
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Diffusive burning of the outer surface layer can last at 
most a few tens of seconds

Change unbalance in SQM lead to the formation of an 
electronsphere of a fee 10-10 cm above the surface

The electric field in this region is above the critical 
values for vacuum polarization

LONG GAMMA RAY BURSTS FROM QUARK STARS 3

Fig. 1. – Structure of the quark star surface.

conversion into SQM. Generally, preheating and convective mixing strongly accelerates
the burning of the crust into SQM. Because of the high density gradient within the crust,
its total burning moves the SQM front only 30 m outwards. We estimate that this takes
0.01s, so that the SQM front moves at 3 km/s only. Because the temperature at the
SQM front is TQ ! 1011 K, the very outer layer of NS, of mass Mej = 4!R2P!/g where
g ! 3" 1014 cm/s2, will be ejected by the photon pressure. Under prevailing conditions,
Mej ! 10!6M".

3. – Ultrarelativistic energy outflow from the quark star surface

Quarks, of number density nq ! 1039 cm!3, are confined in a huge bubble (R ! 10 km)
of the QCD vacuum (by strong interaction). This results in a very sharp SQM surface, of
thickness of the order of the range of strong interactions ! 10!13 cm. However, electrons
are not interacting strongly. Their number density in SQM is ne ! 10!4nq [4, 5] and
they are bound to quarks (which have a net positive charge) by electric forces. This
results in an ”electrosphere” of electron gas, of thickness 10!11 cm, extending above the

Fig. 2. – Di!erent contributions to photon luminosity of bare quark star of R = 10 km versus
surface temperature TS. Spherical symmetry is assumed. For the further explanation see the
text. Based on [24]

.

If electrons are not fully degenerate (the QS is hot) 
then pair production can take place with very large 

injection rates

If possible to tap into these pairs efficient mass 
loading can be supported even for longer times  

Usov 2007

Not clear the role of annihilation-strong 
magnetic field and pair cascade in gaps
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Energies of the two events:

A - Values from Zhang et al.  2012.  - Best fit from their Figure 9.

Eiso(1) = 2.27 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 2.96 x 1053 z 2.669/ (1+z)1.362 erg

The problem with those values if that Eiso(2) > Eiso(1) but the peak energies Ep(2) < 
Ep(1). Now the Amati relation predicts that Eiso ~ Ep1.8 , and this has been shown by 
Basak & Rao 2013 to hold not just for the entire GRB, but even for the  single pulses in 
which a GRB can be divided. So the two events completely anticorrelate with the pulse-
wise Amati relation. In fact they find Ep(1) = 2.7 Ep(2) and the Amati relation would then 
predict Eiso(1) =6 Eiso(2).

B - Values from Pennacchioni et al 2013 -  Best Fit of their Figure 8

Eiso(2) = 1.24 x 1053 z 2.49/ (1+z)0.986 erg

Note that this fit (and their data-points in Fig 8) is inconsistent with their declared value 
2.43 x 1052 erg  at z=0.75. Most likely the data-points are wrongly placed in their Figure 8, 
given that the fit has a different trend with z with respect to the one by Zhang et al 2012. 
Note that an offset by ~0.1 in z is enough to bring the fit in closer agreement with Zhang et 
al. 2012, and the value at z=0.75 closer to their stated numbers.

Pennacchioni et al 2013 give only the value Eiso(1) = 1.42 x 1053 erg at z=0.75.

Conclusions

Pennacchioni et al 2013 does not provide values for Ep(2) and Ep(1). Ep(2) can be 
derived from their Figure 8 but there are large errorbars. However it is consistent with the 
values given by Zhang et al.  2012. This because the maximum in the spectrum of the 
second episode lies just inside the observed band, so it is less sensitive to the 
extrapolation of the spectrum, which instead is very important for the bolometric correction, 
and explains the large difference in bolometric corrected Eiso(2).

Despite the fact that Pennacchioni et al 2013 does not provide Ep(1), their spectral fitting 
to the first episode shows that it is a harder event so Ep(2) < Ep(1), and this is consistent 
with the fact that their Eiso(1)> Eiso(2)  as predicted by the Amati relation. We decide to 
adopt the value from Pennacchioni et al 2013, given hat they are consistent with the Amati 
relation Eiso(2) < Eiso(1) with Ep(2) < Ep(1). Moreover they have Eiso(1) =6 Eiso(2), 
exacly the value one would have expected based on the Ep estimated by Zhang et al 
2012.   However the dependence in z is chosen as in Zhang et al 2012, because of the 
inconsistency of the fit of their  Figure 8

So we adopt:

Eiso(1) = 6.6 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 1.122 x 1053 z 2.669/ (1+z)1.362 erg

A&A 551, A133 (2013)

episodes in GRB 110709B. Episode 1 starts 40 s before the first
trigger time and lasts up to 60 s after it. It is well-fit by a black-
body (BB) plus power-law (PL) spectral model. It corresponds
to the trigger of the SN explosion of the compact core and its
accretion onto the NS companion. The BB temperature decays
with time following a broken PL (Ryde 2004). Episode 2 starts
35 s before the second trigger time and lasts up to 100 s after
it. It corresponds to the emission of the canonical GRB emit-
ted in the formation of a BH. Episode 3 starts at 800 s all the
way to 106 s. It consists of a standard X-ray emission identi-
fied in all systems following the IGC paradigm (Pisani et al., in
prep.). Episode 4 corresponds to the observation of the optical
SN emission, observable after Tobs = (1 + z)TSN. In the present
case, there is no evidence of an associated SN in the optical band.
An explanation for this is given by Zauderer et al. (2012), who
classified GRB 110709B as dark and stated that its optical emis-
sion may have been absorbed by the host galaxy and/or the in-
terstellar medium (ISM). The ensemble of these four episodes
characterize the IGC scenario.

As an outcome, at the endpoint of the IGC scenario, a binary
system represented by an NS (formed by the SN explosion) and
a BH (formed after the GRB explosion) should be expected.

As in the case of GRB 101023, we do not know the
cosmological redshift of GRB 110709B due to the lack of op-
tical data. Therefore, we infer it from phenomenological meth-
ods: 1) the Amati relation (Amati 2006), 2) the Yonetoku rela-
tion (Yonetoku 2004, 2010), 3) the work of Grupe et al. (2007),
and 4) the work by Penacchioni et al. (2012), Ru!ni (2012),
and Pisani et al. (in prep.), which describe a scaling of the late
X-ray emission of GRB 090618. In the case of GRB 111228,
which we are currently analyzing, we find a striking coincidence
between the values of the cosmological redshift determined by
these methods for GRB 110709B.

In Sect. 2 we report the observations of the two components
of GRB 110709B by the di"erent instruments, in space and on
the ground. In Sect. 3 we reduce the Swift data and perform a
detailed spectral analysis of both episodes 1 and 2. In Sect. 4 we
infer the redshift of the source using the four phenomenological
methods mentioned above. In Sect. 5 we determine the radius of
the emitting region from the knowledge of the redshift and the
BB flux of the first episode. In Sect. 6 we give a brief description
of the fireshell model and perform a deeper analysis of episode 2
within this model, reproducing the light curve and the spectrum
by a numerical simulation. In Sect. 7 we calculate the parame-
ters of the binary progenitor leading to the IGC of the NS to a
BH by the SN explosion. Details on the accretion rate onto the
NS, total accreted mass, SN ejecta density, NS mass, and binary
orbital period are obtained for selected values of the SN progen-
itor mass. In Sect. 8 we comment on the radio emission detected
by EVLA (Zauderer & Berger 2012). In Sect. 9 we present the
conclusions.

2. Observations of GRB 110709B

GRB 110709B has been detected by the Suzaku (Ohmori et al.
2011) and Swift (Cummings et al. 2011) satellites and by the
ground-based telescopes GROND (Updike et al. 2011) and
Gemini (Berger 2011).

The Burst Alert Telescope (BAT) onboard Swift was trig-
gered a first time at 21:32:39 UT (trigger N! = 456 967). The lo-
cation of this event is RA = 164.6552, Dec = –23.4550. The light
curve is composed of multiple peaks, with the whole emission
extending up to 60 s after the trigger (see Fig. 1). What is most
interesting is that there was another trigger point at 21:43:25 UT
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Fig. 1. BAT light curve of GRB 110709B, including the two trigger
times. Here we can appreciate the time separation (about 10 min) be-
tween the first and the second trigger. The light curve is in the (15–
150 keV) energy band. The time is relative to the first trigger time,
of 331 939 966 s (in MET seconds). The second trigger time was at
331 940 612 s in MET seconds.

(trigger N! = 456 969), "11 min after the first trigger time. The
onboard calculated location is RA = 164.647, Dec = –23.464.
This time Swift did not need to slew, because it was already
pointing to that position. This second emission shows a bump
that begins 100 s before the second trigger time and lasts around
50 s, followed by several overlapping peaks with a total duration
of about 40 s, and another isolated peak of 10 s of duration, 200 s
after the second trigger time. Figure 1 shows the complete BAT
light curve and Fig. 2 shows the light curve taken by the X-Ray
Telescope (XRT) in the 0.3–10 keV band.

There have been no detections in the optical band by Swift-
UVOT, which started to observe 70 s after the first BAT trig-
ger time (Holland 2011). The observations with GROND at the
La Silla Observatory (Updike et al. 2011) simultaneously in the
g# r# i# z# JHK, reveal two point sources within the 5”.3 XRT er-
ror circle reported by Cummings et al. (2011). They suggest that
one of them could be an afterglow candidate for GRB 110709B,
although it is very faint.

It has been suggested by Zauderer et al. (2012) that this
source is an “optically dark” GRB. The possible reasons for this
are 1) dust obscuration; 2) an intrinsically dim event; and/or
3) high redshift (optical emission suppressed by Ly! absorp-
tion at "obs $ 1216 Å (1 + z)). However, they rule out the pos-
sibility of a high-redshift event due to the association with an
optically detected host galaxy. Furthermore, they have inferred
the optical brightness of the afterglow according to the standard
afterglow synchrotron model (Granot & Sari 2002; Sari et al.
1999), and from the non-detection in the optical-near-infrared
(NIR) wavelengths they find a very high rest-frame extinction
for GRB 110709B. This can explain the lack of detections in the
optical band.

There have been detections in the radio band on several oc-
casions by EVLA (Zauderer & Berger 2012), revealing a single
unresolved radio source within the XRT error circle, which re-
brightened by a factor of 1.6 between 2.1 and 7 days after the
burst. The location of the source is RA = 10:58:37.114, Dec =
–23:27:16.760.

3. Data analysis

In the following we refer to the emission that lasted from 40 s
before the first BAT trigger time to 60 s after it as episode 1
(see Fig. 3). We call the emission lasting from 35 s before the
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1
2 Energies of the two events:

A - Values from Zhang et al.  2012.  - Best fit from their Figure 9.

Eiso(1) = 2.27 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 2.96 x 1053 z 2.669/ (1+z)1.362 erg

The problem with those values if that Eiso(2) > Eiso(1) but the peak energies Ep(2) < 
Ep(1). Now the Amati relation predicts that Eiso ~ Ep1.8 , and this has been shown by 
Basak & Rao 2013 to hold not just for the entire GRB, but even for the  single pulses in 
which a GRB can be divided. So the two events completely anticorrelate with the pulse-
wise Amati relation. In fact they find Ep(1) = 2.7 Ep(2) and the Amati relation would then 
predict Eiso(1) =6 Eiso(2).

B - Values from Pennacchioni et al 2013 -  Best Fit of their Figure 8

Eiso(2) = 1.24 x 1053 z 2.49/ (1+z)0.986 erg

Note that this fit (and their data-points in Fig 8) is inconsistent with their declared value 
2.43 x 1052 erg  at z=0.75. Most likely the data-points are wrongly placed in their Figure 8, 
given that the fit has a different trend with z with respect to the one by Zhang et al 2012. 
Note that an offset by ~0.1 in z is enough to bring the fit in closer agreement with Zhang et 
al. 2012, and the value at z=0.75 closer to their stated numbers.

Pennacchioni et al 2013 give only the value Eiso(1) = 1.42 x 1053 erg at z=0.75.

Conclusions

Pennacchioni et al 2013 does not provide values for Ep(2) and Ep(1). Ep(2) can be 
derived from their Figure 8 but there are large errorbars. However it is consistent with the 
values given by Zhang et al.  2012. This because the maximum in the spectrum of the 
second episode lies just inside the observed band, so it is less sensitive to the 
extrapolation of the spectrum, which instead is very important for the bolometric correction, 
and explains the large difference in bolometric corrected Eiso(2).

Despite the fact that Pennacchioni et al 2013 does not provide Ep(1), their spectral fitting 
to the first episode shows that it is a harder event so Ep(2) < Ep(1), and this is consistent 
with the fact that their Eiso(1)> Eiso(2)  as predicted by the Amati relation. We decide to 
adopt the value from Pennacchioni et al 2013, given hat they are consistent with the Amati 
relation Eiso(2) < Eiso(1) with Ep(2) < Ep(1). Moreover they have Eiso(1) =6 Eiso(2), 
exacly the value one would have expected based on the Ep estimated by Zhang et al 
2012.   However the dependence in z is chosen as in Zhang et al 2012, because of the 
inconsistency of the fit of their  Figure 8

So we adopt:

Eiso(1) = 6.6 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 1.122 x 1053 z 2.669/ (1+z)1.362 erg

Energies of the two events:

A - Values from Zhang et al.  2012.  - Best fit from their Figure 9.

Eiso(1) = 2.27 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 2.96 x 1053 z 2.669/ (1+z)1.362 erg

The problem with those values if that Eiso(2) > Eiso(1) but the peak energies Ep(2) < 
Ep(1). Now the Amati relation predicts that Eiso ~ Ep1.8 , and this has been shown by 
Basak & Rao 2013 to hold not just for the entire GRB, but even for the  single pulses in 
which a GRB can be divided. So the two events completely anticorrelate with the pulse-
wise Amati relation. In fact they find Ep(1) = 2.7 Ep(2) and the Amati relation would then 
predict Eiso(1) =6 Eiso(2).

B - Values from Pennacchioni et al 2013 -  Best Fit of their Figure 8

Eiso(2) = 1.24 x 1053 z 2.49/ (1+z)0.986 erg

Note that this fit (and their data-points in Fig 8) is inconsistent with their declared value 
2.43 x 1052 erg  at z=0.75. Most likely the data-points are wrongly placed in their Figure 8, 
given that the fit has a different trend with z with respect to the one by Zhang et al 2012. 
Note that an offset by ~0.1 in z is enough to bring the fit in closer agreement with Zhang et 
al. 2012, and the value at z=0.75 closer to their stated numbers.

Pennacchioni et al 2013 give only the value Eiso(1) = 1.42 x 1053 erg at z=0.75.

Conclusions

Pennacchioni et al 2013 does not provide values for Ep(2) and Ep(1). Ep(2) can be 
derived from their Figure 8 but there are large errorbars. However it is consistent with the 
values given by Zhang et al.  2012. This because the maximum in the spectrum of the 
second episode lies just inside the observed band, so it is less sensitive to the 
extrapolation of the spectrum, which instead is very important for the bolometric correction, 
and explains the large difference in bolometric corrected Eiso(2).

Despite the fact that Pennacchioni et al 2013 does not provide Ep(1), their spectral fitting 
to the first episode shows that it is a harder event so Ep(2) < Ep(1), and this is consistent 
with the fact that their Eiso(1)> Eiso(2)  as predicted by the Amati relation. We decide to 
adopt the value from Pennacchioni et al 2013, given hat they are consistent with the Amati 
relation Eiso(2) < Eiso(1) with Ep(2) < Ep(1). Moreover they have Eiso(1) =6 Eiso(2), 
exacly the value one would have expected based on the Ep estimated by Zhang et al 
2012.   However the dependence in z is chosen as in Zhang et al 2012, because of the 
inconsistency of the fit of their  Figure 8

So we adopt:

Eiso(1) = 6.6 x 1053 z 2.669/ (1+z)1.362 erg
Eiso(2) = 1.122 x 1053 z 2.669/ (1+z)1.362 erg

Unknown redshift Z = 0.7-1.4

Large uncertainty in Bolometric 
corrections 

Unknown beaming corrections

Beaming Correction

There is no observed achromatic jet-break so there is not well constrained estimate of the 
jet opening angle. 

The average angle of LGRB jet estimated from a sample with detected achromatic jet-
breaks, and it is shown that the average is ~ 5 deg with a maximum at 10 deg. There are  
a few outlier at higher angles. Shown below are distributions based on achromatic jet-
breaks by Guidorzi et al 2014, Zeh et al 2006, Lu et al 2012.
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parameters of the afterglow emission in conjunction with the real-
istic BOXFIT fitting code based on hydrodynamics simulations (van
Eerten et al. 2012). As noted above, this code is applicable when
most of the fireball energy has already been transferred to the ISM,
so is used separately to the early time modelling of the RS emission.
In the following sections, we discuss the implications derived from
our modelling: in particular, implications for GRB jet geometries
and the theoretical aspects of the code that could be improved to
allow better modelling of the data.

5.1 The nature of the afterglow peak

The afterglow peak is the result of the passage of !m, f through
the optical bands (Zhang et al. 2003), as was the case for other
exquisitely sampled GRBs (e.g. Zheng et al. 2012). To show this,
we obtained two SEDs: one is measured at the peak time, the other
refers to 70 ks after the burst. Fig. 6 displays the two SEDs together
with the models corresponding to the set of best-fitting parameters
obtained above. Noteworthy is how our radio measurements are
fully consistent with the broad-band evolution and clearly show the
self-absorbed regime of the synchrotron spectrum in the late SED.

The model predicts a steeper slope than that exhibited by the
optical data points. This is connected with the global cooling ap-
proximation issue: due to this, the model in Fig. 6 places the cooling
frequency !c, f below the optical points, while a correct treatment of
the local cooling would place it well above (see fig. 4 of van Eerten
et al. 2010), thus explaining both the common spectral regime be-
tween optical and X-rays as well as the normalization of the ob-
served X-ray flux. In this case, the need for matching the radio
and the optical fluxes with a more plausible optical slope than the
best-fitting model shown in Fig. 6 would require the FS peak flux
density in frequency, F!, max, f, to decrease with time. However, this
clashes with the F!, max, f ! t0 evolution expected in the homoge-
neous medium scenario assumed by the BOXFIT code. For a wind
density profile, it is F!, max, f ! t"1/2 (Chevalier & Li 1999). In Sec-
tion 4.2, we argued that a wind-like density profile is not ruled out
from the expected closure relation at late times. This suggests that a
local cooling treatment combined with the possibility of wind-like
environments could help to improve the modelling capabilities of
the BOXFIT code. A repeat run without cooling modelled the optical
slope slightly better, but did not improve the quality of the overall fit

Figure 6. Rest-frame SEDs at peak (circles and dashed line) and at 70 ks
(squares and solid lines) including radio and optical measurements. Optical
points have been corrected for dust extinction using AV = 0.22 mag for a
MW profile. Upside-down triangles are 3" upper limits. The thick solid line
shows the best-fitting model based on hydrodynamical simulations.

and caused a significantly worse fit to the radio data. This therefore
further confirms the need for a code development to include more
realistic cooling and density profiles.

5.2 An edge-on view of a wide jet

Excluding the X-ray data, the best-fitting parameters do not change
in essence and confirm the basic picture of a relatively wide jet
viewed from a direction close to the edge but still inside the jet
cone. Although the true #0 distribution is difficult to derive from
observations because of the numerous selection effects and obser-
vational biases (Bloom, Frail & Kulkarni 2003; Lu et al. 2012), past
data suggest the existence of comparably wide jets (Bloom et al.
2003; Fong et al. 2012), as clearly shown in Fig. 7 which displays
the #0 distribution for a number of Swift long GRBs. The FS micro-
physics parameters are within the range of typical values estimated
for other GRBs (Panaitescu & Kumar 2002), apart from the high
value of p, which is likely to be connected with the aforementioned
global cooling issue. The ISM particle density n is high, but still
within the high tail of the distribution.

The quality of the data set, combined with the capability of the
fitting code, allowed us to constrain both #0 and #obs, as shown by
Fig. 8, which compares the observed data and model with what an

Figure 7. Jet half-opening angle distribution for a number of Swift long
GRBs. GRB 120404A lies in the wide-angle tail.

Figure 8. Light curve in the i# band. The solid line shows the best-fitting
solution obtained for a jet opening angle #0 = 23$ and viewing angle
#obs = 21$. The dashed line shows what an on-axis observer would have
observed for the same GRB.
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It is difficult to quantify whether the outliers really represent a
different population or whether in these cases the light curves are
simply ill-defined. For example, the afterglow of GRB 000301C
was affected by a strong rebrightening episode that has been
modeled by a gravitational microlensing event (Garnavich et al.
2000). As these authors note, the removal of this event leads to
!1 ! 1:1, which would shift GRB 000301C toward the theo-
retical prediction of the ISM model with " < "c. In the case of
GRB 030226, there is evidence that the afterglow light curve
showed fluctuations. In combination with the relatively sparse
set of postbreak data, it is quite possible that the late-time ob-
servations stopped when the afterglow underwent a fluctuation,
so that finally the deduced postbreak decay slope is too large.
On the other hand, early-time spectra of this afterglow reveal
features that are best understood as due to a stellar wind profile
(Klose et al. 2004). In the case of GRB 030429, Jakobsson et al.
(2004b) found that the light curve undergoes a significant re-
brightening around 1.7 days after the burst. They suggested
excluding the data around the rebrightening from the fit and fix
!2 " 1:7 (deduced from the SED and the !-# relations). In this
case, the light curve would be compatible with an ISM/wind
model and " > "c, although it is unclear how large the error in
!2 would be.

If we neglect GRBs 000301C, 030226, and 030429, then
Figure 5 shows that the group of optical afterglows that is com-
patible with a wind model is notably larger than the group of
afterglows that prefers an ISM model. While basically all studies
in the literature agree that afterglows seem to separate into a group
that is best described by a wind model and a group that is best
described by an ISMmodel, our data show that the wind scenario
is statistically preferred. In fact, within their 1 $ error bars nearly
all (!1; !2) pairs are compatible with a wind profile, while for
the ISM model such a statement is clearly ruled out.

4.2. The Jet Opening Angles

Figure 6 displays the distribution of the jet half-opening
angle, %jet, for our sample of 16 bursts (GRB 980519 is not in-
cluded, as no redshift of this burst is known) as derived from the
observed break time, assuming the uniform jet model (Rhoads
1999). We calculated %jet following Sari et al. (1999) for an ISM
medium (GRBs 990510, 000301C, 011211, 020813, 030226,
and 030429) and Bloom et al. (2003) for a windlike medium
(GRBs 990123, 991216, 000926, 010222, 011121, 020124,
020405, 030328, and 041006), according to the results obtained

for the density profile of the individual afterglows (x 4.1). For
the isotropic equivalent energy Eiso, the radiation efficiency, and
the redshift, we adopted the values given by Friedman&Bloom
(2005). In the case of an ISM model, we used the circumburster
density as given in Friedman & Bloom (2005), while for the
wind model, we assumed a mass-loss rate to wind speed ratio of
A# " 1 (cf. Chevalier & Li 2000). The distribution of %jet that
we have found is strongly asymmetric, with a peak between 2$

and 5$, has a lower cutoff around 2$, and rapidly falls toward
larger angles, in agreement with what has been found in pre-
vious studies (Frail et al. 2001; Panaitescu & Kumar 2001b,
2002; Bloom et al. 2003).

4.3. Correlations

Using the derived jet half-opening angles (x 4.2), we find that
the distribution of the beaming corrected energy release in the
gamma-ray band ranges from Ecor " 1049:9 ergs (GRB 041006)
to Ecor " 1051:4 ergs (GRB 990123). In combination with the
corresponding peak energies, Epeak, in the gamma-ray band
(Friedman & Bloom 2005), in Figure 7 we plot the correlation
between Ecor and Epeak in the GRB host frame, as it was first
reported by Ghirlanda et al. (2004). Considering bursts 9 and 12
as outliers and excluding them from the fit, we find Epeak ’
748 (E51;cor)

&, with & " 0:79 % 0:09. This is in qualitative agree-
mentwith Ghirlanda et al. (2004), aswell aswithDai et al. (2004).
On the other hand, there are differences, in particular concern-
ing the existence of the two outliers. They can be understood,
however, since the fit includes assumptions about the gas density
in the GRB environment, which enters the calculation of the jet
opening angle. We made use of the values provided by Friedman
& Bloom (2005), and these are higher by a factor of 10/3 com-
pared to the values used by Ghirlanda et al. (2004). In addition,
in several cases the gamma-ray data given in Friedman & Bloom
(2005) are notably different from those used by Ghirlanda et al.
(2004). In addition, we also considered a windlike circumburst
medium for some cases to calculate the jet half-opening angle,
while Ghirlanda et al. (2004) only regard an ISM-like circum-
burst medium. It is therefore not surprising that we do not exactly
reproduce their results (for a discussion, see also Friedman &

Fig. 6.—Distribution of the derived jet half-opening angle, %jet, of our sample
(x 4.2). GRB 980519 is not included here, since its redshift is not exactly known.

Fig. 7.—Plot of the Ghirlanda relation (Ghirlanda et al. 2004), as it follows
from our light-curve data (Table 1; x 4.2), in combination with the high-energy
data given in Friedman &Bloom (2005). GRB 1 is not shown because of the un-
certainty of its redshift, and GRBs 5, 6, and 7 are not included here, since Epeak is
not known. Our fit gives a slope of 0:79 % 0:09 if the outliers GRB 011211 (9)
and 020813 (12) are excluded. For comparison, the dotted line shows the re-
lation obtained by Ghirlanda et al. (2004) based on their database.
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Figure 1. Distributions of the jet opening angle (panel (a)) and the geometrically
corrected gamma-ray energy E! (panel (b)) for the 77 GRBs in Table 1. The
solid lines are the best fits to the data with a Gaussian function.
(A color version of this figure is available in the online journal.)

trigger the instrument. Even if the flux is over the threshold,
the trigger probability of a GRB strongly depends on its photon
flux (Qin et al. 2010). The probability of a GRB jet pointing
to the solid angle of an instrument is different for GRBs with
different "j. In addition, E! (or L! ) and "j are not directly
observable. The derivations of these parameters are mainly
based on the observed flux, redshift, and tj. However, both E!

(or L! ) and "j are degenerate for a flux-limited sample. This
means that an intrinsically dimmer GRB (with lower E! or L! )
may be detected by a given instrument in the case of a smaller "j.

In this paper, we investigate whether the observed redshift
dependences of jet opening angles and isotropic gamma-ray
luminosity of long GRBs can be explained with instrumental
selection effects and observational biases. Based on our results
we also estimate the local long GRB rate by considering the
beaming effect. We search for GRBs whose jet break times in
afterglow light curves are reported in the literature. The data
are reported in Section 2. Our models and results for Swift/BAT
sample are reported in Section 3. The conclusions and discussion
are presented in Section 4. Throughout we use cosmological
parameters H0 = 71 km s!1 Mpc!1, !M = 0.3, and !" = 0.7.

2. DATA

Our sample includes all GRBs whose jet break times (tj) are
measured in the radio, optical, and X-ray afterglow light curves,
regardless of whether the tj are achromatic, or detected only in
one band. Note that tentative achromatic jet breaks in the radio,
optical, and X-ray afterglow light curves are available for three
GRBs. We take the tj of these GRBs measured in the optical
afterglow light curves. Seventy-seven GRBs are included in our
sample. They are summarized in Table 1. Since different cosmo-
logical parameters and medium density surrounding the bursts
are used in calculations of "j in the literature, we re-derive Eiso,
"j, and E! in a consistent method with the same cosmologi-
cal parameters and the same jet model for a constant medium
density (Rhoads 1997; Sari et al. 1999; Frail et al. 2001) of

"j = 0.057 rad
!

tj

1 day

"3/8 !
1 + z

2

"!3/8 !
Eiso

1053 erg

"!1/8

"
# #!

0.2

$1/8 # n

0.1 cm!3

$1/8
, (1)

where n is the ambient medium density in unit of cm!3 and #!

is the efficiency of the fireball in converting the energy in the

Figure 2. Jet opening angles as a function of redshift for the 77 GRBs in
Table 1. The GRBs with tj measuring at different bands are marked with different
symbols as indicating in the legend. The solid line is the best fit to all data.
(A color version of this figure is available in the online journal.)

ejecta into gamma rays. We take #! = 0.2 and n # 0.1 cm!3 in
our calculations. The Eiso is calculated with

Eiso = 4$D2
LS!

(1 + z)
k, (2)

where S! is the observed gamma-ray fluence, DL is the lumi-
nosity distance at redshift z, and k is a factor to correct the
observed gamma-ray energy in a given bandpass to a broad
band (i.e., 1–104 keV in this analysis) with the observed GRB
spectra (Bloom et al. 2001). We collect the spectral parameters
for the burst in our sample from the literature. It is well known
that the GRB spectrum is well fit with the Band function (Band
et al. 1993). Because of the narrowness of the Swift/BAT band,
the spectra of most Swift GRBs in our sample are adequately fit
with a single power law, N $ E!# (Zhang et al. 2007; Sakamoto
et al. 2009). If the parameters of the Band function are unavail-
able for the Swift GRBs, we use an empirical relation between
the peak energy of the %f% spectrum and the photon index #,
i.e., log Ep = (2.76 ± 0.07) ! (3.61 ± 0.26) log # (Zhang et al.
2007), to estimate the Ep and take the low and high photon in-
dices as & = !1.1 and ' = !2.2 (Preece et al. 2000; Kaneko
et al. 2006). The geometrically corrected gamma-ray energy of
a GRB jet can be obtained with

E! = (1 ! cos "j)Eiso. (3)

The derived "j and E! are reported in Table 1. It is found that their
distributions are log-normal, as shown in Figure 1. The fits with
a Gaussian function yield log("j/rad) = (!1.31 ± 0.24) (1( )
and log(E! /erg) = (50.07 ± 0.91) (1( ), respectively. The "j as
a function of z is shown in Figure 2. A tentative anti-correlation
is observed. The best fit gives

log "j = (!0.90 ± 0.09) ! (0.94 ± 0.19) log(1 + z), (4)

with a Spearman correlation coefficient of 0.55, a standard de-
viation of 0.30, and a chance probability p < 10!4 for N = 77.

3. ANALYSIS OF THE INSTRUMENTAL
SELECTION EFFECTS

It is unclear whether the observed "j ! z dependence shown
above is due to observational selection effects or due to an intrin-
sic cosmological evolution feature of GRBs. In this section, we

2

Zhang et al 2015 give for this GRB an estimated value of 20 deg based on spectral fitting 
of the prompt and X-ray afterglow. However almost half of the GRBs in their sample has 
opening angle ~ 20 deg, and they get a bimodal distribution which is not consistent with jet 
opening angles determined “safely” from jet-breaks.

Conclusions

The beaming correction corresponding to 10 deg is 0.015. The one corresponding to 5 deg 
is ~ 0.005.  We adopted an intermediate beaming correction of 0.01 corresponding to an 
opening angle ~ 8 deg. Note that there is a break in the X-ray light-curve at t = 6 x 104 sec.
If one interprets this as a jet-break, the one can find a typical jet opening angle: ~ 3-4 deg 
in the range z=1-2, very compatible with the LGRB average.

Folding together the uncertainty in z (range 1-2) and the one in opening angle (beaming 
correction in the range 0.015-0.005) one finds that the energetics of the two events have 
an uncertainty of about a factor 10.

Beaming Correction

There is no observed achromatic jet-break so there is not well constrained estimate of the 
jet opening angle. 

The average angle of LGRB jet estimated from a sample with detected achromatic jet-
breaks, and it is shown that the average is ~ 5 deg with a maximum at 10 deg. There are  
a few outlier at higher angles. Shown below are distributions based on achromatic jet-
breaks by Guidorzi et al 2014, Zeh et al 2006, Lu et al 2012.
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parameters of the afterglow emission in conjunction with the real-
istic BOXFIT fitting code based on hydrodynamics simulations (van
Eerten et al. 2012). As noted above, this code is applicable when
most of the fireball energy has already been transferred to the ISM,
so is used separately to the early time modelling of the RS emission.
In the following sections, we discuss the implications derived from
our modelling: in particular, implications for GRB jet geometries
and the theoretical aspects of the code that could be improved to
allow better modelling of the data.

5.1 The nature of the afterglow peak

The afterglow peak is the result of the passage of !m, f through
the optical bands (Zhang et al. 2003), as was the case for other
exquisitely sampled GRBs (e.g. Zheng et al. 2012). To show this,
we obtained two SEDs: one is measured at the peak time, the other
refers to 70 ks after the burst. Fig. 6 displays the two SEDs together
with the models corresponding to the set of best-fitting parameters
obtained above. Noteworthy is how our radio measurements are
fully consistent with the broad-band evolution and clearly show the
self-absorbed regime of the synchrotron spectrum in the late SED.

The model predicts a steeper slope than that exhibited by the
optical data points. This is connected with the global cooling ap-
proximation issue: due to this, the model in Fig. 6 places the cooling
frequency !c, f below the optical points, while a correct treatment of
the local cooling would place it well above (see fig. 4 of van Eerten
et al. 2010), thus explaining both the common spectral regime be-
tween optical and X-rays as well as the normalization of the ob-
served X-ray flux. In this case, the need for matching the radio
and the optical fluxes with a more plausible optical slope than the
best-fitting model shown in Fig. 6 would require the FS peak flux
density in frequency, F!, max, f, to decrease with time. However, this
clashes with the F!, max, f ! t0 evolution expected in the homoge-
neous medium scenario assumed by the BOXFIT code. For a wind
density profile, it is F!, max, f ! t"1/2 (Chevalier & Li 1999). In Sec-
tion 4.2, we argued that a wind-like density profile is not ruled out
from the expected closure relation at late times. This suggests that a
local cooling treatment combined with the possibility of wind-like
environments could help to improve the modelling capabilities of
the BOXFIT code. A repeat run without cooling modelled the optical
slope slightly better, but did not improve the quality of the overall fit

Figure 6. Rest-frame SEDs at peak (circles and dashed line) and at 70 ks
(squares and solid lines) including radio and optical measurements. Optical
points have been corrected for dust extinction using AV = 0.22 mag for a
MW profile. Upside-down triangles are 3" upper limits. The thick solid line
shows the best-fitting model based on hydrodynamical simulations.

and caused a significantly worse fit to the radio data. This therefore
further confirms the need for a code development to include more
realistic cooling and density profiles.

5.2 An edge-on view of a wide jet

Excluding the X-ray data, the best-fitting parameters do not change
in essence and confirm the basic picture of a relatively wide jet
viewed from a direction close to the edge but still inside the jet
cone. Although the true #0 distribution is difficult to derive from
observations because of the numerous selection effects and obser-
vational biases (Bloom, Frail & Kulkarni 2003; Lu et al. 2012), past
data suggest the existence of comparably wide jets (Bloom et al.
2003; Fong et al. 2012), as clearly shown in Fig. 7 which displays
the #0 distribution for a number of Swift long GRBs. The FS micro-
physics parameters are within the range of typical values estimated
for other GRBs (Panaitescu & Kumar 2002), apart from the high
value of p, which is likely to be connected with the aforementioned
global cooling issue. The ISM particle density n is high, but still
within the high tail of the distribution.

The quality of the data set, combined with the capability of the
fitting code, allowed us to constrain both #0 and #obs, as shown by
Fig. 8, which compares the observed data and model with what an

Figure 7. Jet half-opening angle distribution for a number of Swift long
GRBs. GRB 120404A lies in the wide-angle tail.

Figure 8. Light curve in the i# band. The solid line shows the best-fitting
solution obtained for a jet opening angle #0 = 23$ and viewing angle
#obs = 21$. The dashed line shows what an on-axis observer would have
observed for the same GRB.
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It is difficult to quantify whether the outliers really represent a
different population or whether in these cases the light curves are
simply ill-defined. For example, the afterglow of GRB 000301C
was affected by a strong rebrightening episode that has been
modeled by a gravitational microlensing event (Garnavich et al.
2000). As these authors note, the removal of this event leads to
!1 ! 1:1, which would shift GRB 000301C toward the theo-
retical prediction of the ISM model with " < "c. In the case of
GRB 030226, there is evidence that the afterglow light curve
showed fluctuations. In combination with the relatively sparse
set of postbreak data, it is quite possible that the late-time ob-
servations stopped when the afterglow underwent a fluctuation,
so that finally the deduced postbreak decay slope is too large.
On the other hand, early-time spectra of this afterglow reveal
features that are best understood as due to a stellar wind profile
(Klose et al. 2004). In the case of GRB 030429, Jakobsson et al.
(2004b) found that the light curve undergoes a significant re-
brightening around 1.7 days after the burst. They suggested
excluding the data around the rebrightening from the fit and fix
!2 " 1:7 (deduced from the SED and the !-# relations). In this
case, the light curve would be compatible with an ISM/wind
model and " > "c, although it is unclear how large the error in
!2 would be.

If we neglect GRBs 000301C, 030226, and 030429, then
Figure 5 shows that the group of optical afterglows that is com-
patible with a wind model is notably larger than the group of
afterglows that prefers an ISM model. While basically all studies
in the literature agree that afterglows seem to separate into a group
that is best described by a wind model and a group that is best
described by an ISMmodel, our data show that the wind scenario
is statistically preferred. In fact, within their 1 $ error bars nearly
all (!1; !2) pairs are compatible with a wind profile, while for
the ISM model such a statement is clearly ruled out.

4.2. The Jet Opening Angles

Figure 6 displays the distribution of the jet half-opening
angle, %jet, for our sample of 16 bursts (GRB 980519 is not in-
cluded, as no redshift of this burst is known) as derived from the
observed break time, assuming the uniform jet model (Rhoads
1999). We calculated %jet following Sari et al. (1999) for an ISM
medium (GRBs 990510, 000301C, 011211, 020813, 030226,
and 030429) and Bloom et al. (2003) for a windlike medium
(GRBs 990123, 991216, 000926, 010222, 011121, 020124,
020405, 030328, and 041006), according to the results obtained

for the density profile of the individual afterglows (x 4.1). For
the isotropic equivalent energy Eiso, the radiation efficiency, and
the redshift, we adopted the values given by Friedman&Bloom
(2005). In the case of an ISM model, we used the circumburster
density as given in Friedman & Bloom (2005), while for the
wind model, we assumed a mass-loss rate to wind speed ratio of
A# " 1 (cf. Chevalier & Li 2000). The distribution of %jet that
we have found is strongly asymmetric, with a peak between 2$

and 5$, has a lower cutoff around 2$, and rapidly falls toward
larger angles, in agreement with what has been found in pre-
vious studies (Frail et al. 2001; Panaitescu & Kumar 2001b,
2002; Bloom et al. 2003).

4.3. Correlations

Using the derived jet half-opening angles (x 4.2), we find that
the distribution of the beaming corrected energy release in the
gamma-ray band ranges from Ecor " 1049:9 ergs (GRB 041006)
to Ecor " 1051:4 ergs (GRB 990123). In combination with the
corresponding peak energies, Epeak, in the gamma-ray band
(Friedman & Bloom 2005), in Figure 7 we plot the correlation
between Ecor and Epeak in the GRB host frame, as it was first
reported by Ghirlanda et al. (2004). Considering bursts 9 and 12
as outliers and excluding them from the fit, we find Epeak ’
748 (E51;cor)

&, with & " 0:79 % 0:09. This is in qualitative agree-
mentwith Ghirlanda et al. (2004), aswell aswithDai et al. (2004).
On the other hand, there are differences, in particular concern-
ing the existence of the two outliers. They can be understood,
however, since the fit includes assumptions about the gas density
in the GRB environment, which enters the calculation of the jet
opening angle. We made use of the values provided by Friedman
& Bloom (2005), and these are higher by a factor of 10/3 com-
pared to the values used by Ghirlanda et al. (2004). In addition,
in several cases the gamma-ray data given in Friedman & Bloom
(2005) are notably different from those used by Ghirlanda et al.
(2004). In addition, we also considered a windlike circumburst
medium for some cases to calculate the jet half-opening angle,
while Ghirlanda et al. (2004) only regard an ISM-like circum-
burst medium. It is therefore not surprising that we do not exactly
reproduce their results (for a discussion, see also Friedman &

Fig. 6.—Distribution of the derived jet half-opening angle, %jet, of our sample
(x 4.2). GRB 980519 is not included here, since its redshift is not exactly known.

Fig. 7.—Plot of the Ghirlanda relation (Ghirlanda et al. 2004), as it follows
from our light-curve data (Table 1; x 4.2), in combination with the high-energy
data given in Friedman &Bloom (2005). GRB 1 is not shown because of the un-
certainty of its redshift, and GRBs 5, 6, and 7 are not included here, since Epeak is
not known. Our fit gives a slope of 0:79 % 0:09 if the outliers GRB 011211 (9)
and 020813 (12) are excluded. For comparison, the dotted line shows the re-
lation obtained by Ghirlanda et al. (2004) based on their database.
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Figure 1. Distributions of the jet opening angle (panel (a)) and the geometrically
corrected gamma-ray energy E! (panel (b)) for the 77 GRBs in Table 1. The
solid lines are the best fits to the data with a Gaussian function.
(A color version of this figure is available in the online journal.)

trigger the instrument. Even if the flux is over the threshold,
the trigger probability of a GRB strongly depends on its photon
flux (Qin et al. 2010). The probability of a GRB jet pointing
to the solid angle of an instrument is different for GRBs with
different "j. In addition, E! (or L! ) and "j are not directly
observable. The derivations of these parameters are mainly
based on the observed flux, redshift, and tj. However, both E!

(or L! ) and "j are degenerate for a flux-limited sample. This
means that an intrinsically dimmer GRB (with lower E! or L! )
may be detected by a given instrument in the case of a smaller "j.

In this paper, we investigate whether the observed redshift
dependences of jet opening angles and isotropic gamma-ray
luminosity of long GRBs can be explained with instrumental
selection effects and observational biases. Based on our results
we also estimate the local long GRB rate by considering the
beaming effect. We search for GRBs whose jet break times in
afterglow light curves are reported in the literature. The data
are reported in Section 2. Our models and results for Swift/BAT
sample are reported in Section 3. The conclusions and discussion
are presented in Section 4. Throughout we use cosmological
parameters H0 = 71 km s!1 Mpc!1, !M = 0.3, and !" = 0.7.

2. DATA

Our sample includes all GRBs whose jet break times (tj) are
measured in the radio, optical, and X-ray afterglow light curves,
regardless of whether the tj are achromatic, or detected only in
one band. Note that tentative achromatic jet breaks in the radio,
optical, and X-ray afterglow light curves are available for three
GRBs. We take the tj of these GRBs measured in the optical
afterglow light curves. Seventy-seven GRBs are included in our
sample. They are summarized in Table 1. Since different cosmo-
logical parameters and medium density surrounding the bursts
are used in calculations of "j in the literature, we re-derive Eiso,
"j, and E! in a consistent method with the same cosmologi-
cal parameters and the same jet model for a constant medium
density (Rhoads 1997; Sari et al. 1999; Frail et al. 2001) of

"j = 0.057 rad
!

tj

1 day

"3/8 !
1 + z

2

"!3/8 !
Eiso

1053 erg

"!1/8

"
# #!

0.2

$1/8 # n

0.1 cm!3

$1/8
, (1)

where n is the ambient medium density in unit of cm!3 and #!

is the efficiency of the fireball in converting the energy in the

Figure 2. Jet opening angles as a function of redshift for the 77 GRBs in
Table 1. The GRBs with tj measuring at different bands are marked with different
symbols as indicating in the legend. The solid line is the best fit to all data.
(A color version of this figure is available in the online journal.)

ejecta into gamma rays. We take #! = 0.2 and n # 0.1 cm!3 in
our calculations. The Eiso is calculated with

Eiso = 4$D2
LS!

(1 + z)
k, (2)

where S! is the observed gamma-ray fluence, DL is the lumi-
nosity distance at redshift z, and k is a factor to correct the
observed gamma-ray energy in a given bandpass to a broad
band (i.e., 1–104 keV in this analysis) with the observed GRB
spectra (Bloom et al. 2001). We collect the spectral parameters
for the burst in our sample from the literature. It is well known
that the GRB spectrum is well fit with the Band function (Band
et al. 1993). Because of the narrowness of the Swift/BAT band,
the spectra of most Swift GRBs in our sample are adequately fit
with a single power law, N $ E!# (Zhang et al. 2007; Sakamoto
et al. 2009). If the parameters of the Band function are unavail-
able for the Swift GRBs, we use an empirical relation between
the peak energy of the %f% spectrum and the photon index #,
i.e., log Ep = (2.76 ± 0.07) ! (3.61 ± 0.26) log # (Zhang et al.
2007), to estimate the Ep and take the low and high photon in-
dices as & = !1.1 and ' = !2.2 (Preece et al. 2000; Kaneko
et al. 2006). The geometrically corrected gamma-ray energy of
a GRB jet can be obtained with

E! = (1 ! cos "j)Eiso. (3)

The derived "j and E! are reported in Table 1. It is found that their
distributions are log-normal, as shown in Figure 1. The fits with
a Gaussian function yield log("j/rad) = (!1.31 ± 0.24) (1( )
and log(E! /erg) = (50.07 ± 0.91) (1( ), respectively. The "j as
a function of z is shown in Figure 2. A tentative anti-correlation
is observed. The best fit gives

log "j = (!0.90 ± 0.09) ! (0.94 ± 0.19) log(1 + z), (4)

with a Spearman correlation coefficient of 0.55, a standard de-
viation of 0.30, and a chance probability p < 10!4 for N = 77.

3. ANALYSIS OF THE INSTRUMENTAL
SELECTION EFFECTS

It is unclear whether the observed "j ! z dependence shown
above is due to observational selection effects or due to an intrin-
sic cosmological evolution feature of GRBs. In this section, we

2

Zhang et al 2015 give for this GRB an estimated value of 20 deg based on spectral fitting 
of the prompt and X-ray afterglow. However almost half of the GRBs in their sample has 
opening angle ~ 20 deg, and they get a bimodal distribution which is not consistent with jet 
opening angles determined “safely” from jet-breaks.

Conclusions

The beaming correction corresponding to 10 deg is 0.015. The one corresponding to 5 deg 
is ~ 0.005.  We adopted an intermediate beaming correction of 0.01 corresponding to an 
opening angle ~ 8 deg. Note that there is a break in the X-ray light-curve at t = 6 x 104 sec.
If one interprets this as a jet-break, the one can find a typical jet opening angle: ~ 3-4 deg 
in the range z=1-2, very compatible with the LGRB average.

Folding together the uncertainty in z (range 1-2) and the one in opening angle (beaming 
correction in the range 0.015-0.005) one finds that the energetics of the two events have 
an uncertainty of about a factor 10.

Assumed 

Z=1
fb=0.01



2016 N. Bucciantini: Istanbul CompStar 2016

Spin-down evolution I

33

Spin-down Energetic for the First Event

Let assume that the initial hadron star loses its rotational energy via a wind with a spin-
down luminosity given that the Force-Free dipole formula for an aligned rotator. Then the 
total energy lost in a time T_1 is:

where Omega_o is the initial angular velocity, B is the magnetic field at the pole, I the 
moment of inertia, R the radius, and we have added a factor eta_w > 1 that takes into 
account how mass loss of the initial neutrino driven phase enhances the spin-down losses 
with respect to the force free case. And the rotational rate at time T_1 is given by:

 The first event has a duration of T_1 ~ 80 /(1+z) sec. Its beamed corrected energy is: 

E(1) = 6.6 x 1051 f-2  z 2.669/ (1+z)1.362 erg
! ! ! !
! ! ! ! ! ! => 2.56 f-2  x 1051 erg at z=1
! ! ! ! ! ! => 9.40 f-2  x 1051 erg at z=2

where we have added a factor eta_w > 1 that take into account how mass loss of the initial 
neutrino driven phase enhances the spin-down losses with respect to the force free case. 
We expect eta_w to be of the order of a few (3-5)  as shown in Fig 2 of Metzger et al 2011, 
and not much higher. Of course there will also be a radiative efficiency eta_rad < 1.

The moment of inertia I is equal to 3 x 1045 g cm2 (derived from numerical models in the 
relevant mass and rotational frequency range). The radius is 12 km (derived from 
numerical simulations in the relevant mass and rotational frequency range).

We assume z=1,and a value of eta_w=4.

In the plot the contours show as a function of the 
initial spin period and initial magnetic field the 
rotational energy that can be extracted by the 
wind from the NS in the first T_1 = 80/(1+z) sec. 
The labels indicate the ratio of the energy 
extracted over E(1).
Configurations laying below the dashed line have 
an initial spin down luminosity too small to power 
the first event. Configurations above the dashed 
line extract more energy that what is necessary to 
power the first event, so they correspond to  
radiative efficiencies smaller then unity. 
Configurations on the dashed line extract the 
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The first even can be easily modeled within the millisecond magnetar scenario
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Energy lost during the first event and final rotation rate
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Let assume that the initial hadron star loses its rotational energy via a wind with a spin-
down luminosity given that the Force-Free dipole formula for an aligned rotator. Then the 
total energy lost in a time T_1 is:

where Omega_o is the initial angular velocity, B is the magnetic field at the pole, I the 
moment of inertia, R the radius, and we have added a factor eta_w > 1 that takes into 
account how mass loss of the initial neutrino driven phase enhances the spin-down losses 
with respect to the force free case. And the rotational rate at time T_1 is given by:
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The moment of inertia I is equal to 3 x 1045 g cm2 (derived from numerical models in the 
relevant mass and rotational frequency range). The radius is 12 km (derived from 
numerical simulations in the relevant mass and rotational frequency range).
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In the plot the contours show as a function of the 
initial spin period and initial magnetic field the 
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Let assume that the initial hadron star loses its rotational energy via a wind with a spin-
down luminosity given that the Force-Free dipole formula for an aligned rotator. Then the 
total energy lost in a time T_1 is:

where Omega_o is the initial angular velocity, B is the magnetic field at the pole, I the 
moment of inertia, R the radius, and we have added a factor eta_w > 1 that takes into 
account how mass loss of the initial neutrino driven phase enhances the spin-down losses 
with respect to the force free case. And the rotational rate at time T_1 is given by:
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where we have added a factor eta_w > 1 that take into account how mass loss of the initial 
neutrino driven phase enhances the spin-down losses with respect to the force free case. 
We expect eta_w to be of the order of a few (3-5)  as shown in Fig 2 of Metzger et al 2011, 
and not much higher. Of course there will also be a radiative efficiency eta_rad < 1.

The moment of inertia I is equal to 3 x 1045 g cm2 (derived from numerical models in the 
relevant mass and rotational frequency range). The radius is 12 km (derived from 
numerical simulations in the relevant mass and rotational frequency range).

We assume z=1,and a value of eta_w=4.
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exact amount necessary to power the first event 
and they require a radiative efficiency eta_rad=1. 
We also plotted a dotted line corresponding to 0.5 
(this will be the threshold if the beaming angle was 
assumed to be 5 deg.

In this plot we show the rotational period after the 
first episode, in millisecond.

This show the amount of spindown due to the first 
neutrino driven wind that powers the first event.

Spin-down during the gap leading to QS

The duration  of the gap is T_2 = 600/(1+z) sec.
We Assume during this phase that the star spin-down according to Force-Free dipole spin 
down losses (corresponding to setting eta_w=1 in the previous equations). We select only 
those masses such that the spin-down leads to quark-deconfinement in a time T_2

We show as a function of the initial spin period and magnetic field the rotation rate just 
before deconfinement (left) and the mass that gives the correct delay for the gap (right).

Assume FF spin-down with no mass loading 
enhancement for the duration of the gap.

exact amount necessary to power the first event 
and they require a radiative efficiency eta_rad=1. 
We also plotted a dotted line corresponding to 0.5 
(this will be the threshold if the beaming angle was 
assumed to be 5 deg.

In this plot we show the rotational period after the 
first episode, in millisecond.

This show the amount of spindown due to the first 
neutrino driven wind that powers the first event.

Spin-down during the gap leading to QS

The duration  of the gap is T_2 = 600/(1+z) sec.
We Assume during this phase that the star spin-down according to Force-Free dipole spin 
down losses (corresponding to setting eta_w=1 in the previous equations). We select only 
those masses such that the spin-down leads to quark-deconfinement in a time T_2

We show as a function of the initial spin period and magnetic field the rotation rate just 
before deconfinement (left) and the mass that gives the correct delay for the gap (right).

Given the rotation at the end of phase 1 and the duration of the gap there is only one Possible value of 
the mass where the delay correspond to the time for QD

Value of the mass 
in the range 

1.70-1.72 M_sun
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AT QD the rotation rate changes

Spin-down Energetic for the First Event

We assume that the second even has a duration T_3=200/(1+z) s (we focus on the 
brighter part)

Due to quark-deconfinement the rotation rate decreases (from numerical simulations) as

While the radius increases to 14.5 km (from numerical simulations), the moment of inertia 
rises to 4.7 x 1045 g cm2 (again from our numerical simulations), and we assume that the 
magnetic field of the quark star scales as the square ratio of the radii with respect to the 
hadron star. We again computed the energy lost in a time T_3 and compared with E(2) the 
energy required for the second event, using the EM formula given at the beginning with 
the same efficacy eta_w=4 to account again for the effect of mass loading.

E(2) = 1.122 x 1051 f-2  z 2.669/ (1+z)1.362 erg
! ! ! !
! ! ! ! ! ! => 0.43 f-2  x 1051 erg at z=1
! ! ! ! ! ! => 1.60 f-2  x 1051 erg at z=2

Conclusions

Note that for initial spin period 1-1.6 ms, initial magnetic field ~ 2 x1015 G (assuming in the 
two episode an efficiency ~ 4) and masses in the range 1.73-1.70 M_sun, we get 
configurations that have enough energy to power the first and second events , and that 
accommodate the correct delay for the gap.

⌦qs = 0.55⌦hs

by the EM mass loaded wind of the 
rotating QS compared with the energy in 

the second event?
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! ! ! ! ! ! => 1.60 f-2  x 1051 erg at z=2

Conclusions

Note that for initial spin period 1-1.6 ms, initial magnetic field ~ 2 x1015 G (assuming in the 
two episode an efficiency ~ 4) and masses in the range 1.73-1.70 M_sun, we get 
configurations that have enough energy to power the first and second events , and that 
accommodate the correct delay for the gap.

⌦qs = 0.55⌦hs

How much energy can be extracted 
in time (brighter)
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While the radius increases to 14.5 km (from numerical simulations), the moment of inertia 
rises to 4.7 x 1045 g cm2 (again from our numerical simulations), and we assume that the 
magnetic field of the quark star scales as the square ratio of the radii with respect to the 
hadron star. We again computed the energy lost in a time T_3 and compared with E(2) the 
energy required for the second event, using the EM formula given at the beginning with 
the same efficacy eta_w=4 to account again for the effect of mass loading.
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Conclusions

Note that for initial spin period 1-1.6 ms, initial magnetic field ~ 2 x1015 G (assuming in the 
two episode an efficiency ~ 4) and masses in the range 1.73-1.70 M_sun, we get 
configurations that have enough energy to power the first and second events , and that 
accommodate the correct delay for the gap.

⌦qs = 0.55⌦hs

Spin-down Energetic for the First Event

We assume that the second even has a duration T_3=200/(1+z) s (we focus on the 
brighter part)

Due to quark-deconfinement the rotation rate decreases (from numerical simulations) as

While the radius increases to 14.5 km (from numerical simulations), the moment of inertia 
rises to 4.7 x 1045 g cm2 (again from our numerical simulations), and we assume that the 
magnetic field of the quark star scales as the square ratio of the radii with respect to the 
hadron star. We again computed the energy lost in a time T_3 and compared with E(2) the 
energy required for the second event, using the EM formula given at the beginning with 
the same efficacy eta_w=4 to account again for the effect of mass loading.

E(2) = 1.122 x 1051 f-2  z 2.669/ (1+z)1.362 erg
! ! ! !
! ! ! ! ! ! => 0.43 f-2  x 1051 erg at z=1
! ! ! ! ! ! => 1.60 f-2  x 1051 erg at z=2

Conclusions

Note that for initial spin period 1-1.6 ms, initial magnetic field ~ 2 x1015 G (assuming in the 
two episode an efficiency ~ 4) and masses in the range 1.73-1.70 M_sun, we get 
configurations that have enough energy to power the first and second events , and that 
accommodate the correct delay for the gap.

⌦qs = 0.55⌦hs

There is indeed a range of masses - 
magnetic field, and initial spin period 

compatible with the energetic and 
timescale of the GRB

Confirmed using full spin-down 
evolutionary equations in GR (using 

detailed HS/QS GR models)
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Late activity / Extended Emission clearly point to long lived engine, 
favoring the Magnetar model.
The Millisecond Magnetar model naturally provides a long lived 
engine, but it is more constrained.
Not clear how to explain late flaring or bursting in this scenario, 
without resorting to ad-hoc accretion.
Time-reversal scenario more apt to explain the short spike
Phase transition to QS has been suggested in the two-families 
scenario.
Simple estimate of energetic ant timescale show that some “double 
events” could be associated with Quark Deconfinement.
Uncertainties remain in the properties of the PNS wind.

Thank you


