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Dark Matter Searches With Cosmic-Ray Antimatter  
!  Astrophysical sources of cosmic rays 

generally produce much more matter 
(electrons, protons, nuclei) than antimatter 
(positrons, antiprotons, anti-nuclei) 

!  In contrast, dark matter annihilations 
and decays are predicted (in most 
models) to generate equal quantities of 
matter and antimatter  

!  Since the 1980s, it has been argued that 
searches for cosmic-ray antimatter 
could be used to constrain or discover 
annihilating or decaying dark matter      
(Silk, Srednicki 1984; Stecker, Rudaz, Walsh 
1985; Ellis et al 1988; Kamionkowski and 
Turner 1991) 
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Modern Space-Based Cosmic Ray Detectors 
 
!  Experimental programs such as 

PAMELA and especially AMS-02 
have the sensitivity required to 
potentially test a wide range of dark 
matter models 

!  These experiments can separate 
cosmic rays by mass and charge, 
and have produced high-precision 
measurements of the spectra of 
many cosmic ray species 
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The PAMELA Positron Excess  
!  In 2008, the PAMELA Collaboration 

reported their measurement of the 
cosmic ray positron fraction, 
identifying an excess at energies 
above ~10 GeV (confirming earlier 
indications from HEAT and AMS-01) 

!  At the time, the reported spectrum 
could be fit by a wide range of 
annihilating dark matter models 
(~100 GeV to several TeV, 
annihilating to leptons or gauge 
bosons) 

!  This result generated an explosive 
response from the particle dark 
matter community (~1800 citations, 
the majority of which are about the 
implications for dark matter) 
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The Positron Fraction From AMS-02  
!  In 2011, the AMS-02 experiment was deployed on the ISS  
!  Beginning in 2013, the AMS Collaboration has reported measurements of 

the positron fraction, confirming PAMELA’s excess (also confirmed by 
Fermi), and extending this measurement to energies above ~400 GeV   
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Where Do The Positrons Come From?  
!  The anticipated background to the positron flux is generated by cosmic 

ray interactions with gas, yielding positrons through charged pion decay 
(ie. “secondary” positrons)   

!  The precise spectrum of these secondary positrons depends on the 
parameters of the cosmic-ray transport model (diffusion coefficients, 
boundary conditions, gas distributions, etc.), which are constrained by 
observations of other secondary-to-primary ratios                                    
(B/C, Ti/Fe, 9Be/10Be, etc.) 

!  For no empirically acceptable                  
combination of these parameters is                  
the positron fraction predicted to         
increase with energy 

!  Here is an example of a 2009 study              
that predicted the possible range of       
secondary positron fluxes                              
(the uncertainties are smaller now,                  
due to improved data)  M. Simet, DH, JCAP, arXiv:0904.2398 

 

FIG. 6: The positron fraction (top) and electron-plus-positron spectrum (bottom) predicted for the

range of propagation parameters which provide acceptable fits to the cosmic ray data, assuming an
injected electron spectrum described by dNe/dEe ∝ E−2.5

e . The solid line denotes the result using the

best fit propagation model, whereas the dark gray and light gray regions describe the results found
over the 1 and 2σ range of propagation models (see Fig. 1). Shown for comparison are data from the
PAMELA [7] and ATIC [14] experiments. It is clear that, without the inclusion of an additional source

of cosmic ray positrons/electrons, these models are inconsistent with the results of these experiments.
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Where Do The Positrons Come From?  
Three basic ideas have been proposed to generate the excess positrons: 
  

 1) Annihilating or decaying dark matter particles 

 2) The acceleration of secondary positrons within the  
     environments of cosmic-ray sources    
    (ie. supernova remnants) 

 3) Nearby primary sources of high-energy positrons   
    (ie. pulsars) 
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Annihilating Dark Matter and the Positron Excess  
!  When the PAMELA excess was first reported, it was possible to fit the data 

with a wide range of dark matter models 
!  Dark matter annihilating largely to leptons or gauge bosons could provide 

a good fit, with masses between ~100 GeV and a few TeV, and without 
necessarily requiring very large annihilation cross sections or boost 
factors 

Cholis, Goodenough, DH, Simet, Weiner, PRD, arXiv:0809.1683 
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FIG. 1: The positron fraction as a function of energy for various dark matter masses, annihilation modes and diffusion
parameters, compared to the background from secondary production alone (bottom line). In each frame, the annihilation rate
was chosen to produce the best fit to the PAMELA data above 10 GeV. The required boost factor was calculated using our
default values for the annihilation cross section (σv = 3 × 10−26 cm3/s) and the local dark matter density (0.35 GeV/cm3).

nels [29].

In summary, the PAMELA excess of high energy
positrons, confirming earlier excesses from HEAT and
AMS-01, raises the exciting possibility that we are seeing
evidence of dark matter annihilations. In this letter, we
have considered a range of dark matter annihilation chan-
nels and masses and find many scenarios which provide a
good fit to the data. In particular, dark matter annihila-
tions to leptons (especially e+e− and µ+µ−) quite easily
fit the observed spectrum. Annihilations to heavy quarks

or gauge bosons, in contrast, provide a poorer fit to the
data. This can be improved if most of the annihilations
occur locally (such as is expected if the Solar System re-
sides near a large subhalo or if the Galactic Magnetic
Field confines charged particles only to a region within
1-2 kpc of the Galactic Plane). In almost every case
we have considered, very large annihilation rates are re-
quired to produce the observed signal. In particular, 100
GeV (1 TeV) dark matter particles require annihilation
rates boosted by a factor of approximately ∼2.5 to 100



Annihilating Dark Matter and the Positron Excess  
!  With much more detailed measurements of the positron fraction from AMS 

(and of the electron+positron spectrum from Fermi and HESS), most of 
these dark matter models became incompatible with the data 

!  Dark matter models that can accommodate the data generally consist of a 
~1-3 TeV particle that annihilates to unstable intermediate states, which 
then decay to electrons, muons and/or charged pions 

!  Large annihilation cross sections are also required (~10-24 to 3x10-23 cm3/s), 
making constraints from Fermi and IceCube non-trivial to evade 

  

Cholis, DH, PRD, arXiv:1304.1840 
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FIG. 6: The same as in Figs. 1, 2, 4 and 5 but for a diffusion zone half-width of L = 8 kpc, and for broken power-law spectrum
of electrons injected from cosmic ray sources (dN

e
−/dE

e
− ∝ E−2.65

e
below 85 GeV and dN

e
−/dE

e
− ∝ E−2.3

e
above 85 GeV).

The cross sections are the same as given in the caption of Fig. 5. With this cosmic ray background, we show the dark matter
models compared to the measurements of the cosmic ray positron fraction and the overall leptonic spectrum. Even with the
presence of a break, there is a preference towards models with softer injection e± spectra; with the 1.6 TeV to e±, µ±, π± case
providing the best χ2/d.o.f. fit to the AMS (Fermi) lepton data of 0.82(0.51). The 2.5 TeV to 2µ+ 2µ−, gives a χ2/d.o.f. fit
of 1.32(1.07) and the 3.0 TeV to 2π+ 2π− a fit of 1.00(1.03). We remind that in the Fermi error-bars we do not include an
overall shift from the energy resolution uncertainty.

(1.1×105 years), although somewhat more distant (290
parsecs), and more slowly rotating (P = 390 ms). These
parameters, combined with their measurements of Ṗ , im-
ply that Geminga and B0656+14 have each lost approx-
imately 3 × 1049 erg and 1 × 1049 erg of rotational en-
ergy since their births, respectively. If 4-5% of this en-
ergy went into the production and acceleration of ener-
getic e+e− pairs, then these pulsars could be responsi-
ble for the observed rise in the cosmic ray positron frac-
tion [22, 23]. If we combine these two sources with the
somewhat smaller contribution expected from the sum
of all more distant pulsars [22], we estimate that if 3-
4% of the total energy from pulsars goes into energetic
pairs, this would be sufficient to account for the observed
positrons.

IV. SUMMARY AND DISCUSSION

In this paper, we have revisited both annihilating dark
matter and pulsars as possible sources of the rising cos-
mic ray positron fraction. Using the newly published,
high precision data from AMS, we have considered a wide
range of dark matter models and cosmic ray propagation
models. We find that models in which the dark mat-
ter annihilates directly to leptons (e+e− or µ+µ−) are
no longer capable of producing the observed rise in the
positron fraction. Models in which the dark matter an-
nihilates into light intermediate states which then decay
into combinations of muons and charged pions, however,
can accommodate the new data (see Fig. 6). In those
dark matter models still capable of generating the ob-
served positron excess, the dark matter’s mass and anni-

hilation cross section fall in the range of ∼1.5-3 TeV and
⟨σv⟩ ∼ (6− 23)× 10−24 cm3/s.
We have also considered pulsars as a possible source

of the observed positrons. In particular, we find that for
reasonable choices of spectral parameters and spatial dis-
tributions, the sum of all pulsars in the Milky Way could
account for the observed positrons (see Fig. 8) if, on av-
erage, 10-20% of their total energy goes into the produc-
tion and acceleration of electron-positron pairs (assuming
a birth rate of one per century throughout the Galaxy,
each with an average total energy of 1049). It may also be
the case that a small number of nearby and young pulsars
(most notably Geminga and B0656+14) could dominate
the local cosmic ray positron flux at energies above sev-
eral tens of GeV. Taking into account these two excep-
tional sources, we estimate that if 3-4% of the total en-
ergy from pulsars goes into energetic pairs, these objects
could be responsible for the observed positron fraction.
Currently, we cannot yet discriminate between dark

matter and pulsars as the source of the observed positron
excess. We are hopeful, however, that future data from
AMS may change this situation. In addition to contin-
uing to improve the precision of their measurement of
the positron fraction and extending this measurement to
higher energies, AMS will also measure with unprece-
dented precision a number of secondary-to-primary ratios
of cosmic ray nuclei species, which can be used to con-
strain many aspects of the underlying cosmic rays propa-
gation model. Of particular importance is the 10Be/9Be
ratio, for which existing measurements are limited to en-
ergies below 2 GeV (kinetic energy per nucleon), and with
large errors (for a compilation of such measurements, see
Tables I and II of Ref. [63]). In contrast, AMS is ex-
pected to measure this ratio with much greater precision,



Annihilating Dark Matter and the Positron Excess  
!  Here is an example that makes clear why dark matter annihilating to tau 

leptons is ruled out (by both Fermi/HESS, and to a lesser extent IceCube) 
!  Annihilation channels to muons, electrons and charged pions are the only 

way to come even close to evading the gamma-ray constraints – and even 
then, there is some tension 

  

IceCube Collaboration, EPJC, arXiv:1606.00209 
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Annihilating Dark Matter and the Positron Excess  
!  Consider approximately the most favorable example: a 1.6 TeV dark matter 

candidate that annihilates to light intermediate particles which decay with 
branching fractions of 1:1:2 to electrons, muons and charged pions – this 
fits the positron data well for an annihilation cross section of σv ≈ 6×10-24 cm3/s 

!  Fermi observations (especially from the Inner Galaxy) lead to a constraint 
of σv < 8.9×10-25 cm3/s (3σ CL) for this model 

!  If we vary the parameters associated with the ISM (gas distribution, 
radiation densities, etc.), we can reduce this constraint by a factor of ~2 

!  If the dark matter halo profile of the                  
Milky Way is taken to have a large,          
flat-density core, we can reduce                          
this constraint by a factor of ~3    

!  Taken together, such a scenario                       
is just marginally consistent with                            
the existing Fermi data 

  
Tavakoli, Cholis, Evoli, Ullio, JCAP, arXiv:1308.4135 
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Figure 2. Relative strength of 3σ upper limits on DM annihilation cross section for different channels
and masses and for a given DM profile. Darker regions give stronger limits. Numbers give the ratio
of the 3σ upper limit from each window to the lowest 3σ upper limit among 60 windows under study,
σv3σ/σv3σmin. Top left: DM particles with mχ = 10 GeV annihilating into bb̄. The window with
−5◦ < b < 0◦, −30◦ < l < 0◦ gives the tightest 3σ upper limit on annihilation cross section with
σv3σmin = 1.08× 10−27 cm3s−1. Top right: the same as left panel with the total gas contribution free
within a factor of 2. The tightest 3σ annihilation cross section is σv3σmin = 2.49×10−27 cm3s−1. Middle
left : DM particles with mχ = 100 GeV annihilating into W+W−. The tightest 3σ limit is from the
window of 5◦ < b < 10◦, 0◦ < l < 30◦ and is equal to σv3σmin = 1.11 × 10−25 cm3s−1. Middle right:
the same as left panel with ”free” total gas. The tightest 3σ limit is σv3σmin = 9.3 × 10−26 cm3s−1.
Bottom left : DM particles with mχ = 1.6 TeV annihilating into a pair of intermediate light bosons
φ which then decay to e+e−, µ+µ− and π+π− at a ratio of 1:1:2. The tightest 3σ limit is from the
window of −10◦ < b < −5◦, 0◦ < l < 30◦ and is equal to σv3σmin = 8.9× 10−25 cm3s−1. Bottom right:
the same as left panel with ”free” total gas. The tightest 3σ limit is σv3σmin = 7.1× 10−25 cm3s−1.

ratios of σv3σBi
/σv3σA and present in Fig. 3 the value of the ratio that deviated the most from

1. This is a probe for the robustness of the 3σ upper limits given that all these models have

– 8 –



Constraining Annihilating Dark Matter With The 
Cosmic Ray Positron Fraction  

!  Regardless of what sources or mechanisms generate the positron 
excess, the shape of the positron fraction can be used to constrain 
annihilating dark matter models, especially for dark matter that 
annihilates significantly to charged leptons 

!  Annihilations to charged leptons yield a distinctive spectral feature, 
which is not seen in the measured positron fraction 
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FIG. 3. Upper limits (95% CL) on the DM annihilation cross
section, as derived from the AMS positron fraction, for various
final states (this work), WMAP7 (for ℓ+ℓ−) [44] and Fermi
LAT dwarf spheroidals (for µ+µ− and τ+τ−) [43]. The dotted
portions of the curves are potentially affected by solar modu-
lation. We also indicate ⟨σv⟩therm ≡ 3 × 10−26 cm3s−1. The
AMS limits are shown for reasonable reference values of the
local DM density and energy loss rate (see text), and can vary
by a factor of a few, as indicated by the hatched band (for
clarity, this band is only shown around the e+e− constraint).

our upper bound on the annihilation cross section to
e+e− is approximately two orders of magnitude below
⟨σv⟩therm. If only a fraction f of DM annihilates like
assumed, limits would scale like f−2 (and, very roughly,
⟨σv⟩therm ∝ f−1). We also show in Fig. 3 the upper
bounds obtained for other leptonic final states. As ex-
pected, these limits are weaker than those found in the
case of direct annihilation to electrons – both because
part of the energy is taken away by other particles (neu-
trinos, in particular) and because they feature broader
and less distinctive spectral shapes. These new limits
on DM annihilating to µ+µ− and τ+τ− final states are
still, however, highly competitive with or much stronger
than those derived from other observations, such as from
the cosmic microwave background [44] and from gamma-
ray observations of dwarf galaxies [43]. Note that for
the case of e+e−γ final states even stronger limits can
be derived for mχ ! 50GeV by a spectral analysis of
gamma rays [73]. We do not show results for the b̄b
channel, for which we nominally find even weaker lim-
its due to the broader spectrum (for mχ ≃ 100GeV,
about ⟨σv⟩ " 1.1 · 10−24 cm3s−1). In fact, due to de-
generacies with the background modeling, limits for an-
nihilation channels which produce such a broad spectrum
of positrons can suffer from significant systematic uncer-
tainties. For this reason, we consider our limits on the
e+e− channel to be the most robust.
Uncertainties in the e± energy loss rate and local DM

density weaken, to some extent, our ability to robustly
constrain the annihilation cross sections under consid-
eration in Fig. 3. We reflect this uncertainty by show-

ing a band around the e+e− constraint, corresponding
to the range Urad + UB = (1.2 − 2.6) eV cm−3, and
ρ⊙χ = (0.25− 0.7)GeV cm−3 [61, 74] (note that the form
of the DM profile has a much smaller impact). Uncer-
tainty bands of the same width apply to each of the other
final states shown in the figure, but are not explicitly
shown for clarity. Other diffusion parameter choices im-
pact our limits only by up to ∼10%, except for the case
of low DM masses, for which the effect of solar modula-
tion may be increasingly important [53, 75]. We reflect
this in Fig. 3 by depicting the limits derived in this less
certain mass range, where the peak of the signal e+ flux
(as shown in Fig. 1) falls below a fiducial value of 5GeV,
with dotted rather than solid lines.

For comparison, we have also considered a collection
of physical background models in which we calculated
the expected primary and secondary lepton fluxes using
GALPROP, and then added the contribution from all
galactic pulsars. While this leads to an almost identical
description of the background at high energies as in the
phenomenological model, small differences are manifest
at lower energies due to solar modulation and a spec-
tral break [55, 76, 77] in the CR injection spectrum at a
few GeV (both neglected in the AMS parameterization).
We cross-check our fit to the AMS positron fraction with
lepton measurements by Fermi [64]. Using these physical
background models in our fits, instead of the phenomeno-
logical AMS parameterization, the limits do not change
significantly. The arguably most extreme case would be
the appearance of dips in the background due to the su-
perposition of several pulsar contributions, which might
conspire with a hidden DM signal at almost exactly the
same energy. We find that in such situations, the real lim-
its on the annihilation rate could be weaker (or stronger)
by up to roughly a factor of 3 for any individual value of
mχ. See the Appendix [45] for more details and further
discussion of possible systematics that might affect our
analysis.

Lastly, we note that the upper limits on ⟨σv⟩(mχ) re-
ported in Fig. 3 can easily be translated into upper limits
on the decay width of a DM particle of mass 2mχ via
Γ ≃ ⟨σv⟩ρ⊙χ /mχ. We checked explicitly that this sim-
ple transformation is correct to better than 10% for the
L =4 kpc propagation scenario and e+e− and µ+µ− final
states over the full considered energy range.

Conclusions. In this Letter, we have considered a
possible dark matter contribution to the recent AMS cos-
mic ray positron fraction data. The high quality of this
data has allowed us for the first time to successfully per-
form a spectral analysis, similar to that used previously
in the context of gamma ray searches for DM. While we
have found no indication of a DM signal, we have derived
upper bounds on annihilation and decay rates into lep-
tonic final states that improve upon the most stringent
current limits by up to two orders of magnitude. For
light DM in particular, our limits for e+e− and µ+µ− fi-
nal states are significantly below the cross section naively
predicted for a simple thermal relic. When taken together

Bergstrom, Bringmann, Cholis, DH, Weniger, PRL, arXiv:1306.3983 
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FIG. 1. The e± spectrum from annihilating DM, after
propagation, for different annihilation final states, assum-
ing ⟨σv⟩= 3 × 10−26 cm3s−1. Solid lines refer to refer-
ence diffusion zone (L=4kpc) and energy loss assumptions
(Urad + UB = 1.7 eV cm−3). Dashed (dotted) lines show the
effect of a different scale height L=8 (2) kpc. The dash-dotted
line shows the impact of increasing the local radiation plus
magnetic field density to Urad + UB = 2.6 eV cm−3.

depends on our local diffusion and energy loss assump-
tions within the range discussed above. Increasing L en-
ables CR leptons to reach us from greater distances due
to the larger diffusion volume and therefore results in
softer propagated spectra. While the peak normalization
of the spectrum depends only marginally on L, it may be
reduced by up to a factor of ∼2 when increasing the as-
sumed local energy losses via synchrotron radiation and
inverse Compton scattering by 50%. In Fig. 2, we show a
direct comparison of the DM signal with the AMS data,
for the case of e+e− final states contributing at the max-
imum level allowed by our constraints (see below) for two
fiducial values of mχ. Again, it should be obvious that
the shape of the DM contribution differs at all energies
significantly from that of the background.
Statistical treatment. We use the likelihood ratio

test [63] to determine the significance of, and limits on,
a possible DM contribution to the positron fraction mea-
sured by AMS. As likelihood function, we adopt a prod-
uct of normal distributions L =

!
iN(fi|µi,σi); fi is the

measured value, µi the positron fraction predicted by the
model, and σi its variance. The DM contribution enters
with a single degree of freedom, given by the non-negative
signal normalization. Upper limits at the 95%CL on the
DM annihilation or decay rate are therefore derived by
increasing the signal normalization from its best-fit value
until −2 lnL is changed by 2.71, while profiling over the
parameters of the background model.
We use data in the energy range 1–350GeV; the vari-

ance σi is approximated by adding the statistical and
systematic errors of the measurement in quadrature,
σi = (σ2

i,stat + σ2
i,sys)

1/2. Since the total relative error is
always small (below 17%), and at energies above 4GeV
dominated by statistics, we expect this approximation to
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FIG. 2. The AMS positron fraction measurement [2] and
background+signal fit for DM annihilating directly to e+e−,
for mχ = 10GeV and 100GeV. The normalization of the DM
signal in each case was chosen such that it is barely excluded
at the 95% CL. For better visibility, the contribution from
DM (lower lines) has been rescaled as indicated.

be very reliable. The binning of the published positron
fraction follows the AMS energy resolution, which varies
between 10.4% at 1GeV and 1.5% at 350GeV. Although
we do not account for the finite energy resolution of AMS
in our analysis, we have explicitly checked that this im-
pacts our results by no more than 10%.

As our nominal model for the part of the e± spec-
trum that does not originate from DM, henceforth sim-
ply referred to as the astrophysical background, we use
the same phenomenological parameterization as the AMS
collaboration in their analysis [2]. This parameterization
describes each of the e± fluxes as the sum of a common
source spectrum – modeled as a power-law with expo-
nential cutoff – and an individual power-law contribution
(only the latter being different for the e+ and e− fluxes).
After adjusting normalization and slope of the secondary
positrons such that the overall flux reproduces the Fermi
e++e− measurements [64], the five remaining model pa-
rameters are left unconstrained. This phenomenological
parameterization provides an extremely good fit (with a
χ2/d.o.f. = 28.5/57), indicating that no fine structures
are observed in the AMS data. For the best-fit spectral
slopes of the individual power-laws we find γe− ≃ 3.1
and γe+ ≃ 3.8, respectively, and for the common source
γe± ≃ 2.5 with a cutoff at Ec ≃800GeV, consistent with
Ref. [2]. Subsequently, we will keep Ec fixed to its best-fit
value.

Results and Discussion. Our main results are the
bounds on the DM annihilation cross section, as shown
in Fig. 3. No significant excess above background was
observed. For annihilations proceeding entirely to e+e−

final states, we find that the “thermal” cross section is
firmly excluded for mχ ! 90GeV. For mχ ∼ 10GeV,
which is an interesting range in light of recent results
from direct [65–69] and indirect [70–72] DM searches,



Sidebar: Annihilating Dark Matter And                       
Cosmic-Ray Antiprotons  

Dark matter searches using antiprotons are complementary to positron 
searches for a number of reasons 
!  Sensitive to different dark matter models (non-leptophillic models, etc.) 
!  Probe a large fraction of the Galactic Halo (not just the surrounding ~kpc) 
!  Compared to positrons, there is much less astrophysical production of 

cosmic-ray antiprotons (p/p~10-4, rather than e+/e-~10-1) 
!  I’d argue that an antiproton excess could potentially be interpreted as a 

more robust detection of dark matter 

          Dan Hooper – Making Sense of Cosmic Rays 



Sidebar: Annihilating Dark Matter And                       
Cosmic-Ray Antiprotons  

!  In the PAMELA antiproton spectrum, there 
are hints of an excess (relative to standard   
secondary production), at ~3 GeV 

!  Limited statistics, and sizable systematic 
uncertainties, made it difficult to draw any 
strong conclusions  

          Dan Hooper – Making Sense of Cosmic Rays 
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FIG. 1: The cosmic ray antiproton spectrum as measured by PAMELA [10], compared to predicted flux of secondaries (as
calculating using GALPROP, see Sec. II). The bands represent the 68% and 95% CL contours, as fit to the measured spectra
of cosmic ray boron, carbon, oxygen and beryllium, as described in Trotta et al. [25]. The antiproton spectrum predicted by
this model agrees well with PAMELA’s measurement at energies above ⇠5 GeV, but falls short of the flux observed at lower
energies.

as �
p̄

' 0.6�
p

[44] to �
p̄

' 0.9�
p

[45]. With these results
in mind, we will consider �

p̄

/�
p

in the range of 0.5 to 1.0,
approximately bracketing the viable range for this ratio.

For concreteness, we will make direct use of the re-
sults of Trotta et al. [25] throughout most of our study.
In particular, we utilize the 150,000 models provided as
supplementary material to that paper. For each of these
models, the quality of fit is given for the combined mea-
surements of the boron-to-carbon ratio (as reported by
HEAO-3 [46], ACE [47], ATIC-2 [48], CREAM [49]), the
10Be/9Be ratio (ACE [50], ISOMAX [51]), and the oxy-
gen and carbon spectra (HEAO-3 [46], ACE [47]). For
each of these 150,000 parameter sets, we have used GAL-
PROP to calculate the predicted proton and antiproton
spectra. By combining the quality of fit and multiplic-
ity (as determined by the nested sampling Markov Chain
Monte Carlo, MCMC) reported for each model [25], we
find the correct statistical weight of each parameter set
and determine the predicted range for the corresponding
antiproton and proton spectrum, at a given confidence
level.

In the upper frames of Fig. 1, we plot the cosmic ray

antiproton spectrum, as measured by PAMELA [10], and
compare this to the predicted spectrum of secondary an-
tiprotons. The width of these predicted bands corre-
sponds to the 68% and 95% confidence level, after fit-
ting to the observed boron, carbon, oxygen and beryllium
data, as described in Ref. [25] (this figure can be directly
compared to Fig. 9 of Trotta et al. [25]). In the lower
frames of this figure, we plot the difference between the
measured and predicted antiproton spectrum, with errors
that correspond to the statistical, systematic, and model
uncertainties added in quadrature. In the left frames, we
have set the antiproton solar modulation parameter to
be equal to the values that provide the best fit to the ob-
served cosmic ray proton spectrum, �

p̄

= �
p

, while in the
right frames we have considered a case in which the mod-
ulation is strongly charge dependent, �

p̄

= 0.5�
p

. Note
that for most of the models provided by Trotta et al., the
proton spectrum is best fit by �

p

' 700 MV. At energies
above 5 GeV or so, the predicted spectrum of secondary
antiprotons matches the data very well. At lower ener-
gies, the diffusion-acceleration model significantly under-
predicts the observed flux of cosmic ray antiprotons.



Sidebar: Annihilating Dark Matter And                       
Cosmic-Ray Antiprotons  

!  Recently, a similar spectral feature has 
been identified in the AMS antiproton data 

!  This appears to be statistically robust (~8σ), 
but systematic uncertainties associated 
with the antiproton production cross section 
and with the effects of solar modulation 
could very plausibly reduce the significance 
of this result 
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FIG. 1: Comparison of the best fit of the p̄/p ratio to the AMS-02 data [13], with a DM component (left panel) and
without DM (right panel). The lower panels show the corresponding residuals. The fit is performed in the unshaded
area, i.e., for rigidities 5GV  R  10TV. The grey bands around the best fit indicate the 1 and 2� uncertainty,
respectively. The dashed black line (labeled “no SM”) shows the best fit without correction for solar modulation.

The dotted magenta line shows the best fit DM contribution. We also show, for comparison, the contribution from
astrophysical tertiary antiprotons denoted by the magenta dot-dashed line.

tematics related to the antiproton cross-section. On the
other hand, a more robust assessment of this issue re-
quires more accurate and comprehensive experimental
antiproton cross-section measurements.

In FIG. 3 we show that including a DM component
induces a shift in some of the propagation parameters. In
particular the slope of the diffusion coefficient, �, changes
by about 30% from a value of � ⇡ 0.35 without DM to � ⇡
0.25 when DM is included. This stresses the importance
of fitting at the same time DM and CR background. The
changes induced by a DM component in the other CR
propagation parameters are less than about 10%.

As a further estimate of systematic uncertainties, we
have extended the fit range down to a rigidity of R =
1GV. In this case, the fit excludes a significant DM com-
ponent in the antiproton flux, since the low-rigidity tail
of the potential DM signal overshoots the experimental
data, c.f. FIG. 1 (left panel). However, the fit includ-
ing data down to R = 1GV is considerably worse than
our baseline fit with a DM component and data down to
R = 5GV only. In particular, the low-rigidity fit cannot
accommodate the excess of antiprotons at R ⇡ 20GV.

Although the data at R <⇠ 5GV appear to disfavour
a DM component in the antiproton flux, the situation is
not conclusive: at rigidities R <⇠ 5GV, solar modulation
deviates from the simple force-field approximation and
exhibits also charge dependent effects [38, 39]. Thus, a
deeper scrutiny of the antiproton excess and of a poten-

tial DM signal will require a dedicated study of the solar

FIG. 2: Best fit regions (1, 2 and 3�) for a DM
component of the antiproton flux, using the antiproton
cross-section models of [37] (Tan & Ng) and [34] (di

Mauro et al.). For comparison, we also show the best fit
region of the DM interpretation of the Galactic center
gamma-ray excess [31], and the thermal value of the
annihilation cross-section, h�vi ⇡ 3⇥ 10�26 cm3s�1.
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Cosmic-Ray Antiprotons  

!  The reported excess is well fit by a ~50-90 GeV dark matter particle    
(for bb), in good agreement with the Galactic Center gamma-ray excess 
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Sidebar: Annihilating Dark Matter And                       
Cosmic-Ray Antiprotons  

!  The reported excess is well fit by a ~50-90 GeV dark matter particle    
(for bb), in good agreement with the Galactic Center gamma-ray excess 

!  There is also a less significant (~3σ) antiproton excess at energies above 
~100 GeV – possibly heavier dark matter (or accelerated secondaries) 

!  I consider these both to be things to keep              an 
eye on, but perhaps not to get too excited            
about (just yet) 

          Dan Hooper – Making Sense of Cosmic Rays 

Cuoco, Kramer, Korsmeier, arXiv:1610.03071 
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The Acceleration of Secondary Positrons in 
Supernova Remnants  

!  In 2009, Pasquale Blasi proposed that 
supernova remnants might generate secondary 
positrons, and then efficiently accelerate them 
before they escape into the surrounding 
environment 

!  To some extent this must occur, but it was 
difficult to estimate the degree – seemed likely 
to be a small effect, but not implausible that it 
could significantly contribute to the observed 
positron excess 
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cosmic rays in the Galaxy is

nCR(E) = NCRRSN τesc(E). (7)

The equilibrium spectrum of secondary e− + e− pro-
duced by cosmic ray interactions in the Galaxy is de-
termined by a balance between injection, losses and
escape from the Galaxy. For the diffusion coefficient
D(E) ≈ 1028E0.6

GeV cm2s−1 the loss time is shorter than
the escape time at all energies above ∼ 10 GeV, namely
at all energies of interest for us. In this case the equilib-
rium spectrum of the diffuse secondary pairs can easily
be written as

n±(E) =
KNnHc

b(E)

! Emax

E

dE′′

!

dE′nCR(E′)
dσ±(E′, E′′)

dE′
,

(8)
where nH is the gas density averaged over the volume
of the Galaxy (including disc and halo) and a coefficient
KN ∼ 1.2 − 1.8 is introduced to account for the inter-
action of nuclei other than hydrogen. Following [14] we
use KN = 1.8. Clearly, the choice of a different diffu-
sion coefficient in the Galaxy may lead to the need for a
more detailed solution, taking into account the interplay
between escape and losses. Moreover if a non-leaky box
model is used, a slightly different slope of the equilibrium
spectra is obtained, though the positron fraction remains
unaffected.

Similarly, for the secondary pairs produced inside the
sources, one has:

ns
±(E) = KNRSN

1

b(E)

! Emax

E

dE′Ns
±(E′), (9)

where Ns
±(E)dE = 4πp2 [f±,0 + (1/2)Q2τSN ] u2τSNdp is

the distribution function of pairs at the sources in energy
space instead of momentum space (we integrated Eq. (4)
over the downstream volume, exactly as for CRs).

Finally, for the spectrum of primary electrons in the
sources we adopt the standard procedure of assuming
that Ne(E) = KepNCR(E), where Kep ≈ 7 × 10−3. The
equilibrium spectrum of primary electrons is then:

ne(E) = KepRSN

1

b(E)

! Emax

E

dE′NCR(E′). (10)

Before illustrating the results of our calculations we dis-
cuss briefly the choice of diffusion coefficient in the accel-
erator, which is not the same as in the Galaxy, because of
the generation (and damping) of turbulence in the shock
region, either due to the same accelerated particles [11]
or due to fluid instabilities. Here we carry out the cal-
culations for a Bohm-like diffusion coefficient, which we
write as:

DB(E) = KB
1

3
rL(E)c = 3.3×1022KBB−1

µ EGeV cm2s−1.

(11)
Here Bµ is the local ordered magnetic field in units of
µG and the coefficient KB ≃ (B/δB)2 allows to consider

FIG. 1: Positron fraction as a function of energy. The data
points are the results of the PAMELA measurement.

faster diffusion (KB > 1), which is common when mag-
netic field amplification is not as efficient.

These are all the ingredients needed for the calcula-
tion of the positron and electron fluxes at Earth. The
positron fraction, defined as the ratio of the total flux
of positrons to the total flux of e− + e+, is plotted in
Fig. 1. The data points are the results of the PAMELA
measurement. The error bar on energy is of the order
of half the distance between two consecutive data points.
The solid line refers to the case of maximum energy of
the accelerated particles (and therefore also of the sec-
ondary particles after reacceleration) Emax = 100 TeV,
while the dash-dotted and dotted lines refer respectively
to Emax = 10 TeV and Emax = 3 TeV. The dashed curve
represents the standard contribution to the positron frac-
tion from secondary diffuse pairs. We adopt a reference
age τSN ≈ 104 years for a SNR. The three curves refer
to {KB, ngas,1, Bµ, u8} = {20, 1.3, 1, 0.5} for Emax = 100
TeV, {20, 2, 1, 0.5} for Emax = 10 TeV, and {20, 3, 1, 0.5}
for Emax = 3 TeV (ngas,1 is the gas density close to the
SNR in units of 1cm−3 and u8 = u1/108cm/s). One can
see that these values are appropriate for old supernova
remnants, which however are also expected to be the ones
that contribute the most to the cosmic ray flux below
the knee. Unfortunately during such phase the maxi-
mum energy of accelerated particles decreases in time in
a way which is very uncertain: slowly in the case of no
damping and rather fast if effective magnetic field am-
plification and damping are present. This is the reason
why in Fig. 1 we considered the three values of Emax.
A solid evaluation of this effect can only be achieved by
carrying out a fully time dependent calculation (Caprioli
and Blasi, in preparation). A prediction of this scenario
is that the positron fraction grows and eventually levels
out at ∼ 40− 50%. The fluxes of electrons and positrons
are plotted in Fig. 2 for the case Emax = 100 TeV. We
assumed that the closest source of cosmic rays is located



The Acceleration of Secondary Positrons in 
Supernova Remnants  

!  A few months later, Phillip Mertsch and 
Subir Sarkar pointed out that this scenario 
could be tested by measuring other 
secondary-to-primary ratios 

!  If secondary positrons were accelerated 
in supernova remnants, then secondary 
species of nuclei should be as well 

!  At the time, the evidence was 
inconclusive (and not particularly self-
consistent) 
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shock front, we connect the solutions in both half planes
to f0

i = fi(x = 0, p) and find them to be:

f−
i = f0

i eκ−
i x/2 +

!

j<i

F−
ji

"

eκ−
j x/2 − eκ−

i x/2
#

+ Yiδ(p − p0)
"

1 − eκ−
i x/2

#

, (13)

f+
i = f0

i eλ+
i x/2 +

!

j<i

E+
ji

"

eλ+
j x/2 − eλ+

i x/2
#

+ G+
i

"

1 − eλ+
i x/2

#

. (14)

Using eqs.(7-8), we can linearly expand λ+
i and κ−

i in
eq.(10) and the exponentials in eqs.(13-14)

eλ+
i x/2 ≃ 1 −

Γ+
i

u+
, eκ+

i x/2 ≃
$

1 +
Γ−

i

u−

%

eu−x/Di (15)

to obtain:

f+
i = f0

i +
q+
i (x = 0) − Γ+

i f0
i

u+
x . (16)

where q±i denotes the downstream/upstream source
term: q±i =

&

j<i fjΓ
±
i→j .

Finally we integrate the transport equation over an
infinitesimal interval around the shock, assuming that
q+
i /q−i = Γ+

i /Γ−
i = n+

gas/n−
gas = r and that D+

i ≃ D−
i :

p
∂fi

∂p
= −γf0

i − γ(1 + r2)
Γ−

i D−
i

u2
−

f0
i

+ γ

'

(1 + r2)
q−i (x = 0)D−

i

u2
−

+ Yiδ(p − p0)

(

, (17)

which is readily solved by

f0
i (p) =

) p

0

dp′

p′

*

p′

p

+γ

e−γ(1+r2)(D−
i (p)−D−

i (p′))Γ−
i /u2

−

× γ

'

(1 + r2)
q−i (x = 0)D−

i (p′)

u2
−

+ Yiδ(p
′ − p0)

(

. (18)

Our eqs.(16-18) should be compared to eqs. (4-6) of
ref.[14] where the loss terms Γifi were not taken into ac-
count. The exponential in our eq. (18) leads to a natural
cut-off in both the primary and secondary spectra above
the energy predicted by eq. (7). However, due to the
approximations we have made, the secondary-to-primary
ratios cannot be predicted reliably for 4ΓiDi/u2 ! 0.1
i.e. much beyond ∼ 1 TeV.

Starting from the heaviest isotope, eqs.(16) and (18)
can be solved iteratively to obtain the injection spectrum
after integrating over the SNR volume,

Ni(E) = 4π

) u+τSN

0
dx p2fi(p) 4π x2. (19)

To account for the subsequent propagation of the nuclei
through the ISM we solve the transport equation in the

‘leaky box model’ [30] which reproduces the observed de-
crease of secondary-to-primary ratios with energy in the
range ∼ 1 − 100 GeV by assuming an energy-dependent
lifetime for escape from the Galaxy. The steady state
cosmic ray densities Ni observed at Earth are then given
by recursion, starting from the heaviest isotope,

Ni =

&

j<i

"

Γspall
i→j + 1/εkτi→j

#

Nj + RSNNi

1/τesc,i + Γi
, (20)

where RSN ∼ 0.03 yr−1 is the Galactic supernova rate.
We calculate the source densities Ni and ambient den-

sities Ni, taking into account all stable and metastable
isotopes from 64Ni down to 46Cr/46Ca for the titanium-
to-iron ratio, and from 18O down to 10Be for the boron-
to-carbon ratio. Short lived isotopes that β± decay im-
mediately into (meta)stable elements are accounted for
in the cross-sections. The primary source abundances
are taken from ref.[31] and we have adopted an injection
energy of 1 GeV independent of the species. The partial
spallation cross-sections are from semi-analytical tabula-
tions [32] and the total inelastic cross-sections is obtained
from an empirical formula [33]. The escape time is mod-
elled according to the usual relation:

τesc,i = ρ c xesc,i = ρ c x0
esc,i(E/Zi)

−µ (21)

where x is the column density traversed in the ISM and
ρ = 0.02 atomcm−3 is the typical mass density of hydro-
gen in the ISM. We have neglected spallation on helium
at this level of precision as its inclusion will have an ef-
fect < 10%. The parameters of the fit are sensitive to
the adopted partial spallation cross-sections, for exam-
ple µ ≃ 0.7 for the Ti/Fe ratio but ∼ 0.6 for the B/C
ratio. For improved accuracy a current compilation of
experimentally deduced cross-sections should be used.

FIG. 1: The titanium-to-iron ratio in cosmic rays along with
model predictions — the ‘leaky box’ model with production
of secondaries during propagation only (dashed line), and in-
cluding production and acceleration of secondaries in a nearby
source (solid line - dotted beyond the validity of our calcula-
tion). The data points are from ATIC-2 (triangles) [27] and
HEAO-3-C3 (circles) [34].

4

FIG. 2: The boron-to-carbon ratio in cosmic rays along with
model predictions — the ‘leaky box’ model with production
of secondaries during propagation only (dashed line), and in-
cluding production and acceleration of secondaries in a nearby
source (solid line). The data points are from HEAO-3-C2 (cir-
cles) [31], ATIC-2 (triangles) [35] and CREAM (squares) [36].

Following ref.[19], the parameters are chosen to be: r =
4, u− = 0.5 × 108 cm s−1, n−

gas = 2 cm−3 and B = 1 µG.
The diffusion coefficient in the SNR is

Di(E) = 3.3 × 1022F−1 B−1
µ EGeVZ−1

i cm2s−1 (22)

where the fudge factor F−1 is the ratio of the diffusion
coefficient to the Bohm value and is determined by fitting
to the measured titanium-to-iron ratio.

The calculated titanium-to-iron ratio together with rel-
evant experimental data is shown in Fig. 1. The dashed

line corresponds to the leaky box model with production
of secondaries during propagation only and is a good fit to
the (reanalysed) HEAO-3-C3 data [34]. The solid line in-
cludes production and acceleration of secondaries inside
the source regions which results in an increasing ratio
for energies above ∼ 50 GeV/n and reproduces well the
ATIC-2 data [27] taking F−1 ≃ 40. This is similar to the
value reported in refs.[14, 19], thus ensuring consistency
with the e+ as well as p̄ fraction measured by PAMELA.

Clearly the experimental situation is inconclusive so
a new test is called for. Fig. 2 shows the correspond-
ing expectation for the boron-to-carbon ratio with the
diffusion coefficient scaled proportional to rigidity ac-
cording to eq.(22). The CREAM data [36] do show a
downward trend as has been emphasized recently [37],
but the uncertainties are still large so we await more
precise measurements by PAMELA which has been di-
rectly calibrated in a test beam [38]. Agreement with
our prediction would confirm the astrophysical origin of
the positron excess as proposed in ref.[14] and thus es-
tablish the existence of an accelerator of hadronic cosmic
rays within a few kpc.
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The Acceleration of Secondary Positrons in 
Supernova Remnants  

!  The main uncertainty in the calculation of the acceleration of cosmic ray 
secondaries is the value of the parameter KB, which appears in the 
expression for the diffusion coefficient near the shock front: 

 

!  This quantity is related to the magnitude of the variations in the magnetic 
field strength near the shock, KB~(B/δB)2 – larger values allow for more 
efficient streaming 

!  For a value of KB~40, the entire positron excess could originate from 
positron acceleration in supernova remnants 

!  Although one generally expects KB to be order unity, Blasi, Merstch and 
Sarkar have argued that significantly larger values are plausible 
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FIG. 1: The ratio of the secondary cosmic ray acceleration
term to the primary cosmic ray acceleration term in Eqs. 7
and 8, as a function of momentum per nucleon. The impact
of including the acceleration of secondary cosmic rays pro-
duced inside and around the supernova shock front is most
important at high energies and for lighter species. For 10B
the ratio is significantly higher since f−∞

10B
is suppressed. As

in Ref. [26], we have adopted optimistic values for KB , B,
n−
gas, v− and r (see text for more details).

Integrating the transport equation over infinitesimal
distance one gets [26]:

p
∂fi(x, p)

∂p
= −γfi(0, p)− γ(1 + r2)

Γ−
i (p)D

−
i (p)

(v−)2
fi(0, p)

+ γ[(1 + r2)
q−i (0, p)D−

i (p)

(v−)2
+ Yiδ(p− p0)].(7)

The solution to which yields:

fi(0, p) =

! p

0

dp′

p′

"

p′

p

#γ

e−γ(1+r2)(D−
i
(p)−D−

i
(p′))Γ−

i
(p)/(v−)2

× γ[(1 + r2)
q−i (0, p′)D−

i (p
′)

(v−)2
+ Yiδ(p

′
− p0)]. (8)

Following Refs. [25, 26], we assume Bohm diffusion for
CRs around the shock front:

D±
i (E) =

KB rL(E) c

3
= 3.3×1022KB B−1 E Z−1

i cm2 s−1,

(9)
where rL is the Larmor radius around the shock front,
B is the magnetic field in µG, Z the atomic number
of the CR nucleus i, and E is the energy in GeV. KB

is a “fudge factor” [26] which scales approximately as
KB ≃ (B/δB)2 [25], allowing for faster diffusion of CRs
around the shock front. Values of KB >> 1 have been
suggested [25, 26] under conditions where magnetic field
amplification is inefficient.

The importance of including the acceleration of sec-
ondary CRs produced inside and around the supernova
shock front varies with energy and CR species. In Fig. 1
we show the ratio of the secondary CR acceleration term
of Eqs. 7 and 8, (1+ r2)q−i (0, p)D

−
i (p)/(v

−)2, to the pri-
mary CR acceleration term, Yiδ(p − p0) = f−∞

i , as a

function of momentum per nucleon. This ratio increases
with energy and is greater for the lighter species. This
demonstrates that the acceleration of CR secondaries is
most important in the case of light nuclear species, and
at high energies. As in Ref. [26], we have adopted the fol-
lowing parameter values: KB = 40, B = 1 µG, n−

gas = 2
cm−3, v− = 0.5 × 108 cm3 s−1, and r = 4, which have
been suggested from the observed titanium-to-iron ratio,
and are also similar to those proposed from the positron
fraction (KB = 20 [25]).

We calculate the far up-stream phase space densities
from the measured CR densities for Fe, Si, Mg Ne, O, N,
C, B, He, and p [49, 50], taking into account the relative
isotopic abundances. For the calculation of the boron-to-
carbon ratio, we start from 18O and go down to 10Be.2

We employ the relevant total and partial cross sections
(see Refs. [51, 52]). We then use the same formulation to
calculate the antiproton-to-proton ratio, and the positron
fraction, including helium and proton CRs. We start
from the heaviest isotope and solve Eqs. 6 and 8 to obtain
the injected spectrum of CRs after integrating over the
volume of the SNR:

Ni(E) = 16π2

! v+τSN

0
dx p2f+

i (x, p) (v+τSN
− x)2.

(10)
We take τSN = 2× 104 yr and v+ = 1.25× 107 cm s−1.

Once CRs are injected into the ISM, they propagate
in the galactic medium. Depending on the CR species
and their energy scale, there are various possibly rele-
vant time-scales. The CR diffusion, the CR advection,
the diffusive re-acceleration time-scales, the decay time-
scale and the total energy losses time-scale. In addition,
as we stated earlier, CR secondaries are produced in the
interstellar medium. Depending on the aimed level of ac-
curacy and which are the important time-scales, one can
solve the propagation equation for CRs analytically, in-
cluding only diffusion and advection (see [53]), use a leaky
box approximation (as we do), or solve numerically in-
cluding all effects [54–56]. For CR protons, anti-protons,
Boron and Carbon and for the energies at hand, advec-
tion, re-acceleration and energy losses in the interstellar
medium are subdominant (for CR electrons and positrons
energy losses have to be included). These CRs diffuse
within a zone of scale height L ∼ 1 - 8 kpc [57, 58], be-
yond which they are free to escape. The escape timescale
for a CR nucleus i is τesci (E) ≃ τesc1 × (E/Z)−δ, where E
is in GeV, Z is the atomic number, and δ is the diffusion
index. The normalization, τesc1 , and the index, δ, can be
extracted by fitting the boron-to-carbon ratio at energies
below ∼ 30 GeV, where the effects of the acceleration of
secondaries inside SNRs are subdominant.

The density of CR nuclei at Earth (neglecting solar

2 10Be decays to 10B with a lifetime of 1.36 Myr.



The Acceleration of Secondary Positrons in 
Supernova Remnants  

!  To test this scenario, measurements of other 
secondary-to-primary ratios are essential 

!  Although the boron-to-carbon (B/C) data was 
initially inconclusive, with new data from AMS   
it became clear that KB~40 is not compatible 
(values up to ~10 are consistent)  

Two Possible Caveats: 
1) Supernova remnants with large KB might be 
responsible for proton acceleration (and thus 
positrons), while those responsible for nuclei     
(and thus boron) might have smaller values 

2) The quantitative results depend on the ISM 
model, and in particular on the energy 
dependence of the diffusion coefficient; 
consistency requires δ~0.7                                          
(see Mertsch, Sarkar arXiv:1402.0855)  
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Q

⌫

⌧

' 1 : 2 : 0 from pion decay is expected to be-
come ⇠ 1 : 1 : 1 at Earth. The TeV muon neutrino
point flux from a hadronic �-ray source located at a dis-
tance d and with a power-law index � ' 2.4 is thus
F

⌫

µ

(> 1 TeV) ' 21��

F

�

(> 1 TeV), hence

F

⌫

µ

(> 1 TeV) ' 3.2⇥ 10�12

✓
d

2 kpc

◆�2

cm�2 s�1

.

(30)

This should be compared to the results of searches for
neutrino point sources in the northern sky, in particu-
lar the close-by SNR Cassiopeia A (see Table I), using
data taken with AMANDA-II (the predecessor of Ice-
Cube) during 2000–2006 [72] and, more recently, with
the first 22 strings of IceCube during 2007–08 [73]. The
average 90% C.L. upper limit on the integrated ⌫

µ

flux
in the energy range 3 TeV to 3 PeV is [73]

F

⌫

µ

 4.7⇥ 10�12 cm�2 s�1

, (31)

i.e. well above the flux of ⇠ 7⇥10�13 cm�2 s�1 expected
from a SNR at 2 kpc, assuming � = 2.4.

The full 80 string configuration of IceCube thus has ex-
cellent prospects to identify these SNRs. A point source
in the northern sky with an E

�2 muon neutrino flux,

F

⌫

µ

' 7.2⇥ 10�12cm�2 s�1

, (32)

in the TeV-PeV range can be detected with a 5� sig-
nificance after three years of observation. This does de-
pend somewhat on the spectral index and energy cut-o↵,
since the signal (after “level 2 cuts”) peaks at an en-
ergy of ⇠ 10 TeV [65]. As mentioned previously, our
analysis predicts on average ⇠ 3 nearby �-ray sources
stronger than Crab with corresponding muon neutrino
fluxes larger than ⇠ 7 ⇥ 10�12 cm�2 s�1. Note that al-
though the Galactic centre is not in the field of view of
IceCube, SNRs following the spiral arm structure of the
Galaxy are expected to be detected also in the Galactic
anti-centre direction, as seen in the example distribution
shown in the bottom panel of Fig. 7.

V. SUMMARY

Supernova remnants have long been suspected to be
the sources of Galactic cosmic rays. We have discussed
a recent proposal [19] that proton-proton interactions in
the shocks of SNRs followed by the di↵usive shock accel-
eration of the secondary positrons produced can flatten
the spectrum of the secondaries relative to that of the
primaries. These hard spectra may be the origin of the
recently observed cosmic ray “excesses” — both the e

+

fraction observed by PAMELA [1] and the e

� + e

+ flux
measured by Fermi LAT [4] and HESS [5, 6].

We have investigated how �-ray emission of SNRs – as-
sumed to be of the same hadronic origin as the positrons

– together with cosmic ray data, constrain the acceler-
ation of positrons. We have accounted for the spatial
and temporal discreteness of SNRs via a Monte Carlo
exercise, drawing samples from a realistic galactic distri-
bution with the observed SN rate. For the di↵usion pa-
rameters we have adopted standard values derived from
cosmic ray nuclear-to-primary ratios, as well as the en-
ergy densities of galactic radiation and magnetic fields.

We have compiled a list of all �-ray emitting SNRs
observed by HESS and determined the mean value of
the flux, which fixes the hadronic interaction rate in the
SNR. Low energy data from PAMELA on the absolute
e

� flux was used to normalize the primary flux of e

�.
The contribution from accelerated e

+ was then found by
fitting the e

� + e

+ flux to Fermi LAT and HESS data,
adjusting the (only) free parameter K

B

which determines
the di↵usion rate near SNR shocks.

The spectra of e

+ and e

� thus derived agrees well
with the e

+ fraction observed by PAMELA in the range
5� 100 GeV. The apparent deficit at lower energies can
be attributed to convection and di↵usive reacceleration
of primary electrons that become important at these en-
ergies and were neglected in our analysis. The flux of e

+

and e

� becomes dominated by the accelerated secondary
component at high energies; the corresponding e

+ frac-
tion levels out at ⇠ 0.4, reflecting the relative multiplicity
of e

+ and e

� produced by p-p interactions.
We note that although the value of⇠ 10�20 found here

for K

B

di↵ers from the value of ⇠ 40 we had found earlier
from our analysis of the titanium-to-iron (Ti/Fe) ratio in
cosmic rays [24], the latter determination is subject to
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FIG. 8: The B/C ratio in cosmic rays along with model pre-
dictions (after Ref. [24]) — the leaky box model with produc-
tion of secondaries during propagation only (dot-dashed line),
and including production and acceleration of secondaries in
a nearby SNR (solid lines) for values of the di↵usion coe�-
cient near the shock wave which best fit the e± spectrum (see
Fig.6). The dashed line corresponds to the value of the dif-
fusion co-e�cient required to fit the ATIC-2 data on Ti/Fe
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angles) [75] and CREAM (squares) [76].
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FIG. 2: The cosmic ray boron-to-carbon ratio predicted for various parameter choices. In each frame, the black dotted curves
represent the prediction without any contribution from the acceleration of secondary CRs in SNR shocks. In the the left frames,
this is calculated according to Eq. 8 with q−i = 0, whereas in the right frames we have used GALPROP (see text for details).
The other curves include contributions from accelerated secondaries. In the upper frames, we consider different values of KB ,
and set n−

gas = 2 cm−3. In the lower frames, we set KB = 40 and vary the value of n−
gas. In all frames, we set B = 1 µG, v− =

0.5×10
8 cm s−1 and r = 4. In each frame, the solid blue, dashed green, and dashed-dotted brown curves represent parameter

choices that are incompatible with the measured boron-to-carbon spectrum at the 95%, 99%, and 99.9% confidence levels,
respectively (using the combination of data from AMS and PAMELA; HEAO 3 data is shown only for comparison). We also
include in each frame the prediction for an even more extreme parameter value (KB = 40, n−

gas =2.0 cm−3) for comparison
with Ref.[26].

measurements from the High Energy Astrophysics Ob-
servatory (HEAO) [50], the Cosmic-Ray Energetics and
Mass experiment (CREAM) [63], the Cosmic Ray Nuclei
experiment (CRN) [64], and the Advanced Composition
Explorer (ACE) [65], values of τesc1 ∼ 20 - 80 Myr had
been favored [25, 26, 58]. In fact, our values for τesc1 and δ
yield a good fit to the data7 up to the highest measured

7 These parameters yield a fit of χ2
tot ≃ 14, over 27 degrees of free-

dom. We use all the boron-to-carbon data points from PAMELA

[48] and AMS [49] with Ek > 2 GeV/n, and allow for a modu-
lation potential in the range of 0.5-1.5 GV, following the force
field approximation [59]. Effects of diffusive acceleration or ad-
vective winds in the interstellar medium impact energies up to ∼

10 GeV/n but are ignored since the acceleration of secondaries
is important only above 50 GeV/n.

energies, without including any additional contribution
from the acceleration of secondary CRs inside of SNRs.
In the right frames, we instead use the publicly available
code GALPROP v54 (see Refs. [54, 55], and references
therein) to calculate the boron-to-carbon ratio (again,
without any contribution from accelerated secondaries).8

8 GALPROP includes up-to-date information pertaining to the lo-
cal interstellar radiation field and the distribution of gas in the
Galaxy. It also makes different assumptions regarding the inelas-
tic cross sections (see the discussion on antiprotons). Codes such
as GALPROP and DRAGON [56] assume a simple diffusion zone
with free escape boundary conditions. Cosmic rays diffuse within
the diffusion zone with a diffusion coefficient D(R)=D0(

R
3GV

)δ

(R is the rigidity of the particle) and escape upon reaching any
boundary of the zone. We take this zone to be a cylinder, ex-
tending a distance L = 4kpc above and below the galactic plane,

Cholis, DH, PRD, arXiv:1312.2952 



The Acceleration of Secondary Positrons in 
Supernova Remnants  

!  To close these caveats, one can use the AMS measurement of the 
antiproton-to-proton ratio (unlike boron, antiprotons and positrons originate from the 
same proton primaries) 

!  The most challenging part of this calculation is the treatment of systematic 
uncertainties, including those associated with solar modulation, ISM 
transport, and the antiproton production cross section 
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Model � z
L

(kpc) D
0

⇥ 1028 (cm2/s) v
A

(km/s) dv
c

/dz (km/s/kpc) ↵
1

↵
2

R
br

(GV)
C 0.40 5.6 4.85 24.0 1.0 1.88 2.38 11.7
E 0.50 6.0 3.10 23.0 9.0 1.88 2.45 11.7
F 0.40 3.0 2.67 22.0 3.0 1.87 2.41 11.7

TABLE I. The parameters of the models used in this study to describe the injection and propagation of cosmic rays in the Milky
Way. Assuming isotropic and homogeneous diffusion, the diffusion tensor simplifies to a co-efficient D

xx

(R) = D
0

(R/4GV )�

within a zone of half-height, z
L

, where R ⌘ p/q is the absolute value of the cosmic-ray rigidity. v
A

is the Alfvén speed and
dv

c

/dz the convection speed gradient perpendicular to the Galactic Disk. Cosmic-ray protons are injected from their sources
with an averaged differential spectrum of dN

p

/dR / R�↵, where ↵
1

and ↵
2

are the spectral indices bellow and above R
br

,
respectively.

tween the positron fraction and the antiproton-to-proton
ratio (p̄/p), since secondary antiprotons and positrons
are both generated through proton-proton interactions.
In this letter, we consider this comparison within the
context of the production of cosmic-ray antiprotons via
stochastic acceleration within SNRs. We find evidence
for an excess of high-energy antiprotons that can be eas-
ily explained by the stochastic acceleration of secondaries
and that cannot be accounted for by uncertainties related
to cosmic-ray propagation or to the antiproton produc-
tion cross section. Furthermore, our results suggest that
a significant fraction of the observed positron excess is
also likely to originate from the secondary acceleration
in SNRs.

There are a number of systematic uncertainties which
must be treated carefully in order to reliably interpret the
p̄/p ratio as measured by AMS-02. In particular, we will
now consider the uncertainties associated with cosmic-
ray propagation in the ISM, the anti-proton production
cross section, and the effects of solar modulation.

Most cosmic-ray antiprotons are produced through
hadronic interactions of high-energy protons and nuclei
with dense interstellar gas. To model the injection and
propagation of cosmic rays through the Milky Way, we
utilize the publicly available code Galprop, which nu-
merically solves the transport equation to calculate the
local flux of various primary and secondary cosmic-ray
species [40–43]. The main uncertainties related to this
calculation are the injected spectrum and distribution of
cosmic-ray protons and nuclei, as well as the timescales
for diffusion and escape from the Galactic medium. At a
secondary level, convection and diffusive re-acceleration
can also be relevant. The wealth of measurements pro-
vided by AMS-02, PAMELA and Voyager 1 can be used
to tightly constrain the characteristics of the underlying
propagation model. In this work, we follow the proce-
dure described in Ref. [44] from which we take two prop-
agation models (models C and E), in addition to a new
(thin disk) model (model F), each of which provides a
good fit to the proton spectrum as measured by Voyager

1 and PAMELA, as well as the B/C data from AMS-02

and PAMELA. We use these three models to provide an
envelope for the uncertainties related to cosmic-ray pro-
duction and propagation. The properties of these models
are summarized in Table I (see Ref. [44] for further de-
tails), and their range of predictions for the p̄/p ratio is

FIG. 1. The p̄/p ratio as measured by AMS-02, compared
to that predicted from conventional secondary production
(without accelerated secondaries), for the case of propaga-
tion model F and for the central values of the antiproton pro-
duction cross section and solar modulation parameters (solid
black line). Variations in the propagation model, antiproton
production cross section, and solar modulation parameters
lead to the range of predictions shown as a blue band, orange
band, and green band, respectively. The total combination of
these uncertainties is represented by the red band.

shown as a blue band in Fig. 1 (labelled as “Inj. & ISM
Unc.”). We also show as a solid black line the p̄/p ratio
that is predicted in the case of model F.

While we have presented results for three specific
cosmic-ray propagation models, we emphasize that the
decreasing p̄/p ratio at high energies is a completely
generic feature of any leaky-box diffusion model. More
specifically, the nearly energy-independent p̄/p ratio ob-
served by AMS-02 at energies above ⇠100 GeV can only
be accommodated in models with � ' 0, which are
strongly ruled out [6–9, 45]. Thus, the error band shown
in Fig. 1 is generically applicable to any Galprop model
that is consistent with current observations.

The cross section for antiproton production in in-
elastic proton-proton collisions has been studied and
parametrized by many authors [46–48], using data from
Refs. [49–54]. However, there remain significant un-
certainties regarding the production of antiprotons in
the collisions of cosmic-ray protons and nuclei. While
Galprop v54 handles the production of antiprotons [55],
it does not include the most recent measurements of the



Solar Modulation  
!  At rigidities below ~10 GV, cosmic rays are very significant impacted by the 

effects of the solar wind and other heliospheric forces (ie. solar modulation) 
!  The effects of solar modulation varies with time, as well as with the rigidity 

and charge sign of the cosmic ray 
!  Only a few years ago, state-of-the-art studies would simply apply a single 

force-field potential, and perhaps fit the value of this quantity to the data 
!  We can now move significantly beyond this simple approach due to the 

following three factors: 
      1) High statistics data from PAMELA and AMS, presented in time bins 
      2) Recent Voyager 1 measurements of the cosmic ray spectrum beyond       
          the boundaries of the Solar System (ie. beyond the heliopause)  
      3) Measurements of various solar observables, and their correlation with                                            
          the solar modulation potential (the polarity and magnitude of the      
          heliospheric magnetic field, the bulk velocity of the solar wind, and  the  
          tilt angle of the heliospheric current sheet) 
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FIG. 1: The schematic depiction of CR propagation through the Solar System (viewed edge-on). CRs that reach the Earth
follow very different trajectories, depending on the polarity of the heliospheric magnetic field. In the negative polarity state
(A < 0), positively charged CRs drift along the heliospheric current sheet (shown as a periodic solid line, for the case of a
tilt angle of ↵ = 15�), and move across layers of this sheet via diffusion. In contrast, positively charged particles diffuse more
directly and efficiently during periods of positive polarity (A > 0). As a consequence, propagation times and corresponding
energy losses can vary significantly depending on the period of the solar cycle, and on the sign of the charge of the CR. The
curved line represents the boundary of the Solar System, corresponding to the region near the heliopause and/or termination
shock.

the drift velocity (as well as any diffusion perpendicular to the HMF lines). In contrast, at high rigidities CRs are
not affected by the small-scale structure of the HMF field lines, but instead probe the average HMF structure and
intensity, �

d

⇠ r
Larmor

[28]. The reference rigidity, R
0

⇠ O(1) GV, is a free parameter that sets the scale at which
the transition between these two limiting regimes occurs.

Combining Eqns. 4 and 5, we find the timescale for CR drift to be proportional to the following:

⌧
D

/ 1

|h~v
D

i| / B(t)
1 + (R/R

0

)2

� (R/R
0

)3
, (6)

where � = v/c. The drift timescale is thus expected to have the same time-dependence as the HMF, allowing us to
differentiate the effects of solar modulation from those associated with propagation through the interstellar medium.

During periods of positive polarity (A > 0), a proton that originates from the polar regions of the heliopause can
rather directly and effectively propagate to the location of Earth, suffering only modest energy losses. In contrast,
during periods of negative polarity (A < 0), CR protons travel toward the inner Solar System largely through regions
near the plane of the Solar System, where their movement is dominated by drift along the heliospheric current sheet.

The heliospheric current sheet is the surface across which the polarity of the HMF changes. As a result of the
Sun’s rotation and its spiral-shaped magnetic field, this sheet is wavy, rippling periodically above and below the plane
perpendicular to the Sun’s rotational axis (which is inclined 7.25� relative to the ecliptic). An electrical current on the
order of 10�10 A/m2 flows along the sheet. The inclination of the heliospheric current sheet with respect to the solar
rotation plane varies with time, and is described by the tilt angle, ↵(t). Any particle which travels from the heliopause
to the Earth along the heliospheric current sheet must propagate over an extremely long distance, especially during
periods with large ↵.

For the case of propagation from the poles (occurring largely during periods with qA > 0), CR propagation is
expected to be nearly independent of ↵. For propagation through the heliospheric current sheet (qA < 0), however,
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Heliopause 

2α#

Polarity 



          Dan Hooper – Making Sense of Cosmic Rays 

Cholis, DH, Linden, PRD, arXiv:1511.01507 

7

FIG. 3: The amplitude of the heliospheric magnetic field (HMF) as measured at 1 AU [15, 35] (black solid), the solar wind
bulk speed as measured at 1 AU [15] (blue dot-dashed), and the inferred tilt angle of the heliospheric current sheet [16] (red
dashed), as a function of time. Monthly averages of each quantity are shown over a five year period spanning 2006 to 2010.

IV. COMBINING SOLAR AND COSMIC-RAY DATA

The local properties of the solar magnetic field have been extensively studied. In Figure 3, we plot the observed
values of the HMF amplitude at the Earth’s position, |B

tot

|, as well as those of the bulk solar wind speed at Earth, and
the HMF tilt angle, ↵. The first two of these quantities were directly measured by the Advanced Composition Explorer
(ACE ) Magnetometer and the Solar Wind Electron Proton Alpha Monitor (SWEPAM), respectively [15, 35, 36],
while the value of the tilt angle has been derived from a model utilizing publicly available data from the Wilcox Solar
Observatory [16] (see also, Ref. [37]). We show this data over a five year period between January 2006 and December
2010, roughly corresponding to the era of PAMELA data collection.

As expected, we find a significant degree of correlation between these three quantities. Each, for example, experi-
ences a minimum in the summer of 2009. We note that while the amplitude of the local HMF varies by approximately
50% (3.7 nT — 5.9 nT) in the monthly average, significantly larger day-to-day variations are recorded. These high-
frequency variations, however, are unlikely to be correlated over the entire heliosphere and will effectively be averaged
out over the 100–300 day propagation time of ⇠100 MeV CRs through the heliosphere [2]. Additionally, we note that
there is no CR dataset which we can compare solar parameters to on day-long timescales.

In order to use this solar data to constrain the values of �
0

and �
1

, and the functions g(|B
tot

(t)|) and f(↵(t)), we
compare the solar observables with the measurements of the CR proton spectrum taken between 1992 and 2007 by
IMAX, BESS, AMS-01, CAPRICE, and BESS Polar, and then continuously between July 2006 and January 2010
by PAMELA. We note that our ability to constrain these parameters relies sensitively on the quantity of CR data
available. At present, only PAMELA and AMS-02 have acceptances large enough to detect variations in the CR
proton spectrum that appear over month-long timescales.

Since CRs with energy E⇠100 MeV typically take between ⇠100 — 300 days to travel from the heliopause to the
Earth’s location, depending on their charge and the solar activity in that period (with CRs traveling through the poles
traveling faster) [2]; we take different propagation time-scales for particles with qA > 0 than qA < 0. Throughout
our analysis, we assume that CRs propagating from the poles (qA > 0) take 3 months to arrive at the Earth, while
CRs propagating through the heliospheric current sheet (qA < 0) take between 3 and 12 months, depending on the
average values of |B

tot

| and ↵. With this in mind, we average the values of |B
tot

(t)| and ↵(t) used in our analysis
over the 3-12 month periods preceding the time of data collection.

We begin by analyzing the data taken during the A > 0 period between 1990 and 2000. For CR protons during this

2

variability of solar modulation, one typically adopts a value for � that provides the best fit to the data collected
over a given period of time. It is also common for studies to adopt different values of � for positively and negatively
charged CRs, allowing for the possibility of charge-sign dependent effects. Yet, because of its simplicity, there are
considerable weaknesses associated with this approach. In particular, the force-field approximation [1] does not allow
for any rigidity dependent effects (rigidity : R ⌘ p/q, p is the CR momentum and q = Ze the charge), and fits to
a given cosmic-ray dataset often find significant degeneracies between the modulation potential and the parameters
describing Galactic CR injection and transport. Furthermore, this approach cannot predict the behavior of the
modulation potential with time, and thus cannot be used to compare datasets taken over different periods.

A second approach employed in recent years to account for the effects of solar modulation involves the use of highly
sophisticated particle propagation codes to model the physical processes of three-dimensional diffusion, particle drifts,
convection and adiabatic energy losses [2, 3] 1. This approach is physically well motivated, and in many ways
provides an effective technique for calculating the impact of solar modulation. These particle propagation codes have
several weaknesses, however, which currently limit their utility. Firstly, they include large numbers of free-parameters
which must be scanned over in parallel with parameters associated with CR injection and propagation. This makes
such approaches computationally intensive, preventing their usage in most CR propagation parameter space scans.
Secondly, the Solar System propagation codes of this nature are not currently publicly available, limiting their utility
to the broader CR community.

In this paper, we approach this problem by constructing an empirical model for the modulation potential that is
time, charge, and rigidity dependent. We encapsulate this model in an analytic formula that is nearly as simple to
implement as the force-field approximation, but that has several significant advantages. In particular, by making
use of solar physics observables that are independent of CR propagation parameters, we are able to predict the solar
modulation potential over different periods of time, allowing us to compare the results of multiple CR experiments,
as opposed to treating each experiment’s modulation parameter as an independent nuisance parameter. There are
three key factors that have made it possible for us to model solar modulation in this way:

• Several well measured solar observables are known to correlate with the solar modulation potential, including the
magnitude of the solar magnetic field, the bulk velocity of the solar wind, and the tilt angle of the heliospheric
current sheet.

• The vast CR datasets provided by the PAMELA [7–9] and AMS-02 [10–13] experiments have made it possible
to measure variations in the local CR spectrum over relatively short timescales with high statistical precision.

• In the summer of 2012, theVoyager 1 spacecraft passed through the heliopause, where it directly measured the
CR spectrum unaffected by the influence of the solar wind for the first time [14].

Our model for solar modulation employs three quantities that are well-studied in solar physics: the polarity of the
solar magnetic field, the magnitude of the heliospheric magnetic field (HMF) at the position of Earth [15], and the
tilt angle of the heliospheric current sheet [16]. We take advantage of the fact that these solar observables, and the
CR modulation potential, evolve on monthly to yearly timescales, while the CR flux in the local interstellar medium
is effectively in steady state. To constrain the free parameters in our model, we make use of measurements of the
CR proton flux, antiproton flux, and the ratio of boron-to-carbon nuclei, as reported by BESS [17], BESS Polar [18],
IMAX [19], CAPRICE [20], PAMELA [7–9], AMS-01 [21], AMS-02 [22], and Voyager 1 [14, 23] 2. Ultimately, after
considering several physically motivated functional forms, we arrive at the following analytic expression for the solar
modulation potential:

�(R, t) = �
0

✓ |B
tot

(t)|
4 nT

◆
+ �

1

H(�qA(t))

✓ |B
tot

(t)|
4 nT

◆✓
1 + (R/R

0

)2

�(R/R
0

)3

◆✓
↵(t)

⇡/2

◆
4

, (2)

where |B
tot

| and A are the strength and polarity of the HMF (as measured at Earth), and ↵ is the tilt angle of the
heliospheric current sheet. These quantities are treated as time-dependent inputs, independent of CR observables. R,
�, and q are the rigidity, velocity, and charge of the CR, respectively. H is the Heaviside step function and is equal to
zero or unity depending on the product of the charge of the CR and the polarity of the HMF. By fitting our analytic
formula to a variety of available CR data, we determine the best-fit values of the reference rigidity, R

0

= 0.5 GV, and
the normalization factors, �

0

' 0.35 GV and �
1

' 3.9 GV.

1 Some recent results using implementations of those codes have been shown in [4–6].
2 [24] is also a useful database for the CR data by various experiments.
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FIG. 4: Top: The calculated modulation potential in the time period between December 1987 (month 0) and June 2000 (month
150) for three different choices of the normalization parameter, �

0

. Bottom: The calculated modulation potential in the time
period between June 2000 (month 0) and December 2012 (month 150) for four different parameterizations of ↵(t). In each
frame, the predictions are compared to the values (data points) of the pure force-field modulation potential inferred from fitting
the CR proton spectrum as measured by IMAX [19], BESS 93 [38], BESS 97 [39], CAPRICE 98 [20], AMS-01 [21], BESS 98
[40], BESS 99 [41], and PAMELA [42]. In each frame, we show a band around the prediction of our default model, representing
the estimated 20% systematic uncertainty. The vertical purple bands span an 18 month period of time around each polarity flip,
during which the configuration of the solar magnetic field changes drastically, limiting the ability of our model to make reliable
predictions. These results were derived using the Galactic cosmic ray Model C, and the values of the modulation potential can
vary by up to 10% when the other models listed in Table I are instead used.
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E 0.50 6.0 3.10 23.0 9.0 1.88 2.45 11.7
F 0.40 3.0 2.67 22.0 3.0 1.87 2.41 11.7

TABLE I. The parameters of the models used in this study to describe the injection and propagation of cosmic rays in the Milky
Way. Assuming isotropic and homogeneous diffusion, the diffusion tensor simplifies to a co-efficient D
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tween the positron fraction and the antiproton-to-proton
ratio (p̄/p), since secondary antiprotons and positrons
are both generated through proton-proton interactions.
In this letter, we consider this comparison within the
context of the production of cosmic-ray antiprotons via
stochastic acceleration within SNRs. We find evidence
for an excess of high-energy antiprotons that can be eas-
ily explained by the stochastic acceleration of secondaries
and that cannot be accounted for by uncertainties related
to cosmic-ray propagation or to the antiproton produc-
tion cross section. Furthermore, our results suggest that
a significant fraction of the observed positron excess is
also likely to originate from the secondary acceleration
in SNRs.

There are a number of systematic uncertainties which
must be treated carefully in order to reliably interpret the
p̄/p ratio as measured by AMS-02. In particular, we will
now consider the uncertainties associated with cosmic-
ray propagation in the ISM, the anti-proton production
cross section, and the effects of solar modulation.

Most cosmic-ray antiprotons are produced through
hadronic interactions of high-energy protons and nuclei
with dense interstellar gas. To model the injection and
propagation of cosmic rays through the Milky Way, we
utilize the publicly available code Galprop, which nu-
merically solves the transport equation to calculate the
local flux of various primary and secondary cosmic-ray
species [40–43]. The main uncertainties related to this
calculation are the injected spectrum and distribution of
cosmic-ray protons and nuclei, as well as the timescales
for diffusion and escape from the Galactic medium. At a
secondary level, convection and diffusive re-acceleration
can also be relevant. The wealth of measurements pro-
vided by AMS-02, PAMELA and Voyager 1 can be used
to tightly constrain the characteristics of the underlying
propagation model. In this work, we follow the proce-
dure described in Ref. [44] from which we take two prop-
agation models (models C and E), in addition to a new
(thin disk) model (model F), each of which provides a
good fit to the proton spectrum as measured by Voyager

1 and PAMELA, as well as the B/C data from AMS-02

and PAMELA. We use these three models to provide an
envelope for the uncertainties related to cosmic-ray pro-
duction and propagation. The properties of these models
are summarized in Table I (see Ref. [44] for further de-
tails), and their range of predictions for the p̄/p ratio is

FIG. 1. The p̄/p ratio as measured by AMS-02, compared
to that predicted from conventional secondary production
(without accelerated secondaries), for the case of propaga-
tion model F and for the central values of the antiproton pro-
duction cross section and solar modulation parameters (solid
black line). Variations in the propagation model, antiproton
production cross section, and solar modulation parameters
lead to the range of predictions shown as a blue band, orange
band, and green band, respectively. The total combination of
these uncertainties is represented by the red band.

shown as a blue band in Fig. 1 (labelled as “Inj. & ISM
Unc.”). We also show as a solid black line the p̄/p ratio
that is predicted in the case of model F.

While we have presented results for three specific
cosmic-ray propagation models, we emphasize that the
decreasing p̄/p ratio at high energies is a completely
generic feature of any leaky-box diffusion model. More
specifically, the nearly energy-independent p̄/p ratio ob-
served by AMS-02 at energies above ⇠100 GeV can only
be accommodated in models with � ' 0, which are
strongly ruled out [6–9, 45]. Thus, the error band shown
in Fig. 1 is generically applicable to any Galprop model
that is consistent with current observations.

The cross section for antiproton production in in-
elastic proton-proton collisions has been studied and
parametrized by many authors [46–48], using data from
Refs. [49–54]. However, there remain significant un-
certainties regarding the production of antiprotons in
the collisions of cosmic-ray protons and nuclei. While
Galprop v54 handles the production of antiprotons [55],
it does not include the most recent measurements of the

 
!  To account for the systematic uncertainties, we: 
1) Vary the parameters of our Solar Modulation model 
2) Marginalize over a range of ISM transport models 
3) Marginalize over the parameters of a logarithmic polynomial, which we 
use to rescale the antiproton production cross section (this flexibility is important) 
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context of the production of cosmic-ray antiprotons via
stochastic acceleration within SNRs. We find evidence
for an excess of high-energy antiprotons that can be eas-
ily explained by the stochastic acceleration of secondaries
and that cannot be accounted for by uncertainties related
to cosmic-ray propagation or to the antiproton produc-
tion cross section. Furthermore, our results suggest that
a significant fraction of the observed positron excess is
also likely to originate from the secondary acceleration
in SNRs.

There are a number of systematic uncertainties which
must be treated carefully in order to reliably interpret the
p̄/p ratio as measured by AMS-02. In particular, we will
now consider the uncertainties associated with cosmic-
ray propagation in the ISM, the anti-proton production
cross section, and the effects of solar modulation.

Most cosmic-ray antiprotons are produced through
hadronic interactions of high-energy protons and nuclei
with dense interstellar gas. To model the injection and
propagation of cosmic rays through the Milky Way, we
utilize the publicly available code Galprop, which nu-
merically solves the transport equation to calculate the
local flux of various primary and secondary cosmic-ray
species [40–43]. The main uncertainties related to this
calculation are the injected spectrum and distribution of
cosmic-ray protons and nuclei, as well as the timescales
for diffusion and escape from the Galactic medium. At a
secondary level, convection and diffusive re-acceleration
can also be relevant. The wealth of measurements pro-
vided by AMS-02, PAMELA and Voyager 1 can be used
to tightly constrain the characteristics of the underlying
propagation model. In this work, we follow the proce-
dure described in Ref. [44] from which we take two prop-
agation models (models C and E), in addition to a new
(thin disk) model (model F), each of which provides a
good fit to the proton spectrum as measured by Voyager

1 and PAMELA, as well as the B/C data from AMS-02

and PAMELA. We use these three models to provide an
envelope for the uncertainties related to cosmic-ray pro-
duction and propagation. The properties of these models
are summarized in Table I (see Ref. [44] for further de-
tails), and their range of predictions for the p̄/p ratio is
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to that predicted from conventional secondary production
(without accelerated secondaries), for the case of propaga-
tion model F and for the central values of the antiproton pro-
duction cross section and solar modulation parameters (solid
black line). Variations in the propagation model, antiproton
production cross section, and solar modulation parameters
lead to the range of predictions shown as a blue band, orange
band, and green band, respectively. The total combination of
these uncertainties is represented by the red band.
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that is predicted in the case of model F.

While we have presented results for three specific
cosmic-ray propagation models, we emphasize that the
decreasing p̄/p ratio at high energies is a completely
generic feature of any leaky-box diffusion model. More
specifically, the nearly energy-independent p̄/p ratio ob-
served by AMS-02 at energies above ⇠100 GeV can only
be accommodated in models with � ' 0, which are
strongly ruled out [6–9, 45]. Thus, the error band shown
in Fig. 1 is generically applicable to any Galprop model
that is consistent with current observations.

The cross section for antiproton production in in-
elastic proton-proton collisions has been studied and
parametrized by many authors [46–48], using data from
Refs. [49–54]. However, there remain significant un-
certainties regarding the production of antiprotons in
the collisions of cosmic-ray protons and nuclei. While
Galprop v54 handles the production of antiprotons [55],
it does not include the most recent measurements of the
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FIG. 2. The impact of stochastically accelerated secondaries
on the p̄/p spectrum. Accounting for all uncertainties, the
best-fit spectra with (without) accelerated secondaries are
shown by the solid (dotted) lines. Allowing for accelerated
secondaries improves the fit to the p̄/p spectrum significantly.
For the combined p̄/p spectrum, the best fit and 95% con-
fidence intervals are shown as dark and light purple bands,
respectively.

FIG. 3. The impact of stochastically accelerated secondaries
on the positron fraction, as measured by AMS-02, for the
same range of K

B

that is required to explain the rising p̄/p
ratio (as shown in Fig. 2). The measured p̄/p spectrum im-
plies that positrons produced and accelerated in supernova
remnants are likely to account for a significant fraction of the
observed positron excess.

ondaries on the cosmic-ray positron fraction, showing
the result as predicted without the acceleration of sec-
ondaries (red band) and including accelerated secondary
positrons, over the same range of KB as shown in Fig. 2

(purple bands). We do not include any contributions
from primary positron sources, such as annihilating dark
matter or pulsars. The shaded bands account for the
combined uncertainties associated with the cosmic-ray
propagation model and solar modulation parameters, as
well as the local e± energy loss rate. For the range of KB

values that are required to explain the rising p̄/p ratio as
measured by AMS-02, we predict that accelerated sec-
ondary positrons will also account for a significant frac-
tion of the observed positron excess.

Although we have treated KB as a simple parameter in
this study, this quantity may more generally be expected
to vary with rigidity. More specifically, cosmic ray diffu-
sion results from particles scattering with random mag-
netohydrodynamic waves and discontinuities, and thus
depends on the spectrum of underlying magnetic pertur-
bations. As such scattering is only efficient for perturba-
tions on length scales comparable to the Larmor radius
of a given particle, the spectrum of magnetic perturba-
tions found in the environments of SNRs will determine
the rigidity dependence of KB .

In this letter, we have used the cosmic-ray p̄/p spec-
trum, as recently presented by the AMS-02 Collabora-
tion, to test scenarios in which cosmic-ray secondaries
are produced and accelerated within individual super-
nova remnants. The p̄/p spectrum exhibits a clear rise
at energies above 100 GeV, and we find that this fea-
ture cannot be accounted for by conventional cosmic-ray
sources, even after taking into account the uncertainties
pertaining to the injection and propagation of cosmic
rays through the ISM, the antiproton production cross
section, and the effects of solar modulation. Instead, we
find that the observed rise is consistent with a contri-
bution of antiprotons that are produced as secondaries
and then further accelerated in supernova remnants. We
quantify the range of parameters that can account for
this observation, and note that for these choices of pa-
rameters, the acceleration of secondary positrons should
be expected to contribute substantially to the cosmic-
ray positron flux, potentially accounting for a significant
fraction of the observed positron excess.
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!  To account for the systematic uncertainties, we: 
1) Vary the parameters of our Solar Modulation model 
2) Marginalize over a range of ISM transport models 
3) Marginalize over the parameters of a logarithmic polynomial, which we 
use to rescale the antiproton production cross section (this flexibility is important) 

!  After taking these factors into account, we find that our fit prefers 
KB~4.6-12.4 (95% CL), near the upper limits allowed by B/C measurements 

!  The absence of secondary acceleration (KB=0) is disfavored at 3.2σ  
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tion of the observed positron excess.

Although we have treated KB as a simple parameter in
this study, this quantity may more generally be expected
to vary with rigidity. More specifically, cosmic ray diffu-
sion results from particles scattering with random mag-
netohydrodynamic waves and discontinuities, and thus
depends on the spectrum of underlying magnetic pertur-
bations. As such scattering is only efficient for perturba-
tions on length scales comparable to the Larmor radius
of a given particle, the spectrum of magnetic perturba-
tions found in the environments of SNRs will determine
the rigidity dependence of KB .

In this letter, we have used the cosmic-ray p̄/p spec-
trum, as recently presented by the AMS-02 Collabora-
tion, to test scenarios in which cosmic-ray secondaries
are produced and accelerated within individual super-
nova remnants. The p̄/p spectrum exhibits a clear rise
at energies above 100 GeV, and we find that this fea-
ture cannot be accounted for by conventional cosmic-ray
sources, even after taking into account the uncertainties
pertaining to the injection and propagation of cosmic
rays through the ISM, the antiproton production cross
section, and the effects of solar modulation. Instead, we
find that the observed rise is consistent with a contri-
bution of antiprotons that are produced as secondaries
and then further accelerated in supernova remnants. We
quantify the range of parameters that can account for
this observation, and note that for these choices of pa-
rameters, the acceleration of secondary positrons should
be expected to contribute substantially to the cosmic-
ray positron flux, potentially accounting for a significant
fraction of the observed positron excess.

IC acknowledges support from NASA Grant
NNX15AB18G and from the Simons Foundation.
DH is supported by the US Department of Energy under
contract DE-FG02-13ER41958. Fermilab is operated
by Fermi Research Alliance, LLC, under Contract No.
DE- AC02-07CH11359 with the US Department of
Energy. TL acknowledges support from NSF Grant
PHY-1404311.

[1] L. Bergstrom, J. Edsjo, and P. Ullio, Astrophys. J. 526,
215 (1999), astro-ph/9902012.

[2] D. Hooper, J. E. Taylor, and J. Silk, Phys. Rev. D69,
103509 (2004), hep-ph/0312076.

[3] G. Bertone, D. Hooper, and J. Silk, Phys. Rept. 405, 279

(2005), hep-ph/0404175.
[4] S. Profumo and P. Ullio, JCAP 0407, 006 (2004), hep-

ph/0406018.
[5] T. Bringmann and P. Salati, Phys. Rev. D75, 083006

(2007), astro-ph/0612514.

 
!  We can use the range of values favored by the antiproton measurement 

(KB~6.1-10.4) to predict the contribution to the positron fraction 
!  This exercise suggests that a non-negligible fraction of the positron excess 

might originate from accelerated secondaries  
!  Since KB is likely to be energy dependent, we can only rigorously predict 

the contribution to the positron flux at a few tens of GeV (at higher energy, 
other behavior is certainly possible) 
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remnants are likely to account for a significant fraction of the
observed positron excess.
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combined uncertainties associated with the cosmic-ray
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well as the local e± energy loss rate. For the range of KB
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measured by AMS-02, we predict that accelerated sec-
ondary positrons will also account for a significant frac-
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Although we have treated KB as a simple parameter in
this study, this quantity may more generally be expected
to vary with rigidity. More specifically, cosmic ray diffu-
sion results from particles scattering with random mag-
netohydrodynamic waves and discontinuities, and thus
depends on the spectrum of underlying magnetic pertur-
bations. As such scattering is only efficient for perturba-
tions on length scales comparable to the Larmor radius
of a given particle, the spectrum of magnetic perturba-
tions found in the environments of SNRs will determine
the rigidity dependence of KB .

In this letter, we have used the cosmic-ray p̄/p spec-
trum, as recently presented by the AMS-02 Collabora-
tion, to test scenarios in which cosmic-ray secondaries
are produced and accelerated within individual super-
nova remnants. The p̄/p spectrum exhibits a clear rise
at energies above 100 GeV, and we find that this fea-
ture cannot be accounted for by conventional cosmic-ray
sources, even after taking into account the uncertainties
pertaining to the injection and propagation of cosmic
rays through the ISM, the antiproton production cross
section, and the effects of solar modulation. Instead, we
find that the observed rise is consistent with a contri-
bution of antiprotons that are produced as secondaries
and then further accelerated in supernova remnants. We
quantify the range of parameters that can account for
this observation, and note that for these choices of pa-
rameters, the acceleration of secondary positrons should
be expected to contribute substantially to the cosmic-
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!  Shortly after the PAMELA excess was reported, 

it was suggested that the positrons might 
originate from pulsars 

!  In my view, this has long been the most likely 
source of the positron excess 



Pulsars 101 
!  Pulsars are rapidly spinning neutron stars, 

which gradually convert their rotational 
kinetic energy into radio, X-ray, and 
gamma-ray emission, and into e+e- pairs 

!  Newly formed pulsars typically exhibit 
periods on the order of ~0.01-0.1 second, 
although most observed pulsars have 
higher periods (between ~0.1 and a few 
seconds) 

!  The rate of a pulsar’s spindown evolution, 
and it power depends on the strength of its 
magnetic field (which transfers rotational 
kinetic energy into radiation via magnetic 
dipole braking) 

          Dan Hooper – Making Sense of Cosmic Rays 



Pulsars Emission Models 
          Dan Hooper – Making Sense of Cosmic Rays 

!  There is considerable debate and research activity focused on 
understanding exactly how pulsars generate their observed emission 

!  There are a number of basic elements that are found across a wide range 
of proposed models: 

      -Electrons are accelerated by the strong magnetic fields, somewhere in    
       the magnetosphere (the location is model dependent)  
      -These electrons then induce electromagnetic cascades through the  
       emission of curvature radiation 
      -This results in the production of photons with energies above the  
       threshold for pair production in the strong magnetic field 
      -These electrons and positrons then escape the magnetosphere  
       through open field lines, or after reaching the pulsar wind 
 

!  There is no consensus on what fraction of a pulsar’s power is likely to go 
into the production of energetic e+e- pairs 

!  As high as ~20-30% of the energy budget? Or perhaps ~0.01%? 



Pulsars Emission Models 
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Image Credit: Yating, Kwong-Sang, Jumpei (2016) 



Which Pulsars Contribute to the Positron Flux? 

          Dan Hooper – Making Sense of Cosmic Rays 

DH, Blasi, Serpico, PRD, arXiv:0810.1527; 
Yuksel, Kistler, PRL, arXiv:0810.2784 

and Milagro leave us with little choice but to conclude that nearby pulsars are likely to be
the dominant source of the observed cosmic-ray positrons.

2 Inverse Compton Scattering of Very High-Energy Electrons and Positrons
Near Pulsars

The gamma-ray emission observed from Geminga and B0656+14 by HAWC and Milagro
is almost certainly generated through the inverse Compton scattering of very high-energy
leptons. The angular extension of this signal rules out other scenarios, with the possible
exception of pion production. A pion production origin, however, would require an unre-
alistically large quantity (>⇠ 1046 erg) of O(102) TeV protons to be confined to the region
surrounding Geminga for >⇠ 105 years. Such a scenario can also be constrained to some
degree by the lack of TeV neutrinos detected by the IceCube experiment [43].

To study the di↵usion and energy losses of electrons and positrons produced in nearby
pulsars, we utilize the standard propagation equation:
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The sum in this expression is carried out over the various components of the radiation back-
grounds, consisting of the cosmic microwave background (CMB), infrared emission (IR),
starlight (star), and ultraviolet emission (UV). Throughout our analysis, we adopt the follow-
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Consider the standard cosmic-ray transport equation:  



Which Pulsars Contribute to the Positron Flux? 

          Dan Hooper – Making Sense of Cosmic Rays 

DH, Blasi, Serpico, PRD, arXiv:0810.1527; 
Yuksel, Kistler, PRL, arXiv:0810.2784 

and Milagro leave us with little choice but to conclude that nearby pulsars are likely to be
the dominant source of the observed cosmic-ray positrons.

2 Inverse Compton Scattering of Very High-Energy Electrons and Positrons
Near Pulsars

The gamma-ray emission observed from Geminga and B0656+14 by HAWC and Milagro
is almost certainly generated through the inverse Compton scattering of very high-energy
leptons. The angular extension of this signal rules out other scenarios, with the possible
exception of pion production. A pion production origin, however, would require an unre-
alistically large quantity (>⇠ 1046 erg) of O(102) TeV protons to be confined to the region
surrounding Geminga for >⇠ 105 years. Such a scenario can also be constrained to some
degree by the lack of TeV neutrinos detected by the IceCube experiment [43].

To study the di↵usion and energy losses of electrons and positrons produced in nearby
pulsars, we utilize the standard propagation equation:
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where dne/dEe is the di↵erential number density of electrons/positrons at a distance r from
the pulsar, D is the di↵usion coe�cient, ~vc is the convection velocity, and the source term Q
describes the spectrum and time profile of electrons/positrons injected into the ISM. Energy
losses are dominated by a combination of inverse Compton and synchrotron losses, and are
given by [44]:
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The sum in this expression is carried out over the various components of the radiation back-
grounds, consisting of the cosmic microwave background (CMB), infrared emission (IR),
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and Milagro leave us with little choice but to conclude that nearby pulsars are likely to be
the dominant source of the observed cosmic-ray positrons.

2 Inverse Compton Scattering of Very High-Energy Electrons and Positrons
Near Pulsars

The gamma-ray emission observed from Geminga and B0656+14 by HAWC and Milagro
is almost certainly generated through the inverse Compton scattering of very high-energy
leptons. The angular extension of this signal rules out other scenarios, with the possible
exception of pion production. A pion production origin, however, would require an unre-
alistically large quantity (>⇠ 1046 erg) of O(102) TeV protons to be confined to the region
surrounding Geminga for >⇠ 105 years. Such a scenario can also be constrained to some
degree by the lack of TeV neutrinos detected by the IceCube experiment [43].

To study the di↵usion and energy losses of electrons and positrons produced in nearby
pulsars, we utilize the standard propagation equation:

@

@t

dne

dEe
(Ee, r, t) = ~5 ·


D(Ee)~5 dne

dEe
(Ee, r, t) � ~vc

dne

dEe
(Ee, r, t)

�
(2.1)

+
@

@Ee


dEe

dt
(r)

dne

dEe
(Ee, r, t)

�
+ �(r)Q(Ee, t),

where dne/dEe is the di↵erential number density of electrons/positrons at a distance r from
the pulsar, D is the di↵usion coe�cient, ~vc is the convection velocity, and the source term Q
describes the spectrum and time profile of electrons/positrons injected into the ISM. Energy
losses are dominated by a combination of inverse Compton and synchrotron losses, and are
given by [44]:
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The sum in this expression is carried out over the various components of the radiation back-
grounds, consisting of the cosmic microwave background (CMB), infrared emission (IR),
starlight (star), and ultraviolet emission (UV). Throughout our analysis, we adopt the follow-
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and Milagro leave us with little choice but to conclude that nearby pulsars are likely to be
the dominant source of the observed cosmic-ray positrons.

2 Inverse Compton Scattering of Very High-Energy Electrons and Positrons
Near Pulsars

The gamma-ray emission observed from Geminga and B0656+14 by HAWC and Milagro
is almost certainly generated through the inverse Compton scattering of very high-energy
leptons. The angular extension of this signal rules out other scenarios, with the possible
exception of pion production. A pion production origin, however, would require an unre-
alistically large quantity (>⇠ 1046 erg) of O(102) TeV protons to be confined to the region
surrounding Geminga for >⇠ 105 years. Such a scenario can also be constrained to some
degree by the lack of TeV neutrinos detected by the IceCube experiment [43].

To study the di↵usion and energy losses of electrons and positrons produced in nearby
pulsars, we utilize the standard propagation equation:
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where dne/dEe is the di↵erential number density of electrons/positrons at a distance r from
the pulsar, D is the di↵usion coe�cient, ~vc is the convection velocity, and the source term Q
describes the spectrum and time profile of electrons/positrons injected into the ISM. Energy
losses are dominated by a combination of inverse Compton and synchrotron losses, and are
given by [44]:
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The sum in this expression is carried out over the various components of the radiation back-
grounds, consisting of the cosmic microwave background (CMB), infrared emission (IR),
starlight (star), and ultraviolet emission (UV). Throughout our analysis, we adopt the follow-
ing parameters: ⇢

CMB

= 0.260 eV/cm3, ⇢
IR

= 0.60 eV/cm3, ⇢
star

= 0.60 eV/cm3, ⇢
UV

= 0.10
eV/cm3, ⇢

mag

= 0.224 eV/cm3 (corresponding to B = 3µG), and T
CMB

= 2.7 K, T
IR

= 20
K, T

star

= 5000 K and T
UV

=20,000 K. For low to moderate electron energies, these param-
eters correspond to a value of b ' 1.8 ⇥ 10�16 GeV/s. At very high energies (Ee >⇠ m2

e/2T ),
however, inverse Compton scattering is further suppressed by the following factor:

Si(Ee) ⇡ 45m2

e/64⇡
2T 2

i

(45m2

e/64⇡
2T 2

i ) + (E2

e/m
2

e)
. (2.5)

– 2 –

To solve Eq. 2.2, we calculate the distribution of the electrons and positrons that were
emitted a time t ago, and then sum the contributions produced over di↵erent periods of
time. Considering an injected spectrum of the form Q(Ee, t) = �(t)Q
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solution to Eq. 2.2 (neglecting convection) is given by:
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where E
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⌘ Ee/(1 � Eebt) is the initial energy of an electron that has an energy of Ee after
a time t, and the di↵usion length scale is given by:
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In the last step we had adopted a parameterization of D(Ee) = D
0

E�
e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is set to zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:
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and Milagro leave us with little choice but to conclude that nearby pulsars are likely to be
the dominant source of the observed cosmic-ray positrons.

2 Inverse Compton Scattering of Very High-Energy Electrons and Positrons
Near Pulsars

The gamma-ray emission observed from Geminga and B0656+14 by HAWC and Milagro
is almost certainly generated through the inverse Compton scattering of very high-energy
leptons. The angular extension of this signal rules out other scenarios, with the possible
exception of pion production. A pion production origin, however, would require an unre-
alistically large quantity (>⇠ 1046 erg) of O(102) TeV protons to be confined to the region
surrounding Geminga for >⇠ 105 years. Such a scenario can also be constrained to some
degree by the lack of TeV neutrinos detected by the IceCube experiment [43].

To study the di↵usion and energy losses of electrons and positrons produced in nearby
pulsars, we utilize the standard propagation equation:
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where dne/dEe is the di↵erential number density of electrons/positrons at a distance r from
the pulsar, D is the di↵usion coe�cient, ~vc is the convection velocity, and the source term Q
describes the spectrum and time profile of electrons/positrons injected into the ISM. Energy
losses are dominated by a combination of inverse Compton and synchrotron losses, and are
given by [44]:
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The sum in this expression is carried out over the various components of the radiation back-
grounds, consisting of the cosmic microwave background (CMB), infrared emission (IR),
starlight (star), and ultraviolet emission (UV). Throughout our analysis, we adopt the follow-
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Consider the standard cosmic-ray transport equation:  
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To solve Eq. 2.2, we calculate the distribution of the electrons and positrons that were
emitted a time t ago, and then sum the contributions produced over di↵erent periods of
time. Considering an injected spectrum of the form Q(Ee, t) = �(t)Q
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⌘ Ee/(1 � Eebt) is the initial energy of an electron that has an energy of Ee after
a time t, and the di↵usion length scale is given by:
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In the last step we had adopted a parameterization of D(Ee) = D
0

E�
e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through the Inverse Compton scattering is given by:
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The solution to this equation is as follows: 
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Taking the derivative of this solution with respect to r and setting it to zero, 
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where E
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⌘ Ee/(1 � Eebt) is the initial energy of an electron that has an energy of Ee after
a time t, and the di↵usion length scale is given by:
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In the last step we had adopted a parameterization of D(Ee) = D
0
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e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is set to zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:
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To solve Eq. 2.2, we calculate the distribution of the electrons and positrons that were
emitted a time t ago, and then sum the contributions produced over di↵erent periods of
time. Considering an injected spectrum of the form Q(Ee, t) = �(t)Q
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In the last step we had adopted a parameterization of D(Ee) = D
0

E�
e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is set to zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:
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For parameters appropriate for the ISM: 
 
 
 
 
 
 
Thus the pulsars that contribute to the most to the local positron flux (those 
for which r~2.4 Ldif) are those that are roughly ~105 years old and that located 
at a distance of roughly ~100 pc 

   

Figure 1. The angular distribution of inverse Compton emission from 35 TeV electrons (correspond-
ing to photons in the approximate energy range measured by Milagro and HAWC) from the Geminga
pulsar. Here, we have adopted di↵usion and energy loss parameters which correspond to the condi-
tions found in the ISM, D

0

= 2 ⇥ 1028 cm2/s, � = 0.4, and b = 1.8 ⇥ 10�16 GeV/s, and spectral
parameters as given by ↵ = 1.5, Ec = 100 TeV. The solid black line represents the angular profile
predicted assuming an isotropic radiation distribution, whereas the dashed blue line also includes a
contribution from a population of radiation which is distributed according to an r�2 profile, normal-
ized to the total spin-down power of Geminga. In either case, the predicted profile is dramatically
broader than the ⇠2� extension reported by both Milagro and HAWC.

where  is the angle observed away from the pulsar, and r2 = l2 + d2 � 2ld cos , where
d is the distance between the pulsar and the observer. If we adopt a uniform distribution
of radiation in the vicinity of the pulsar, this reduces to a profile of the form ��( ) /
exp[�d2 sin2  /4L2
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(Ee, t)]. Observations of Geminga by both Miligro and HAWC indicate
that the very high energy gamma-ray emission from this source is extended over a region of
a few degrees across the sky. This in turn requires a di↵usion length given by L
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(Ee) '
(250 pc) sin(0.5 ⇥ 2.6�)/2(ln(2))1/2 ' 2.6 pc. In contrast, adopting parameters appropriate
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Assuming conditions for cosmic ray transport that are similar to those found in the ISM,
this calculation shows that we should have expected the Inverse Compton emission observed
at very high-energies to be extended over a scale of ⇠ 60�, dramatically more than the ⇠ 2�

extension reported by both Milagro and HAWC (see Fig. 1).
To potentially resolve this puzzle, one might be tempted to consider the possibility that

the pulsar might be surrounded by a dense radiation field, which intensifies the resulting
inverse Compton emission from the surrounding parsecs. The problem with this scenario,
however, is that there is not nearly enough power available to generate the required density
of radiation. More quantitatively, in order for a r�2 profile of radiation to exceed the energy
density of the CMB at a distance of 1 parsec from the pulsar would require an amount of
energy equivalent to more than ten times the total spin-down power of Geminga. Adopting an
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inverse Compton emission from the surrounding parsecs. The problem with this scenario,
however, is that there is not nearly enough power available to generate the required density
of radiation. More quantitatively, in order for a r�2 profile of radiation to exceed the energy
density of the CMB at a distance of 1 parsec from the pulsar would require an amount of
energy equivalent to more than ten times the total spin-down power of Geminga. Adopting an
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Figure 1. The angular distribution of the flux of inverse Compton emission (per solid angle) from 35
TeV electrons (corresponding to photons in the approximate energy range measured by Milagro and
HAWC) from the Geminga pulsar. Here, we have adopted di↵usion and energy loss parameters which
correspond to the conditions found in the ISM, D

0

= 2 ⇥ 1028 cm2/s, � = 0.4, and b = 1.8 ⇥ 10�16

GeV/s, and spectral parameters as given by ↵ = 1.5, Ec = 100 TeV. The solid black line represents
the angular profile predicted assuming an isotropic radiation distribution, whereas the dashed blue
line (visible in the upper left corner) also includes a contribution from a population of radiation which
is distributed according to an r�2 profile, normalized to the total spin-down power of Geminga. In
either case, the predicted profile is dramatically broader than the ⇠2� extension reported by both
Milagro and HAWC.
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Assuming conditions for cosmic ray transport that are similar to those found in the ISM,
this calculation shows that we should have expected the Inverse Compton emission observed
at very high-energies to be extended over a scale of ⇠ 60�, dramatically more than the ⇠ 2�

extension reported by both Milagro and HAWC (see Fig. 1).
To resolve this puzzle, one might be tempted to consider the possibility that the pulsar

is surrounded by a dense radiation field, which intensifies the resulting inverse Compton
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!  From these considerations, there are two known pulsars which appear to 

be the strongest potential sources of ~100 GeV cosmic ray positrons: 
   Geminga, age~370,000 yrs, distance~250 pc 
   B0656+14 (ie. monogem), age~110,000 yrs, distance~280 pc 
!  If ~10% of the spindown power of these pulsars has been transferred into 

pairs, they could plausibly dominate the observed positron spectrum 
6

FIG. 2: The spectrum of positrons (left) and ratio of positrons to electrons plus positrons (right) from the pulsar Geminga, with
the dashed lines as in Fig. 1. In the right frames, the measurements of HEAT [3] (light green and magenta) and measurements of
PAMELA [2] (dark red) are also shown. Here we have used an injected spectrum such that dNe/dEe ∝ E−α exp(−Ee/600 GeV),
with α = 1.5 and 2.2. The solid lines correspond to an energy in pairs given by 3.5 × 1047 erg, while the dotted lines require
an output of 3 × 1048 erg.

above 600 GeV. As a default quantity, we consider a total energy of 3 × 1047 erg injected as electron-positron pairs,
which constitutes a few percent of the total spin down power of the pulsar. Our results for Geminga are shown in
Fig. 2. In the left panel we plot the positron spectrum from Geminga for α =1.5 and 2. Again, the dashed line
presents the spectrum from secondary positrons alone. The right panel shows the positron fraction for the two values
of α and for two values of the total energy injected in pairs. The lower of these values in our default choice, 3× 1047

erg (solid lines), while the higher, dotted lines represent the approximate energy required to generate the entire flux
of excess positrons from Geminga alone (3.5 × 1048 erg). We thus conclude that if Geminga were to dominate the
observed positron fraction at high energies, it would have to transfer on the order of ∼30% of its spin-down power
into electron-positron pairs. Such a high efficiency to pairs appears unlikely. The (probably) subdominant role of
Geminga is not particularly unexpected, given its relatively old age.

We now turn our attention to the case of the pulsar B0656+14. B0656+14 is considerably younger than Geminga
(approximately 110, 000 years old), has a period today of P = 390 ms, and a current spin down luminosity that is
approximately the same as Geminga. The spectrum of positrons and the positron fraction from B0656+14 are shown
in the left and right panels of Fig. 3, respectively. The lines are labeled as in Fig. 2. Because of the younger age
of this pulsar, the flux of positrons expected from B0656+14 is somewhat higher than from Geminga, despite being
somewhat more distant (D = 290 pc). In the case with α = 1.5, the predicted positron fraction can fit the PAMELA
data if it injected ∼ 8 × 1047 erg in electron-positron pairs. This appears still large, but less extreme than in the
Geminga case.

In Sec. II, we found that nearby pulsars (D <∼ 500 parsecs) are likely to dominate the pulsar contribution to the
positron spectrum, especially energies above ∼ 50 GeV. More distant pulsars, however, are still anticipated to play
an important role in the lower energy range of the PAMELA positive excess. In Fig. 4, we show a combination of
pulsar contributions to the high energy positron spectrum and the positron fraction. In particular, we include the
contribution from all pulsars more distant than 500 parsecs (using a rate of 4 pulsars per century, as shown in the
lower frames of Fig. 1) and the contributions from B0656+14 and Geminga (using 3 × 1047 erg in electron-positron
pairs from each and a spectral index of 1.5). As can be seen in the right frame, such a combination can provide a
good fit to the preliminary measurements of PAMELA and accommodates for a rising positron fraction even beyond
∼ 100 GeV.

A comment regarding this result is in order. In describing the contribution from all pulsars throughout the Milky
Way, we have adopted a spectrum with an index of 1.6 and an exponential cutoff above 80 GeV. In contrast, we have
used a higher cutoff (600 GeV) and slightly harder slope (1.5) for the nearby B0656+14 and Geminga pulsars. These
results do not contradict each other, for the average injected spectrum from Ref. [18] results from the sum over a
realization with wide variability of pulsar properties, including injected energy and spectral index. In this respect, the
results presented here are only demonstrative of the fact that a significant role of nearby pulsars, while not required
to explain present data, is consistent with them, in which case they should dominate the high energy tail. If this is
the case, interesting observational signatures are possible, one of which is discussed in the next section. In no case the
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FIG. 3: As in Fig. 2, but from the nearby pulsar B0656+14. The solid lines correspond to an energy in pairs given by 3× 1047

erg, while the dotted lines require an output of 8 × 1047 erg.

FIG. 4: The positron spectrum and positron fraction from the sum of contributions from B0656+14, Geminga, and all pulsars
farther than 500 parsecs from the Solar System.

high-energy spectra presented here should be considered as a robust prediction, since they depend crucially on the
detailed spectral properties of B0656+14, Geminga or and other nearby, mature pulsars that contribute significantly
to the high energy positron spectrum.

IV. DISTINGUISHING BETWEEN PULSAR AND DARK MATTER ORIGINS OF HIGH ENERGY
COSMIC RAY POSITRONS

The positron fraction reported by PAMELA taken alone is likely insufficient to distinguish between dark matter
and pulsar origins of this signal. In this section we discuss an additional measurement which may help to resolve
this issue. In particular, even after the diffusive propagation of electrons and positrons from pulsars is taken into
account, at sufficiently high energies a small dipole anisotropy should be present in the direction of the dominant
nearby source(s). In a very general way, the anisotropy associated with diffusive propagation can be written as:

δ =
Imax − Imin

Imax + Imin
=

3K|∇(dNe/dEe)|
c (dNe/dEe)

, (11)

where ∇(dNe/dEe) is the gradient of the electron/positron density. The measurement of such an anisotropy in a
statistical significant manner requires a large number of electron/positron events. For example, in order to detect an
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!  The data from AMS, Fermi and HESS can be easily explained by these 

pulsars, although with non-negligible contributions from more distant Milky 
Way pulsars (which contribute most significantly at low energies) 

!  In the example shown below, all pulsars are assumed to inject 16% of their 
total spindown power into e+e- pairs  

!  The pulsar efficiency to pairs is the key parameter for this scenario, and 
was almost entirely unconstrained at the time 

Cholis, DH, PRD, arXiv:1304.1840 
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FIG. 8: The same as in Fig. 7, but for a broken power-law spectrum of electrons injected from cosmic ray sources (dN
e
−/dE

e
− ∝

E−2.65
e

below 100 GeV and dN
e
−/dE

e
− ∝ E−2.3

e
above 100 GeV), and for slightly different pulsar spectral indices (α =1.6 and

1.5 in the upper and lower frames, respectively). With this cosmic ray background, the pulsar models shown can simultaneously
accommodate the measurements of the cosmic ray positron fraction and the overall leptonic spectrum giving a χ2/d.o.f. fit to
the AMS data of 0.85(top), 0.88(botom) and 0.37(top) 0.37(bottom) to the Fermi data. By comparing to the results of Fig.. 7
the presence of a break at ≃ 100 GeV is preferred from both individual data sets and from their combination.
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!  At Fermi energies, Geminga is one of 

the brightest sources on the sky 
(second only to Vela), with a flux of 
F~7x10-7 cm-2 s-1, >1 GeV 

!  Geminga’s GeV emission is highly 
pulsed, indicating that it originates from 
the pulsar itself (not from the 
surrounding nebula) 

!  MAGIC has also performed deep 
observations of Geminga, but have 
detected no emission at ~0.1-10 TeV 
energies  

A&A proofs: manuscript no. geminga_VHE_ArXiv

tral shape computation using a power-law with a sub-exponential
cut-o↵ and the dot-dashed line using a power-law with an expo-
nential cut-o↵. The green point represents the flux level of the
Geminga Nebula as seen by MILAGRO (Abdo et al. 2009).
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Fig. 6: Phase averaged spectral energy distribution. The di↵erential up-
per limits are represented by the black arrows. The blue dashed lines
represents the SED computed using 5 years of Fermi-LAT data assum-
ing a SEC function, between 100 MeV and 100 GeV. The green point
represents the flux level of the Geminga Nebula as seen by MILAGRO.

5. Discussion and conclusions

During the winter 2012/13, the Geminga pulsar and its surround-
ing nebula were observed for 63 good-quality-selected hours by
the MAGIC telescopes to search for emission from the pulsar
and its surrounding nebula at VHE. The analysis of the MAGIC
data yielded no significant signal and hence resulted the compu-
tation of upper limits above 50 GeV for both pulsed and steady
emission. Besides MAGIC data, 5 years of Fermi-LAT data were
analyzed to derive pulsed and phase-averaged emission and com-
pare to the VHE upper limits. Our results on the analysis of
MAGIC and Fermi-LAT data are consistent with those reported
in the 2FHL, where no significant signal from Geminga was
found above 50 GeV. In addition, the computed integral upper
limit on the emission from the nebula above 200 GeV is compat-
ible with the flux level reported by Milagro.

The Fermi-LAT spectra from 0.1 GeV to 30 GeV can be
described by a power-law with a sub-exponential cut-o↵. As
reported by (Lyutikov 2012), a simple power-law can also be
used to characterize the emission at the high energies, and more
statistics would be required to distinguish between the spectral
shapes. The upper limits computed using the MAGIC data are
well above the Fermi-LAT power-law spectra extrapolated to
VHE, and hence they do not provide additional constrains to
the spectral shape of the pulsed emission. Therefore, the mecha-
nism responsible for the high-energy emission from the Geminga
pulsar is di�cult to establish. At high energies, the emission
due to synchro-curvature radiation and inverse Compton scatter-
ing are expected to exhibit di↵erent spectral shapes. For exam-
ple, in the framework of the outer-gap model, where the high-
energy emission takes place at high altitudes from the neutron
star (Cheng et al. 1986a, Cheng et al. 1986b), a curvature or
synchro-curvature radiation mechanism would exhibit a spec-
tral shape well characterized by an exponential cut-o↵ (Prosekin

et al. 2013, Viganò & Torres 2015). As the radiation is very sen-
sitive to the pitch angle of the radiating particles, the sum of the
emission from particles with the same energy but di↵erent an-
gles results in a less abrupt cut-o↵. Furthermore, calculations of
the outer-gap magnetic-field-aligned electric field evolution (Hi-
rotani 2006, Hirotani 2015) show that the accelerating electric
field depends on the height in the gap and reaches a maximum
in the center of the gap. Distinct heights with di↵erent values of
the electric field would accelerate particles at di↵erent energies,
resulting in a spread of the cut-o↵ energy values. A strong de-
pendency of the cut-o↵ energy on the accelerating electric field
is reported by (Viganò et al. 2015). Such a behavior of the cut-o↵
values was reported for the Geminga pulsar (Abdo et al. 2010b).
The Fermi collaboration studied the phase-resolved evolution of
the cut-o↵ energy for the Geminga pulsar over the whole pulsar
rotation using bin sizes such as each bin contains 2000 photons.
The results show that within the P1 and P2 phase regions, where
the computed cut-o↵ values are the highest, these values vary.
Considering wider phase ranges, the fluctuations of the cut-o↵
value would result in an a sub-exponential cut-o↵ spectral shape.
However, the pulsed gamma-ray spectra we computed using fine
bins in phase around the pulses’ positions discard the exponen-
tial cut-o↵ because the best fit values for the b parameter are
significantly smaller than 1. In the case of synchro-curvature ra-
diation, this deviation can arise from the caustic emission (Dyks
& Rudak 2003), i.e, overlapping of photons emitted at di↵erent
heights and along di↵erent magnetic field lines. The caustic ef-
fect being more important for P2 than P1, due to the curvature
of the magnetic field line, would explain the greater values of b
for P1 with respect to P2.

In the case of an inverse Compton (IC) emission or synchro-
ton self-Compton within the outer gap (Hirotani 2015), the break
in the spectral shape would correspond to a break in the particle
distribution function (Lyutikov 2012) if all the emission comes
from this mechanism. If the particles are distributed as a bro-
ken power law, then the IC spectrum would appear as a broken
power law too, and a high-energy power-law like tail would be
seen as it is the case for the Crab pulsar (Aliu et al. 2011b, Alek-
sić et al. 2011, Aleksić et al. 2012, Aleksić et al. 2014, Ahnen
et al. 2015). However, in the case of an inverse Compton emis-
sion, the power-law tail exhibited by the Geminga pulsar would
be much softer than that of the Crab (Aleksić et al. 2014), as can
be seen from the power-law spectral fit of the Fermi-LAT data
above 10 GeV. A hard gamma-ray tail is not expected even if the
curvature radiation is produced in a curved magnetic field close
to the light cylinder (Bednarek 2012).
The analysis of the nebula around the Geminga pulsar shows no
significant detection above 50 GeV. The presence of the neb-
ula is unknown at the GeV scale. Indeed, the observations of
the Geminga pulsar with the Fermi-LAT show no evidence of a
surrounding nebula. The detection of a large nebula similar to
the one claimed by the Milagro Collaboration is not straight-
forward for MAGIC, as its extension is larger than the field
of view of the telescopes. Overall, the prospects of detecting
the Geminga pulsar with the current Cherenkov telescopes are
rather low. However, the upcoming Cherenkov Telescope Array
(CTA)(Bernlöhr et al. 2013) could, with a better sensitivity and a
lower energy threshold, detect high energy gamma-ray emission
from the Geminga pulsar and thus shed light on the physics of
pulsars. We have estimated that Geminga could be detected at a
5 � level by CTA in 50 hours.

Article number, page 6 of 8

See Fermi 3FGL and 2PC catalogs; 
MAGIC Collaboration, A&A, arXiv:1603.00730 
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!  The Milagro and HAWC experiments are 

ground-based gamma-ray and cosmic-
ray detectors, located near Los Alamos 
and Puebla, Mexico, respectivley 

!  Unlike IACTs, these telescopes do not 
point – they observe most of the northern 
sky at all times 

!  The energy thresholds of these 
experiments are very high, in practice 
ranging from several TeV to tens of TeV. Milagro 

HAWC 



VHE Gamma-Ray Observations of Geminga 
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!  Milagro has also reported the detection of Geminga, although at a much 

higher energy of ~35 TeV 
!  If modeled as a point source, the significant of this detection is modest (3.5σ) 
!  But if modeled as a 1° Gaussian, this increases to 6.3σ#
!  The Milagro Collaboration regards this as a “definitive detection of extended 

emission” from Geminga, and report a full-width-half-max of 2.6     degrees 

Milagro Collaboration, ApJ, arXiv:0904.1018 
 

– 11 –

-4

-2

0

2

4

6

8

10

12

14

16

18

20

J0634.0+1745

06h30m06h40m

J0634.0+1745

-4

-2

0

2

4

6

8

10

12

14

16

18

20

J0634.0+1745

06h30m06h40m

J0634.0+1745

Fig. 2.— The signifcance of the Milagro data in a 5◦x5◦ region around Fermi source J0634.0+1745

the Geminga pulsar. The location of the Fermi source is identified by a white dot. The figure

on the left shows the significance map after smoothing by the Milagro point-spread function. The

figure on the right shows the same region smoothed by an additional 1◦ Gaussian in order to search

for an extended emission region. The color scale shows the statistical significance.
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!  Very recently, the HAWC Collaboration 

confirmed Milagro’s detection of 
Geminga, and its spatial extension, in 
this case at ~7 TeV 

!  HAWC reports an extension of radius 
~2°, similar to that reported by Milagro 

!  Furthermore, HAWC also detects ~2° 
extended emission from the pulsar 
B0656+14 (2HWC J0700+143), not 
detected by Milagro or Fermi 

!  The statistical significance of these 
results, and the quantity of spectral 
information, is much greater than that 
from Milagro #

HAWC Collaboration, arXiv:1702.02992 
 

(Modeled as a 2° Radius Disk)  



What Produces These Gamma Rays? 
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!  The spatial extension of this emission 

indicates that the observed gamma 
rays do not originate from the pulsar 
itself, but from a region several parsecs 
in extent 

!  The only diffuse emission mechanisms 
that can produce such high-energy 
photons are inverse Compton 
scattering and pion production 

!  A pion production origin would require 
an implausibly large quantity of ~102 
TeV protons (>1046 erg), which would 
have to somehow be confined to the 
region for >105 years 

!  Inverse Compton scattering is virtually 
certain to be responsible for this 
emission 

HAWC Collaboration, arXiv:1702.02992 
 

(Modeled as a 2° Radius Disk)  



Non-Standard Cosmic Ray Transport  Around 
Geminga and B0656+14 

          Dan Hooper – Making Sense of Cosmic Rays 

 
!  It is difficult to understand the observed spatial extension of this emission 

within the context of standard cosmic-ray transport  
!  For example, consider a ~35 TeV electron; this particle will lose its energy 

via ICS and synchrotron over a timescale of ~5000 years 
!  Over this length of time, the electron will diffuse ~120 parsecs 
!  The expected angular profile of the                        

inverse Compton emission from                   
Geminga is ~30°, not even close to                      
the observed ~2° extension 

!  No plausible enhancement in the       
radiation density can substantively           
change this conclusion 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
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Figure 1. The angular distribution of the flux of inverse Compton emission (per solid angle) from 35
TeV electrons (corresponding to photons in the approximate energy range measured by Milagro and
HAWC) from the Geminga pulsar. Here, we have adopted di↵usion and energy loss parameters which
correspond to the conditions found in the ISM, D

0

= 2 ⇥ 1028 cm2/s, � = 0.4, and b = 1.8 ⇥ 10�16

GeV/s, and spectral parameters as given by ↵ = 1.5, Ec = 100 TeV. The solid black line represents
the angular profile predicted assuming an isotropic radiation distribution, whereas the dashed blue
line (visible in the upper left corner) also includes a contribution from a population of radiation which
is distributed according to an r�2 profile, normalized to the total spin-down power of Geminga. In
either case, the predicted profile is dramatically broader than the ⇠2� extension reported by both
Milagro and HAWC.

where  is the angle observed away from the pulsar, and r2 = l2 + d2 � 2ld cos , where
d is the distance between the pulsar and the observer. If we adopt a uniform distribution
of radiation in the vicinity of the pulsar, this reduces to a profile of the form ��( ) /
exp[�d2 sin2  /4L2

dif

(Ee, t)]. Observations of Geminga by both Miligro and HAWC indicate
that the very high energy gamma-ray emission from this source is extended over a region of
a few degrees across the sky. This in turn requires a di↵usion length given by L

dif

(Ee) '
(250 pc) sin(0.5 ⇥ 2.6�)/2(ln(2))1/2 ' 2.6 pc. In contrast, adopting parameters appropriate
for the ISM (D

0

' 2 ⇥ 1028 cm2/s, � ' 0.4, b = 1.8 ⇥ 10�16 GeV/s), we find

L
dif

(Ee, t) ' 200 pc

✓
35TeV

Ee

◆
0.3✓

1 � (1 � Eebt)
0.6

◆
1/2

. (2.13)

Assuming conditions for cosmic ray transport that are similar to those found in the ISM,
this calculation shows that we should have expected the Inverse Compton emission observed
at very high-energies to be extended over a scale of ⇠ 60�, dramatically more than the ⇠ 2�

extension reported by both Milagro and HAWC (see Fig. 1).
To resolve this puzzle, one might be tempted to consider the possibility that the pulsar

is surrounded by a dense radiation field, which intensifies the resulting inverse Compton
emission from the surrounding parsecs. The problem with this scenario, however, is that
there is not nearly enough power available to generate the required density of radiation. More
quantitatively, in order for a r�2 profile of radiation to exceed the energy density of the CMB
at a distance of 1 parsec from the pulsar would require an amount of energy equivalent to

– 4 –

To solve Eq. 2.2, we calculate the distribution of the electrons and positrons that were
emitted a time t ago, and then sum the contributions produced over di↵erent periods of
time. Considering an injected spectrum of the form Q(Ee, t) = �(t)Q

0

E�↵ exp(�Ee/Ec), the
solution to Eq. 2.2 (neglecting convection) is given by:

dne

dEe
(Ee, r, t) =

Q
0

E2�↵
0

8⇡3/2E2

e L
3

dif

(Ee, t)
exp

�E
0

Ec

�
exp

 �r2

4L2

dif

(Ee, t)

�
, (2.6)

where E
0

⌘ Ee/(1 � Eebt) is the initial energy of an electron that has an energy of Ee after
a time t, and the di↵usion length scale is given by:

L
dif

(Ee, t) ⌘
 Z Ee

E
0

D(E0)

�dEe/dt(E0)
dE0

�
1/2

, (2.7)

=


D

0

b(Ee/GeV)1��(1 � �)

✓
1 � (1 � Eebt)

1��

◆�
1/2

. (2.8)

In the last step we had adopted a parameterization of D(Ee) = D
0

E�
e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is set to zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:

Ė = �8⇡4B2R6

3c3P (t)4
(2.9)

⇡ 1.0 ⇥ 1035 erg/s ⇥
✓

B

1.6 ⇥ 1012G

◆
2

✓
R

15 km

◆
6

✓
0.23 s

P (t)

◆
4

,

where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:

P (t) = P
0

✓
1 +

t

⌧

◆
1/2

, (2.10)

where P
0

is the initial period, and ⌧ is the spindown timescale:

⌧ =
3c3IP 2

0

4⇡2B2R6

(2.11)
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.

In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:

��(E� = Ee, ) /
Z

Ė dt

Z

los

dne

dEe
(Ee, r, t) ⇢

rad

(r) dl

/
Z

⌧2

(t+ ⌧)2
dt

Z

los

e�r2/4L2

dif

(Ee,t) ⇢
rad

(r) dl, (2.12)
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Non-Standard Cosmic Ray Transport  Around 
Geminga and B0656+14 
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!  In order for ~10-100 TeV electrons to diffuse only a few parsecs in an 

energy loss time, we must dramatically reduce the diffusion coefficient  
(by a factor of ~103 relative to that in the ISM) within the region 
surrounding these pulsars 

!  Physically, this means that particles                        
frequently scatter within these                                                     
environments, jumping from field                            
line-to-field line (ie. taking very small                                
steps in their random walk) 

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
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Figure 2. The angular distribution of the flux of inverse Compton emission (per solid angle) from 35
TeV electrons from the Geminga pulsar, for di↵erent choices of the di↵usion parameters, D

0

, � (such
that D = D

0

(Ee/GeV)�). We have adopted an energy loss parameter of b = 1.8 ⇥ 10�16 GeV/s and
spectral parameters of ↵ = 1.5 and Ec = 100 TeV. To accommodate the ⇠2� extension reported by
Milagro and HAWC, Geminga must be enclosed within an environment with a di↵usion coe�cient
that is ⇠ 103 times smaller than that corresponding to the typical conditions of the ISM.

more than ten times the total spin-down power of Geminga. Adopting an extreme benchmark
in which 100% of Geminga’s energy budget is transferred into radiation, the profile of Inverse
Compton emission is altered only very modestly; by less than 10% at  = 1� (see Fig. 1).
Based on these considerations, it does not appear that local concentrations of radiation play
a significant role in explaining the angular extent of the gamma-ray emission observed from
Geminga or B0656+14.

A more likely solution is that the conditions that dictate cosmic-ray di↵usion around
Geminga and B0656+14 are very di↵erent from those found elsewhere in the ISM, leading
energetic leptons to escape from the surrounding regions much slower. In order to accommo-
date the observed extension in this way, we require that these particles only di↵use a distance
of a few parsecs before losing most of their energy. For an energy loss time of 5000 years
(corresponding to Ee = 35 TeV and b = 1.8 ⇥ 10�16 GeV/s), this requires a di↵usion coe�-
cient of D ⇠ 1027 cm2/s (see Fig. 2). Although this is significantly smaller than that found
in the bulk of the ISM, we note that it is similar to that predicted for standard Bohmian
di↵usion, D

Bohm

= rLc/3 ⇡ 1.2 ⇥ 1027 cm2/s ⇥ (Ee/35TeV)(µG/B).
If pulsars such as Geminga are typically surrounded by a region with ine�cient di↵usion

(D ⌧ D
ISM

), the volume of such regions must be fairly small to avoid conflicting with
secondary-to-primary ratios in the cosmic-ray spectrum as measured at Earth. In particular,
if such regions have a typical radius of r

region

, then such regions will occupy roughly the
following fraction of the volume of the Milky Way’s disk:

f ⇠ N
region

⇥ 4⇡
3

r3
region

⇡R2

MW

⇥ 2z
MW

(2.14)
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HAWC and Milagro Measurements Are Essential To 
Solving The Mystery Of The Positron Excess 

          Dan Hooper – Making Sense of Cosmic Rays 

 
   Main Idea: The surprising spatial extension of Geminga and  
   B0656+14 allow us to measure the critically important (and until   
   now highly uncertain) fraction of these pulsars’ spindown power  
   that goes into the production of energetic e+e- pairs  
 
!  When a very high energy electron is injected into this environment, it 

emits the vast majority of its energy as Inverse Compton emission (along 
with a similar quantity as synchrotron) 

!  The results of HAWC and Milagro thus provide us with a direct 
measurement of the energy that Geminga and B0656+14 are currently 
injecting into very high-energy e+e- pairs (as well as information pertaining 
to the spectral shape of these pairs) 

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
 



Implications of HAWC and Milagro for the Positron Excess 
          Dan Hooper – Making Sense of Cosmic Rays 

 
!  For a given spectrum of injected pairs, we calculate the resulting ICS 

spectrum (including all Klein-Nishina corrections), and use this to    
constrain the normalization, spectral index (α), and energy cutoff (Ec) 

!  The VHE gamma-ray fluxes are best fit by α~1.5-2.0 and Ec~35-70 TeV
!  In these best-fit models, between 7-29% of Geminga’s current spindown 

power goes into e+e- pairs – similar to that required for the positron 
excess!  

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
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Figure 3. The gamma-ray spectrum from the region surrounding Geminga, compared to measure-
ments by HAWC and Milagro (shown at 7 and 35 TeV, respectively). In the left (right) frame, we
adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have in each case selected a
value of Ec that provides the best-fit to the combination of these two measurements. The blue-dashed
(solid green) curves correspond to a case with weak convection, vc = 55.4 km/s ⇥ (r

region

/10 pc)
(strong convection, vc = 554 km/s ⇥ (r

region

/10 pc)). As discussed in the text, the case of weak
convection is disfavored by the spectral index reported by the HAWC Collaboration.

where Ṅ
SN

is the rate at which new pulsars appear in the Galaxy, ⌧
region

is the length of
time that such regions persist, and N

region

= Ṅ
SN

⇥ ⌧
region

is the number of such regions
present at a given time. The quantities R

MW

and z
MW

denote the radius and half-width of
the Galaxy’s cylindrical disk. Combined with Milagro and HAWC observations of Geminga
and B0656+14, these considerations suggest 5 pc <⇠ r

region

<⇠ 50 pc, for which there will be
little impact on the observed secondary-to-primary ratios (other than the positron fraction).

In Fig. 3, we plot the gamma-ray spectrum from the region surrounding Geminga,
compared to the measurements by HAWC and Milagro (at 7 and 35 TeV, respectively). In
performing this calculation, we utilized the full di↵erential cross section for inverse Compton
scattering [44]. In the left (right) frame, we have adopted a spectrum of injected electrons
with an index of ↵ = 1.5 (1.9), and in each case selected a value of Ec that provides the best-
fit to the combination of these two measurements. We have also allowed for the possibility
that convective winds play a role in cosmic-ray transport [7], moving particles away from
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SN

⇥ ⌧
region

is the number of such regions
present at a given time. The quantities R

MW

and z
MW

denote the radius and half-width of
the Galaxy’s cylindrical disk. Combined with Milagro and HAWC observations of Geminga
and B0656+14, these considerations suggest 5 pc <⇠ r

region

<⇠ 50 pc, for which there will be
little impact on the observed secondary-to-primary ratios (other than the positron fraction).

In Fig. 3, we plot the gamma-ray spectrum from the region surrounding Geminga,
compared to the measurements by HAWC and Milagro (at 7 and 35 TeV, respectively). In
performing this calculation, we utilized the full di↵erential cross section for inverse Compton
scattering [44]. In the left (right) frame, we have adopted a spectrum of injected electrons
with an index of ↵ = 1.5 (1.9), and in each case selected a value of Ec that provides the best-
fit to the combination of these two measurements. We have also allowed for the possibility
that convective winds play a role in cosmic-ray transport [7], moving particles away from
the pulsar at a velocity given by either vc = 55.4 km/s ⇥ (r

region

/10 pc) (blue dashed) or
vc = 554 km/s ⇥ (r

region

/10 pc) (green solid). In these four cases, the best-fits were found for
Ec = 44 TeV (↵ = 1.5, low convection), Ec = 35 TeV (↵ = 1.5, high convection), Ec = 67
TeV (↵ = 1.9, low convection), and Ec = 49 TeV (↵ = 1.9, high convection). In each case,
convection dominates over di↵usion in transporting cosmic rays out of the region surrounding
the pulsar.

In addition to their flux measurement, the HAWC Collaboration has also reported a
value of �2.23 ± 0.08 for Geminga’s spectral slope at 7 TeV. Among the models shown
in Fig 3, those with a low convection velocity (vc = 55.4 km/s ⇥ (r

region

/10 pc)) predict
spectral slopes at 7 TeV of �2.47 (↵ = 1.5) or �2.59 (↵ = 1.9). Such values are highly
inconsistent with that reported by HAWC. In contrast, for those models with a higher degree
of convection (vc = 554 km/s ⇥ (r

region

/10 pc)), we instead predict a spectral slope of �2.23
(↵ = 1.5) or �2.32 (↵ = 1.9), in excellent agreement with HAWC’s measurement. This

– 6 –

Figure 3. The gamma-ray spectrum from the region surrounding Geminga, compared to measure-
ments by HAWC and Milagro (shown at 7 and 35 TeV, respectively). In the left (right) frame, we
adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have in each case selected a
value of Ec that provides the best-fit to the combination of these two measurements. The blue-dashed
(solid green) curves correspond to a case with weak convection, vc = 55.4 km/s ⇥ (r

region

/10 pc)
(strong convection, vc = 554 km/s ⇥ (r

region

/10 pc)). As discussed in the text, the case of weak
convection is disfavored by the spectral index reported by the HAWC Collaboration.

where Ṅ
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SN

⇥ ⌧
region

is the number of such regions
present at a given time. The quantities R

MW

and z
MW

denote the radius and half-width of
the Galaxy’s cylindrical disk. Combined with Milagro and HAWC observations of Geminga
and B0656+14, these considerations suggest 5 pc <⇠ r

region

<⇠ 50 pc, for which there will be
little impact on the observed secondary-to-primary ratios (other than the positron fraction).

In Fig. 3, we plot the gamma-ray spectrum from the region surrounding Geminga,
compared to the measurements by HAWC and Milagro (at 7 and 35 TeV, respectively). In
performing this calculation, we utilized the full di↵erential cross section for inverse Compton
scattering [44]. In the left (right) frame, we have adopted a spectrum of injected electrons
with an index of ↵ = 1.5 (1.9), and in each case selected a value of Ec that provides the best-
fit to the combination of these two measurements. We have also allowed for the possibility
that convective winds play a role in cosmic-ray transport [7], moving particles away from
the pulsar at a velocity given by either vc = 55.4 km/s ⇥ (r

region

/10 pc) (blue dashed) or
vc = 554 km/s ⇥ (r

region

/10 pc) (green solid). In these four cases, the best-fits were found for
Ec = 44 TeV (↵ = 1.5, low convection), Ec = 35 TeV (↵ = 1.5, high convection), Ec = 67
TeV (↵ = 1.9, low convection), and Ec = 49 TeV (↵ = 1.9, high convection). In each case,
convection dominates over di↵usion in transporting cosmic rays out of the region surrounding
the pulsar.

In addition to their flux measurement, the HAWC Collaboration has also reported a
value of �2.23 ± 0.08 for Geminga’s spectral slope at 7 TeV. Among the models shown
in Fig 3, those with a low convection velocity (vc = 55.4 km/s ⇥ (r

region

/10 pc)) predict
spectral slopes at 7 TeV of �2.47 (↵ = 1.5) or �2.59 (↵ = 1.9). Such values are highly
inconsistent with that reported by HAWC. In contrast, for those models with a higher degree
of convection (vc = 554 km/s ⇥ (r

region

/10 pc)), we instead predict a spectral slope of �2.23
(↵ = 1.5) or �2.32 (↵ = 1.9), in excellent agreement with HAWC’s measurement. This

– 6 –



The Role Of Convection 
          Dan Hooper – Making Sense of Cosmic Rays 

 
!  For the very low diffusion coefficient that is required to explain the 
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!  When we take into account the slope reported by HAWC (-2.23±0.08),        

we find that a sizable convection velocity is required vc~100-500 km/s
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“low convection” refers to a tenth of this value
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convection is disfavored by the spectral index reported by the HAWC Collaboration.
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Figure 4. Left: The fraction of energy that is lost by an electron over the time that is required to
move via convection a distance of 10 parsecs. Right: The mean fraction of energy that is lost by an
electron over the time required to move via either convection (vc = 100 km/s) or energy-independent
di↵usion (D

0

= 1026 cm2/s) a distance of 10 parsecs. For comparison, in each frame we show the
(gamma-ray) energies at which HAWC and Milagro have reported fluxes.

favors scenarios in which convection plays a very important role in the transport of high-
energy leptons, especially among those with energies below ⇠10 TeV. We lastly note that
among this range of models, between 7.2% and 29% of Geminga’s total current spindown
power is being deposited into electron-positron pairs with Ee > 10 GeV.

3 Implications for the Cosmic-Ray Positron Excess

Although the angular extent of the emission observed from Geminga and B0656+14 by
HAWC and Milagro indicates that very high-energy (Ee >⇠ 10 TeV) leptons are e↵ectively
trapped within a few parsecs of these sources, the same fate need not be experienced by
lower energy electrons and positrons. In particular, even a modest degree of convection (i.e.
the streaming of particles away from the source at a constant velocity) can remove sub-TeV
leptons from the region before they lose a substantial fraction of their energy, while higher
energy leptons lose the vast majority of their energy to inverse Compton scattering before
escaping the same region [7].

To address this more quantitatively, we can compare the timescale for energy losses,
⌧
loss

= 1/Eeb, to that for the escape from the region, ⌧
escape

= r
region

/vc. For convective
winds with a velocity of vc, particles with Ee ⌧ vc/brregion are left largely una↵ected, while
those with Ee � vc/brregion lose the majority of their energy before escaping. In the left
frame of Fig. 4, we plot the fraction of energy that an electron loses before escaping a region
of radius 10 parsecs for several values of vc. It is expected that future observations by
the Cherenkov Telescope Array (CTA) will provide an important test of this transition by
measuring the intensity and angular extent of the ⇠ 0.1-10 TeV emission from Geminga and
B0656+14.

Although we have focused here on a scenario in which convection is responsible for
expelling sub-TeV leptons from the regions surrounding Geminga and B0656+14, other means
may also be possible. For example, if we simply introduce a di↵usion coe�cient with no
energy dependance (� = 0), we e↵ectively mimic the e↵ects of convection (see the right frame
of Fig. ??).
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indistinguishable from energy-independent diffusion (δ~0) 
!  I am happy to remain agnostic about the details of this mechanism 
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lose the majority of their energy 
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the Cherenkov Telescope Array (CTA) will provide an important test of this transition by
measuring the intensity and angular extent of the ⇠ 0.1-10 TeV emission from Geminga and
B0656+14.

Although we have focused here on a scenario in which convection is responsible for
expelling sub-TeV leptons from the regions surrounding Geminga and B0656+14, other means
may also be possible. For example, if we simply introduce a di↵usion coe�cient with no
energy dependance (� = 0), we e↵ectively mimic the e↵ects of convection (see the right frame
of Fig. ??).
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Figure 5. The cosmic-ray positron spectrum as measured by AMS-02, compared to the predictions
from standard secondary production in the ISM (solid black) and including a contribution from the
Geminga pulsar. In each case, we have chosen the normalization and spectral shape to match that
of the very high-energy gamma-ray emission measured by HAWC and Milagro (see Fig. 3). In the
left (right) frame, we adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have
in each case selected a value of Ec that provides the best-fit to the combination of the HAWC and
Milagro measurements. The solid green curves correspond to a case with strong convection (vc = 554
km/s ⇥ (r

region

/10 pc)). For comparison, we also show as blue-dashed curves the result with weak
convection (vc = 55.4 km/s ⇥ (r

region

/10 pc)), although this case is disfavored by the spectral index
reported by the HAWC Collaboration.

In Fig. 5, we plot the cosmic-ray positron fraction as measured by AMS-02, compared to
the predictions from the Geminga pulsar, using the same choices of parameters as adopted in
Fig. 3. In each frame, the solid black curve denotes the contribution from standard secondary
production in the ISM, while the other curves include both this contribution and that from
Geminga. We remind the reader that those models with only weak convection (dotted blue
curves) do not lead to a spectral index compatible with the measurement of HAWC, and
thus should be viewed as a poor fit to the data.

The positron fraction presented in Fig. 5 includes a distinctive feature at 400-500 GeV,
which is a result of energy losses. More specifically, a positron with an infinite energy will
be reduced over a time t to an energy of Ee = (bt)�1, which for t =370,000 years (the age of
Geminga) yields a final energy of 476 GeV. Any positrons from Geminga above this energy
were injected at later times and thus have not cooled to the same extent.

The main lesson from the results shown in Fig. 5 is that when the spectral shape and
overall normalization of Geminga are fixed to reproduce the results of HAWC and Milagro,
this pulsar is found to generate a non-negligible portion of the observed positron fraction.
That being said, the overall size of this contribution to the cosmic-ray positron flux can vary
by a factor of order unity depending on the precise values of the convection velocity, vc, and
spindown timescale, ⌧ (see Eq. 2.11) that are adopted. The impact of the convection velocity
is clearly evident in Fig. 5. The resulting positron flux scales approximately as ⌧�1 (we have
adopted a value of ⌧ = 9.1⇥ 103 years). Furthermore, the time profile of a pulsar’s emission
could plausibly depart to some extent from that predicted from standard magnetic dipole
braking [45], potentially altering the normalization of the positron flux predicted here, as
well as the inferred age of the pulsar.

Finally, in Fig. 6, we plot the contributions to the positron fraction from the Geminga
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!  We can now use this information to calculate the contribution from 

Geminga to the local positron flux 
!  Across the range of models that provide a good fit to the HAWC and 

Milagro data, Geminga contributes non-negligibly to the observed excess 
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Figure 3. The gamma-ray spectrum from the region surrounding Geminga, compared to measure-
ments by HAWC and Milagro (shown at 7 and 35 TeV, respectively). In the left (right) frame, we
adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have in each case selected a
value of Ec that provides the best-fit to the combination of these two measurements. The blue-dashed
(solid green) curves correspond to a case with weak convection, vc = 55.4 km/s ⇥ (r

region

/10 pc)
(strong convection, vc = 554 km/s ⇥ (r

region

/10 pc)). As discussed in the text, the case of weak
convection is disfavored by the spectral index reported by the HAWC Collaboration.
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<⇠ 50 pc, for which there will be
little impact on the observed secondary-to-primary ratios (other than the positron fraction).

In Fig. 3, we plot the gamma-ray spectrum from the region surrounding Geminga,
compared to the measurements by HAWC and Milagro (at 7 and 35 TeV, respectively). In
performing this calculation, we utilized the full di↵erential cross section for inverse Compton
scattering [44]. In the left (right) frame, we have adopted a spectrum of injected electrons
with an index of ↵ = 1.5 (1.9), and in each case selected a value of Ec that provides the best-
fit to the combination of these two measurements. We have also allowed for the possibility
that convective winds play a role in cosmic-ray transport [7], moving particles away from
the pulsar at a velocity given by either vc = 55.4 km/s ⇥ (r

region

/10 pc) (blue dashed) or
vc = 554 km/s ⇥ (r

region

/10 pc) (green solid). In these four cases, the best-fits were found for
Ec = 44 TeV (↵ = 1.5, low convection), Ec = 35 TeV (↵ = 1.5, high convection), Ec = 67
TeV (↵ = 1.9, low convection), and Ec = 49 TeV (↵ = 1.9, high convection). In each case,
convection dominates over di↵usion in transporting cosmic rays out of the region surrounding
the pulsar.

In addition to their flux measurement, the HAWC Collaboration has also reported a
value of �2.23 ± 0.08 for Geminga’s spectral slope at 7 TeV. Among the models shown
in Fig 3, those with a low convection velocity (vc = 55.4 km/s ⇥ (r

region

/10 pc)) predict
spectral slopes at 7 TeV of �2.47 (↵ = 1.5) or �2.59 (↵ = 1.9). Such values are highly
inconsistent with that reported by HAWC. In contrast, for those models with a higher degree
of convection (vc = 554 km/s ⇥ (r

region

/10 pc)), we instead predict a spectral slope of �2.23
(↵ = 1.5) or �2.32 (↵ = 1.9), in excellent agreement with HAWC’s measurement. This
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!  A great deal is often made about “edges” and other spectral features that 

might appear in the positron spectrum  
!  Consider this plot, for example: 
!  First of all, this dark matter model                         

doesn’t make much sense – it is          
supposed to be from J. Kopp,                                
PRD 88 (2013), but that paper               
doesn’t show any spectra that look                                
at all like this 
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might appear in the positron spectrum  
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!  First of all, this dark matter model                         

doesn’t make much sense – it is          
supposed to be from J. Kopp,                                
PRD 88 (2013), but that paper               
doesn’t show any spectra that look                                
at all like this 

!  And secondly, a nearby pulsar                
could very plausibly generate an              
edge-like spectral feature 

!  Such an edge will appear at an               
energy of E~1/btage, which for          
Geminga is at ~350-700 GeV                              
(recall dE/dt=-bE2)

!  Model based on J. Kopp PRD88, 2013 
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Figure 5. The cosmic-ray positron spectrum as measured by AMS-02, compared to the predictions
from standard secondary production in the ISM (solid black) and including a contribution from the
Geminga pulsar. In each case, we have chosen the normalization and spectral shape to match that
of the very high-energy gamma-ray emission measured by HAWC and Milagro (see Fig. 3). In the
left (right) frame, we adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have
in each case selected a value of Ec that provides the best-fit to the combination of the HAWC and
Milagro measurements. The solid green curves correspond to a case with strong convection (vc = 554
km/s ⇥ (r

region

/10 pc)). For comparison, we also show as blue-dashed curves the result with weak
convection (vc = 55.4 km/s ⇥ (r

region

/10 pc)), although this case is disfavored by the spectral index
reported by the HAWC Collaboration.

In Fig. 5, we plot the cosmic-ray positron fraction as measured by AMS-02, compared to
the predictions from the Geminga pulsar, using the same choices of parameters as adopted in
Fig. 3. In each frame, the solid black curve denotes the contribution from standard secondary
production in the ISM, while the other curves include both this contribution and that from
Geminga. We remind the reader that those models with only weak convection (dotted blue
curves) do not lead to a spectral index compatible with the measurement of HAWC, and
thus should be viewed as a poor fit to the data.

The positron fraction presented in Fig. 5 includes a distinctive feature at 400-500 GeV,
which is a result of energy losses. More specifically, a positron with an infinite energy will
be reduced over a time t to an energy of Ee = (bt)�1, which for t =370,000 years (the age of
Geminga) yields a final energy of 476 GeV. Any positrons from Geminga above this energy
were injected at later times and thus have not cooled to the same extent.

The main lesson from the results shown in Fig. 5 is that when the spectral shape and
overall normalization of Geminga are fixed to reproduce the results of HAWC and Milagro,
this pulsar is found to generate a non-negligible portion of the observed positron fraction.
That being said, the overall size of this contribution to the cosmic-ray positron flux can vary
by a factor of order unity depending on the precise values of the convection velocity, vc, and
spindown timescale, ⌧ (see Eq. 2.11) that are adopted. The impact of the convection velocity
is clearly evident in Fig. 5. The resulting positron flux scales approximately as ⌧�1 (we have
adopted a value of ⌧ = 9.1⇥ 103 years). Furthermore, the time profile of a pulsar’s emission
could plausibly depart to some extent from that predicted from standard magnetic dipole
braking [45], potentially altering the normalization of the positron flux predicted here, as
well as the inferred age of the pulsar.

Finally, in Fig. 6, we plot the contributions to the positron fraction from the Geminga
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value of �2.23 ± 0.08 for Geminga’s spectral slope at 7 TeV. Among the models shown
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of convection (vc = 554 km/s ⇥ (r
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A Note On Positron Spectral Features 
          Dan Hooper – Making Sense of Cosmic Rays 

 
!  A great deal is often made about “edges” and other spectral features that 

might appear in the positron spectrum  
!  Consider this plot, for example: 
!  First of all, this dark matter model                         

doesn’t make much sense – it is          
supposed to be from J. Kopp,                                
PRD 88 (2013), but that paper               
doesn’t show any spectra that look                                
at all like this 

!  And secondly, a nearby pulsar                
could very plausibly generate an              
edge-like spectral feature 

!  Such an edge will appear at an               
energy of E~1/btage, which for          
Geminga is at ~350-700 GeV                              
(recall dE/dt=-bE2)

!  Model based on J. Kopp PRD88, 2013 
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Figure 5. The cosmic-ray positron spectrum as measured by AMS-02, compared to the predictions
from standard secondary production in the ISM (solid black) and including a contribution from the
Geminga pulsar. In each case, we have chosen the normalization and spectral shape to match that
of the very high-energy gamma-ray emission measured by HAWC and Milagro (see Fig. 3). In the
left (right) frame, we adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have
in each case selected a value of Ec that provides the best-fit to the combination of the HAWC and
Milagro measurements. The solid green curves correspond to a case with strong convection (vc = 554
km/s ⇥ (r

region

/10 pc)). For comparison, we also show as blue-dashed curves the result with weak
convection (vc = 55.4 km/s ⇥ (r

region

/10 pc)), although this case is disfavored by the spectral index
reported by the HAWC Collaboration.

In Fig. 5, we plot the cosmic-ray positron fraction as measured by AMS-02, compared to
the predictions from the Geminga pulsar, using the same choices of parameters as adopted in
Fig. 3. In each frame, the solid black curve denotes the contribution from standard secondary
production in the ISM, while the other curves include both this contribution and that from
Geminga. We remind the reader that those models with only weak convection (dotted blue
curves) do not lead to a spectral index compatible with the measurement of HAWC, and
thus should be viewed as a poor fit to the data.

The positron fraction presented in Fig. 5 includes a distinctive feature at 400-500 GeV,
which is a result of energy losses. More specifically, a positron with an infinite energy will
be reduced over a time t to an energy of Ee = (bt)�1, which for t =370,000 years (the age of
Geminga) yields a final energy of 476 GeV. Any positrons from Geminga above this energy
were injected at later times and thus have not cooled to the same extent.

The main lesson from the results shown in Fig. 5 is that when the spectral shape and
overall normalization of Geminga are fixed to reproduce the results of HAWC and Milagro,
this pulsar is found to generate a non-negligible portion of the observed positron fraction.
That being said, the overall size of this contribution to the cosmic-ray positron flux can vary
by a factor of order unity depending on the precise values of the convection velocity, vc, and
spindown timescale, ⌧ (see Eq. 2.11) that are adopted. The impact of the convection velocity
is clearly evident in Fig. 5. The resulting positron flux scales approximately as ⌧�1 (we have
adopted a value of ⌧ = 9.1⇥ 103 years). Furthermore, the time profile of a pulsar’s emission
could plausibly depart to some extent from that predicted from standard magnetic dipole
braking [45], potentially altering the normalization of the positron flux predicted here, as
well as the inferred age of the pulsar.

Finally, in Fig. 6, we plot the contributions to the positron fraction from the Geminga
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Figure 3. The gamma-ray spectrum from the region surrounding Geminga, compared to measure-
ments by HAWC and Milagro (shown at 7 and 35 TeV, respectively). In the left (right) frame, we
adopt a spectrum of injected electrons with an index of ↵ = 1.5 (1.9), and have in each case selected a
value of Ec that provides the best-fit to the combination of these two measurements. The blue-dashed
(solid green) curves correspond to a case with weak convection, vc = 55.4 km/s ⇥ (r

region

/10 pc)
(strong convection, vc = 554 km/s ⇥ (r

region

/10 pc)). As discussed in the text, the case of weak
convection is disfavored by the spectral index reported by the HAWC Collaboration.
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scattering [44]. In the left (right) frame, we have adopted a spectrum of injected electrons
with an index of ↵ = 1.5 (1.9), and in each case selected a value of Ec that provides the best-
fit to the combination of these two measurements. We have also allowed for the possibility
that convective winds play a role in cosmic-ray transport [7], moving particles away from
the pulsar at a velocity given by either vc = 55.4 km/s ⇥ (r
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Ec = 44 TeV (↵ = 1.5, low convection), Ec = 35 TeV (↵ = 1.5, high convection), Ec = 67
TeV (↵ = 1.9, low convection), and Ec = 49 TeV (↵ = 1.9, high convection). In each case,
convection dominates over di↵usion in transporting cosmic rays out of the region surrounding
the pulsar.

In addition to their flux measurement, the HAWC Collaboration has also reported a
value of �2.23 ± 0.08 for Geminga’s spectral slope at 7 TeV. Among the models shown
in Fig 3, those with a low convection velocity (vc = 55.4 km/s ⇥ (r

region

/10 pc)) predict
spectral slopes at 7 TeV of �2.47 (↵ = 1.5) or �2.59 (↵ = 1.9). Such values are highly
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Some Caveats 
          Dan Hooper – Making Sense of Cosmic Rays 

 
The results of this calculation could easily be changed by an order one factor 
 

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
 



Some Caveats 
          Dan Hooper – Making Sense of Cosmic Rays 

 
The results of this calculation could easily be changed by an order one factor 
 

  1) ICS vs synchrotron 
 
!  Some of the energy injected as e+e- pairs goes into synchrotron rather   

than ICS 
!  In our calculation, we adopted B=3 μG, ρstar=0.60 eV/cm3,  ρIR=0.60 eV/cm3,    

and ρUV=0.10 eV/cm3   
!  If we had adopted a larger value of B, or smaller values of ρstar,  ρIR or ρUV, 

the contribution to the positron excess would increase (and vice versa) 
!  Over a reasonable range of these parameters, we could plausibly change 

the net result by up to a factor of roughly ~2 (either way) 

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
 



Some Caveats 
          Dan Hooper – Making Sense of Cosmic Rays 

 
The results of this calculation could easily be changed by an order one factor 
 

  2) The time profile of Geminga’s emission 

!  HAWC and Milagro measure the energy in ICS today, and thus are sensitive 
to the pairs that were injected in the past ~104 years 

!  In contrast, the positrons reaching the Solar System today were injected 
much longer ago, when the pulsar was young (~3x105 years ago) 

!  Geminga’s rotation was faster and its spindown power higher when young: 

!  In our calculation, we adopt the standard magnetic dipole braking model 
with τ~104 years: 

 
 

!  By varying our choice of τ, we could plausibly change the net result by an 
order one factor  

 

 

DH, I. Cholis, T. Linden, K. Feng, arXiv:1702.08436 
 

To solve Eq. 2.2, we calculate the distribution of the electrons and positrons that were
emitted a time t ago, and then sum the contributions produced over di↵erent periods of
time. Considering an injected spectrum of the form Q(Ee, t) = �(t)Q
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E�↵ exp(�Ee/Ec), the
solution to Eq. 2.2 (neglecting convection) is given by:
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where E
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⌘ Ee/(1 � Eebt) is the initial energy of an electron that has an energy of Ee after
a time t, and the di↵usion length scale is given by:
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In the last step we had adopted a parameterization of D(Ee) = D
0

E�
e for the di↵usion

coe�cient. Note that for Eebt > 1, there are no electrons/positrons of energy Ee and the
contribution to dne/dEe is set to zero.

To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
radius of the neutron star, and the rotational period evolves as follows:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.
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scattering yields photons with energies not very far below that of the incident electrons
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To account for the time profile of the electrons and positrons injected from a given
pulsar, we adopt a function proportional to the spin-down power (the rate at which the
pulsar loses rotational kinetic energy through magnetic dipole braking) [45]:
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where B is the strength of the magnetic field at the surface of the neutron star, R is the
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In Eqs. 2.9 and 2.11, we had adopted benchmark values for the neutron star’s magnetic field,
radius and mass, chosen to match Geminga’s observed period and its rate of change.

At energies within the range measured by MILAGRO and HAWC, inverse Compton
scattering yields photons with energies not very far below that of the incident electrons
and positrons, E� ⇠ Ee. Adopting this approximation, the angular profile of gamma rays
generated through Inverse Compton scattering is given by:
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radius and mass, chosen to match Geminga’s observed period and its rate of change.
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!  We have the most information about Geminga, and there is still an order 
one uncertainty as to its contribution to the local positron flux 

!  Larger uncertainties apply to B0656+14 and other pulsars  
!  That being said, can make a reasonable estimate for the total contribution 
!  In this figure, we have assumed that all pulsars inject e+e- pairs with the 

same efficiency and spectrum as            
Geminga, and adopted τ~4.3×103 years                                  
and a birth rate of 2 new pulsars per                         
century throughout the Milky Way             
(adopting the Lorimer et al. spatial                           
distribution) 

!  These assumptions might not be                 
precisely correct, but this shows that              
pulsars could very plausibly generate          
the entire excess, and likely provide          
the dominant contribution  
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Figure 6. As in Fig. 5, but showing contributions from Geminga, B0656+14, and from all pulsars
more than 0.5 kpc from the Solar System. For each source, we adopted ↵ = 1.9, Ec = 49 TeV, vc =554
km/s ⇥ (r

region

/10 pc), and normalized their contributions with ⌧ = 4.3⇥ 103 years, adopting a total
birth rate of two pulsars per century in the Milky Way. While we expect many of these parameters to
vary from pulsar-to-pulsar, making a detailed prediction of this kind di�cult and possibly unreliable,
this calculation provides significant support for the conclusion that a sizable fraction of the observed
positron excess originates from pulsars.

and B0656+14 pulsars, as well as the average contribution from those pulsars located more
than 500 parsecs away from the Solar System. For each source, we have adopted ↵ = 1.9,
Ec = 49 TeV, vc =554 km/s ⇥ (r

region

/10 pc), and normalized their contributions with ⌧ =
4.3⇥103 years, and adopting a total birth rate of two pulsars per century in the Milky Way.1

For other details regarding the calculation of the contribution from distant pulsars, we direct
the reader to Ref. [6]. In reality, we expect many of these parameters to vary from pulsar-
to-pulsar, making a detailed prediction of this kind di�cult and possibly unreliable. That
being said, this exercise clearly demonstrates that in light of the measurements by HAWC
and Milagro, it appears very likely that a sizable fraction of the observed positron excess
originates from this class of sources. In addition, we note that it was recently shown that
the stochastic acceleration of cosmic-ray secondaries in supernova remnants is also likely to
contribute to the local positron flux [32].

4 Summary and Conclusions

In this paper, we have made use of measurements by the very high-energy gamma-ray tele-
scopes HAWC and Milagro to better understand and constrain the injection of high energy
electrons and positrons from the nearby pulsars Geminga and B0656+14. The angular ex-
tension of the >⇠ TeV gamma-ray emission observed from these pulsars indicates that very
high-energy leptons are e↵ectively trapped within the surrounding several parsecs around
these sources. Furthermore, their very high-energy gamma-ray spectra indicate that lower

1We produce nearly identical results if we instead adopt our default value for ⌧ ' 9.1⇥103 and a somewhat
higher value for the convection velocity, vc '1160 km/s ⇥ (r

region

/10 pc).
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FIG. 5: The dipole anisotropy in the electron+positron spectrum from a source 110,000 years old at a distance of 290 pc
(B0656+14-like) and from a source 370,000 years old at a distance of 157 pc (Geminga-like). In each case, we have normalized
the energy output to match the PAMELA data and have used a spectral shape of dNe/dEe ∝ E−1.5

e
exp(−Ee/600 GeV). Also

shown as dashed lines is the sensitivity of the Fermi gamma-ray space telescope to such an anisotropy (after five years of
observation). The Fermi sensitivity shown is for the spectrum integrated above a given energy.

anisotropy at the 2σ level, one needs to fulfill the condition δ >∼ 2
√

2(Ṅevtobs)−1/2, where Ṅev is the rate of events
detected per unit time above a given threshold and tobs is the observation time.

In addition to studying the gamma-ray sky, the Fermi gamma-ray telescope will also be able to measure a flux of
electrons (and positrons, though without charge discrimination) at a rate of approximately 3× 107 electrons per year
above 10 GeV [30]. This implies that Fermi should be able to detect (at the 2σ confidence level) a dipole anisotropy
in the electron flux above 10 GeV if δ >∼ 0.05% in one year or δ >∼ 0.03% in 5 years1.

In Fig. 5 we plot the level of anisotropy expected for a Geminga-like and a B0656+14-like pulsar if they are
responsible for the majority of the observed positron excess. The two dashed lines show the sensitivities of Fermi
to anisotropy at 95% confidence level and at 5σ confidence level, after five years of observation (integrated above
a given energy). We find that Fermi should be capable of identifying a single local source (or multiple sources in
the same direction of the sky) if that source injected the bulk of its electrons/positrons within the last few hundred
thousand years (the B0656+14-like and Geminga-like cases correspond to injection 110,000 and 370,000 years ago,
respectively). If only a fraction of the high energy positrons observed by PAMELA originate from a given nearby
pulsar, the corresponding solid lines shown in Fig. 5 should be multiplied (reduced) by this factor. Also note that
B0656+14 and Geminga lie in similar directions in the sky, so they are expected to contribute the same overall dipole
anisotropy.

Alternatively, if dark matter annihilations throughout the Milky Way’s halo are primarily responsible for the excess
in the high energy cosmic ray positron spectrum, a small dipole anisotropy in the direction of the Galactic Center could
also be generated. Fortunately, both B0656+14 and Geminga are in approximately the opposite direction, allowing
for a potentially unambiguous discrimination between these possibilities. In the special and relatively unlikely case
that a nearby dark matter subhalo in the direction of B0656+14/Geminga is responsible for the observed flux, it
would be difficult to distinguish between pulsar and dark matter origins using this technique.

If anisotropy studies should prove inconclusive in resolving this issue, other information could be inferred from the
shape of the positron fraction and of the overall electron/positron spectrum. Peculiar shapes can result from the
superposition of the overall pulsar spectrum plus local contributions (see, for example, Fig. 4 or Ref. [16]). Future
studies of the electron and positron spectra at higher energies will be especially important, as the spectral cutoff in the
pulsar case is typically expected to be smoother and less sudden than that predicted from annihilating dark matter.
Furthermore, combining electron/positron measurements with those of antiprotons, antideuterons and diffuse gamma-
rays may prove useful in distinguishing between these possibilities. Population studies of pulsars in the gamma-ray

1 Note that, extrapolating from the data reported in [2], PAMELA can collect ∼ 105 useful electrons plus positrons events per year above
1.5 GeV. For the range of interest here this is several orders of magnitude below Fermi and unlikely to lead to a meaningful constraint
on the anisotropy of high energy charged leptons.

DH, Blasi, Serpico, PRD, arXiv:0810.1527 
(see also Buesching, et al., ApJ, arXiv:0804.0220) 
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FIG. 3: As in Fig. 2, but from the nearby pulsar B0656+14. The solid lines correspond to an energy in pairs given by 3× 1047

erg, while the dotted lines require an output of 8 × 1047 erg.

FIG. 4: The positron spectrum and positron fraction from the sum of contributions from B0656+14, Geminga, and all pulsars
farther than 500 parsecs from the Solar System.

high-energy spectra presented here should be considered as a robust prediction, since they depend crucially on the
detailed spectral properties of B0656+14, Geminga or and other nearby, mature pulsars that contribute significantly
to the high energy positron spectrum.

IV. DISTINGUISHING BETWEEN PULSAR AND DARK MATTER ORIGINS OF HIGH ENERGY
COSMIC RAY POSITRONS

The positron fraction reported by PAMELA taken alone is likely insufficient to distinguish between dark matter
and pulsar origins of this signal. In this section we discuss an additional measurement which may help to resolve
this issue. In particular, even after the diffusive propagation of electrons and positrons from pulsars is taken into
account, at sufficiently high energies a small dipole anisotropy should be present in the direction of the dominant
nearby source(s). In a very general way, the anisotropy associated with diffusive propagation can be written as:

δ =
Imax − Imin

Imax + Imin
=

3K|∇(dNe/dEe)|
c (dNe/dEe)

, (11)

where ∇(dNe/dEe) is the gradient of the electron/positron density. The measurement of such an anisotropy in a
statistical significant manner requires a large number of electron/positron events. For example, in order to detect an
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to the white noise, i.e., assuming the null hypothesis
Ĉani

l

= 0, and correspond to the 68% and 95% central
confidence intervals of �. Methods 1 and 4 underestimate
the white noise level, in particular for the low energy
bins (i.e., those with smaller FoVs), still in the expected
band, while Method 2 and 3 show a better behavior.
These results are similar to those discussed in the case
of ideal detectors with di↵erent FoVs. Further details
are discussed in the SOM. Given the compatibility of
the results of Method 1 with 4 and Method 2 with 3 we
decided to analyze data using only Method 1 and 2 [18].

DATA ANALYSIS AND DISCUSSION

We performed the analysis on real data in nine
independent energy bins with energy-dependent FoVs as
discussed above, on a total of about 12.2M (52k) of events
above 42 (562) GeV.

We present in the SOM the maps for the various energy
bins in zenith-centered and Galactic coordinates. We
also show the significance maps in Galactic coordinates
obtained by comparing the integrated reference maps
produced with Method 2 to the actual integrated maps.
The significances shown in these maps are pre-trials,
i.e., they do not take into account the correlations
between adjacent pixels (see. [1] for a full discussion).
In any case, none of these maps indicates significant
excesses or deficits at any angular scale, showing that
our measurements are consistent with an isotropic sky.

We have calculated the APS for real data with Method
1 and 2 for the nine energy bins (see Figs. [15] and [16]
of the SOM). The current results lie within the 3� range
of the expected white noise up to angular scale of a few
degrees, showing the consistency with an isotropic sky
for all energy bins tested and for l < 30. In particular,
Fig. 2 (bottom panel) shows the dipole anisotropy as a
function of energy calculated from the C1 evaluated with
Methods 1 and 2. Since no significant anisotropies have
been detected, we calculate upper limits on the dipole
anisotropy (Fig. 3).

The current results can be compared with the
expected anisotropy from Galactic CREs. Figure 3
(top panel) shows the spectrum of the Galactic CREs
component evaluated with the DRAGON propagation code
(2D version) [19] with secondary particles production
from Ref. [20], assuming that the scalar di↵usion
coe�cient depends on the particle rigidity R and on
the distance from the Galactic plane z according to
the parametrization D = D0 (R/R0)

0.33 e|z|/zt , where
D0 = 4.25 ⇥ 1028 cm2s�1, R0 = 4 GV and z

t

= 4
kpc. The Alfvén velocity is set to vA = 33 km s�1. In
the same figure, the intensity expected from individual
sources located in the Vela (290 pc distance and
1.1⇥104 yr age) and Monogem (290 pc distance and
1.1 ⇥ 105 yr age) positions are also shown. For the

single sources, we have adopted a burst-like electron
injection spectrum in which the duration of the emission
is much shorter than the travel time from the source,
described by a power law with index � = 1.7 and
with an exponential cut-o↵ E

cut

=1.1 TeV, i.e., Q(E) =
Q0 E(GeV)�� exp(�E/E

cut

) (see Refs. [1, 21]) [22]. For
both sources, the value of the normalization constant Q0

has been chosen to obtain a total flux not higher than
that measured by the Fermi-LAT [6] and by AMS02 [15].
Possible e↵ects of the regular magnetic field on the
predicted dipole are not considered here (see [23]).
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FIG. 3. Top panel: CRE spectra measured by the Fermi-
LAT [6] and AMS02 [15]. Blue line: Galactic CRE evaluated
with DRAGON-FLUKA [20]; Green line: Monogem alone (dashed)
and total (solid). Cyan line: Vela alone (dashed) and total
(solid). Bottom panel: Upper limit at 95% CL on dipole
anisotropies as a function of energy. The markers in this panel
show the actual measurements.

Figure 3 shows the upper limits (UL) at 95% CL on the
dipole anisotropy � as a function of energy. We calculate
the ULs using the frequentist (log-likelihood ratio, LLR)
and Bayesian methods. The current ULs as a funtion of
energy at 95%CL range from ⇠ 3⇥10�3 to ⇠ 3⇥10�2, of
a factor of about 3 better than the previous results [24].
In Fig. 3 the anisotropy due to the Galactic CREs

is also shown, together with the one expected from
Vela and Monogem sources based on the same models
used for estimating potential spectral contributions from
them [21]. The current limits on the dipole anisotropy
are probing nearby young and middle-aged sources.
The current results on the CRE anisotropy with



Departures From Isotropy? 

          Dan Hooper – Making Sense of Cosmic Rays 

 

!  The Fermi Collaboration has recently presented the results of an updated 
analysis searching for a dipole cosmic-ray anisotropy  

 

 

 

Fermi Collaboration, arXiv:1703.01073 
DH, Blasi, Serpico, PRD, arXiv:0810.1527 
(see also Buesching, et al., ApJ, arXiv:0804.0220) 

6

to the white noise, i.e., assuming the null hypothesis
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are discussed in the SOM. Given the compatibility of
the results of Method 1 with 4 and Method 2 with 3 we
decided to analyze data using only Method 1 and 2 [18].

DATA ANALYSIS AND DISCUSSION

We performed the analysis on real data in nine
independent energy bins with energy-dependent FoVs as
discussed above, on a total of about 12.2M (52k) of events
above 42 (562) GeV.

We present in the SOM the maps for the various energy
bins in zenith-centered and Galactic coordinates. We
also show the significance maps in Galactic coordinates
obtained by comparing the integrated reference maps
produced with Method 2 to the actual integrated maps.
The significances shown in these maps are pre-trials,
i.e., they do not take into account the correlations
between adjacent pixels (see. [1] for a full discussion).
In any case, none of these maps indicates significant
excesses or deficits at any angular scale, showing that
our measurements are consistent with an isotropic sky.

We have calculated the APS for real data with Method
1 and 2 for the nine energy bins (see Figs. [15] and [16]
of the SOM). The current results lie within the 3� range
of the expected white noise up to angular scale of a few
degrees, showing the consistency with an isotropic sky
for all energy bins tested and for l < 30. In particular,
Fig. 2 (bottom panel) shows the dipole anisotropy as a
function of energy calculated from the C1 evaluated with
Methods 1 and 2. Since no significant anisotropies have
been detected, we calculate upper limits on the dipole
anisotropy (Fig. 3).

The current results can be compared with the
expected anisotropy from Galactic CREs. Figure 3
(top panel) shows the spectrum of the Galactic CREs
component evaluated with the DRAGON propagation code
(2D version) [19] with secondary particles production
from Ref. [20], assuming that the scalar di↵usion
coe�cient depends on the particle rigidity R and on
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both sources, the value of the normalization constant Q0

has been chosen to obtain a total flux not higher than
that measured by the Fermi-LAT [6] and by AMS02 [15].
Possible e↵ects of the regular magnetic field on the
predicted dipole are not considered here (see [23]).
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anisotropies as a function of energy. The markers in this panel
show the actual measurements.

Figure 3 shows the upper limits (UL) at 95% CL on the
dipole anisotropy � as a function of energy. We calculate
the ULs using the frequentist (log-likelihood ratio, LLR)
and Bayesian methods. The current ULs as a funtion of
energy at 95%CL range from ⇠ 3⇥10�3 to ⇠ 3⇥10�2, of
a factor of about 3 better than the previous results [24].
In Fig. 3 the anisotropy due to the Galactic CREs

is also shown, together with the one expected from
Vela and Monogem sources based on the same models
used for estimating potential spectral contributions from
them [21]. The current limits on the dipole anisotropy
are probing nearby young and middle-aged sources.
The current results on the CRE anisotropy with
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band, while Method 2 and 3 show a better behavior.
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also show the significance maps in Galactic coordinates
obtained by comparing the integrated reference maps
produced with Method 2 to the actual integrated maps.
The significances shown in these maps are pre-trials,
i.e., they do not take into account the correlations
between adjacent pixels (see. [1] for a full discussion).
In any case, none of these maps indicates significant
excesses or deficits at any angular scale, showing that
our measurements are consistent with an isotropic sky.

We have calculated the APS for real data with Method
1 and 2 for the nine energy bins (see Figs. [15] and [16]
of the SOM). The current results lie within the 3� range
of the expected white noise up to angular scale of a few
degrees, showing the consistency with an isotropic sky
for all energy bins tested and for l < 30. In particular,
Fig. 2 (bottom panel) shows the dipole anisotropy as a
function of energy calculated from the C1 evaluated with
Methods 1 and 2. Since no significant anisotropies have
been detected, we calculate upper limits on the dipole
anisotropy (Fig. 3).

The current results can be compared with the
expected anisotropy from Galactic CREs. Figure 3
(top panel) shows the spectrum of the Galactic CREs
component evaluated with the DRAGON propagation code
(2D version) [19] with secondary particles production
from Ref. [20], assuming that the scalar di↵usion
coe�cient depends on the particle rigidity R and on
the distance from the Galactic plane z according to
the parametrization D = D0 (R/R0)

0.33 e|z|/zt , where
D0 = 4.25 ⇥ 1028 cm2s�1, R0 = 4 GV and z

t

= 4
kpc. The Alfvén velocity is set to vA = 33 km s�1. In
the same figure, the intensity expected from individual
sources located in the Vela (290 pc distance and
1.1⇥104 yr age) and Monogem (290 pc distance and
1.1 ⇥ 105 yr age) positions are also shown. For the

single sources, we have adopted a burst-like electron
injection spectrum in which the duration of the emission
is much shorter than the travel time from the source,
described by a power law with index � = 1.7 and
with an exponential cut-o↵ E

cut

=1.1 TeV, i.e., Q(E) =
Q0 E(GeV)�� exp(�E/E

cut

) (see Refs. [1, 21]) [22]. For
both sources, the value of the normalization constant Q0

has been chosen to obtain a total flux not higher than
that measured by the Fermi-LAT [6] and by AMS02 [15].
Possible e↵ects of the regular magnetic field on the
predicted dipole are not considered here (see [23]).
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FIG. 3. Top panel: CRE spectra measured by the Fermi-
LAT [6] and AMS02 [15]. Blue line: Galactic CRE evaluated
with DRAGON-FLUKA [20]; Green line: Monogem alone (dashed)
and total (solid). Cyan line: Vela alone (dashed) and total
(solid). Bottom panel: Upper limit at 95% CL on dipole
anisotropies as a function of energy. The markers in this panel
show the actual measurements.

Figure 3 shows the upper limits (UL) at 95% CL on the
dipole anisotropy � as a function of energy. We calculate
the ULs using the frequentist (log-likelihood ratio, LLR)
and Bayesian methods. The current ULs as a funtion of
energy at 95%CL range from ⇠ 3⇥10�3 to ⇠ 3⇥10�2, of
a factor of about 3 better than the previous results [24].
In Fig. 3 the anisotropy due to the Galactic CREs

is also shown, together with the one expected from
Vela and Monogem sources based on the same models
used for estimating potential spectral contributions from
them [21]. The current limits on the dipole anisotropy
are probing nearby young and middle-aged sources.
The current results on the CRE anisotropy with

B0656+14 
Geminga 
(HBS) 



Summary 
!  Measurements from AMS-02 (as well as Fermi, HAWC) have revolutionized 

our understanding of cosmic rays in the Milky Way 
!  The PAMELA positron excess received a great deal of attention due to the 

possibility that it might be generated by annihilating dark matter – this no 
longer looks likely (although some dark matter models may be able to 
accommodate the positron spectrum with only modest tension with Fermi) 

!  Recent measurements of the cosmic-ray antiproton spectrum by AMS 
provide some evidence (~3σ) for the acceleration of cosmic-ray secondaries 
in supernova remnants – if confirmed, this would suggest that SNRs are 
responsible for a non-negligible fraction of the positron excess  

!  Recent observations of Geminga and B0656+14 by HAWC provide a 
determination of the flux of very high-energy e+e- pairs that is currently 
being injected by these sources – this efficiency factor was previously 
almost entirely unknown 

!  This allows us to deduce that pulsars generate an order one fraction of the 
positron excess, and plausibly the entirety of this signal 

          Dan Hooper – Making Sense of Cosmic Rays 



Personally, I think this is a very exciting result                      
… regardless of what Science Magazine has                                                  
to say about it;) 

          Dan Hooper – Making Sense of Cosmic Rays 


