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the red curve = baryons only

the suppression of  small-scales is indicative of  the presence of  baryons

II CMB & LSS Anisotropies of temperature

Therefore there must be more than the baryons
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One possible theory : TeVeS (baryons only)  

Main problem: how to reproduce the 7-8 peaks seen by Planck & ACT?
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Silk damping unavoidable
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DM

Weakly interacting

massive particles stable neutral not in atoms

long lifetime no electrical charge no strong force
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Primordial Black Holes ???
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Fig. 9.— (left) Upper limits on the present abundance of PBHs. The thick lines are the results obtained in the present work. The solid
lines show the upper limits using WMAP3 data (CMB anisotropies) for two values of the black hole duty cycle fduty = 1 and 0.1. The
dashed lines show the limits using FIRAS data (CMB spectral distortions) at 95% and 68% confidence. The other lines refer to previous
upper limits from microlensing (EROS and MACHO experiments) and dynamical constraints (see introduction). (Right) Upper limits on
the abundance of PBHs at the epoch of their formation β as a function of their mass. We assume that the mass of PBHs is a fraction fHor
of the mass of the horizon at the epoch of their formation. The thick curves show the upper limits obtained in the present work and the
thin dotted curve are limits from the EROS collaboration (microlensing experiment).

Thompson scattering to τe ∼ 0.2. Since the scalar spec-
tral index ns and the amplitude of density fluctuations
As and σ8 are correlated to τe, their best fits also increase
to ns ∼ 1 and σ8 ∼ 0.9. PBHs in this mass range may be
produced in two-stage inflationary models designed to fit
the low WMAP quadrupole (Kawasaki et al. 2006). We
emphasize again that this effect is more general than the
specific case of PBHs discussed in this paper. Any mech-
anism or energy source that modifies the standard recom-
bination history may affect the estimate of cosmological
parameters in a way similar to that discussed here.

Our results are in contradiction with the suggestion
that MACHOs are PBHs with mass ∼ 0.1 − 1 M⊙ and
fpbh ∼ 0.2 (Alcock et al. 2000). Such a PBH population
would produce spectral distortions incompatible with FI-
RAS data.

The luminous QSOs found by SLOAN at z ∼ 6 are
thought to be powered by 108 − 109 M⊙ SMBHs. It
is difficult to produce such massive black holes starting
from small seeds by gas accretion because the age of the
universe at z = 6 is a few tens the Salpeter accretion
timescale. A few massive PBHs or numerous less mas-
sive PBHs may help explain the origin of SMBHs at high
redshift and in present day galaxies by producing rela-
tively massive “seeds”. Are the upper limits on the num-
ber of PBHs derived in this work compatible with this
scenario? The fraction of mass in SMBHs today is ap-
proximately Ωsmbh/Ωdm ∼ 2.13 × 10−5 (Gebhardt et al.
2000; Ricotti & Ostriker 2004). For PBHs with mass
> 1000 M⊙ we found fpbh = Ωpbh/Ωdm

<∼ 10−6/fduty.
Hence, assuming that only a fraction Fagn ≤ 1 of PBHs
is incorporated into SMBHs and grows by gas accre-
tion by a factor Xacc ≥ 1 we have: fpbhXaccFagn ∼
2 × 10−5 or XaccFagn

>∼ 20fduty. The most massive
PBHs have Fagn → 1 because they spiral in to the
centers of galaxies by dynamical friction on a shorter
timescale (tfric/tH(z) ∼ 0.02Mhalo(z)/Mpbh, where tH
is the Hubble time) and because they may accrete gas
more efficiently. Hence, for fduty ∼ 3% and Fagn = 1
we find Xacc

>∼ 1 indicating that even scenarios with
negligible mass accretion onto PBHs (i.e., only growth
through mergers) are consistent with the observed mass

in SMBHs today.
Less massive PBHs have lower probability for growing

to masses typical of SMBHs because the Bondi accretion
rate is ∝ M2. However, the upper limit on the abun-
dance of PBHs increases steeply with decreasing mass
for Mpbh < 1000 M⊙. Thus, although a smaller fraction
of the seed PBHs can grow substantially, the number of
seeds available can be much larger. PBHs with masses
smaller than 100 M⊙, assuming Bondi type accretion
from the ISM of a typical high-z galaxy, are unlikely to
accrete rapidly enough to grow to SMBH masses in less
than 1 Gyr, even if they constitute a few per cent of the
dark matter (Kuranov et al. 2007; Pelupessy et al. 2007;
Ricotti & Köckert 2007).

The increased fractional ionization of the cosmic gas
produced by non-standard recombination also increases
the primordial molecular hydrogen abundance to xH2

∼
10−4 − 10−5 after redshift z ∼ 100. This value is be-
tween ten and one hundred times larger than the stan-
dard value, xH2

∼ 10−6, obtained neglecting PBHs. The
increase of the cosmic Jeans mass due to X-ray heating
is negligible for models consistent with the CMB data.
Therefore, the formation rate of the first galaxies and
stars may be enhanced if a population of PBHs exists.
Several aspects of first-star and galaxy- formation physics
would be affected by the enhanced molecular fraction:
(i) the mass of the first stars may be reduced due to
formation of HD molecules (Nagakura & Omukai 2005);
(ii) the intergalactic medium would be optically thick
to H2 photo-dissociating radiation in the Lyman-Werner
bands, allowing molecular hydrogen to survive in the low
density IGM even at relatively low redshifts z ∼ 10− 15;
(iii) the epoch of domination of the first stars and galax-
ies would probably start earlier and perhaps last longer.
The number of first galaxies that remain completely dark
would be reduced. It is not obvious that the star forma-
tion efficiency and other internal properties of the first
galaxies would be affected because feedback effects such
as photo-evaporation from internal sources and SN ex-
plosions are probably dominant (Ricotti et al. 2002a,b).
We leave quantitative calculations on the impact of PBHs
on the formation of the first galaxies to a future work.

LIGO

Ways to evade CMB limits arXiv:1612.05644
> 100 Msol ruled out as main DM component

Can Primordial Black Holes be the DM?
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Relic density

How many DM particles were produced in the Early Universe?

How much should there be today if DM was made of particles? 

Does it match observations?

Why 27%?
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Relic density
For the “baryons”

For the Dark Matter

No asymmetry!

e+e� ! ��

�T ⇠ 6 10�25 cm2

The annihilation process is so efficient  
that there would be no electrons left at all Asymmetry

Thermal production

Thermal production but … non-thermal,freeze-in

but …
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3 H

Expansion of the Universe

N = #/volume

Early Universe

Late Universe

just expansion, no DM physics

Massive DM particles can overclose the Universe! 
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3 H

Expansion of the Universe

N = #/volume

Early Universe

Late Universe

just expansion, no DM physics
3 H

Expansion of the Universe

N = #/volume

Number is reduced due to annihilations
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The Boltzmann equation

Expansion of the Universe
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Introduction to DM physics: Deriving the Boltzmann equation

Time evolution of 
The number density

Interactions which change
the number density
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Deriving the Boltzmann equation

2. Thermal history of Dark Matter 23

species number density n in a given spacetime and 4-momentum 8-dimensional infinitesimal
space (that we may take as the Universe and its configuration), as well as its pressure p and
energy density r with the useful relations

n =
Z

dn =
Z

f (x, p)
gd3 p
(2p)3 =

g
(2p)3

Z
f (x, p)d3 p, (2.1)

p =
Z

d p =
Z |~p|2

3E
f (x, p)

gd3 p
(2p)3 =

g
(2p)3

Z |~p|2

3E
f (x, p)d3 p,

r =
Z

dr =
Z

E f (x, p)
gd3 p
(2p)3 =

g
(2p)3

Z
E f (x, p)d3 p.

Now, in order to follow the species evolution we must use a parameter l (such as proper
time for massive particles) and look at the distribution function variations with respect to l.
Any change in the distribution at a given value of that parameter has to be expressed through
spacial, time, energy and 3-momentum evolution, taking into account all interactions that
can alter particle number density and kinematics. In the absence of interactions we expect
particles to suffer only the spacetime curvature together with its evolution, and thus stream
freely throughout the expanding Universe. Let us then group all interactions on the right hand
side (called the collisional term) containing both particles added and lost from a particular
8-dimensional infinitesimal spot due to microphysical processes, and keep the dynamical
evolution between collisions on the left hand side. Thus we write the Boltzmann equation as
follows

d f
dl

=C( f ).

Let us expand the (dynamical) left hand side into explicit xµ and pn dependences. We may
assume that mean free distances between particles are large as compared to interaction ranges
(as in rarefied gas), therefore whenever particles are not interacting their trajectories obey the
geodesic equation d pn

dl

+G

n

ab

pa pb = 0, since they evolve in a free fall frame. Thus

d f
dl

=
∂ f
∂xµ

dxµ

dl

+
∂ f
∂pn

d pn

dl

= pµ ∂ f
∂xµ �G

n

ab

pa pb

∂ f
∂pn

. (2.2)

Now, in the standard model of cosmology, we use the Robertson-Walker metric

ds2 = gµn

dxµdxn = dt2 � R(t)2

1� kr2 dr2 �R(t)2r2 dq

2 �R(t)2r2 sin2
q df

2,

from which we can deduce the set of Christoffel symbols –which are defined as usual by
G

n

ab

⌘ 1
2gµn

�
gµa,b +gµb,a �g

ab,µ
�
– of interest. Before computing them, let us think about

the dependences of distribution function f upon spacetime coordinates and 4-momenta.
Indeed, we may assume that the distribution is homogeneous and isotropic, therefore it
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does not vary with space coordinates nor 3-momentum angular distribution. Besides we
know that a particle is always trapped in its mass shell, namely we always have the re-
lation |~p|2 +m2 = E2, meaning that we may drop either the dependence on energy or in
3-momentum amplitude. Thus we get a much simpler structure, namely f ⌘ f (t,E). Then,
the final expression in (2.2) reduces to

E
∂ f
∂t

�G

0
ab

pa pb

∂ f
∂E

=C( f ).

We compute the following Christoffels

G

0
00 = G

0
0i = G

0
i0 = 0, G

0
i j =� Ṙ

R
gi j =�H gi j,

where we have introduced the Hubble parameter H ⌘ Ṙ/R. Thus we come to

E
∂ f
∂t

�H
�
�gi j pi p j�= E

∂ f
∂t

�H |~p|2 ∂ f
∂E

=C( f ),

∂ f
∂t

�H
E2 �m2

E
∂ f
∂E

=
1
E

C( f ). (2.3)

2.2 Evolution of the number density of a species

2.2.1 The Boltzmann equation for the number density

It is interesting to follow number density evolution throughout cosmological evolution, there-
fore we may apply the (2.1) integral to (2.3)

g
(2p)3

Z ✓
∂ f
∂t

�H
E2 �m2

E
∂ f
∂E

◆
d3 p =

g
(2p)3

Z 1
E

C( f )d3 p.

Let us develop the left hand side, integrating by parts the energy derivative

g
(2p)3

Z ✓
∂ f
∂t

�H
E2 �m2

E
∂ f
∂E

◆
d3 p

=
∂

∂t

 
g

(2p)3

Z
f d3 p

!
�H

g
(2p)3

Z E2 �m2

E
∂ f
∂E

d3 p

=
∂n
∂t

�H
g

2p

2

Z
•

m

�
E2 �m2� 3

2 ∂ f
∂E

dE

=
∂n
∂t

+3H
g

2p

2

Z
•

m
E
p

E2 �m2 f dE

=
∂n
∂t

+3H

 
g

(2p)3

Z
f d3 p

!

=
∂n
∂t

+3Hn =
g

(2p)3

Z 1
E

C( f )d3 p. (2.4)
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R
gi j =�H gi j,

where we have introduced the Hubble parameter H ⌘ Ṙ/R. Thus we come to
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Deriving the Boltzmann equation
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Therefore, if we take a collisionless case using (2.4), then the Boltzmann equation reads

ṅ =�3Hn.

This means that whenever the species is not interacting, then the time evolution of its number
density evolves purely with the expansion rate. An expanding Universe implies a positive
Hubble parameter. Hence the decreasing number density expresses the dilution of the gas
with the evolution of the spacetime, whereas the total number of particles does not evolve
any more.
Let us now develop the interacting side of the Boltzmann equation. In principle we should
take into account all possible interactions involving our particle species. This means regard-
ing 1,2, ...,Ni! 1,2, ...,Nf processes. In practice we will focus in just one type of process,
being 2! 2 scattering (results derived here may be rederived including more complicated
processes without too much effort). Indeed, here our main concern is to understand key
points in the particle species history. When it is meant to be at equilibrium, then we use
equilibrium statistical properties. When a particle is frozen out and does not interact with
others any more, then it is basically in free streaming regime. It is crucial to understand when
it decouples chemically and thermally, though. The former takes place when the species total
number stops changing because both annihilation and creation are no longer relevant. The
latter takes place when the species stops elastic scattering on others, and its thermal evo-
lution is no longer related to the characteristics of the rest of the species. Both moments
determine important features. For example, chemical decoupling of a thermal dark matter
candidate sets its relic density for later stages of the Universe evolution. Whereas details
of thermal decoupling of cold dark matter particles will have an influence on structure for-
mation. However, so far we have focused on number density. Elastic scattering processes,
which thermalize particles and set their temperature to that of the thermal bath, do not change
the number density. Therefore here we will address only annihilation processes.
So, let us label particles involved 1,2$ 3,4. If our particle species is represented by particle
1 in such a process, then we expect 1,2! 3,4 to extract particles from our distribution func-
tion at some 8-volume, and 1,2 3,4 to add particles to it. Furthermore, those processes
will depend on the transition probability, described by the squared amplitude of the process.
Of course, all particles of the 2,3,4 kinds will contribute, thus we have to integrate over
the Lorentz Invariant Phase Space of all possible momenta (d2,3,4LIPS) and spins, weighted
by the corresponding distribution functions. Ensuring 4-momentum conservation for each
transition, we have the general expression of the collisional term
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plifications, and integrating the collisional term
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where we introduced the thermally averaged cross section
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Finally, if 1 ⌘ 2, we come to a very simple version of the Boltzmann equation, namely

ṅ =�3Hn�hsvi
�
n2 �n2

eq
�
. (2.5)

This is a Riccati equation. Most of the physical aspects of chemical evolution are apparent
in (2.5). Namely, there are two competing processes ruling the density of particles: the
expansion rate �3Hn and the interaction rate hsvi

�
n2 �n2

eq
�
. Therefore, a particle is in

good thermal contact with the plasma whenever hsvi
�
n2 �n2

eq
�
� 3Hn, or equivalently,

hsvin � 3H. This is indeed the equilibrium condition. When the expansion rate overcomes
the interaction rate, then the particle is out of equilibrium, thus its total number does not
evolve any more.

2.2.2 Expression in a radiation dominated era

We are following the evolution of a species in radiation dominated era. It is useful to express
the time and the Hubble parameter as a function of the thermal bath temperature. Indeed we
can write

H = H0T 2

t =
1

2H0T 2

dT
dt

=�H0T 3.
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f f̄ ! DM DM

timeNon-relativistic transition
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Boltzmann equation caught in the act

(reverse) annihilation 
expansion

Expansion wins but 
annihilations were too efficient

(reverse) annihilation 
expansion

1-way annihilation
number of particles

Expansion wins but annihilations 
were not efficient

number of particles

today

today

Non-relativistic  
transition

Non-relativistic  
transition

DM DM ! f f̄
f f̄ ! DM DM

DM DM ! f f̄
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Chemical decoupling 
Freeze-out

Interactions maintaining the thermal equilibrium can continue 
Expansion of the Universe
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Introduction to DM physics: Deriving the Boltzmann equation

Time evolution of 
The number density

Interactions which change
the number density

�v n2
DM ' H nDM �v nDM ' H

Only one cross section gives the observed number of DM particles! 

Boltzmann equation caught in the act

(reverse) annihilation 
expansion

annihilations were too efficient

1-way annihilation

number of particles

today

annihilations were not efficient
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Introduction to DM physics: Solving Boltzmann

Analytically:

Always about the same value!
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Introduction to DM physics: Solving Boltzmann

Numerically:     re-write Boltzmann to remove T3 factors in number density
by using n = y T3

solve dy/dT instead of dy/dt
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Introduction to DM physics: Solving Boltzmann (numerically)
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�� Sorry but it does not work!

It is a case called STIFF equation!....The exponential requires  a bit more work!

Trapeze method:
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Start with Y = Y0 (chemical equilibrium)
Solve equation
Compute yi+1 at each step till Y>> Y0   

Y0

Y

Numerical solutionIII. DM



The Hut, Lee&Weinberg argumentExpansion of the Universe
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Time evolution of 
The number density

Interactions which change
the number density
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Dark Matter needs to be heavier than 
 a proton to not over close the Universe
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Particle physics examples



The supersymmetric case

~ double SM spectrum
+ SM fermions + spin-0 particles  
+ Higgs/Gauge boson spin-1/2 particles

sfermions
fermions neutralinos

R-parity 

(-1)
=

(+1)

(-1)SUSY particles

Rp = (�1)3B+L+2s

N=1 : 1 operator of supersymmetry 
Each operator change the spin of particles by 1/2 
SUSY operator applied on SM spectrum leads to new particles with different spin

Initial realisation:  
all masses the same as SM

Nothing at LEP, LHC 
so masses  can't be the same!

III. DM



Introduction to DM physics: Notions of annihilation

Disappearance of 2 particles in the initial state

Creation of 2 new particles in the final state

Interactions 
which change
the number 
density

DM = Lightest particle

DM = Lightest particle

SM particle

SM particle

SUSY

+R-parity = stable DM

All cross sections are 

�v / m2
�

Lee-Weinberg limit applies!

The supersymmetric caseIII. DM



Supersymmetric and relic density

mDM <200 GeV

Before 1998
We were going to discover 
the neutralino at LHC …

III. DM



Coannihilations

Exceptions to relic calculations
Nucl.Phys. B237 (1984) 285-306 

The mass difference is critical

III. DM



hep-ph/9810360

neutralino mass < 200 GeV

coannihilations

Neutralino relic abundance?

Exceptions to relic calculations

mDM > 200 GeV

III. DM



mDM > TeV

DM co-annihilations with “stops”

Exceptions to relic calculations
hep-ph/9911496

III. DM



3

Standard model parameter Mean value Experimental uncertainty
mt 172.9 GeV 1.5

mb(mb)
MS 4.19 GeV +0.18

�0.06
⇥s(mZ)MS 0.1184 0.0007

⇥�1
EM(mZ)MS 127.916 0.015

TABLE III. Constraints used to calculate likelihoods for standard
model parameters, from Ref. [19].

initial point in parameter space is randomly chosen. Follow-
ing this steps in the random walk are taken along randomly se-
lected directions in the parameters space and an initial “burn-
in” phase is used to adjust the magnitude of the proposed step
size for each direction to optimise the exploration of the pa-
rameter space, this is periodically adjusted during “burn-in” to
ensure that the parameter space is covered as fully as possible.
The directions in which steps are taken were generated from
the eigenvectors of the covariance matrix found in preliminary
scans. The “burn-in” phase also ensures that the chain has al-
ready converged towards a high likelihood before points are
recorded. The total likelihood function is formed by the prod-
uct of partial likelihoods for each observable in Table II. As in
Ref. [27] we use a Gaussian distribution for observables with
a preferred value

F2(x,µ,⌅) = e�
(x�µ)2

2⌅2 , (1)

where µ is the preferred value of the observable and ⌅ is the
tolerance. For observables with only an upper or lower limit a
distribution of the form,

F3(x,µ,⌅) =
1

1+ e�
(x�µ)

⌅
, (2)

is used. Here ⌅ is positive for lower bounds and negative for
upper bounds. For the relic abundance, the masses of the spar-
ticles and the Higgs masses, the partial likelihood is either one
or zero as no uncertainties are included.

Uncertainties in standard model parameters were in-
cluded in the form of nuisance parameters which are then
marginalised as part of the random walk. The mean values
and uncertainties of the nuisance parameters are shown in Ta-
ble III.

A. Scan A: results for scenarios with m⇤̃0
1
< 100 GeV

Previous supersymmetric parameter scans either looked for
scenarios with the correct relic density (e.g. [28–35]) or re-
laxed the constraint on the relic density, allowing for very
small �FOh2, and did not assume the presence of regenera-
tion mechanism [27, 36]. In this paper we will both relax the
lower bound on the relic density and assume that the freeze-
in mechanism can regenerate the relic density to the observed
value.

In FIG. 1, we show the relic density versus DM mass for
candidates found by the MCMC. In most scenarios more than

FIG. 1. Plot of �FOh2 against m⇤̃0
1
. The colour coding represents

the process with the largest contribution to the neutralino annihila-
tion rate, which determines the freeze-out relic abundance. Green
points correspond to resonant annihilation via Z, red points to res-
onant annihilation via the light Higgs boson (h0), orange points to
resonant annihilation via the pseudo-scalar Higgs (A0), blue points to
stau co-annihilation or annihilation via stau exchange, violet points
to chargino co-annihilations or chargino exchange, black points to
squark co-annihilation (all squark flavours).

one process will contribute to the freeze-out relic abundance
but in FIG. 1 the largest single contribution to the annihilation
rate, which in the majority of scenarios dominates the others,
is indicated. In all of the following plots the points found by
the random walk are plotted as semi-transparent dots, faint re-
gions therefore correspond to a low density of points while
regions of strong colour correspond to denser regions. As
expected there are two visible resonance regions [6], corre-
sponding to Z gauge boson and light CP-even Higgs (h0) s-
channel resonances. In addition there are the usual points
corresponding to heavier neutralinos that can annihilate via
s-channel exchange of the CP-odd Higgs (A0) [31], as is well
known from traditional freeze-out scenarios. These points ap-
pear as a smeared out region due to the large variation in the
value of mA0 .

In addition to the s-channel processes the well known t-
channel exchange and co-annihilations processes involving
charginos, staus and squarks are also found by the MCMC.
It is likely that the majority of the points corresponding to
squark exchange and co-annihilation will be excluded by the
LHC or Tevatron. However, we still include these points as
our focus here is to examine the effect of regeneration and the
resulting DM detection constraints on the possible regions of
the parameter space.

The composition of the neutralino LSP in terms of the weak
eigenstates, the Bino, Higgsinos and Wino differs slightly for
the various regions displayed in FIG. 1.

For the Z and h0 resonance regions the neutralino is mostly
Bino with a small Higgsino component. As is well known,
(see for example [37, 38]), the size of the Higgsino compo-
nent will play a central role in determining the cross section
for DM annihilations via s-channel Z and h0. This Higgsino
component will also lead to the dominant contributions to the
spin-independent elastic scattering cross section in direct de-
tection experiments, where the main process is the t-channel
exchange of a Higgs. This connection is important for what

4

FIG. 2. Plot of ⇥FOh2 against m⇤̃0
1
. Colour coded for the process with

the largest contribution to the total neutralino annihilation rate, which
determines the freeze-out relic abundance. Red points correspond to
chargino co-annihilation, green points to annihilation via chargino
t-channel exchange, blue points to annihilation via s-channel Higgs
(roughly speaking the blue points above the green band correspond
to annihilation via an s-channel h0 into tt̄ and bb̄, the few below are
s-channel annihilation via A0), yellow points correspond to a either
squark co-annihilation or gluino-gluino annihilations (the latter in
the case where the gluino is approximately mass degenerate with the
neutralino DM and its freeze-out sets the neutralino relic abundance).

follows in the later sections.
In the cases where t-channel exchange and co-annihilation

processes, involving light SUSY squarks and sleptons, domi-
nate the freeze-out dynamics, the neutralino can have a much
smaller Higgsino component. This is because, in contrast to
the s-channel annihilation processes, the t-channel annihila-
tion and co-annihilation diagrams can occur for pure Bino
neutralinos.

B. Scan B: results for scenarios with m⇤̃0
1
> 100 GeV

In the case of neutralinos heavier than 100 GeV, one does
not expect any resonance structure in the (m⇤̃0

1
,⇥FOh2) plane

since there are no fixed mass neutral particles (such as the
light CP-even Higgs3 or Z boson) that can be produced in an s-
channel resonance. Instead resonant annihilation through A0

will appear over a range of different neutralino masses. Non-
resonant annihilation via the h0 and Z bosons can still produce
a large enough cross section to reduce the relic abundance
for masses above 200 GeV. Chargino or squark t-channel ex-
change and co-annihilations also lead to an enhanced cross
section but this does not appear as a fixed mass resonance. As
a result, we find a smooth homogeneous distribution of points
in the (m⇤̃0

1
,⇥FOh2) plane, as shown in FIG. 2.

The most visible trend in FIG. 2 is that the minimum relic
abundance found by the MCMC increases quadratically as a
function of mass. This dependence of the relic abundance on
the mass of the neutralino DM arises due to the fact that the

3 Although the h0 mass is not fixed, it is restricted to a narrow range in the
MSSM.

relic abundance scales as the inverse of the thermally averaged
cross section, which in turn scales approximately as the in-
verse of the neutralino mass squared. As a result the minimum
relic abundance will increase quadratically with the mass of
the neutralino. Co-annihilation with light stops is expected
to add a few more points (below the “quadratic” limit) when
there is a large fine-tuning between the neutralino and the stop
mass. However, the stop and neutralino self-annihilation cross
sections both decrease with the mass of these particles and an
increase in the fine tuning becomes less and less effective in
compensating for the lack of efficiency of the co-annihilation
process when the neutralino mass increases. Besides, these
points become more difficult to find by the MCMC as they
require smaller variance (i.e. more dedicated searches).

The compositions of the higher mass neutralinos is more
varied than the lower mass states. For example, in points
whose freeze-out annihilation rate is dominated by chargino
co-annihilation and t-channel chargino exchange the neu-
tralino DM can be mostly Wino. For points whose freeze-out
annihilation is dominated by s-channel Higgs processes, the
Higgsino component of these neutralinos can be much larger
(even dominating the composition) than that for neutralino
DM with masses below 100 GeV.

III. DM REGENERATION IN THE LIGHT OF FERMI-LAT
AND XENON100 LIMITS

To examine the impact of a possible regeneration mecha-
nism we apply limits arising in direct and indirect detection
experiments to the points found by the MCMC. We do so in
two cases. The first where there is no regeneration and the
DM density is set by the value determined by freeze-out. The
second where regeneration of the DM density has taken place
after freeze-out and has been regenerated to the WMAP ob-
served value. The limits for direct and indirect detection are
applied as 95% confidence level exclusions to the points found
by the MCMC after the scans have completed rather than in-
cluding these limits in the likelihood calculations. This allows
the two scenarios to be compared directly using the same set
of points.

We look at the effect of regeneration in the planes
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1
) and (�PP,⇧SI), where ⇧SI

is the spin-independent elastic scattering rate, ⇥FOh2 is the
relic abundance generated by freeze-out only and �PP, which
encodes the “particle physics input” to the total flux of gamma
rays from annihilating DM in the dSphs. The quantity �PP is
defined as

�PP =
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dN
dE
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where �⇧v⇥ is the thermally averaged cross section for DM
annihilation, E0 is the minimum threshold energy considered,
Emax is the maximum photon energy the limit is sensitive to
and dN

dE is the gamma ray spectrum averaged over all of the
different annihilation channels. Neglecting propagation the

�

� f̄

fH

m� = mH/2

Different couplings probe  
different nature of the neutralino
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Where else could DM be?
following the dark matter path 

mass/
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III. Signatures

* Direct Detection 
* Indirect Detection 
* LHC



III. A. Direct detection

DM particles  
orbit in the halo

us

DM particles cross through the Earth



Principle of direct detection
Make a detector, wait, hope for an interaction within 

DM interacts with SM particles  
We are able to detect the interaction

What kind  of signatures do we expect? ionisation 
scintillation  
phonons 
heat 

Assuming that

recoil energy

III. DM
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Principle of direct detection
+ many presentations
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How do we know we have detected DM?
We don’t know unless we understand the background sources!

Principle of direct detection

To understand the background, 
we need to reduce it to its minimum

* radioactivity produces neutrons  
* neutrons behave like WIMPs 
* electrons, photons are also polluting experiments

mountain 
or dig deep into mines

We need shielding
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Scintillation signal (S1)
Charges drift to the liquid-gas
surface
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 Scintillation light signal (S1)

 Charge drift to the liquid-gas interface

 Proportional scintillation light signal (S2)

Electron recombination is stronger 
for nuclear recoils

Discrimination between nuclear 
and electron recoils

25/07/2011 , DMUH11, CERN                       Tobias Bruch, University of Zürich                                                                                  2

S1 = primary scintillation signal  

S2 = secondary scintillation signal  
(from the drift of electrons from 
ionised Xenon)

XENON100 experiment

Principle of direct detection

Liquid Xenon

Gas Xenon

now 1T and nT
Xenon 10 (10 kg Xenon)
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4.4. Future projects and complementarity

Existing results and projected sensitivities for the spin-independent WIMP-nucleon interactions as a
function of the WIMP mass are summarized in Figure 3, adapted from [91]. In spite of observed anomalies
in a handful of experiments, that could be interpreted as due to WIMPs, albeit not consistently, we have
no convincing evidence of a direct detection signal induced by galactic dark matter. Considering LUX’s
lack of a signal in 85.3 live-days⇥118 kg of liquid xenon target, excluding ⇠33GeV WIMPs with interaction
strengths above 7.6⇥10�46cm2, it becomes clear that, at the minimum, ton-scale experiments are required
for a discovery above the 5-sigma confidence level (unless the WIMP is lighter than ⇠10GeV, where larger
cross sections are feasible). Several large-scale direct detection experiments are in their planning phase and
will start science runs within this decade.

Figure 3: Summary for spin-independent
WIMP-nucleon scattering results. Existing
limits from the noble gas dark matter ex-
periments ZEPLIN-III [69], XENON10 [71],
XENON100 [75], and LUX [39], along with
projections for DarkSide-50 [85], LUX [39],
DEAP3600 [90], XENON1T, DarkSide G2,
XENONnT (similar sensitivity as the LZ
project [92], see text) and DARWIN [93] are
shown. DARWIN is designed to probe the
entire parameter region for WIMP masses
above ⇠6GeV/c2, until the neutrino back-
ground (yellow region) will start to dominate
the recoil spectrum. Experiments based on the
mK cryogenic technique such as SuperCDMS
[94] and EURECA [95] have access to lower
WIMP masses. Figure adapted from [91].

The next phase in the LUX program, LUX-ZEPLIN (LZ), foresees a 7 t LXe detector in the same SURF
infrastructure, with an additional scintillator veto to suppress the neutron background. Construction is
expected to start in 2014, and operation in 2016, with the goal of reaching a sensitivity of 2⇥10�48cm2 after
three years of data taking [92]. The upgrade of XENON1T, XENONnT, is to increase the sensitivity by
another order of magnitude, thus also reaching 2⇥10�48cm2. While much of the XENON1T infrastructure
will be reused, the inner detector will be designed and constructed once XENON1T is taking science data,
with planned operation between 2018-2021. The XMASS collaboration plans a 5 t (1 t fiducial) single-phase
detector after its current phase, with greatly reduced backgrounds and an aimed sensitivity of ⇠10�46cm2.
In its second stage, PandaX will operate a total of 1.5 t LXe as WIMP target, with ⇠1 t xenon in the fiducial
volume. All sub-systems of the existing experiment, with the exception of the central TPC, are designed to
accommodate the larger target mass [83]. The DarkSide collaboration plans a 5 t LAr dual-phase detector,
with 3.3 t as active target mass, in the existing neutron and muon veto at LNGS. The aimed sensitivity is
10�47cm2 [96].

DARk matter WImp search with Noble liquids (DARWIN) is an initiative to build an ultimate, multi-ton
dark matter detector at LNGS [97, 93]. Its primary goal is to probe the spin-independent WIMP-nucleon
cross section down to the 10�49 cm2 region for ⇠50GeV/c2 WIMPs, as shown in Figure 3. It would thus
explore the experimentally accessible parameter space, which will be finally limited by irreducible neutrino
backgrounds. Should WIMPs be discovered by an existing or near-future experiment, DARWIN will measure
WIMP-induced nuclear recoil spectra with high-statistics, constraining the mass and the scattering cross
section of the dark matter particle [98, 99]. Other physics goals of DARWIN are the first real-time detection
of solar pp-neutrinos with high statistics and the search for the neutrinoless double beta decay [27]. The
latter would establish whether the neutrino is its own anti-particle, and can be detected via 136Xe, which
has a natural abundance of 8.9% in xenon.
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Principle of indirect detection
DM particles orbit in the Milky Way halo

us

Question: is DM “concentration” everywhere the same in the halo ? 

III. DM

X-ray, Gamma-ray  
experiments …

radio  
experiments



Propagation of e± in the interstellar medium

Governed by energy losses and spatial diffusion

Radio observations ) magnetic halo or diffusion zone

  

R
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[Credit: MPIfR, M. Krause & CFHT/Coelum]
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Chapter 3. Dark matter spikes at the centers of galaxies? 55

Figure 3.1: Illustration of the variety of possible DM profiles on sub-kpc scales in the MW.

The cusp/core controversy is still unresolved, although baryonic feedback may reconcile the
results of numerical simulations and observations by reducing the DM density at the center of
halos through supernova-driven gas bulk motions and galactic winds (Navarro et al., 1996b; Read
& Gilmore, 2005; de Souza et al., 2011; Pontzen & Governato, 2012; Teyssier et al., 2013; Di
Cintio et al., 2014). This has a dramatic e�ect especially for dwarf galaxies, with cusps readily
turned into cores. However, this e�ect seems to depend on the characteristics of galaxies, in
particular the stellar-to-halo mass ratio (Di Cintio et al., 2014). Including baryonic physics in
simulations is therefore essential but requires to model even more complex processes related for
instance to gas dynamics and radiative transfer, which makes such simulations computationally
expensive. Moreover, although baryonic processes are likely to have a significant impact on
DM profiles, it is not even clear yet whether these processes eventually soften or steepen DM
profiles, and this is a matter of debate. In particular, while baryonic feedback seems to flatten
DM profiles, adiabatic contraction of baryons has been suggested to produce steeper DM profiles
(Blumenthal et al., 1986). On top of that, alternatives to the CDM scenario like self-interacting
DM can also address the cusp/core problem, but this has yet to be investigated in more detail in
conjunction with baryonic feedback. For a discussion of prospects see e.g. Brooks (2014).

Table 3.1: Parameters of the DM profiles shown in Fig. 3.1, based on Bertone et al. (2005);
Cirelli et al. (2011).

– — “ r0 (kpc)
Burkert ≠ ≠ ≠ 12.67
Diemand 1 3 1.16 30.28
Einasto 0.17 ≠ ≠ 28.44

Isothermal 2 2 0 3.5
Kravtsov 2 3 0.4 10

Moore 1.5 3 1.5 28
NFW 1 3 1 20

The inner slope of DM profiles is of the utmost importance in indirect searches for DM which

Courtesy: T. Lacroix
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3.1 Dark matter profile in galaxies: a debated picture
In spite of extensive studies both on the observational and simulation sides, there is still no
consensus today on the DM profile in galaxies, especially on its inner slope.

Numerical N-body simulations are extremely useful to model the evolution of structures
through gravitational clustering. Standard simulations focus on the evolution of DM without
including baryonic processes, and are therefore referred to as DM-only simulations. Moreover,
they rely on the CDM paradigm. Early results pointed to a universal DM profile following a
power law of slope 1 in the central parts of galactic halos, known as the Navarro-Frenk-White
(NFW) profile (Navarro et al., 1996a, 1997):

flNFW(r) = fl0

3
r

r0

4≠1 3
1 + r

r0

4≠2
, (3.1)

where fl0 and r0 are respectively a scale density and a scale radius. This profile is actually a
special case of a more general parametrization (Zhao, 1996; Hernquist, 1990), often referred to
as the generalized NFW profile:
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where –, — and “ parametrize the slope. It turns out that several groups have found DM profiles
deviating sometimes significantly from the original NFW profile. Typical examples of special
cases of the generalized NFW profile with slopes di�ering from “ = 1 are the Moore et al. profile
with “ = 1.5 (Fukushige & Makino, 1997; Moore et al., 1999b) and the Diemand et al. profile for
which “ = 1.16 (Diemand et al., 2004). These are all examples of DM cusps, i.e. DM profiles
following steep power laws towards the center of galactic halos.

Actually, even on the simulation side, the picture is still unclear. In particular, the Einasto
profile, which does not follow a power law in the inner region but becomes shallower towards
the center, has been emerging as a better parametrization than cusps in more recent numerical
simulations (Navarro et al., 2004; Merritt et al., 2006; Springel et al., 2008; Navarro et al., 2010):

flEin(r) = fl0 exp
3

≠ 2
–

53
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4
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64

. (3.3)

The value of the – parameter usually depends on the simulation, but 0.17 has emerged as a
benchmark value.

On the other side, observations of galactic rotation curves seem to favor very shallow DM
profiles or even constant density cores (Burkert, 1995; Kravtsov et al., 1998; Salucci & Burkert,
2000; Borriello & Salucci, 2001; Binney & Evans, 2001; de Blok et al., 2001; de Blok & Bosma,
2002; Simon et al., 2003; Weldrake et al., 2003; Kuzio de Naray et al., 2006; Gentile et al., 2007;
Spano et al., 2008; Trachternach et al., 2008; de Blok et al., 2008; Oh et al., 2011), although cusps
cannot systematically be ruled out by measurements of rotation curves, depending on the mass
of the galaxy (van den Bosch et al., 2000; Swaters et al., 2003). The Kravtsov et al. profile, for
which “ ≥ 0.4 (Kravtsov et al., 1998), is an example of a shallow density profile parametrized by
the generalized NFW functional form. Examples of cored profiles are the non-singular isothermal
sphere (see e.g. Bahcall & Soneira, 1980; Begeman et al., 1991), which is a special case of the
generalized NFW profile with “ = 0, and the Burkert profile (Burkert, 1995):

flBur(r) = fl0
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42
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The uncertainty on the DM profile at sub-kpc scales is illustrated in Fig. 3.1 for the case of
the MW. The corresponding values of –, —, “ and r0 for the typical profiles described here are
given in Table 3.1, while for each profile fl0 is determined by the condition fl(r§) = fl§.
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Figure 3.1: Illustration of the variety of possible DM profiles on sub-kpc scales in the MW.
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results of numerical simulations and observations by reducing the DM density at the center of
halos through supernova-driven gas bulk motions and galactic winds (Navarro et al., 1996b; Read
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turned into cores. However, this e�ect seems to depend on the characteristics of galaxies, in
particular the stellar-to-halo mass ratio (Di Cintio et al., 2014). Including baryonic physics in
simulations is therefore essential but requires to model even more complex processes related for
instance to gas dynamics and radiative transfer, which makes such simulations computationally
expensive. Moreover, although baryonic processes are likely to have a significant impact on
DM profiles, it is not even clear yet whether these processes eventually soften or steepen DM
profiles, and this is a matter of debate. In particular, while baryonic feedback seems to flatten
DM profiles, adiabatic contraction of baryons has been suggested to produce steeper DM profiles
(Blumenthal et al., 1986). On top of that, alternatives to the CDM scenario like self-interacting
DM can also address the cusp/core problem, but this has yet to be investigated in more detail in
conjunction with baryonic feedback. For a discussion of prospects see e.g. Brooks (2014).
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Principle of indirect detection
To understand where to look, we need to know where the DM density is 
the highest. This means reconstruct the shape of the DM profile first.
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4.3 Electron/positron spectrum Â accounting for propagation
4.3.1 Physical processes at play
Here we summarize the complex interplay of physical processes that govern cosmic-ray propagation
in the interstellar medium (see e.g. Strong et al., 2007, for a review). Cosmic rays are randomly
scattered by irregularities in the galactic magnetic field, which results in a motion corresponding
to a di�usion process. Magnetic irregularities are actually moving, so that cosmic rays are
scattered by magneto-hydrodynamical waves. This leads to an additional e�ect of stochastic
acceleration, referred to as di�usive reacceleration, which is modeled as di�usion in momentum
space. Cosmic rays are also transported by convection e.g. in galactic winds or in accretion flows
around SMBHs. As they propagate, energetic charged particles lose energy through radiative or
ionization processes. They can also lose or gain energy respectively through adiabatic expansion
or compression in a convection flow. Additionally, radioactive nuclei decay, but this is not relevant
for electrons and positrons. Finally, cosmic-ray nuclei are subject to spallation, i.e. interactions
with interstellar matter that lead to the production of lighter particles. Spallation does not
a�ect electrons and positrons. However, secondary electrons and positrons are produced by
spallation, mainly of protons and helium nuclei on hydrogen and helium nuclei (see e.g. Delahaye
et al., 2009). Here ‘secondary’ refers to particles that are not produced directly in the source,
contrary to primaries. In practice, throughout this work we focus on primary electrons and
positrons produced by DM annihilations (or millisecond pulsars in some cases), and we disregard
secondaries.

All these processes can be encoded in the cosmic-ray transport equation, the partial di�erential
equation that governs the energy spectrum Â.

4.3.2 Transport equation
We now describe the standard derivation of the cosmic-ray transport equation, which follows
the textbook approach for the derivation of di�usion equations (see e.g. Longair, 2011; Lavalle
et al., 2007). We start out by writing the continuity equation for Â(E, x̨, t) accounting for spatial
di�usion, convection, energy losses (seen as convection in energy space), and injection of particles
with a source term q(E, x̨, t):

ˆÂ

ˆt
= ≠Ǫ̀ · j̨di� ≠ Ǫ̀ · j̨conv ≠ ˆj

E

ˆE
+ q. (4.37)

The spatial di�usion current j̨di� accounts for spatial di�usion and is therefore related to the
gradient of the density via Fick’s law:

j̨di� = ≠K(E, x̨)Ǫ̀Â, (4.38)

where K is the spatial di�usion coe�cient. The convection current is simply given by:

j̨conv = Âv̨, (4.39)

with v̨(x̨) the velocity field of the flow. The third term on the right-hand side of Eq. (4.37)
corresponds to the divergence in energy of the particle current in energy space j

E

, associated with
energy losses. Energy losses can be seen as convection in energy space, so that the associated
current—i.e. the number of particles passing through E per unit time (and volume)—reads

j
E

= Â
dE

dt
, (4.40)

where dE/dt is equivalent to a flow velocity in energy space. In practice the energy-loss rate is
defined as

btot(E, x̨) = ≠dE

dt
, (4.41)
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di�usion, convection, energy losses (seen as convection in energy space), and injection of particles
with a source term q(E, x̨, t):

ˆÂ

ˆt
= ≠Ǫ̀ · j̨di� ≠ Ǫ̀ · j̨conv ≠ ˆj

E

ˆE
+ q. (4.37)

The spatial di�usion current j̨di� accounts for spatial di�usion and is therefore related to the
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with v̨(x̨) the velocity field of the flow. The third term on the right-hand side of Eq. (4.37)
corresponds to the divergence in energy of the particle current in energy space j

E

, associated with
energy losses. Energy losses can be seen as convection in energy space, so that the associated
current—i.e. the number of particles passing through E per unit time (and volume)—reads
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, (4.40)

where dE/dt is equivalent to a flow velocity in energy space. In practice the energy-loss rate is
defined as

btot(E, x̨) = ≠dE

dt
, (4.41)
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so that btot is positive when the particle loses energy. btot is actually the sum of the contribution
from radiative losses, ionization losses and the energy loss or gain due to adiabatic expansion or
compression in the convection flow, as discussed in Sec. 4.3.5.

Using the expressions for the various currents, and omitting the variables for simplicity,
Eq. (4.37) becomes:

ˆÂ

ˆt
= Ǫ̀ · (KǪ̀Â ≠ v̨Â) + ˆ

ˆE
(btotÂ) + q. (4.42)

In principle, using the formalism of the Fokker-Planck equation, one can show that the transport
equation features an additional term corresponding to di�usive reacceleration, i.e. di�usion in
momentum space (Blandford & Eichler, 1987; Schlickeiser, 2002). However, for electrons and
positrons, di�usive reacceleration is actually negligible with respect to energy losses (Salati, 2007;
Delahaye et al., 2009). Similarly, convection can be neglected for electrons and positrons, except
close to the central BH, where the amplitude of the velocity field of the accretion flow can be
of the same order of magnitude as synchrotron losses. This particular case will be discussed in
Chapter 11.

In practice, to make the resolution of Eq. (4.42) tractable, we assume the di�usion coe�cient
K to be homogeneous, so that K(E, x̨) = K(E). Moreover, based on the results of numerical
simulation of particle propagation in turbulent magnetic fields (Casse et al., 2002), K is generally
parametrized by a power law in energy (see e.g. Delahaye et al., 2008)

K(E) = K0

3
E
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4
”

. (4.43)

The assumption of homogeneity is a simplification considering that for instance the di�usion
coe�cient is essentially unconstrained in the GC region and might thus be quite di�erent from
the di�usion coe�cient in the solar neighborhood (as discussed e.g. in Regis & Ullio, 2008).
However, the assumption of a homogeneous di�usion coe�cient is justified by the fact that
throughout this work we focus on one particular region—namely the GC—so a large-scale spatial
variation in the di�usion coe�cient would not significantly a�ect our results.4

Finally, one can assume that a steady state is reached if the source term corresponds to
continuous injection of particles. This is typically what is expected in the situations of interest
in this work, namely for electrons and positrons injected by DM annihilations or a population of
millisecond pulsars. Then the di�usion-loss equation for electrons and positrons reads

KÒ2Â + ˆ

ˆE
(btotÂ) + q = 0. (4.44)

4.3.3 Di�usion zone and parameters

Let us now discuss more specifically some features of spatial di�usion. Radio observations have
revealed the presence of a magnetic halo around galaxies, as shown in the left panel of Fig. 4.4
(see e.g. Krause, 2009), which implies the existence of a region of space where cosmic rays are
confined by the galactic magnetic field. This region is called the di�usion zone. Considering
the shape of observed magnetic halos around other galaxies, we follow the usual approach in
which the di�usion zone of the MW is modeled as a flat cylinder of radius denoted as Rgal—of
the order of magnitude of the radius of the optical disk—and half-height L defined with respect
to the Galactic plane. The usual value for the radius in the literature is Rgal = 20 kpc (see
e.g. Delahaye et al., 2008).

Spatial di�usion of cosmic rays in the interstellar medium is therefore governed by three
parameters: the half-height L of the di�usion zone, as well as the normalization of the di�usion

4See Chapter 6 where we compare our method with a numerical code which assumes an inhomogeneous di�usion
coe�cient.
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coe�cient K0 and its energy dependence ”, as seen in Eq. (4.43). The di�usion parameters are
constrained by cosmic-ray measurements at the position of the Earth, especially the boron-to-
carbon (B/C) ratio and fluxes of radioactive nuclei (Maurin et al., 2001, 2002; Putze et al., 2010).
In particular, the sets of di�usion parameters compatible with measurements of the B/C ratio
and giving the minimal (MIN), median (MED) and maximal (MAX) antiproton fluxes from
supersymmetric DM (Donato et al., 2004) are used as references:

MIN : L = 1 kpc, K0 = 0.0016 kpc2 Myr≠1, ” = 0.85,

MED : L = 4 kpc, K0 = 0.0112 kpc2 Myr≠1, ” = 0.7,

MAX : L = 15 kpc, K0 = 0.0765 kpc2 Myr≠1, ” = 0.46. (4.45)

In practice, we use the MED set as a benchmark model, whereas the MIN and MAX are used to
bracket the uncertainty from di�usion.5

  

R
gal 

= 20 kpc

2L

Figure 4.4: Left panel: Optical image of the edge-on NGC 891 galaxy taken with the Canada-
France-Hawaii telescope, overlaid with contours of the radio emission at 3.6 cm observed with the
100-m E�elsberg telescope and magnetic field lines shown as dashed lines. Credit: Max Planck
Institute for Radio Astronomy, M. Krause & CFHT/Coelum. See also Krause (2009). Right
panel: Schematic representation of the di�usion zone of cosmic rays as a flat cylinder of radius
Rgal and half-thickness L, on top of an artist view of the MW.

4.3.4 A qualitative picture of spatial di�usion
Here we describe very qualitatively the e�ect of spatial di�usion on a given source term. Let R
and E be characteristic length and energy scales, respectively. Then Ò2 ≥ 1/R2 and ˆ/ˆE ≥ 1/E,
so that in terms of characteristic scales

K

R2 Â + btot
E

Â + q = 0. (4.46)

Therefore, the di�usion term shapes the spectrum at all scales below a certain length scale defined
by R . (KE/btot)1/2. This length scale is in fact to order of magnitude the distance traveled by

5We note that these parameters would have to be updated to account for new data from AMS-02, and the
standard picture may change. It turns out that due in particular to its very small value of L, the MIN set is
already in tension with the positron data (Lavalle et al., 2014; Di Mauro et al., 2014), radio observations (Di
Bernardo et al., 2013; Bringmann et al., 2012b; Orlando & Strong, 2013; Fornengo et al., 2014), and seems to be
disfavored by observations of “-rays (Ackermann et al., 2012c) and antiprotons (Giesen et al., 2015).
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2.3.5 Summary
The current status of indirect searches for DM discussed above is summarized in Fig. 2.10, taken
from Cirelli (2015). Fig. 2.10 shows the most stringent constraints in the DM annihilation cross-
section vs DM mass for the main probes described in this section, namely “-rays, antiprotons,
the CMB and neutrinos. The upper limits are shown for the µ+µ≠, bb̄ and W +W ≠ channels,
representative of final states containing leptons, quarks and weak gauge bosons respectively.
Limits have been rescaled to account for the di�erent assumptions made in their derivation.

This summary plot shows that the natural scale for the DM annihilation cross-section is now
probed by several independent methods, and the standard thermal WIMP scenario is starting to
be under pressure below ≥ 100 GeV for quark final states which arise naturally in the context of
supersymmetry.
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Figure 13: Summary chart of the current most stringent bounds on DM annihilation, in different chan-
nels and from different searches as discussed in the text. The corresponding references are: AMS-02 an-
tiprotons [49], FERMI dwarfs [65], CMB [31], HESS-GC [60], FERMI IGRB [73], ANTARES [122], ICE-
CUBE [121]. Several caveats apply: (i) ‘Official’ bounds, i.e. those obtained by the relevant experimental
collaborations, are reported for the most part, although of course many other authors have obtained limits that
may be even more constraining. (ii) When different bounds are available, ‘fiducial’ ones are adopted. (iii)
Some bounds need rescaling for the sake of a fair comparison: (iii-a) the HESS-GC one has been rescaled
to correspond to the benchmark Einasto profile defined in [29] and used for the AMS-02 antiproton bounds;
(iii-b) the ICECUBE bounds have been rescaled to be comparable to the ANTARES ones; (iii-c) however, a
further rescaling of both neutrino bounds would be necessary to compare them with the benchmark Einasto
assumption (but this is not possible as the neutrino regions of observation are not univocally defined).

on the SI scattering cross section (third line of fig. 12): for some specific values of the DM mass
around 50 ÷ 60 GeV, where a resonance enhances the capture by the chemical elements constituting
the Earth, they can be more stringent than the corresponding bounds from the Sun.

Before moving to another search mode, let us collect on a single plot all the constraints from
indirect detection discussed so far: fig. 13 compares them for 3 different channels and for a variety
of messengers. The important caveats discussed in the caption apply.

5. Direct detection

Dark Matter can also be looked for in Direct Searches, which aim at detecting, in ultra-clean
and ultra-sensitive experiments, the recoil of an atom hit by a DM particle. In the most studied
case, one assumes that the DM particle hits a nucleon, so that the sought-for signature consists of

17

Figure 2.10: Summary of the most stringent upper limits on the DM annihilation cross-
section vs DM mass (Cirelli, 2015). Some limits have been rescaled to account for the di�erent
assumptions e.g. on the DM profile (see Cirelli, 2015, for more details), and conservative limits
were used when several results were available.

These bounds correspond to ‘standard’ indirect searches, mostly carried out by large collabora-
tions. Indirect detection has been the object of a wealth of additional more ‘exotic’ studies, which
probe di�erent regions of the DM parameter space. For instance DM annihilation or decay can
disrupt the standard results of nucleosynthesis in the early Universe, a�ecting the formation of
light chemical elements through e.g. photodissociation (Sarkar, 1996; Jedamzik & Pospelov, 2009).

In this thesis, we go beyond the standard approach, exploring two aspects of indirect searches
for DM:

• we perform a detailed study of secondary photon emission from electrons and positrons
produced in DM annihilations;

• we explore the phenomenology of supermassive black hole-induced DM spikes—i.e. very
strong enhancement of the DM density—at the centers of galaxies.

DM annihilates thermally or not …
�� / �v

Z
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so that btot is positive when the particle loses energy. btot is actually the sum of the contribution
from radiative losses, ionization losses and the energy loss or gain due to adiabatic expansion or
compression in the convection flow, as discussed in Sec. 4.3.5.

Using the expressions for the various currents, and omitting the variables for simplicity,
Eq. (4.37) becomes:

ˆÂ

ˆt
= Ǫ̀ · (KǪ̀Â ≠ v̨Â) + ˆ

ˆE
(btotÂ) + q. (4.42)

In principle, using the formalism of the Fokker-Planck equation, one can show that the transport
equation features an additional term corresponding to di�usive reacceleration, i.e. di�usion in
momentum space (Blandford & Eichler, 1987; Schlickeiser, 2002). However, for electrons and
positrons, di�usive reacceleration is actually negligible with respect to energy losses (Salati, 2007;
Delahaye et al., 2009). Similarly, convection can be neglected for electrons and positrons, except
close to the central BH, where the amplitude of the velocity field of the accretion flow can be
of the same order of magnitude as synchrotron losses. This particular case will be discussed in
Chapter 11.

In practice, to make the resolution of Eq. (4.42) tractable, we assume the di�usion coe�cient
K to be homogeneous, so that K(E, x̨) = K(E). Moreover, based on the results of numerical
simulation of particle propagation in turbulent magnetic fields (Casse et al., 2002), K is generally
parametrized by a power law in energy (see e.g. Delahaye et al., 2008)

K(E) = K0

3
E

1 GeV

4
”

. (4.43)

The assumption of homogeneity is a simplification considering that for instance the di�usion
coe�cient is essentially unconstrained in the GC region and might thus be quite di�erent from
the di�usion coe�cient in the solar neighborhood (as discussed e.g. in Regis & Ullio, 2008).
However, the assumption of a homogeneous di�usion coe�cient is justified by the fact that
throughout this work we focus on one particular region—namely the GC—so a large-scale spatial
variation in the di�usion coe�cient would not significantly a�ect our results.4

Finally, one can assume that a steady state is reached if the source term corresponds to
continuous injection of particles. This is typically what is expected in the situations of interest
in this work, namely for electrons and positrons injected by DM annihilations or a population of
millisecond pulsars. Then the di�usion-loss equation for electrons and positrons reads

KÒ2Â + ˆ

ˆE
(btotÂ) + q = 0. (4.44)

4.3.3 Di�usion zone and parameters

Let us now discuss more specifically some features of spatial di�usion. Radio observations have
revealed the presence of a magnetic halo around galaxies, as shown in the left panel of Fig. 4.4
(see e.g. Krause, 2009), which implies the existence of a region of space where cosmic rays are
confined by the galactic magnetic field. This region is called the di�usion zone. Considering
the shape of observed magnetic halos around other galaxies, we follow the usual approach in
which the di�usion zone of the MW is modeled as a flat cylinder of radius denoted as Rgal—of
the order of magnitude of the radius of the optical disk—and half-height L defined with respect
to the Galactic plane. The usual value for the radius in the literature is Rgal = 20 kpc (see
e.g. Delahaye et al., 2008).

Spatial di�usion of cosmic rays in the interstellar medium is therefore governed by three
parameters: the half-height L of the di�usion zone, as well as the normalization of the di�usion

4See Chapter 6 where we compare our method with a numerical code which assumes an inhomogeneous di�usion
coe�cient.

to follow the propagation of cosmic ray  
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DM can be produced. 
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Figure 1. A comparison of the current 90% CL LUX and SuperCDMS limits (red and orange
lines, respectively), the mono-jet limits in the MSDM models (blue lines) and the limits in the EFT
framework (green line) in the cross section vs mDM plane used by the direct detection community.
The left and right panels show the limits on the SD and SI cross sections appropriate for axial-
vector and vector mediators respectively. For the MSDM models we show scenarios with couplings
gq =gDM = 0.25, 0.5, 1.0, 1.45.

interaction problematic. For gq = g
DM

. 0.25 the 8 TeV CMS mono-jet search no longer

has su�cient sensitivity to place a significant limit on the parameter space.

Figure 1 also shows the limit obtained from an interpretation of the mono-jet search in

the framework of the EFT (green line). The EFT limits should agree with the MSDM limit

in the domain where the EFT framework is valid. We see that it is only for the extreme

coupling scenario gq = g
DM

= 1.45 that the EFT limit approximates the MSDM limit,

and only for DM masses below around 300 GeV. For larger m
DM

the EFT fails to describe

any of the coupling scenarios. For weaker couplings, the MSDM limits get stronger for

DM masses below around 50 to 300 GeV, due to the resonant enhancement of the cross

section for a s-channel mediator that was explained above. This e↵ect is absent within

the EFT framework. The reach in DM mass of the MSDM limits increases with larger

couplings. Overall, this comparison of the EFT and MSDM limits demonstrates again

that the EFT framework is unable to capture all of the relevant kinematic properties of

the collider searches, which is demonstrated by the large disparity between the EFT and

MSDM limits. Comparing EFT collider limits with those of DD searches gives a misleading

representation of the relative sensitivity of the two search strategies, especially for weaker

coupling scenarios and m
DM

& 300 GeV.

Finally Figure 1 also shows the LUX limits for both interactions (red lines) and the

spin-independent SuperCDMS limit (orange lines). Whilst the comparison of the DD

search result with the EFT collider limit is biased, a comparison with the MSDM limits

from the LHC mono-jet analysis, which properly describes the kinematic properties of

the collider search, represents a comparison of collider and DD experiments on an equal
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If DM interacts only with the dark sector then detection depends on the 
interactions of this dark sector with SM



https://arxiv.org/pdf/1406.3028.pdf

Beam dump experimentsIII. DM



Searching for Z’/dark photons

Hg-2Le BaBar, NA48ê2, PHENIX
Hg-2Lm + 2s
Hg-2Lm > 5s

E774

E141

Orsay, U70

Charm, Nu-Cal

E137, LSND

SN

SHiP,
bremsstrahlung

SHiP,
QCD

SHiP,
mesons

1 10 102 103
10-20

10-18

10-16

10-14

10-12

10-10

10-8

10-6

10-4

mA' HMeVL

e2

Visibly Decaying A'

Figure 2.6: Summary of constraints on the dark photon model. The limits at ✏ ⇠ 10�7; mA0 > 200
MeV range come from old experiments, and can be improved with SHiP. The g�2 region of interest
is shown as a green band. The projected SHiP sensitivity contour is derived using three modes of
production: mesons, bremsstrahlung, and QCD production.

ensuing constraints are quite strong (reaching down to ✏ ⇠ few ⇥ 10�4 at ↵D ⇠ ↵), but applicable
only to mh0 > 2mA0 region of parameter space. Another study at KLOE [170] have searched for
missing energy signature from h0 decays outside of the detector, and reached the constraints at the
level of ✏ ⇠ few ⇥ 10�3. Constraints on the most motivated case, mh0 ' mA0 , are more di�cult to
obtain because they involve stable h0 on the scale of the detector.

2.5.2 Production and detection of light vector portal DM

New constraints on vector portals occur when direct production of light dark matter states � opens
up. The missing energy constraints on dark photons derived from e+e� colliders were analyzed in
[95]. Invisible decays of A0 are usually harder to detect, except K+ ! ⇡+A0 ! ⇡++missing energy,
where the competing SM process, K+ ! ⇡+⌫⌫̄ is extremely suppressed [86]. Also, fixed targets
experiments sensitive to the missing energy decays of vector states have been proposed recently
[171, 172].

A rather systematic study of the detection of light dark matter produced via the dark photon
portal has been performed in a number of papers [157, 162, 173, 174]. The most stringent constraints
follow from the highest POT experiment, LSND, provided that the dark matter is within kinematic
reach. A typical detection scheme in the proton beam dump experiments is built on the following
chain of events:

pp ! ⇡0 + X, ⇡0 ! V �, V ! ��̄, � scattering on electrons/nuclei (2.5.1)

These results significantly constrain, but do not fully rule out, MeV-scale dark matter models,
suggested as a candidate explanation of the 511 keV excess from the galactic bulge. Currently, the
MiniBooNE collaboration is conducting a dedicated search for such states in a beam dump mode
run [175]. The summary of the existing constraints on light dark matter produced via vector portal
is given in Fig. 2.7. Similar constraints were also derived for light dark matter coupled to the
SM via the baryonic vector portal [68]. It is important to emphasize that these constraints cover
the low mass region of parameter space inaccessible to traditional underground direct detection
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