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and Dark Matter 

behavior which is distinct from that observed in the
antiproton-to-proton, antiproton-to-positron, and proton-
to-positron flux ratios.
To examine the rigidity dependence of the flux ratios

shown in Figs. 3(a) and 3(b) quantitatively in a model
independent way, Eq. (4) is fit to the flux ratios over their
rigidity ranges with a sliding window. For each flux ratio,
the width of the window varies with rigidity to have
sufficient sensitivity to the slope k such that each window
covers between four and eight bins. The variations of C and
slope k for the (p̄=p) flux ratio are shown in Fig. 4. At low
rigidity the slope k crosses zero, that is, the ratio reaches a
maximum at ∼20 GV as also clearly seen in the parameter
C. As seen from Fig. 5 of Supplemental Material [18], the
rigidity dependence of the (p̄=eþ) and (p=eþ) flux ratios
are nearly identical to that of the (p̄=p) flux ratio. Also
shown in Fig. 4, as well as in Fig. 5 of the Supplemental
Material [18], are the mean values of the flux ratios over the
intervals where they are rigidity independent.
In conclusion, with this measurement of the antiproton

flux and the (p̄=p) flux ratio, AMS has simultaneously
measured all the charged elementary particle cosmic ray
fluxes and flux ratios. In the absolute rigidity range ∼60 to
∼500 GV, the antiproton, proton, and positron fluxes are
found to have nearly identical rigidity dependence and the
electron flux exhibits a different rigidity dependence. In the
absolute rigidity range below 60 GV, the (p̄=p), (p̄=eþ),
and (p=eþ) flux ratios each reaches a maximum. In the
absolute rigidity range ∼60 to ∼500 GV, the (p̄=p),
(p̄=eþ), and (p=eþ) flux ratios show no rigidity depend-
ence. These are new observations of the properties of
elementary particles in the cosmos.
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FIG. 4. Sliding window fits of Eq. (4) to the (p̄=p) flux ratio
measured by AMS with parameter C (green, left axis) and the
slope k (blue, right axis). The green and blue shaded regions
indicate that the errors are correlated between adjacent points.
The points are placed at R0. The dashed blue line at k ¼ 0 is to
guide the eye. The black arrow indicates the lowest rigidity above
which the flux ratio is consistent with being rigidity independent
and the black horizontal band shows the mean value and the
1-sigma error of the flux ratio above this rigidity.
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Indirect Dark Matter Searches

The Questions:

• Do we have a good control of “systematics”? Do 
we understand the background astrophysical 
uncertainties & astrophysical alternatives?

• Have we fully explored the existing data? Is there 
a signal lurking within our existing observations?

• What if Dark Matter is in a different scale?



The AMS-02 experiment on ISS

fraction is steadily increasing from 10 to !250 GeV, but, from 20 to 250 GeV, the slope decreases by

an order of magnitude. The positron fraction spectrum shows no fine structure, and the positron to

electron ratio shows no observable anisotropy. Together, these features show the existence of new

physical phenomena.

DOI: 10.1103/PhysRevLett.110.141102 PACS numbers: 96.50.sb, 14.60.Cd, 95.35.+d, 95.55.Vj

The Alpha Magnetic Spectrometer (AMS-02) is a gen-
eral purpose high-energy particle physics detector. It was
installed on the International Space Station (ISS) on
19 May 2011 to conduct a unique long duration mission
(!20 years) of fundamental physics research in space. The
first AMS results reported in this Letter are based on the
data collected during the initial 18 months of operations on
the ISS, from 19 May 2011 to 10 December 2012. This
constitutes 8% of the expected AMS data sample. The
positron fraction, that is, the ratio of the positron flux to
the combined flux of positrons and electrons, is presented
in this Letter in the energy range from 0.5 to 350 GeV. Over
the past two decades, there has been strong interest in the
cosmic ray positron fraction in both particle physics and
astrophysics [1]. The purpose of this Letter is to present the
accurate determination of this fraction as a function of
energy and direction (anisotropy).

AMS detector.—The layout of the AMS-02 detector [2]
is shown in Fig. 1. It consists of nine planes of precision
silicon tracker, a transition radiation detector (TRD), four
planes of time of flight counters (TOF), a permanent
magnet, an array of anticoincidence counters (ACC), sur-
rounding the inner tracker, a ring imaging Čerenkov de-
tector (RICH), and an electromagnetic calorimeter
(ECAL). The figure also shows a high-energy electron of
1.03 TeV recorded by AMS.

The AMS coordinate system is concentric with the
center of the magnet. The x axis is parallel to the main
component of the magnetic field, and the z axis points
vertically. The (y-z) plane is the bending plane. AMS is
mounted on the ISS with a 12" roll to port to avoid the ISS
solar panels being in the detector field of view; terms such
as ‘‘above,’’ ‘‘below,’’ and ‘‘downward-going’’ refer to the
AMS coordinate system.

The tracker accurately determines the trajectory and
absolute charge (Z) of cosmic rays by multiple measure-
ments of the coordinates and energy loss. It is composed of
192 ladders, each containing double-sided silicon sensors,
readout electronics, and mechanical support [3,4]. Three
planes of aluminum honeycomb with carbon fiber skins are
equipped with ladders on both sides of the plane. These
double planes are numbered 3–8; see Fig. 1. Another three
planes are equipped with one layer of silicon ladders. As
indicated in Fig. 1, plane 1 is located on top of the TRD,
plane 2 is above the magnet, and plane 9 is between the
RICH and the ECAL. Plane 9 covers the ECAL accep-
tance. Planes 2–8 constitute the inner tracker. Coordinate
resolution of each plane is measured to be better than

10 !m in the bending direction, and the charge resolution
is !Z ’ 0:06 at Z ¼ 1. The total lever arm of the tracker
from plane 1 to plane 9 is 3.0 m. Positions of the planes of
the inner tracker are held stable by a special carbon fiber
structure [5]. It is monitored by using 20 IR laser beams
which penetrate through all planes of the inner tracker and
provide micron-level accuracy position measurements.
The positions of planes 1 and 9 are aligned by using cosmic
ray protons such that they are stable to 3 !m (see Fig. 2).
The TRD is designed to use transition radiation to dis-

tinguish between e$ and protons, and dE=dx to indepen-
dently identify nuclei [6]. It consists of 5248 proportional
tubes of 6 mm diameter with a maximum length of 2 m
arranged side by side in 16-tube modules. The 328 modules

TRD

Tracker 

ECAL 

RICH

FIG. 1 (color). A 1.03 TeV electron event as measured by the
AMS detector on the ISS in the bending (y-z) plane. Tracker
planes 1–9 measure the particle charge and momentum. The
TRD identifies the particle as an electron. The TOF measures
the charge and ensures that the particle is downward-going. The
RICH independently measures the charge and velocity. The
ECAL measures the 3D shower profile, independently identifies
the particle as an electron, and measures its energy. An electron
is identified by (i) an electron signal in the TRD, (ii) an electron
signal in the ECAL, and (iii) the matching of the ECAL shower
energy and the momentum measured with the tracker and
magnet.
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Figure 1). The average time resolution of each counter has 
been measured to be 160 picoseconds, and the overall beta 
��	����� ������������� �������em has been measured to be 
��� ���� ���� �
�������� 
��������� ��� ��� ������
specifications. 

The Anti-Coincidence Counters (ACC) surround the 
AMS silicon tracker, just inside the inner cylinder of the 
vacuum case, to detect unwanted particles that enter or 
leave the tracker volume and induce signals close to the 
main particle track such that it could be incorrectly 
measured, for example confusing a nucleus trajectory with 
that of an anti-nucleus.  The ACC consists of sixteen 
curved scintillator panels of 1 m length, instrumented with 
wavelength shifting fibers to collect the light and guide it 
to a connector from where a clear fiber cable guides it to 
the photomultiplier sensors mounted on the conical flange 
of the vacuum case. 

2.3. Silicon Tracker and Permanent Magnet 

The tracker is composed of 192 ladders, the basic unit 
that contains the silicon sensors, readout electronics and 
mechanical support. Three planes of honeycomb with 
carbon fiber skin, equipped with silicon ladders on both 
sides, constitute the inner part of the silicon tracker. Other 
three planes equipped with only one layer of silicon 
ladders are located on top of TRD, on top of the 
Permanent Magnet and in between Ring Image Cherenkov 
detector and Electromagnetic Calorimeters as indicated in 
Figure 1. 

Each ladder has 100µm pitch silicon strips aligned with 
3µm accuracy that measure coordinates of charged 
particles two orthogonal projections. Accuracy of the 
measurement in the bending plane is 10µm. Overall there 
are close to 200000 readout channels. Signal amplitude 
provides a measurement of the particle charge independent 
of other sub-detectors as presented in Figure 2. 

 

 
Figure 2: Correlation between bending plane amplitudes 
(charge S) and non-bending plane amplitudes (charge K) 
as measured in the heavy ion beam of 158 GeV/n. 
 

 Permanent Magnet with the central field of 1.4kG 
provides a bending power sufficient to measure protons up 
to Maximal Detectable Rigidity of 2.14TV. For He nuclei 
the Maximal Detectable rigidity is 3.75TV 

2.4. Ring Imaging Cherenkov detector 

The Ring Imaging Cerenkov (RICH) detector is 
designed to separate charged isotopes in cosmic rays by 
measuring velocities of charged particles with a precision 
of one part in a thousand.  The detector consists of a dual 
dielectric radiator that induces the emission of a cone of 
light rays when traversed by charged particles with a 
velocity greater than that of the phase velocity of light in 
the material.  The emitted photons are detected by an array 
of photon sensors after an expansion distance of 45 cm  
The measurement of the opening angle of the cone of 
radiation provides a direct measurement of the velocity of 
the incoming charged particle (�=v/c).  By counting the 
number of emitted photons the charge (Z) of the particle 
can be determined (see Figure 3).  

The radiator material of the detector consists of 92 tiles 
of silica aerogel (refractive index n=1.05) of 2.5 cm 
thickness and 16 tiles of sodium fluoride (n=1.33) of 
0.5 cm thickness.  This allows detection of particles with 
velocities greater than 0.953c and 0.75c respectively.  The 
detection plane consists of 10,880 photon sensors with an 
effective spatial granularity of 8.5 x 8.5 mm2.  To reduce 
lateral losses the expansion volume is surrounded by a 
high reflectivity reflector with the shape of a truncated 
cone. 

 
Figure 3: Shown on top are snapshots of the rings 
produced by the different nuclei as seen by RICH. Bottom 
figure is a spectrum of charges observed in 158 GeV/n 
heavy ion beam. 

2.5. Electromagnetic Calorimeter 

The AMS-02 electromagnetic calorimeter (ECAL) 
consists of a lead scintillating fiber sandwich with an 
active area of 648x648 mm2 and a thickness of 166.5 mm.  
The calorimeter is composed of 9 superlayers, each 
18.5 mm thick and made of 11 grooved, 1 mm thick lead 
foils interleaved with 10 layers of 1 mm diameter 
scintillating fibers. In each superlayer, the fibers run in one 
direction only.  The 3-D imaging capability of the detector 
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behavior which is distinct from that observed in the
antiproton-to-proton, antiproton-to-positron, and proton-
to-positron flux ratios.
To examine the rigidity dependence of the flux ratios

shown in Figs. 3(a) and 3(b) quantitatively in a model
independent way, Eq. (4) is fit to the flux ratios over their
rigidity ranges with a sliding window. For each flux ratio,
the width of the window varies with rigidity to have
sufficient sensitivity to the slope k such that each window
covers between four and eight bins. The variations of C and
slope k for the (p̄=p) flux ratio are shown in Fig. 4. At low
rigidity the slope k crosses zero, that is, the ratio reaches a
maximum at ∼20 GV as also clearly seen in the parameter
C. As seen from Fig. 5 of Supplemental Material [18], the
rigidity dependence of the (p̄=eþ) and (p=eþ) flux ratios
are nearly identical to that of the (p̄=p) flux ratio. Also
shown in Fig. 4, as well as in Fig. 5 of the Supplemental
Material [18], are the mean values of the flux ratios over the
intervals where they are rigidity independent.
In conclusion, with this measurement of the antiproton

flux and the (p̄=p) flux ratio, AMS has simultaneously
measured all the charged elementary particle cosmic ray
fluxes and flux ratios. In the absolute rigidity range ∼60 to
∼500 GV, the antiproton, proton, and positron fluxes are
found to have nearly identical rigidity dependence and the
electron flux exhibits a different rigidity dependence. In the
absolute rigidity range below 60 GV, the (p̄=p), (p̄=eþ),
and (p=eþ) flux ratios each reaches a maximum. In the
absolute rigidity range ∼60 to ∼500 GV, the (p̄=p),
(p̄=eþ), and (p=eþ) flux ratios show no rigidity depend-
ence. These are new observations of the properties of
elementary particles in the cosmos.
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FIG. 4. Sliding window fits of Eq. (4) to the (p̄=p) flux ratio
measured by AMS with parameter C (green, left axis) and the
slope k (blue, right axis). The green and blue shaded regions
indicate that the errors are correlated between adjacent points.
The points are placed at R0. The dashed blue line at k ¼ 0 is to
guide the eye. The black arrow indicates the lowest rigidity above
which the flux ratio is consistent with being rigidity independent
and the black horizontal band shows the mean value and the
1-sigma error of the flux ratio above this rigidity.
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We use as benchmark antiproton production cross section the default in Galprop, i.e.,
the parameterization from [41]. In [15] we checked recent new updated models of the cross
section from [42] and [43], and we found that the results of the fit are substantially unchanged.
The main e↵ect is to slightly modify the region of parameter space preferred by DM at the
level of 20–30%, leaving unchanged the values of the minimal �2.

Adding a DM component significantly improves the global fit of the CR antiproton data.
This is due to a sharp spectral feature in the antiproton flux at a rigidity of about 20GV. Such
a feature cannot be described by the smooth spectrum of secondary antiprotons produced
by the interactions of primary protons and helium nuclei on the interstellar medium. The
spectrum from DM annihilation, on the other hand, exhibits such a sharp feature from the
kinematic cut-o↵ set by the DM mass. Adding a DM component thus provides a significantly
better description of the antiproton data.

mDM [GeV]

h�
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m

3
/s
]

tt̄hh
ZZ⇤ bb

WW ⇤

gg

3⇥10�26 cm3/s

Figure 1. Cosmic-ray fit for the individual annihilation channels: gg (cyan), WW ⇤ (green), bb̄ (red),
ZZ⇤ (blue), hh (pink) and tt̄ (orange) in the mDM-h�vi plane. We show the 1, 2, and 3� contours.
For comparison we display the thermal cross section (dashed horizontal line).

In figure 1 we present the preferred range of DM masses and annihilation cross sections
for the di↵erent SM annihilation channels. The regions are frequentist contour plots of the
two-dimensional profile likelihood obtained minimizing the �2 with respect to the remaining
eleven parameters in the fit. They, thus, include the uncertainties in the CR source spectra
and CR propagation. All channels provide an improvement compared to a fit without DM:
we find a �2/(number of degrees of freedom) of 71/165 for the fit without DM, which is
reduced to 46/163 (bb̄), 48/163 (hh), 50/163 (gluons and/or light quarks), 50/163 (WW ⇤),
46/163 (ZZ⇤), and 59/163 (tt̄), respectively, when adding a corresponding DM component
(see also Table 1). Formally, ��2 = 25 for the two extra parameters introduced by the DM
component with annihilation into bb̄ corresponds to a significance of 4.5, although such an
estimate does not account for possible systematic errors.

Figure 1 also shows that di↵erent annihilation channels would imply di↵erent preferred
DM masses, ranging from mDM ⇡ 35GeV for gluons and/or light quarks to mDM near the
Higgs and top mass for annihilation into Higgs or top-quark pairs, respectively. For all the
channels, the fit points to a thermal annihilation cross section h�vi ⇡ 3⇥ 10�26 cm3/s.
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Figure 2. Joint fit to CR fluxes, the GCE and dwarf galaxies for the individual SM annihilation
channels in the mDM-h�vi plane. We show the 1, 2, and 3� contours. For comparison we display the
thermal cross section (dashed horizontal line).
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AMS-02 pbar/p ratio and Dark Matter (& 
Fermi Galactic Center excess?)

behavior which is distinct from that observed in the
antiproton-to-proton, antiproton-to-positron, and proton-
to-positron flux ratios.
To examine the rigidity dependence of the flux ratios

shown in Figs. 3(a) and 3(b) quantitatively in a model
independent way, Eq. (4) is fit to the flux ratios over their
rigidity ranges with a sliding window. For each flux ratio,
the width of the window varies with rigidity to have
sufficient sensitivity to the slope k such that each window
covers between four and eight bins. The variations of C and
slope k for the (p̄=p) flux ratio are shown in Fig. 4. At low
rigidity the slope k crosses zero, that is, the ratio reaches a
maximum at ∼20 GV as also clearly seen in the parameter
C. As seen from Fig. 5 of Supplemental Material [18], the
rigidity dependence of the (p̄=eþ) and (p=eþ) flux ratios
are nearly identical to that of the (p̄=p) flux ratio. Also
shown in Fig. 4, as well as in Fig. 5 of the Supplemental
Material [18], are the mean values of the flux ratios over the
intervals where they are rigidity independent.
In conclusion, with this measurement of the antiproton

flux and the (p̄=p) flux ratio, AMS has simultaneously
measured all the charged elementary particle cosmic ray
fluxes and flux ratios. In the absolute rigidity range ∼60 to
∼500 GV, the antiproton, proton, and positron fluxes are
found to have nearly identical rigidity dependence and the
electron flux exhibits a different rigidity dependence. In the
absolute rigidity range below 60 GV, the (p̄=p), (p̄=eþ),
and (p=eþ) flux ratios each reaches a maximum. In the
absolute rigidity range ∼60 to ∼500 GV, the (p̄=p),
(p̄=eþ), and (p=eþ) flux ratios show no rigidity depend-
ence. These are new observations of the properties of
elementary particles in the cosmos.
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FIG. 4. Sliding window fits of Eq. (4) to the (p̄=p) flux ratio
measured by AMS with parameter C (green, left axis) and the
slope k (blue, right axis). The green and blue shaded regions
indicate that the errors are correlated between adjacent points.
The points are placed at R0. The dashed blue line at k ¼ 0 is to
guide the eye. The black arrow indicates the lowest rigidity above
which the flux ratio is consistent with being rigidity independent
and the black horizontal band shows the mean value and the
1-sigma error of the flux ratio above this rigidity.
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Fermi Galactic Center excess?)

behavior which is distinct from that observed in the
antiproton-to-proton, antiproton-to-positron, and proton-
to-positron flux ratios.
To examine the rigidity dependence of the flux ratios

shown in Figs. 3(a) and 3(b) quantitatively in a model
independent way, Eq. (4) is fit to the flux ratios over their
rigidity ranges with a sliding window. For each flux ratio,
the width of the window varies with rigidity to have
sufficient sensitivity to the slope k such that each window
covers between four and eight bins. The variations of C and
slope k for the (p̄=p) flux ratio are shown in Fig. 4. At low
rigidity the slope k crosses zero, that is, the ratio reaches a
maximum at ∼20 GV as also clearly seen in the parameter
C. As seen from Fig. 5 of Supplemental Material [18], the
rigidity dependence of the (p̄=eþ) and (p=eþ) flux ratios
are nearly identical to that of the (p̄=p) flux ratio. Also
shown in Fig. 4, as well as in Fig. 5 of the Supplemental
Material [18], are the mean values of the flux ratios over the
intervals where they are rigidity independent.
In conclusion, with this measurement of the antiproton

flux and the (p̄=p) flux ratio, AMS has simultaneously
measured all the charged elementary particle cosmic ray
fluxes and flux ratios. In the absolute rigidity range ∼60 to
∼500 GV, the antiproton, proton, and positron fluxes are
found to have nearly identical rigidity dependence and the
electron flux exhibits a different rigidity dependence. In the
absolute rigidity range below 60 GV, the (p̄=p), (p̄=eþ),
and (p=eþ) flux ratios each reaches a maximum. In the
absolute rigidity range ∼60 to ∼500 GV, the (p̄=p),
(p̄=eþ), and (p=eþ) flux ratios show no rigidity depend-
ence. These are new observations of the properties of
elementary particles in the cosmos.
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FIG. 4. Sliding window fits of Eq. (4) to the (p̄=p) flux ratio
measured by AMS with parameter C (green, left axis) and the
slope k (blue, right axis). The green and blue shaded regions
indicate that the errors are correlated between adjacent points.
The points are placed at R0. The dashed blue line at k ¼ 0 is to
guide the eye. The black arrow indicates the lowest rigidity above
which the flux ratio is consistent with being rigidity independent
and the black horizontal band shows the mean value and the
1-sigma error of the flux ratio above this rigidity.
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3

FIG. 1: Comparison of the best fit of the p̄/p ratio to the AMS-02 data [14], with a DM component (left panel) and
without DM (right panel). The lower panels show the corresponding residuals. The fit is performed between the

dotted lines, i.e., for rigidities 5GV  R  10TV. The grey bands around the best fit indicate the 1 and 2�
uncertainty, respectively. The dashed black line (labeled “�� = 0 MV”) shows the best fit without correction for

solar modulation. The solid red line shows the best fit DM contribution. We also show, for comparison, the
contribution from astrophysical tertiary antiprotons denoted by the dot-dashed line.

not reduce the evidence for a DM matter component in
the antiproton flux, and modifies only slightly the pre-
ferred ranges of DM mass and annihilation cross-section,

FIG. 2: Best fit regions (1, 2 and 3�) for a DM
component of the antiproton flux, using the antiproton
cross-section models of [40] (Tan & Ng), [41] (di Mauro
et al.), and [42] (Kachelriess et al.). For comparison, we
also show the best fit region of the DM interpretation of

the Galactic center gamma-ray excess [38], and the
thermal value of the annihilation cross-section,

h�vi ⇡ 3⇥ 10�26 cm3s�1.

see FIG. 2. This represents an important test, since the
cross-sections used are quite different in nature. While
those of [40, 41] are based on a phenomenological param-
eterization of the available cross-section data, the cross
section of [42] is based on a physical model implemented
through Monte Carlo generators. While this check does
not exhaust the range of possible systematics related to
the antiproton cross-section, a more robust assessment
of this issue requires more accurate and comprehensive
experimental antiproton cross-section measurements.

From TABLE I we note that including a DM compo-
nent induces a shift in some of the propagation param-
eters. In particular the slope of the diffusion coefficient,
�, changes by about 30% from a value of � ⇡ 0.36 with-
out DM to � ⇡ 0.25 when DM is included. This stresses
the importance of fitting at the same time DM and CR
background. The changes induced by a DM component
in the other CR propagation parameters are less than
about 10%. More details are reported in the supplemen-
tary material.

As a further estimate of systematic uncertainties, we
have extended the fit range down to a rigidity of R =
1GV. In this case, the fit excludes a significant DM com-
ponent in the antiproton flux. This can be understood
from the residuals for this case, which are very similar to
the ones shown in the right panel of FIG. 1. Clearly, the
excess feature at R ⇡ 18GV, responsible for the DM pref-
erence in the default case, still remains. The reason why

Cuoco, Kramer, Korsmeier PRL 2017:
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Figure 2. Joint fit to CR fluxes, the GCE and dwarf galaxies for the individual SM annihilation
channels in the mDM-h�vi plane. We show the 1, 2, and 3� contours. For comparison we display the
thermal cross section (dashed horizontal line).

– 5 –



What about the Antiproton to Proton Ratio
Uncertainties?

Antiprotons background uncertainties are very large. 

They are associated with: 

i) the antiproton production cross-section from CR 
protons and heavier nuclei collisions with the ISM 
gas

ii) the propagation of CRs through the ISM

iii) Solar Modulation (the propagation of CRs through 
the Heliosphere)



I) Antiproton production cross-section uncertainties

Di Mauro et al. PRD 2014

There are significant uncertainties on the antiproton production cross-section 
directly from p-p collisions. Most parametrizations have only used data from 
the 70s. 

3

Experiment
p
s (GeV) pT (GeV) xR

Dekkers et al, CERN 1965 [18] 6.1, 6.7 (0., 0.79) (0.34, 0.65)

Allaby et al, CERN 1970 [19] 6.15 (0.05, 0.90) (0.40, 0.94)

Capiluppi et al, CERN 1974 [20] 23.3, 30.6, 44.6, 53.0, 62.7 (0.18, 1.29) (0.06, 0.43)

Guettler et al, CERN 1976 [21] 23.0, 31.0, 45.0, 53.0, 63.0 (0.12, 0.47) (0.036, 0.092)

Johnson et al, FNAL 1978 [22] 13.8, 19.4, 27.4 (0.25, 0.75) (0.31, 0.55)

Antreasyan et al, FNAL 1979 [23] 19.4, 23.8, 27.4 (0.77, 6.15) (0.08, 0.58)

BRAHMS, BNL 2008 [13] 200 (0.82, 3.97) (0.11, 0.39)

NA49, CERN 2010 [14] 17.3 (0.10, 1.50) (0.11, 0.44)

TABLE I. Datasets used in our analysis along with their corresponding
p
s values and (pT , xR) regions.

this paper. Note that the BRAHMS centre-of-mass en-
ergy corresponds to an incident proton energy of roughly
21 TeV in the lab frame, which lies somewhat beyond
the energy region of interest for our work. Given the ab-
sence of data for incident proton energies above ⇠ 200
GeV, however, we have included this dataset since it can
help in guiding the high-energy extrapolation of the fit
to physical values. It is worth stressing that in the more
interesting tens of GeV region for the antiproton labora-
tory energy, the major impact will be provided by far by
the NA49 data.

Another important conceptual issue concerns the pos-
sibility to combine data—whose quality and robustness
of error assessment is very diverse—in a global fit. There
is no simple answer to this question: on one hand there
are some systematic e↵ects that are certainly present in
the old data and hard to estimate and correct for. A
known example is provided by the feed-down e↵ect. A
significant fraction of antiproton production (easily of
O(20%)) comes from strange hyperon (⇤, ⌃) decays,
whose decay lengths are comparable to or larger than
length scales of current micro-vertex detections or pre-
cision tracking. This e↵ect was taken into account in
the NA49 data analysis, where the contribution from hy-
perons has been subtracted from the measured yields2.
For older experiments, no such correction was performed:
while in some cases—as for the CERN ISR—it may be
argued that reasonable estimates make the expected cor-
rection negligible, for fixed-target experiments covering
an extended range of lab momenta the situation is some-
what more complicated. No a priori correction has been
applied in the following for this e↵ect, especially since
ex-novo simulations of trajectories through the detectors
and the collimators would be needed for robust estimates.
For a semi-quantitative discussion, we address the reader
to [14]. However, in deriving global fits, we shall allow
for experiment-dependent renormalizations, which may
account (at least in an averaged way) for such a correc-
tion, see below.

2 H. G. Fischer, private communication

On the other hand, relying only on contemporary data,
notably NA49, means having the invariant cross section
at only one point in

p
s, i.e. at one beam energy. Then,

in order to obtain the general cross section, one has to
supplement the data with some additional theoretical as-
sumption, such as the scaling hypothesis [24], namely
that the cross section only depends on pT and xR. While
this behaviour is expected to be approximately respected,
notably at high

p
s, its quantitative accuracy can only be

gauged by comparison with experimental data. For this
reason we decided to apply both strategies and to use
either fits or interpolations, to all datasets or to NA49
only, with or without the scaling hypothesis, to assess
the importance of these e↵ects.

C. Method

Our fits were performed with the MINUIT minimiza-
tion package. Let us denote with k = 1, . . . , L the di↵er-
ent experimental datasets, with ik the i-th point of the
dataset k and let C be the vector of the cross section
parameters. The fitting procedure consists of varying
the values of the cross section parameters C, comparing
the theoretical cross section F (sik , xik , pik ;C) with the
data fik(sik , xik , pik) and finally finding the minimum of
�

2(C) function defined below. This procedure gives the
best-fit configuration C

best

with the corresponding 1� er-
rors �C. We define the �

2(C) function to be minimised
in the fitting procedure in the following way:

�

2(C) = �

2

stat

(C) + �

2

sys

(6)

where

�

2

sys

=
LX

k=1

(!k � 1)2

✏

2

k

, (7)

and

�

2

stat

(C) =
LX

k=1

X

ik

(!kfik � F (sik , xRik
, pTik

,C))2

!

2

k�
2

ik

.

(8)

2

interest to our work.

II. FRAMEWORK, DATA AND METHODS

A. Theoretical framework

CR protons interact with the interstellar medium
(ISM) and may produce secondary antiprotons. Di↵erent
channels are involved, with the dominant one being the
CR proton flux collisions with the target hydrogen gas
(pp). The corresponding source term is the convolution of

the antiproton production cross section d�p p!p̄

dEp̄
(Ep, Ep̄)

and the interstellar CR proton energy spectrum

q

pp
p̄ (Ep̄) =

Z
+1

E
th

d�p p!p̄

dEp̄
(Ep, Ep̄)nH(4⇡�p(Ep))dEp,

(1)
where nH is the ISM hydrogen density, �p is the

CR proton flux, Ep and Ep̄ are the CR proton and
antiproton energies, and E

th

the production threshold
energy equal to 7mp. The overall ISM composition is
H:He:C=1:0.1:5⇥ 10�4 cm�3 [15]. Whenever needed for
illustrative purposes, we will fix �p to the fit to the pre-
liminary AMS-02 data [16] reported in [17].
The di↵erential cross section d�pp!p̄/dEp̄ is in turn the
integral over the angle # between the incoming proton
and the final state antiproton momenta

d�pp!p̄

dEp̄
(Ep, Ep̄) = 2⇡pp̄

Z #
max

#
min

Ep̄
d

3

�

dp

3

p̄

d(� cos#), (2)

where pp̄ =
q
E

2

p̄ �m

2

p, #min

= 0� and the expression

for #

max

is given by Eq.(A15) in Appendix A. The in-
tegral in Eq.(2) is computed in the galactic frame at
fixed antiproton energy Ep̄. Its integrand represents the
“Lorentz-invariant distribution function” 1 for the pro-
cess p+ p ! p̄+X, i.e. the inclusive antiproton produc-
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where pL, pT and y are respectively the longitudinal
and transverse momentum and the rapidity of particle c.
Traditionally, the independent variables most frequently
used to parameterise this quantity are

• the centre-of-mass (CM) energy
p
s =p

2mp(Ep +mp), which is uniquely fixed by
the total incident proton energy in the lab frame,
Ep;

1 For simplicity, in the rest of this work we will interchange this
term with “cross section”.

• pT , the antiproton transverse momentum;

• the so-called “radial scaling” variable xR, defined
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which—from the condition E
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� mp—also im-
plies the threshold energy for the incident proton
in the lab frame, Ep � 7mp.

The inclusive antiproton production cross section can-
not be computed from first principles. Our primary goal
in this work is to provide reliable estimates for the mag-
nitude and the uncertainties of the invariant distribution
(3). Our results will be presented mostly in the form
of suitable fitting functions. However, we also want to
test how reasonable the Ansatz of the chosen functional
form(s) is. To that purpose, we will also compare the
fitted functions to an “agnostic” spline interpolation of
the data, which only requires a smooth, piecewise func-
tional dependence. We will mainly focus on antiprotons
with energies ranging from a few GeV and up to O(1)
TeV, with the upper limit of this interval correspond-
ing roughly to the highest energy that can be probed by
AMS-02 and the lower one to the point where astrophysi-
cal uncertainties become so large that they constitute the
dominant limiting factor in CR studies, a point which we
will also briefly comment upon in section IV.

B. Experimental data

In order to estimate the inclusive antiproton produc-
tion cross section, we consider the datasets [13, 14, 18–
23], reported in Table I in terms of the centre-of-mass
energy

p
s and (pT , xR) regions (often not rectangular!)

covered by each experiment. Note that not all experi-
ments provide data in terms of these kinematic variables;
in those cases, the data were first converted in terms of
{s, pT , xR}. We report in Appendix A the straightfor-
ward but somewhat lengthy derivation of the transfor-
mation equations. The data are graphically illustrated
in Fig.1. In the left panel, the cross section is shown
as a function of ELAB

p̄ , for di↵erent combinations of pT
and xR. In the right panel, the same data are seen in
the pT � xR plane. The NA49 data cover wide ranges
in both pT and xR, and describe lab antiproton energies
from about 8 GeV up to 70 GeV.
Compared to the previous works [11, 12], the analyses

of the NA49 [14] and BRAHMS [13] datasets are new to
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I) Antiproton production cross-section uncertainties

11

T (GeV) Eq.(11) (% error) Eq.(12) (% error) Eq.(13) (% error) spline (% error) Tan & Ng Duperray et al

5 1.23 · 10�30(4.9) 1.47 · 10�30(6.1) 1.67 · 10�30(5.4) 1.38 · 10�30(2.7) 1.42 · 10�30 1.40 · 10�30

10 4.31 · 10�31(4.2) 4.87 · 10�31(3.0) 5.17 · 10�31(4.8) 4.34 · 10�31(2.5) 4.96 · 10�31 4.74 · 10�31

100 1.70 · 10�33(5.9) 1.82 · 10�33(8.7) 1.77 · 10�33(6.8) 2.03 · 10�33(3.2) 1.82 · 10�33 2.04 · 10�33

500 2.42 · 10�35(6.2) 2.82 · 10�35(9.5) 3.39 · 10�35(8.8) 3.26 · 10�35(5.2) 2.38 · 10�35 3.27 · 10�35

1000 3.13 · 10�36(6.9) 4.16 · 10�36(11) 6.83 · 10�36(10) 7.02 · 10�36(5.8) 3.29 · 10�36 4.93 · 10�36

TABLE VI. Best-fit values and corresponding percentage relative errors for the pp-induced source term (in GeV�1cm�3s�1),
for some representative antiproton energies and di↵erent approaches in the data analysis.

our plots. A similar prescription was found to be more
indicative of the real uncertainty, once global fits were
performed. In this case, the inadequacy of the nominal
1� error band was already hinted to by the relatively
large reduced �

2, never smaller than �

2

⌫ = 3.30. We
attribute these results to a combination of factors: i) un-
derestimated experimental errors, notably in (some of)
the older datasets, due to e↵ects that were neglected as
the feed-down we mentioned. ii) inadequacy of any sim-
ple functional form tested to describe faithfully the data,
especially on a large dynamic range; iii) some sort of
more or less implicit analytical extrapolation assumption
in order to achieve coverage of the 3-dimensional space
(
p
s, pT , xR) starting from a discrete set of points. Note

that this also applies to interpolation techniques, which
for instance rely on some theoretical assumptions such
as scaling. The situation may be certainly improved if
high-quality measurements such as the ones provided by
NA49 could be extended to a broader dynamic range.

We also stress that outside the regions where data are
available, there is no compelling reason for either one of
our results according to equations (12) and (13) to be
more realistic than the other. Whereas the agreement
of all of our computations at intermediate energies hints
that the error estimates there is fairly reliable, this is
not at all the case at very low and high energies. A
more conservative approach is to assume that in this case
the error is dominated by the extrapolation uncertainty,
for which a proxy is given by the region spanned by the
ensemble of our approaches, amounting to about 50% at
1 TeV.

As a practical summary of our analysis, we report in
Fig. 8 an estimate for the uncertainties inherent to the
production of antiprotons from inelastic pp scatterings.
The results are expressed as the ratio of the antiproton
source term in Eq.(1) to a reference value. For the blue
and the red bands, this reference value has been fixed to
the source term obtained by setting the pp production
cross section to the best fit to all the data obtained with
Eq. (13) (parameters as in Table V). Outside the vertical
bands—delimiting the energy range in which data are
available—we extrapolate the production cross section
by means of the same formula.

The blue band corresponds to considering parametriza-

FIG. 8. Estimate of the uncertainties in the antiproton source
term from inelastic pp scattering. The blue band indicates the
3� uncertainty band due to the global fit with Eq.(13), while
the red band corresponds to the convolution of the uncertain-
ties brought by fits to the data with Eq.(13), Eq.(12) and
with the spline interpolation (see Fig.6.). The orange band
takes into account the contribution from decays of antineu-
trons produced in the same reactions. Vertical bands as in
Fig.6. See text for details.

tion (13) alone. By simple inspection we can clearly see
that the relevant uncertainty is maximally of the order of
10%. The red band is obtained by convoluting the uncer-
tainty bands resulting from fits through Eqs.(13) and (12)
and (within the vertical bands) the spline interpolation.
This more conservative approach sizes the uncertainties
from 20% at the lowest energies to the extrapolated 50%
at 1 TeV.

The most conservative estimate is shown by the or-
ange band, where the additional uncertainty on the an-
tineutron production has been taken into account. In
this case, the normalization has been fixed to a source
term in which the antineutrons produced in pp scatter-
ings contribute with an energy-independent rescaling fac-
tor  = 1.3 (w.r.t. 1). The relevant uncertainty band has
been derived by shifting the (red) previous convolution
by an additional factor to account for the antineutron
decay,  ' 1.3 ± 0.2, as discussed in Sect. IV. The or-
ange band indicates that the antiproton source term may

Di Mauro et al. PRD 2014

Also one has to include the production of 
antiprotons from collisions with heavier 
nuclei (mainly He), which can contribute 
~40%  more antiprotons than the p-p  
collisions alone. Also contribution from 
antineutrons  produced first at p-p.

There are significant uncertainties on the antiproton production cross-section 
directly from p-p collisions. Most parametrizations have only used data from 
the 70s. 

Di Mauro et al. PRD 2014

See also results from Kappl & Winkler JCAP 2014
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FIG. 6. Comparison between fitted function of Eq.(13)
with 3� band (solid curve with cyan/blue shaded band),
of Eq.(12) with 3� band (dot-dashed curve with green/light
green shaded band) and interpolated curve (dashed red), with
the interpolation envelope band, red/orange shading. The
dashed vertical lines correspond to the equivalent antiproton
energy sampled by the global dataset, where an interpolation
is in principle meaningful.

FIG. 7. The best fit and 3� uncertainty band source term
derived with the fit of Eq.(12) and Eq.(13) to all datasets in
Tab. I is shown together with the source term obtained using
[11, 12] cross section parametrizations.

majority of the data lie in the T 2 (10, 300) GeV range,
where the most reliable estimates of the distribution in
Eq.(3) can be obtained and which, even prior to the
NA49 and BRAHMS measurements, were already dis-
creetly populated with data. In this sense, given that
the NA49 data are not in contradiction with previous ex-
perimental results, it is expected (and verified) that the
estimates presented in Tan & Ng [12] and Duperray et

al [11] are in good agreement with our findings for this
energy range. Moreover, as long as a reasonable func-
tional form is adopted for the invariant distribution, it is
more or less bound to predict a comparable source term
within this energy range. The small discrepancies of our
spline interpolation and fitting approaches could be likely

attributed to the fact that the interpolation essentially
neglects the scaling violation, while the fits do allow for
some flexibility (extra dependence on s) to accommodate
it.
On the other hand, at low and high energies, the rela-

tively small amount of available data essentially implies
extrapolations of the fits performed principally for T be-
tween 8 and 300 GeV. Consequently, moderately di↵erent
assumptions can yield significantly di↵erent results. This
is demonstrated by the fact that adopting two slightly
di↵erent parameterizations while using the same dataset
changes the high-energy source term prediction quite dra-
matically. Moreover, these findings are insensitive to the
inclusion or not of the BRAHMS data in the analysis,
which means that the results in [13] are not su�cient
to constrain the high-energy behavior of the invariant
distribution and, hence, the antiproton source function.
This is due to the fact that the data of [13], only cover
the exponentially suppressed high-pT region (similarly to
the ones of [23]), see Fig. 1. In this sense, both the low-
energy and high-energy behavior of the invariant distri-
bution remain highly uncertain. Given that both the
spline method and the fit with Eq.(13) demonstrate a
similar trend at high energies, we believe that making
any conclusive statement concerning the high-energy be-
haviour of the antiproton inclusive cross section would be
risky. This is all the more the case since spline interpo-
lations can be notoriously misleading when extrapolated
outside data-covered regions.
Whereas in the low-energy regime this point is not very

important, given that in any case the secondary antipro-
ton flux is dominated by huge uncertainties coming from
astrophysical sources (solar modulation, propagation pa-
rameters, antiproton scattering cross sections), it is plau-
sible that in the region of several hundreds of GeV and
higher the main uncertainty is still due to the antiproton
production cross section.
We summarise in Table VI the pp-induced source term

along with the associated percentage uncertainties re-
sulting from our analysis of the NA49 data according
to Eq.(11), our global analysis according to Eqs.(12) and
(13), our spline interpolation method of the full dataset,
and the previous estimates in [12] and [11], for a few
representative values of the antiproton energy. This ta-
ble simply illustrates the results reported in Figs. 6 and
7: with increasing energy, the di↵erent approaches turn
from marginally compatible (at the lowest energies, few
GeV) to fully compatible until, towards the end of the
region for which experimental data are available, they
yield very di↵erent results.
Concerning the error estimates, we also point out that

the nominal 1� error band obtained from the �

2 min-
imization procedure is underestimated, for several rea-
sons. In some case where �

2/dof is close to 1, as in the
fit to NA49 data only with a simple fitting formula, we
showed how the agreement with an interpolation method
is only meaningful if roughly a 3� band is used as typical
estimate of the error. This is the choice we presented in
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 II) Accounting for ISM galactic propagation uncertainties for Cosmic Rays
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FIG. 6: Top: The CR boron-to-carbon ratio predicted for the various Galactic cosmic-ray models given in Table I. Bottom:
A comparison between the cosmic-ray proton spectrum for the same set of models and the PAMELA data. In each frame, we
have applied the model of solar modulation presented in this paper. For protons and for model C (� = 0.40) with solid green
line we show the unmodulated ISM flux for comparison.

B/C from PAMELA and AMS-02; Sets the time scale for CRs to
diffuse away from the galactic disk. Also sets constraints on the 
combination of convection and re-acceleration.
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Figure 6. Same as Figure 5, but for the A < 0 polarity cycle.

Figure 7. Three-dimensional spatial representation of the particle trajectories shown in Figure 1. Two representative particle trajectories (black and gray lines) are
shown for the A > 0 (left panel) and A < 0 (right panel) HMF polarity cycles. In the A < 0 cycle, the pseudo-particles (galactic electrons) are transported mainly
toward higher latitudes, while in the A > 0 cycle, the particles remain confined to low latitudes and drift outward mainly along the HCS. This illustration is consistent
with the results of galactic electrons shown in the previous figure.
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Figure 25: Proton spectra, averaged over one Carrington rotation, as observed by the PAMELA
space instrument from July 2006 to the beginning of 2010 (see the colour coding on the left). The
spectrum at the end of December 2009 was the highest recorded. See Adriani et al. (2013) and
also Potgieter et al. (2013).
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Figure 26: Computed ratios of di↵erential intensities for selected periods in 2007, 2008, 2009
with respect to Nov. 2006 as a function of kinetic energy in comparison with PAMELA proton
observations (Potgieter et al., 2013).
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CR proton flux 4-week  
intervals

PAMELA, Adriani et al. 2013

There is Time Dependence 
AND Energy Dependence



Assuming we know the 
ISM proton spectrum

Constraining the qA>0 era:

Constraining the qA<0 era:

Let the CR archival Data  
tell us how the CR fluxes 
have been modulated: 

IC, Hooper, Linden, PRD 2016



Combining all uncertainties together and 
marginalizing over them:

IC, Hooper, Linden PRD 2017 



Combining all uncertainties together and 
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(Many CR data from different 
times (decades) & ACE & Solar 
Observations & Simulations)

CR data, PAMELA, AMS, Voyager I

Collider data 

Combined



Combining all uncertainties together and 
marginalizing over them:

IC, Hooper, Linden PRD 2017 

DM?
SNR physics



Can we fit away the excesses? Answer: NO (we find ~4 sigma)
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The excess is there for varying ISM conditions
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Are the two antiproton excess are connected? No.
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We find that there are two antiproton excesses at ~4-6 sigma 
(each) of local significance.

One is a “bump” at ~5-20 GeV in the anti-proton energies and 
the other is above ~80 GeV and is a hardening of the CR 
spectrum.

From this point on I will focus on the lower energy one. 
I will work under the hypothesis that it is due to a DM 
particle of mass 70-80 GeV annihilating to b-bbar quarks with 
a cross-section of ~1x10^{-26} cm^3/s. 
What else should we search for?

After working on antiprotons 



How about heavier nuclei?

AMS, has observed events of anti-He CR 
events (not all at the same year).

Collision

p (cosmic ray proton)

target proton (in the ISM)

p
p

p
p

p̄
n̄ MERGE (coalesce)

d̄
cosmic ray anti-deuteron



How about heavier nuclei?
AMS, has been detecting anti-He CR events (not all at the 
same year). Six anti-He3 and two anti-He4 nuclei. 



How about heavier nuclei?
AMS, has been detecting anti-He CR events (not all at the 
same year).

What are the expectations?

2

gamma-ray and from cosmic-ray observations. We show
in particular that these require the anti-clouds to be al-
most free of normal matter. Moreover, we show how the
isotopic ratio of anti-helium nuclei might suggest that
BBN has happened inhomogeneously, resulting in antire-
gions with a photon-to-antibaryon ratio ⌘̄ ' 10�3 ⌘. We
also discuss an alternative scenario in which anti-domains
are dominated by anti-stars. We suggest that part of the
unindentified sources in the 3FGL catalog can be anti-
clouds or anti-stars. Future AMS-02 and GAPS data
could further probe this scenario.

The paper is structured as follows. Section II is de-
voted to a thorough re-evaluation of the secondary as-
trophysical component from spallation within the coales-
cence scheme. A discussion on the possible limitation of
our estimate and on the DM scenario is also provided. In
section III, we discuss the possibility of anti-domains in
our galaxy being responsible for AMS-02 events. Prop-
erties of anti-clouds and their constraints are presented
in sec III A, while the alternative anti-stars scenario is
developped in section III B. Finally, we draw our conclu-
sions in sec. IV.

II. UPDATED CALCULATION OF d̄, 3He AND
4He FROM SPALLATION ONTO THE ISM

As any secondaries, the prediction of the 3He flux
at Earth is the result of two main processes a↵ected
by potentially large uncertainties: i) the production due
to spallation of primary CR onto the ISM and ii) the
propagation of cosmic rays in the magnetic field of our
galaxy, eventually modulated by the impact of the Sun.
In this section, we briefly recall how to calculate the sec-
ondary flux of 3He from spallation onto the ISM in a
semi-analytical way.

A. Source term for anti-nuclei in the coalescence
scenario

The spallation production cross-section of an anti-
nucleus A from the collision of a primary CR species i
onto an ISM species j can be computed within the coa-

lescence scenario as follows:
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where �ij is the total inelastic cross section for the ij
collision, and the constituent momenta are taken at kp =
kn = kA/A. BA is the coalescence factor, whose role is
to capture the probability for A nucleons produced in a
collision to merge into a composite nucleus. It is often
written as
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where pcoal is the diameter of a sphere in phase-space
within which anti-nucleons have to lie in order to form
an anti-nucleus. The coalescence factor BA is a key quan-
tity which can be estimated from pp-collision data, as it
has been done recently by the ALICE collaboration [38]
for anti-deuterons and anti-heliums. We use the values
measured at low transverse momentum as is adequate for
CR spallation, namely B2 ' (15 ± 5) ⇥ 10�2 GeV2 and
B3 ' (2 ± 1) ⇥ 10�4 GeV4. We extrapolate these val-
ues to pA and AA collisions. There are no measurement
of B4 yet available. Hence, we make use of eq. 2 in or-
der to extract the coalescence momentum (common to
each species in the coalescence model) from the B3 mea-
surement. This gives a coalesence momentum that varies
between 0.218 GeV and 0.262 GeV. Using the measure-
ment of B2, the coalescence momentum varies between
0.208 GeV and 0.262 GeV, which is in excellent agree-
ment with the value extracted from B3. We then apply
eq. 2 to the case of anti-helium-4 and find that B4 varies
between 7.7 ⇥ 10�7 GeV6 and 3.9 ⇥ 10�6 GeV6.

In the context of antiproton production, it has been
found that [39]
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where �np ' 1.3 is introduced to model the isospin sym-
metry breaking. However, the ALICE experiment has
extracted B2 and B3 assuming a perfect isospin symme-
try between the antineutron and antiproton production.
Hence, it would be wrong to make use of the factor 1.3 in
this context and we set �np = 1. Additionnally, we fol-
low ref. [27] and compute the anti-deuterium production
cross-section by evaluating the production cross-sections
of the two anti-nucleons at respectively

p
s and

p
s�2E⇤

p
where E⇤

p denotes the anti-nucleon energy in the center
of mass frame of the collision. Similarly, for the anti-
helium-3 and -4 we evaluate cross-sections decreasing the
available center of mass energy

p
s by 2E⇤

p for each subse-
quent produced anti-nucleon. This ansatz has the merit
of imposing energy conservation, although others are pos-
sible (see the discussion in Ref. [27]). We checked that
adpoting the other prescription

p
s � mp � Ep suggested

in Ref. [27] does not a↵ect our conclusions. Another pos-
sibility to extend the coalescence analysis down to near-
threshold collision energies is to introduce an interpolat-
ing factor R in the RHS of eq. (1) as suggested, e.g.,
in [40]. The secondary source term can then be readily
computed as:
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We assume the target density of hydrogen and helium
in the ISM nj to be 0.9 g/cm3 and 0.1 g/cm3 respec-

Coalescence assumptions for Heavy nuclei:

AMS, has been detecting anti-He CR events (not all at the 
same year). Six anti-He3 and two anti-He4 nuclei. 
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kn = kA/A. BA is the coalescence factor, whose role is
to capture the probability for A nucleons produced in a
collision to merge into a composite nucleus. It is often
written as
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where pcoal is the diameter of a sphere in phase-space
within which anti-nucleons have to lie in order to form
an anti-nucleus. The coalescence factor BA is a key quan-
tity which can be estimated from pp-collision data, as it
has been done recently by the ALICE collaboration [38]
for anti-deuterons and anti-heliums. We use the values
measured at low transverse momentum as is adequate for
CR spallation, namely B2 ' (15 ± 5) ⇥ 10�2 GeV2 and
B3 ' (2 ± 1) ⇥ 10�4 GeV4. We extrapolate these val-
ues to pA and AA collisions. There are no measurement
of B4 yet available. Hence, we make use of eq. 2 in or-
der to extract the coalescence momentum (common to
each species in the coalescence model) from the B3 mea-
surement. This gives a coalesence momentum that varies
between 0.218 GeV and 0.262 GeV. Using the measure-
ment of B2, the coalescence momentum varies between
0.208 GeV and 0.262 GeV, which is in excellent agree-
ment with the value extracted from B3. We then apply
eq. 2 to the case of anti-helium-4 and find that B4 varies
between 7.7 ⇥ 10�7 GeV6 and 3.9 ⇥ 10�6 GeV6.

In the context of antiproton production, it has been
found that [39]
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where �np ' 1.3 is introduced to model the isospin sym-
metry breaking. However, the ALICE experiment has
extracted B2 and B3 assuming a perfect isospin symme-
try between the antineutron and antiproton production.
Hence, it would be wrong to make use of the factor 1.3 in
this context and we set �np = 1. Additionnally, we fol-
low ref. [27] and compute the anti-deuterium production
cross-section by evaluating the production cross-sections
of the two anti-nucleons at respectively

p
s and

p
s�2E⇤

p
where E⇤

p denotes the anti-nucleon energy in the center
of mass frame of the collision. Similarly, for the anti-
helium-3 and -4 we evaluate cross-sections decreasing the
available center of mass energy

p
s by 2E⇤

p for each subse-
quent produced anti-nucleon. This ansatz has the merit
of imposing energy conservation, although others are pos-
sible (see the discussion in Ref. [27]). We checked that
adpoting the other prescription

p
s � mp � Ep suggested

in Ref. [27] does not a↵ect our conclusions. Another pos-
sibility to extend the coalescence analysis down to near-
threshold collision energies is to introduce an interpolat-
ing factor R in the RHS of eq. (1) as suggested, e.g.,
in [40]. The secondary source term can then be readily
computed as:
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We assume the target density of hydrogen and helium
in the ISM nj to be 0.9 g/cm3 and 0.1 g/cm3 respec-
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AMS, has been detecting anti-He CR events (not all at the 
same year). Six anti-He3 and two anti-He4 nuclei. 
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same year).

What are the expectations?
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gamma-ray and from cosmic-ray observations. We show
in particular that these require the anti-clouds to be al-
most free of normal matter. Moreover, we show how the
isotopic ratio of anti-helium nuclei might suggest that
BBN has happened inhomogeneously, resulting in antire-
gions with a photon-to-antibaryon ratio ⌘̄ ' 10�3 ⌘. We
also discuss an alternative scenario in which anti-domains
are dominated by anti-stars. We suggest that part of the
unindentified sources in the 3FGL catalog can be anti-
clouds or anti-stars. Future AMS-02 and GAPS data
could further probe this scenario.

The paper is structured as follows. Section II is de-
voted to a thorough re-evaluation of the secondary as-
trophysical component from spallation within the coales-
cence scheme. A discussion on the possible limitation of
our estimate and on the DM scenario is also provided. In
section III, we discuss the possibility of anti-domains in
our galaxy being responsible for AMS-02 events. Prop-
erties of anti-clouds and their constraints are presented
in sec III A, while the alternative anti-stars scenario is
developped in section III B. Finally, we draw our conclu-
sions in sec. IV.

II. UPDATED CALCULATION OF d̄, 3He AND
4He FROM SPALLATION ONTO THE ISM

As any secondaries, the prediction of the 3He flux
at Earth is the result of two main processes a↵ected
by potentially large uncertainties: i) the production due
to spallation of primary CR onto the ISM and ii) the
propagation of cosmic rays in the magnetic field of our
galaxy, eventually modulated by the impact of the Sun.
In this section, we briefly recall how to calculate the sec-
ondary flux of 3He from spallation onto the ISM in a
semi-analytical way.

A. Source term for anti-nuclei in the coalescence
scenario

The spallation production cross-section of an anti-
nucleus A from the collision of a primary CR species i
onto an ISM species j can be computed within the coa-

lescence scenario as follows:
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where �ij is the total inelastic cross section for the ij
collision, and the constituent momenta are taken at kp =
kn = kA/A. BA is the coalescence factor, whose role is
to capture the probability for A nucleons produced in a
collision to merge into a composite nucleus. It is often
written as
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where pcoal is the diameter of a sphere in phase-space
within which anti-nucleons have to lie in order to form
an anti-nucleus. The coalescence factor BA is a key quan-
tity which can be estimated from pp-collision data, as it
has been done recently by the ALICE collaboration [38]
for anti-deuterons and anti-heliums. We use the values
measured at low transverse momentum as is adequate for
CR spallation, namely B2 ' (15 ± 5) ⇥ 10�2 GeV2 and
B3 ' (2 ± 1) ⇥ 10�4 GeV4. We extrapolate these val-
ues to pA and AA collisions. There are no measurement
of B4 yet available. Hence, we make use of eq. 2 in or-
der to extract the coalescence momentum (common to
each species in the coalescence model) from the B3 mea-
surement. This gives a coalesence momentum that varies
between 0.218 GeV and 0.262 GeV. Using the measure-
ment of B2, the coalescence momentum varies between
0.208 GeV and 0.262 GeV, which is in excellent agree-
ment with the value extracted from B3. We then apply
eq. 2 to the case of anti-helium-4 and find that B4 varies
between 7.7 ⇥ 10�7 GeV6 and 3.9 ⇥ 10�6 GeV6.

In the context of antiproton production, it has been
found that [39]
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where �np ' 1.3 is introduced to model the isospin sym-
metry breaking. However, the ALICE experiment has
extracted B2 and B3 assuming a perfect isospin symme-
try between the antineutron and antiproton production.
Hence, it would be wrong to make use of the factor 1.3 in
this context and we set �np = 1. Additionnally, we fol-
low ref. [27] and compute the anti-deuterium production
cross-section by evaluating the production cross-sections
of the two anti-nucleons at respectively

p
s and

p
s�2E⇤

p
where E⇤

p denotes the anti-nucleon energy in the center
of mass frame of the collision. Similarly, for the anti-
helium-3 and -4 we evaluate cross-sections decreasing the
available center of mass energy

p
s by 2E⇤

p for each subse-
quent produced anti-nucleon. This ansatz has the merit
of imposing energy conservation, although others are pos-
sible (see the discussion in Ref. [27]). We checked that
adpoting the other prescription

p
s � mp � Ep suggested

in Ref. [27] does not a↵ect our conclusions. Another pos-
sibility to extend the coalescence analysis down to near-
threshold collision energies is to introduce an interpolat-
ing factor R in the RHS of eq. (1) as suggested, e.g.,
in [40]. The secondary source term can then be readily
computed as:
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We assume the target density of hydrogen and helium
in the ISM nj to be 0.9 g/cm3 and 0.1 g/cm3 respec-
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gamma-ray and from cosmic-ray observations. We show
in particular that these require the anti-clouds to be al-
most free of normal matter. Moreover, we show how the
isotopic ratio of anti-helium nuclei might suggest that
BBN has happened inhomogeneously, resulting in antire-
gions with a photon-to-antibaryon ratio ⌘̄ ' 10�3 ⌘. We
also discuss an alternative scenario in which anti-domains
are dominated by anti-stars. We suggest that part of the
unindentified sources in the 3FGL catalog can be anti-
clouds or anti-stars. Future AMS-02 and GAPS data
could further probe this scenario.

The paper is structured as follows. Section II is de-
voted to a thorough re-evaluation of the secondary as-
trophysical component from spallation within the coales-
cence scheme. A discussion on the possible limitation of
our estimate and on the DM scenario is also provided. In
section III, we discuss the possibility of anti-domains in
our galaxy being responsible for AMS-02 events. Prop-
erties of anti-clouds and their constraints are presented
in sec III A, while the alternative anti-stars scenario is
developped in section III B. Finally, we draw our conclu-
sions in sec. IV.

II. UPDATED CALCULATION OF d̄, 3He AND
4He FROM SPALLATION ONTO THE ISM

As any secondaries, the prediction of the 3He flux
at Earth is the result of two main processes a↵ected
by potentially large uncertainties: i) the production due
to spallation of primary CR onto the ISM and ii) the
propagation of cosmic rays in the magnetic field of our
galaxy, eventually modulated by the impact of the Sun.
In this section, we briefly recall how to calculate the sec-
ondary flux of 3He from spallation onto the ISM in a
semi-analytical way.

A. Source term for anti-nuclei in the coalescence
scenario

The spallation production cross-section of an anti-
nucleus A from the collision of a primary CR species i
onto an ISM species j can be computed within the coa-

lescence scenario as follows:
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where �ij is the total inelastic cross section for the ij
collision, and the constituent momenta are taken at kp =
kn = kA/A. BA is the coalescence factor, whose role is
to capture the probability for A nucleons produced in a
collision to merge into a composite nucleus. It is often
written as

BA =
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where pcoal is the diameter of a sphere in phase-space
within which anti-nucleons have to lie in order to form
an anti-nucleus. The coalescence factor BA is a key quan-
tity which can be estimated from pp-collision data, as it
has been done recently by the ALICE collaboration [38]
for anti-deuterons and anti-heliums. We use the values
measured at low transverse momentum as is adequate for
CR spallation, namely B2 ' (15 ± 5) ⇥ 10�2 GeV2 and
B3 ' (2 ± 1) ⇥ 10�4 GeV4. We extrapolate these val-
ues to pA and AA collisions. There are no measurement
of B4 yet available. Hence, we make use of eq. 2 in or-
der to extract the coalescence momentum (common to
each species in the coalescence model) from the B3 mea-
surement. This gives a coalesence momentum that varies
between 0.218 GeV and 0.262 GeV. Using the measure-
ment of B2, the coalescence momentum varies between
0.208 GeV and 0.262 GeV, which is in excellent agree-
ment with the value extracted from B3. We then apply
eq. 2 to the case of anti-helium-4 and find that B4 varies
between 7.7 ⇥ 10�7 GeV6 and 3.9 ⇥ 10�6 GeV6.

In the context of antiproton production, it has been
found that [39]
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where �np ' 1.3 is introduced to model the isospin sym-
metry breaking. However, the ALICE experiment has
extracted B2 and B3 assuming a perfect isospin symme-
try between the antineutron and antiproton production.
Hence, it would be wrong to make use of the factor 1.3 in
this context and we set �np = 1. Additionnally, we fol-
low ref. [27] and compute the anti-deuterium production
cross-section by evaluating the production cross-sections
of the two anti-nucleons at respectively

p
s and

p
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where E⇤

p denotes the anti-nucleon energy in the center
of mass frame of the collision. Similarly, for the anti-
helium-3 and -4 we evaluate cross-sections decreasing the
available center of mass energy

p
s by 2E⇤

p for each subse-
quent produced anti-nucleon. This ansatz has the merit
of imposing energy conservation, although others are pos-
sible (see the discussion in Ref. [27]). We checked that
adpoting the other prescription

p
s � mp � Ep suggested

in Ref. [27] does not a↵ect our conclusions. Another pos-
sibility to extend the coalescence analysis down to near-
threshold collision energies is to introduce an interpolat-
ing factor R in the RHS of eq. (1) as suggested, e.g.,
in [40]. The secondary source term can then be readily
computed as:
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We assume the target density of hydrogen and helium
in the ISM nj to be 0.9 g/cm3 and 0.1 g/cm3 respec-
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Model � zL(kpc) D0 ⇥ 1028 (cm2/s) vA (km/s) dvc/d|z| (km/s/kpc) ↵1 ↵2 Rbr (GV)
C 0.40 5.6 4.85 24.0 1.0 1.88 2.38 11.7
E 0.50 6.0 3.10 23.0 9.0 1.88 2.45 11.7
F 0.40 3.0 2.67 22.0 3.0 1.87 2.41 11.7

TABLE I. The three ISM models, describing the injection and propagation assumptions for CRs, taken from [30, 47]. The
parameters are described in Eqs. 1-4 of the main text.

atomic numbers of the nuclei/anti-nuclei 1. Yet there are
observational data that suggest a less strong scaling of
coalescence radii. To account for the cross-section un-
certainties, we are going to consider the same ranges as
those used recently in [67]. For the DM anti-nuclei we
are going to use p

0

= 160 ± 19 MeV coming from mea-
surements of [79] where a non-hadronic initial state was
studied. Instead for the CR secondary anti-nuclei we are
going to use the range of p

0

: 208-262 MeV for the d̄s and
218-261 MeV for the 3He relying on measurements of p-
p collisions [56]. With regards to 4He secondary nuclei
there are no measurements to rely on so we are going to
take for simplicity the same range for p

0

as we do with
3He.

Following [67] we calculate the differential cross-
sections for d̄, 3He and 4He which in the Lorentz invariant
form are,
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�p-p is the total p-p cross-section.
This leads to differential spectra of:
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We take dN
p̄

/dE
p̄

= dN
n̄

/dE
n̄

. A larger value of coales-
cence momentum radius opens up a larger phase space
leading to larger fluxes of the relevant anti-nuclei. We
focus on the DM mass-range of 50 to 100 GeV based on
the preference from the p̄/p ratio data (see discussion
in section III). We evaluate secondary d̄ and secondary
3He and 4He using the ISM protons and He gas densities
and considering all the inelastic collisions with CR nuclei
from proton up to silicon.

1 There is also Coulombian repulsion suppression for 3He. In [78]
that suppression was taken to be 100% leaving only the t̄ channel
open. For these reasons the uncertainties of 3He production rates
at the ISM remain very large and we try to be as conservative
as possible in assessing them.

D. Solar Modulation Uncertainties

For the modulation of the CR spectra as they propa-
gate through the Heliosphere we use the standard mod-
ulation potential formula [80]:
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Ekin is measured at Earth, Ze is the charge, dN�/dEkin
the measured flux and dN ISM/dEISM

kin

the ISM flux. Re-
lying of Ref. [47] we use for the modulation potential �:
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The heliospheric magnetic field B
tot

(t) is measured by
ACE with its data publicly available [81]; while the cur-
rent sheet’s title angle ↵(t) comes from models available
through the Wilcox Solar Observatory [82]. The polar-
ity of the magnetic field A(t) changes roughly every 11
years. For R we use the ISM CR value while R

0

is fixed
at 0.5 GV. To model the Solar modulation uncertainties
we allow for 0.32  �

0

 0.38 GV and 0  �
1

 16
GV. On the lhs of eq. 11, N 0(q) together with averaged
values B

tot

(t) and ↵(t) is given in Table II of Ref. [30]
for different six-month intervals. We perform the Solar
modulation correction over these six-month intervals and
calculate averaged spectra before comparing to the data
(see [30, 47] for further details).

E. Combining the Uncertainties

We study first the p̄/p AMS-02 data [6] searching for
any additional component beyond the secondary/tetriary
terms. We combine the astrophysical and particle physics
uncertainties described in subsections IIA -IID. Fixing
the ISM model (Table I) we evaluate (using Galprop)
the predictions on anti-nuclei and CR protons. For p̄ the
cross-section normalization uncertainties of Equation 5
and the separate modulation of the p̄ and p CR spec-
tra are done outside the Galprop on a fine six or seven-
dimensional grid (�

0

, �
1

, Ngas, a, b, c and d). Ngas is

Differential Spectra at Production from p-p collisions:

We use for the coalescence momentum: 
p0 = 160± 19 MeV
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Figure 1: Predicted antideuteron flux as a function of kinetic energy per nucleon for a 30 GeV
neutralino, a 40 GeV extra-dimensional Kaluza-Klein neutrino, and a 50 GeV gravitino [45,
46, 50, 49]. The antideuteron limits from BESS are shown [51], along with the projected
sensitivities of AMS-02 for the superconducting-magnet configuration [52] after 5 years of
operation and GAPS after three 35-day flights [53, 54]. The MED Galactic propagation
scenario is assumed (Sec. 4.1). These predictions use a coalescence momentum that is set
to 195MeV (Sec. 3) and the Einasto dark matter density profile (Sec. 4.1.4). For the solar
modulation parameters see Sec. 4.2.

techniques and backgrounds will be necessary to build confidence in any detec-
tion. Cosmic antideuterons have not yet been detected, with the current best
flux upper limits provided by the BESS experiment [51]. More sensitive limits
will be provided by the AMS-02 experiment [63, 64, 65, 66], which is currently
taking data onboard of the International Space Station. The General Antiparti-
cle Spectrometer (GAPS) experiment [67, 68, 69, 70, 71], which is proposed for
several Antarctic balloon campaigns, will provide essential complementary sen-
sitivity to both antideuterons and antiprotons in an unprecedented low-energy
range. Sec. 5 presents the experimental sensitivities and status of the BESS,
AMS-02, and GAPS antideuteron searches.

A number of reviews on the status of dark matter searches have been pub-
lished in recent years, with discussions related to antideuteron searches appear-
ing in, e.g., the following [72, 73, 74, 75].

2. Prospects for dark matter detection with antideuterons

Many dark matter models are capable of producing an antideuteron flux that
is within the reach of currently operating or planned experiments. Sec. 2.1 dis-
cusses antideuterons resulting from dark matter self-annihilations, while Sec. 2.2

6
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Figure 4: Predicted antihelium flux from various dark matter models. The red regions show
the flux from of a 40GeV dark matter particle annihilating into bb̄ [111] with h�vi = 3 ·
10�26 cm3 s�1. The solid red band corresponds to coalescence momentum p0 = 195MeV
and the hatched red band to p0 = 300MeV (Sec. 3). Only those configurations that are
compatible with PAMELA antiproton constraints are considered. The predicted antihelium
flux of a 100GeV dark matter particle annihilating into W

+
W

� with h�vi = 3·10�26 cm3 s�1

is shown in blue [112]. For both cases, the band width reflects variations due to di↵erent
propagation model parameters. The astrophysical background is represented by the green
solid line. The projected sensitivity of AMS-02 after 5 years of operation is shown by the light
green region. The gray regions correspond to the bounds imposed by previous BESS [114],
PAMELA [115], and AMS-01 [116] measurements (the helium flux from PAMELA was used
to translate from the He/He results given in these references). The dark matter density profile
is Einasto.

Fig. 4 shows the predicted fluxes for a 40GeV dark matter particle anni-
hilating into bb̄ and a 100GeV dark matter particle annihilating into W+W�.
The thermal-relic annihilation cross section is used for both predictions. The
width of the shaded bands is defined by the variation in flux predicted using
a range of Galactic propagation model parameters that produce an antipro-
ton flux compatible with PAMELA measurements. As discussed in Sec. 3.3,
there is a large uncertainty due to the choice of the coalescence momentum,
p0. This is illustrated by the two red bands corresponding to p0 = 195MeV
and p0 = 300MeV for the bb̄ annihilation channel. The classical coalescence
model [6, 7] predicts a flux dependence proportional to p60 for antihelium, as
opposed to p30 for antideuterons. Thus constraining the value of the coalescence
momentum is critical to constraining antihelium flux predictions. The sensitiv-
ity of AMS-02 with 5 years of integration time [113] is indicated by the light
green region. These antihelium signatures are outside the current sensitivity of
both AMS-02 and GAPS, but motivate future, more sensitive experiments.
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Anti-deuterons Uncertainties

IC, Tim Linden, Dan Hooper (in prep)
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Anti-matter flux Uncertainties
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How do these results combine with other searches?

Dark Matter Annihilating at early stages can heat and 
ionize the photon baryon plasma after recombination. 
That can leave a detectable signal at the CMB 
temperature and polarization maps. Planck Coll. Limits
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CMB Limits

Dwarf Limits
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How do these results combine with other searches?

DM substructure, dwarf satellite galaxies 
around Milky Way.  Annihilation to Gamma-

rays (Fermi-LAT limits)



How do these results combine with other searches?
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Figure 14. Spectrum of the GCE emission for model F (black dots) together with statistical and
systematical (yellow boxes, cf. figure 12) errors. We also show the envelope of the GCE spectrum for
all 60 GDE models (blue dashed line, cf. figure 7).
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Figure 15. Geometry of the ten GCE
segments used in our morphology anal-
ysis, see table 3.

#ROI Definition ⌦ROI [sr]

I, II
p
`2 + b2 < 5� 6.0⇥ 10�3

III, IV 5� <
p
`2 + b2 < 10�, ±b > |`| 1.78⇥ 10�2

V, VI 10� <
p
`2 + b2 < 15�, ±b > |`| 2.93⇥ 10�2

VII, VIII 5� <
p
`2 + b2 < 15�, ±` > |b| 3.54⇥ 10�2

IX 15� <
p
`2 + b2 < 20� 1.51⇥ 10�1

X 20� <
p
`2 + b2 1.01⇥ 10�1

Table 3. Definition of the ten GCE segments that are
shown in figure 15, as function of Galactic latitude b and
longitude `, together with their angular size ⌦ROI.

and, more importantly, b) how far from the disk the GCE extends. To this end, we split
the GCE template in ten segments and repeat the analysis of the previous two subsections.
Furthermore, we allow additional freedom in the ICS templates, as we explain below. We
present additional morphological studies of the GCE, which mostly reconfirm findings from
previous works, in appendix B.

We divide the GCE template within our main ROI, see eq. (2.1), into ten GCE segments
as shown in figure 15 and defined in table 3. Each of the ten segments is zero outside of its
boundaries, and equals the standard GCE template (generalized NFW with � = 1.2) inside
its boundaries. The normalization of each of the ten templates is allowed to float freely in
the fit. The definition of the segments aims at studying the symmetries of the GCE around

– 30 –

Calore, IC, Weniger, JCAP 2014

Looking for excesses in the inner galaxy
Using Templates: 10

FIG. 9: The raw gamma-ray maps (left) and the residual maps after subtracting the best-fit Galactic di↵use model, 20 cm
template, point sources, and isotropic template (right), in units of photons/cm2/s/sr. The right frames clearly contain a
significant central and spatially extended excess, peaking at ⇠1-3 GeV. Results are shown in galactic coordinates, and all maps
have been smoothed by a 0.25� Gaussian.

of the Galactic Plane, while values greater than one are
preferentially extended perpendicular to the plane. In
each case, the profile slope averaged over all orientations
is taken to be � = 1.3 (left) and 1.2 (right). From this
figure, it is clear that the gamma-ray excess prefers to
be fit by an approximately spherically symmetric distri-
bution, and disfavors any axis ratio which departs from
unity by more than approximately 20%.

In Fig. 11, we generalize this approach within our
Galactic Center analysis to test morphologies that are

not only elongated along or perpendicular to the Galac-
tic Plane, but along any arbitrary orientation. Again,
we find that that the quality of the fit worsens if the the
template is significantly elongated either along or per-
pendicular to the direction of the Galactic Plane. A mild
statistical preference is found, however, for a morphology
with an axis ratio of ⇠1.3-1.4 elongated along an axis ro-
tated ⇠35� counterclockwise from the Galactic Plane in
galactic coordinates (a similar preference was also found
in our Inner Galaxy analysis). While this may be a statis-

Daylan, Finkbeiner, Hooper, Linden, Portilo, 
Rodd, Slatyer, PoDU 2015 

• A clear excess emission in 
the galactic center emerges

• Excess emission cuts-off at 
~10 GeV (is in some dis-
agreement with later 
findings)   

Claim:

6

FIG. 5: Left frame: The value of the formal statistical �2� lnL (referred to as ��2) extracted from the likelihood fit, as
a function of the inner slope of the dark matter halo profile, �. Results are shown using gamma-ray data from the full sky
(solid line) and only the southern sky (dashed line). Unlike in the analysis of Ref. [8], we do not find any large north-south
asymmetry in the preferred value of �. Right frame: The spectrum of the dark matter component, for a template corresponding
to a generalized NFW halo profile with an inner slope of � = 1.26 (normalized to the flux at an angle of 5� from the Galactic
Center). Shown for comparison (solid line) is the spectrum predicted from a 35.25 GeV dark matter particle annihilating to bb̄
with a cross section of �v = 1.7⇥ 10�26 cm3/s ⇥ [(0.3GeV/cm3)/⇢

local

]2.

ground templates, we include an additional dark matter
template, motivated by the hypothesis that the previ-
ously reported gamma-ray excess originates from annihi-
lating dark matter. In particular, our dark matter tem-
plate is taken to be proportional to the line-of-sight inte-
gral of the dark matter density squared, J( ), for a gen-
eralized NFW density profile (see Eqs. 2–3). The spatial
morphology of the Galactic di↵use model (as evaluated
at 2 GeV), Fermi Bubbles, and dark matter templates
are each shown in Fig. 4.

As found in previous studies [8, 9], the inclusion of the
dark matter template dramatically improves the quality
of the fit to the Fermi data. For the best-fit spectrum and
halo profile, we find that the inclusion of the dark matter
template improves the formal fit by ��2 ' 1672, cor-
responding to a statistical preference greater than 40�.
When considering this enormous statistical significance,
one should keep in mind that in addition to statistical er-
rors there is a degree of unavoidable and unaccounted-for
systematic error, in that neither model (with or without
a dark matter component) is a “good fit” in the sense
of describing the sky to the level of Poisson noise. That
being said, the data do very strongly prefer the presence
of a gamma-ray component with a morphology similar
to that predicted from annihilating dark matter (see Ap-
pendices B and D for further details).2

2 Previous studies [8, 9] have taken the approach of fitting for the
spectrum of the Fermi Bubbles as a function of latitude, and then
subtracting an estimated underlying spectrum for the Bubbles
(based on high-latitude data) in order to extract the few-GeV

As in Ref. [8], we vary the value of the inner slope of
the generalized NFW profile, �, and compare the change
in the log-likelihood, � lnL, between the resulting fits in
order to determine the preferred range for the value of
�.3 The results of this exercise (as performed over 0.5-
10 GeV) are shown in the left frame of Fig. 5. While
previous fits (which did not employ any additional cuts
on CTBCORE) preferred an inner slope of � ' 1.2 [8],
we find that a slightly steeper value of � ' 1.26 provides
the best fit to the data. Also, in contrast to Ref. [8],
we find no significant di↵erence in the slope preferred
by the fit over the entire sky, and by a fit only over the
southern sky (b < 0). This can be seen directly from
the left frame of Fig. 5, where the full-sky and southern-
sky fits for the same level of masking are found to favor
quite similar values of � (the southern sky distribution
is broader than that for the full sky simply due to the
di↵erence in the number of photons).

In the right frame of Fig. 5, we show the spectrum of
the emission correlated with the dark matter template,
for the best-fit value of � = 1.26. While no significant
emission is absorbed by this template at energies above
⇠10 GeV, a bright and robust component is present at
lower energies, peaking near ⇠1-3 GeV. Relative to the

excess. However, this approach discards information on the true
morphology of the signal, as well as requiring an assumption for
the Bubbles spectrum. It was shown in Ref. [8] (and also in this
work, see Appendices B and D) that the excess is not confined
to the Bubbles and the fit strongly prefers to correlate it with a
dark matter template if one is available.

3 Throughout, we denote the quantity �2 lnL by �2.

Daylan et al 2014



How do these results combine with other searches?
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How do these results combine with other searches?
(Extended parameter space)
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Propagation 
conditions in the ISM 

do matter. 
Cosmic-rays can gain 

energy as they 
propagate in the ISM 

(diffusive re-
acceleration).  Also 
we have to account 
for convective winds 
and regular diffusion.

�� ! bb̄
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Conclusions
• There is a concrete “additional” component in the AMS antiproton data 

BOTH at ~GeV energies AND above ~80 GeV. 

• The amplitude of the lower energy “additional” component is still 
uncertain 

• To study the pbar/p ratio we have taken into account all basic 
uncertainties (injection and propagation through the ISM, antiprotons 
production cross-sections).  

• May possibly be an indication of a dark matter signal in agreement with 
the GeV excess at gamma-rays 

• Heavier nuclei have been observed by AMS. These would be very 
challenging to interpret given the KNOWN coalescence uncertainties 

• Anti-He3 and anti-deuterons event may be in agreement with the GeV 
excesses in gamma-rays and antiprotons. 

• Signal of DM or of More antimatter in the Milky Way!?



Thank you!
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Indirect detection: Cosmic-rays, gamma-rays and 
multi-wavelength approach

With CR spectral measurements 
we can understand the properties 
of the ISM, and probe sources of 
high energy CRs. Antimatter CRs 
indirectly also probe DM. Combine 
with gamma-ray and radio/
microwave observations. Look for a 
DM signal.



3

the spectral index of magnetohydrodynamic turbulence
in the ISM. Typical � values are 0.33 for Kolmogorov
turbulence [43] and 0.5 for Kraichnan [44], with values
in that range being consistent with CR data (see e.g.
[45]). A larger diffusion co-efficient within a fixed hight
of diffusion zone leads to faster escape of CRs into the
intergalactic medium (IGM).

Diffusive re-acceleration is described by a diffusion co-
efficient in momentum space [46],

D
pp

/ R2v2
A

D
xx

(R)
, (3)

where the Alfvén speed v
A

, is the speed at which hydro-
magnetic waves propagate in the ISM plasma.

The convective winds speed v
c

has a gradient perpen-
dicular to the galactic plane,

v
c

=
dv

c

d|z| |z|. (4)

We rely on the procedure discussed in [30, 47] where
we fitted data from AMS-02, PAMELA and Voyager 1

to constrain the above mentioned parameters. We use
these models to envelope the injection and propagation
uncertainties with regards to CR secondary antiprotons
and anti-nuclei. The parameters of the three ISM models
are given in Table I (same as Table I of [30]).

B. Antiproton Production Cross-Section
Uncertainties

The production of antiprotons form inelastic collisions
of high energy nuclei have been studied by various col-
lider experiments [48–56]. This has lead to different
parametrizations, from [57–59], to more recent [60–63].
Most of the existing work focusses on the direct produc-
tions of p̄ from p-p collisions observed by experiments.
The are still uncertainties associated to the antineutron
n̄ production from these collisions that in the ISM would
decay to p̄. Furthermore, uncertainties on the p̄s from He
and other nuclei responsible for ' 40% of the flux have
to be included.

Using Galprop we account for the production of p̄s
from all CR species [64]. Based on [60] the uncertainty
on the �p-p!p̄

is about ' 40% for kinetic energy Ekin = 1
GeV in the resulting antiprotons. That uncertainty is en-
ergy dependent and given in Fig. 8 of Ref. [60]. Following
up on our previous work of Ref. [30], we first evaluate
the antiproton flux for given ISM and cross-section as-
sumptions and then marginalize over a flat prior within
the 3 � uncertainties quoted in Ref. [60]. We do that by
using a normalization function,

N
CS

(EISM
kin ) = a+ b · Ln

✓
EISM

kin
1GeV

◆
+ c ·


Ln

✓
EISM

kin
1GeV

◆�
2

+ d ·

Ln

✓
EISM

kin
1GeV

◆�
3

. (5)

Parameters a � d are allowed to vary over a large range
of values to describe parametrically the range quoted in
Ref. [60]. In our fitting procedure we have performed
marginalizations with both d set to zero and d 6= 0. While
the exact resulting �2 may differ between those cases our
main results on the quoted improvements of the p̄/p total
�2 fit does not change beyond the range that we present
in section III.

C. Anti-deuteron and Anti-Helium Production
Cross-Section Uncertainties

The AMS-02 collaboration has recently observed the
first ever 3He and 4He events, without yet having claimed
an observation of any d̄ CRs [65]. While additional confir-
mations are under way to assess the validity of the Z=-2
nuclei, including possible charge confusion, the discovery
of these anti-nuclei would be an important result, un-
locking new work regarding their interpretation [66–68].
It has been a common statement that even the poten-
tial observation of a single d̄ CR at rigidities less than a
GV would provide a exciting clue towards dark matter
detection [69–76].

To assess the particle physics uncertainties in calculat-
ing the expected anti-nuclei fluxes of either the astrophys-
ical secondary component or that from an additional DM
component we are going to use the "coalescence" model
[77]. For an d̄ nucleus to be produced in an inelastic
cosmic-ray proton with proton gas collision at the inter-
stellar medium, its CR Ekin needs to exceed the 17m

p

threshold energy to produce an p̄ - n̄ pair. For compari-
son the Ekin threshold to produce a p̄ CR is 7m

p

. Thus
we expect the CR d̄ to be highly suppressed at the low-
rigidities (even more than the p̄). In addition, those two
nucleons in the coalescence model need to have a rela-
tive momentum that is less than p

0

in order to fuse into
a d̄ nucleus. That momentum is also referred to as the
coalescence radius in the momentum space. That coales-
cence radius is not well measured, and can be different for
varying produced anti-nuclei. We remind the reader that
in addition to the uncertainty in p

0

, the inclusive p̄ and n̄
production cross-sections form p-p collisions (d3�

p̄

/dp3
p̄

,
d3�

n̄

/dp3
n̄

) have an uncertainty that is anywhere between
±10% and up to ±50% for CR daughter particles with
rigidities of 0.5 to 500 GV. Combining together these two
uncertainties leads to an the overall uncertainty on the
production cross-section of d̄s that is a factor of 2.5 wide
at 10 GeV and up to a factor of 8 at E > 200 GeV.

CR 3He nuclei can be produced either directly through
the fusion of two p̄ and an n̄, or first by producing a
t̄ which with a half-life of 12.3 yrs would then decay
to 3He. The CR proton Ekin production threshold is
31m

p

. The coalescence radius is even less well under-
stood than in the case of d̄. In [74] a simple formula
of p

3He
0

= ((B3He)/(Bd

))1/2p
¯

d

0

was used where B
A,Z

is
the relevant nucleus binding energy (2.2 MeV for d, 7.8
MeV for 3He, 8.4 MeV for t) and A and Z the mass and

Definitions

4

Model � zL(kpc) D0 ⇥ 1028 (cm2/s) vA (km/s) dvc/d|z| (km/s/kpc) ↵1 ↵2 Rbr (GV)
C 0.40 5.6 4.85 24.0 1.0 1.88 2.38 11.7
E 0.50 6.0 3.10 23.0 9.0 1.88 2.45 11.7
F 0.40 3.0 2.67 22.0 3.0 1.87 2.41 11.7

TABLE I. The three ISM models, describing the injection and propagation assumptions for CRs, taken from [30, 47]. The
parameters are described in Eqs. 1-4 of the main text.

atomic numbers of the nuclei/anti-nuclei 1. Yet there are
observational data that suggest a less strong scaling of
coalescence radii. To account for the cross-section un-
certainties, we are going to consider the same ranges as
those used recently in [67]. For the DM anti-nuclei we
are going to use p

0

= 160 ± 19 MeV coming from mea-
surements of [79] where a non-hadronic initial state was
studied. Instead for the CR secondary anti-nuclei we are
going to use the range of p

0

: 208-262 MeV for the d̄s and
218-261 MeV for the 3He relying on measurements of p-
p collisions [56]. With regards to 4He secondary nuclei
there are no measurements to rely on so we are going to
take for simplicity the same range for p

0

as we do with
3He.

Following [67] we calculate the differential cross-
sections for d̄, 3He and 4He which in the Lorentz invariant
form are,
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�p-p is the total p-p cross-section.
This leads to differential spectra of:
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We take dN
p̄

/dE
p̄

= dN
n̄

/dE
n̄

. A larger value of coales-
cence momentum radius opens up a larger phase space
leading to larger fluxes of the relevant anti-nuclei. We
focus on the DM mass-range of 50 to 100 GeV based on
the preference from the p̄/p ratio data (see discussion
in section III). We evaluate secondary d̄ and secondary
3He and 4He using the ISM protons and He gas densities
and considering all the inelastic collisions with CR nuclei
from proton up to silicon.

1 There is also Coulombian repulsion suppression for 3He. In [78]
that suppression was taken to be 100% leaving only the t̄ channel
open. For these reasons the uncertainties of 3He production rates
at the ISM remain very large and we try to be as conservative
as possible in assessing them.

D. Solar Modulation Uncertainties

For the modulation of the CR spectra as they propa-
gate through the Heliosphere we use the standard mod-
ulation potential formula [80]:

dN�

dEkin
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+ | Z | e�). (10)

Ekin is measured at Earth, Ze is the charge, dN�/dEkin
the measured flux and dN ISM/dEISM

kin

the ISM flux. Re-
lying of Ref. [47] we use for the modulation potential �:
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The heliospheric magnetic field B
tot

(t) is measured by
ACE with its data publicly available [81]; while the cur-
rent sheet’s title angle ↵(t) comes from models available
through the Wilcox Solar Observatory [82]. The polar-
ity of the magnetic field A(t) changes roughly every 11
years. For R we use the ISM CR value while R

0

is fixed
at 0.5 GV. To model the Solar modulation uncertainties
we allow for 0.32  �

0

 0.38 GV and 0  �
1

 16
GV. On the lhs of eq. 11, N 0(q) together with averaged
values B

tot

(t) and ↵(t) is given in Table II of Ref. [30]
for different six-month intervals. We perform the Solar
modulation correction over these six-month intervals and
calculate averaged spectra before comparing to the data
(see [30, 47] for further details).

E. Combining the Uncertainties

We study first the p̄/p AMS-02 data [6] searching for
any additional component beyond the secondary/tetriary
terms. We combine the astrophysical and particle physics
uncertainties described in subsections IIA -IID. Fixing
the ISM model (Table I) we evaluate (using Galprop)
the predictions on anti-nuclei and CR protons. For p̄ the
cross-section normalization uncertainties of Equation 5
and the separate modulation of the p̄ and p CR spec-
tra are done outside the Galprop on a fine six or seven-
dimensional grid (�

0

, �
1

, Ngas, a, b, c and d). Ngas is

Production Cross-Section:

Solar Modulation:

Modulation Potential:

4

Model � zL(kpc) D0 ⇥ 1028 (cm2/s) vA (km/s) dvc/d|z| (km/s/kpc) ↵1 ↵2 Rbr (GV)
C 0.40 5.6 4.85 24.0 1.0 1.88 2.38 11.7
E 0.50 6.0 3.10 23.0 9.0 1.88 2.45 11.7
F 0.40 3.0 2.67 22.0 3.0 1.87 2.41 11.7

TABLE I. The three ISM models, describing the injection and propagation assumptions for CRs, taken from [30, 47]. The
parameters are described in Eqs. 1-4 of the main text.

atomic numbers of the nuclei/anti-nuclei 1. Yet there are
observational data that suggest a less strong scaling of
coalescence radii. To account for the cross-section un-
certainties, we are going to consider the same ranges as
those used recently in [67]. For the DM anti-nuclei we
are going to use p

0

= 160 ± 19 MeV coming from mea-
surements of [79] where a non-hadronic initial state was
studied. Instead for the CR secondary anti-nuclei we are
going to use the range of p

0

: 208-262 MeV for the d̄s and
218-261 MeV for the 3He relying on measurements of p-
p collisions [56]. With regards to 4He secondary nuclei
there are no measurements to rely on so we are going to
take for simplicity the same range for p

0

as we do with
3He.

Following [67] we calculate the differential cross-
sections for d̄, 3He and 4He which in the Lorentz invariant
form are,
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�p-p is the total p-p cross-section.
This leads to differential spectra of:
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We take dN
p̄

/dE
p̄

= dN
n̄

/dE
n̄

. A larger value of coales-
cence momentum radius opens up a larger phase space
leading to larger fluxes of the relevant anti-nuclei. We
focus on the DM mass-range of 50 to 100 GeV based on
the preference from the p̄/p ratio data (see discussion
in section III). We evaluate secondary d̄ and secondary
3He and 4He using the ISM protons and He gas densities
and considering all the inelastic collisions with CR nuclei
from proton up to silicon.

1 There is also Coulombian repulsion suppression for 3He. In [78]
that suppression was taken to be 100% leaving only the t̄ channel
open. For these reasons the uncertainties of 3He production rates
at the ISM remain very large and we try to be as conservative
as possible in assessing them.

D. Solar Modulation Uncertainties

For the modulation of the CR spectra as they propa-
gate through the Heliosphere we use the standard mod-
ulation potential formula [80]:
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Ekin is measured at Earth, Ze is the charge, dN�/dEkin
the measured flux and dN ISM/dEISM

kin

the ISM flux. Re-
lying of Ref. [47] we use for the modulation potential �:
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The heliospheric magnetic field B
tot

(t) is measured by
ACE with its data publicly available [81]; while the cur-
rent sheet’s title angle ↵(t) comes from models available
through the Wilcox Solar Observatory [82]. The polar-
ity of the magnetic field A(t) changes roughly every 11
years. For R we use the ISM CR value while R

0

is fixed
at 0.5 GV. To model the Solar modulation uncertainties
we allow for 0.32  �

0

 0.38 GV and 0  �
1

 16
GV. On the lhs of eq. 11, N 0(q) together with averaged
values B

tot

(t) and ↵(t) is given in Table II of Ref. [30]
for different six-month intervals. We perform the Solar
modulation correction over these six-month intervals and
calculate averaged spectra before comparing to the data
(see [30, 47] for further details).

E. Combining the Uncertainties

We study first the p̄/p AMS-02 data [6] searching for
any additional component beyond the secondary/tetriary
terms. We combine the astrophysical and particle physics
uncertainties described in subsections IIA -IID. Fixing
the ISM model (Table I) we evaluate (using Galprop)
the predictions on anti-nuclei and CR protons. For p̄ the
cross-section normalization uncertainties of Equation 5
and the separate modulation of the p̄ and p CR spec-
tra are done outside the Galprop on a fine six or seven-
dimensional grid (�

0

, �
1

, Ngas, a, b, c and d). Ngas is
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the probability density fr0 depends only on the distance r0

to the source,
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This function is shown in the right-hand panel of Fig. 2.
We assume that the sources are uniformly distributed in

time, i.e. their probability density ftðtÞ is

ftðtÞ ¼
!
1=tmax for 0 $ t $ tmax;
0 otherwise;

(5)

with tmax standing for the earliest time considered, which is
related to the minimum energy for which our calculation is
valid through:

tmax ¼ ðbEminÞ%1: (6)

The total number N of sources that are needed in the
Monte Carlo simulation to reproduce the (observed) num-
ber N ’ 300 of SNRs active in the Galaxy at any given
time depends on the average lifetime of a SNR, #SNR,
which is suggested to be &104 yr [18], hence

N ¼ 3' 106
"N
300

#"
tmax

108 yr

#"
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#%1
: (7)

III. FITTING THE eþ þ e% SPECTRA

A schematic description of the present framework is
shown in Fig. 3. Cosmic rays are shock accelerated in
SNRs and then diffuse through the Galaxy to the Earth
undergoing collisions with interstellar matter en route and
creating secondary eþ. As discussed, the ratio of the sec-
ondary eþ to the primary e% from the sources should
decrease with energy, in contrast to the behavior seen by
PAMELA. We follow Ref. [19] in explaining this by
invoking a new component of eþ which is produced
through cosmic ray interactions in the SNRs, and then
shock accelerated, thus yielding a harder spectrum than
that of their primaries. We discuss these components in

turn below and calculate their relative contributions by
normalizing to the $-ray flux from the SNRs, which pro-
vides an independent measure of the hadronic interactions
therein.

A. Primary electrons

The radio and x-ray emission observed from SNRs is
interpreted as synchrotron radiation of electrons acceler-
ated up to energies of Oð100Þ TeV [18]. The spectrum of
this radiation then determines the spectrum of the under-
lying relativistic electrons. Moreover the theory of diffu-
sive shock acceleration [16,17] predicts similar spectra for
the accelerated protons and nuclei as for the electrons. If
the $-ray emission observed by HESS from a number of
identified SNRs is assumed to be of hadronic origin, we
can use the measured spectra to constrain both the relativ-
istic proton and electron population.
Table I shows a compilation of $-ray sources observed

by HESS that have been identified as SNRs. We have
included all identified shell-type SNRs and strong SNR
candidates in the HESS source catalog [49], and also added
the SNRs IC 443, Cassiopeia A andMonoceros. Actually it
is not clear that the acceleration of secondaries does occur
in all the SNRs considered, especially when the $-ray
emission is associated with a neighboring molecular cloud
rather than coming from the vicinity of the shock wave. In
fact the $ rays could equally well be due to inverse-
Compton scattering by the relativistic electrons respon-
sible for the observed synchroton radio and x-ray emission.
Therefore, we have considered three possibilities—includ-
ing all sources implies a mean power-law spectral index for
the protons of h!i ¼ 2:5, while excluding steep spectrum
sources with !> 2:8 gives h!i ¼ 2:3 and excluding
sources with !> 2:6 yields h!i ¼ 2:4. In the following
we adopt the central value, ! ¼ 2:4, for the electron popu-
lation too, unless stated otherwise. This requires a com-
pression factor of r $ 3:3 in contrast to the value of r ¼ 4
expected for a strong shock, so there is clearly some
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Interplay of three typical timescales for CRs: Spallation, Escape and 
Acceleration inside the Sources. 

⌧ spallA!B < ⌧escAIf: , then we have secondaries produced inside the acceleration region

If: ⌧acc < ⌧spall, then secondaries are efficiently accelerated

AccA ! SpallA!B ! AccB ! Escape !So:
Propagation ! Obesrvation
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sions inside of SNRs and then accelerated before escap-
ing into the interstellar medium (ISM) [25, 26]. It is this
case that we consider in this study. In particular, within
this scenario, the same stochastic acceleration processes
which accelerate CR positrons in the supernova shocks
will also accelerate other species of CR secondaries, such
as antiprotons and boron nuclei. Thus, as was shown
in Refs. [26, 45], a rise in the antiproton-to-proton and
boron-to-carbon ratios are also expected to occur at high
energies, >∼ 100 GeV (see though [46, 47]). Recently, the
PAMELA [48] and AMS [49] collaborations presented
their first measurements of the boron-to-carbon ratio, re-
vealing no evidence for any rise up to the highest mea-
sured energies, ∼400 GeV. In this paper, we make use
of this measurement to place constraints on models in
which the observed rise in the CR positron fraction is
the result of the acceleration of positron secondaries.

The remainder of this article is structured as follows.
In Sec. II, we describe our calculations of the boron-
to-carbon ratio, the antiproton-to-proton ratio, and the
positron fraction in some detail. We then present our
results in Sec. III. We find that secondary acceleration
models capable of explaining the observed positron frac-
tion are also incompatible with the boron-to-carbon ra-
tio, as measured by AMS and PAMELA. We summarize
our results and conclusions in Sec. IV.

II. CALCULATION SETUP AND
ASSUMPTIONS

Diffusive shock acceleration in galactic SNRs can be re-
sponsible for the spectrum of CRs up to ∼ PeV energies
(at much higher energies, extragalactic sources are pre-
sumably responsible). Ambient electrons, protons, and
nuclei are accelerated by the shock front, generating a
spectrum that is expected to take a power-law form,
dN/dE ∝ E−γ+2, where the index γ depends on the
conditions of the shock. For a supersonic shock the com-
pression ratio, r = v−/v+, is taken to be r = 4, where
v+ is the plasma down-stream velocity (inside the shock)
and v− the plasma up-stream velocity (outside the shock)
(both defined in the frame of the shock front). The index
γ is related to r by γ = 3r/(r−1). For r = 4, this yields a
E−2 injection spectrum for the primary CR component.

While being accelerated inside of the supernova shock,
these particles may also interact with the dense gas and
spallate or decay to produce lighter species [25, 26]. The
relevant source term for these lighter species is given by:

Qi(Ekin) = ΣjNj(Ekin)

!

σsp
j→i β c ngas +

1

Ekin τdecj→i

"

,

(1)
where Ekin is the kinetic energy per nucleon (in GeV),
Nj gives the spectrum of the parent nucleus species j,
σsp
j→i is the partial cross section from species j to species

i, τdecj→i is the timescale for the decay of species j to i, and
ngas is the density of gas where the spallation occurs.

The same processes also provide a corresponding loss
term:

Γi(Ekin) = σsp
i β c ngas +

1

Ekin τdeci

, (2)

where σsp
i and τdeci are the total spallation cross section

and total decay lifetime of nuclei species i, respectively.
Combining Eqs. 1 and 2 with the effects of advection,

diffusion, and adiabatic energy losses, one gets the trans-
port equation for species i:

v
∂fi
∂x

= Di
∂2fi
∂x2

+
1

3

dv

dx
p
∂fi
∂p

− Γifi + qi, (3)

where fi is the phase space density of CR species i and qi
is the relevant source term. CRs are typically accelerated
in the shock over a timescale on the order of τSN

∼ 104

yr. If enough nuclei of species i are produced via spal-
lation or decay, and are accelerated in the SNR before
undergoing further spallation or decay (1/Γi ≫ τacc),
this can have a significant impact on the CR spectrum.
The additional component resulting from this process is
referred to as the secondary CRs accelerated inside of the
SNRs. The authors of Ref. [26] solved Eq. 3 analytically
and calculated the phase space densities for particles, i,
both up-stream and down-stream from the shock front,
including both primary and secondary accelerated CRs.
Here, we will use the same formalism, and present por-
tions of their calculation where necessary (see Ref. [26]
for more details).

In solving Eq. 3, we apply the boundary conditions
that the phase space density for species i far up-stream
(far away from the supernova shock) is equal to the am-
bient density Yi, and its gradient in momentum is zero:

lim
x→−∞

fi(x, p) = Yiδ(p− p0), (4)

lim
x→−∞

∂fi(x, p)

∂p
= 0.

Following Ref. [26], the the phase space density down-
stream, f+

i , is given by:

f+
i (x, p) = fi(0, p) +

q+i (0, p)− Γ+
i (p)fi(0, p)

v+
x, (5)

where x is the distance from the shock front and q±i is
the total source term for species i, given by:

q±i (x, p) = Σj>i fj Γ
±
j→i. (6)

The only difference between Γ+ and Γ− comes from
different down-stream and up-stream gas densities. Ig-
noring the decay lifetimes of CRs inside and around
the supernova shock, we get that q+i /q

−
i = Γ+

i /Γ
−
i =

n+
gas/n

−
gas = r. Following Ref. [26], we also assume that

D+
i = D−

i .
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; (11)

where " and ‘cr are defined by Eq. (A2) of Appendix A, ‘
is the diffusion length defined by Eq. (A3), and h$
0:1 kpc is the height of the Galactic disk.

We calculate the flux of secondary background e% and
eþ from the solar-demodulated flux of GCR protons as
derived from the BESS data [52] and model the cross
sections according to Ref. [53]. The contribution from
kaon decay is subdominant and is therefore neglected.
The presence of He both in GCRs and in the ISM is taken
into account by multiplying the proton contribution by a
factor of 1.2. Our results are in good agreement with
Ref. [54], taking into account the different diffusion model
parameters and keeping in mind that convection and reac-
celeration have been neglected here. These fluxes are
shown (dashed line) in the middle panel of Fig. 5 and are
clearly a subdominant component which cannot account
for the deficit at high energies.

Moreover, the positron flux is falling at all energies
whereas the PAMELA data [1] clearly show a rise above
a few GeV. One way this can be resolved is if there is a dip
in the electron spectrum between$10 and 100 GeV. It has
been suggested that Klein-Nishina corrections to the
Thomson cross section for inverse-Compton scattering
[55] or inhomogeneities in the distribution of sources
[31] can produce such a dip. However the former would
require a rather enhanced interstellar background light
(IBL) field [55], while the latter calculation [31] assumes
an incomplete source distribution (see Sec. II) and more-
over adopts diffusion model parameters quite different
from those derived from the measured nuclear secondary-
to-primary ratios [56] and the measured Galactic magnetic
field and IBL [28].

The other, perhaps more straightforward possibility is to
consider an additional component of GCR positrons with a
harder source spectrum that results in a harder propagated
spectrum and therefore leads to an increase in the positron
fraction.

C. Secondary accelerated electrons and positrons

It has been suggested that acceleration of secondary e!

produced through pp interactions inside the same sources
where GCR protons are accelerated, e.g. SNRs, can pro-
duce a hard positron component [19]. We recapitulate here
the essential formalism of diffusive shock acceleration
[16,17] which yields the spectrum of the accelerated pro-
tons. This serves as the source term for calculating the
spectrum of the secondary e!.

The phase space density, f!, of secondary e% and eþ

produced by the primary GCR, both undergoing DSA, is
described by the steady state transport equation:

u
@f!
@x

¼ @

@x

!
D

@

@x
f!

"
þ 1

3

du

dx
p
@f!
@p

þ q!; (12)

where q! is the source term determined by solving an
analogous equation for the primary GCR protons.
(Ideally we should solve the time-dependent equation,
however we do not know the time dependence of the
parameters and can extract only their effective values
from observations. This ought to be a good approximation
for calculating ratios of secondaries to primaries from a
large number of sources which are in different stages of
evolution.) We consider the usual setup in the rest frame of
the shock front (at x ¼ 0) where u1 (u2) and n1 (n2) denote
the upstream (downstream) plasma velocity and density,
respectively. The compression ratio of the shock r ¼
u1=u2 ¼ n2=n1 determines the spectral index, # ¼
3r=ðr% 1Þ, of the GCR primaries in momentum space
(note # ¼ 2þ !). To recover # ’ 4:4 as determined
from #-ray observations (see Table I) we set r ’ 3:1. As
noted earlier the theoretical expectation is however r ¼ 4.
For x ! 0, Eq. (12) reduces to an ordinary differential

equation in x that is easily solved taking into account the
spatial dependence of the source term

q0!ðx; pÞ ¼
#
q0!;1ðpÞexu1=DðppÞ for x < 0;
q0!;2ðpÞ for x > 0;

(13)

where the proton momentum pp should be distinguished
from the (smaller) momentum p of the produced seconda-
ries, the two being related through the inelasticity of e!

production: $ ’ 1=20. Assuming D / p (Bohm diffusion)
in the SNR, the solution to the transport equation (12)
across the shock can then be written (see Appendix B):

f! ¼
8
<
:
f0!e

x=d1 % q0!;1

u1
d1ðe

x=d1%e$x=d1
$%$2 Þ for x < 0;

f0! þ q0!;2

u2
x for x > 0;

(14)

where d1 ( D=u1 is the effective size of the region where
e% and eþ participate in DSA (see Fig. 4).
The coefficients f0! appearing in Eq. (14) satisfy an

ordinary differential equation dictated by continuity across
the shock front (see Appendix B). This has the solution:

FIG. 4. DSA setup in the rest frame of the shock front. u1 (u2)
and n1 (n2) denote upstream (downstream) plasma velocity and
density, respectively. The right-hand panel shows the solution of
the transport equation for the primary GCRs. Particles within a
distance D=u of the shock front participate in the acceleration
process.
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In this paper, we explore the possibility that the positron fraction reported by PAMELA may be generated by
mature pulsars. Gamma-ray pulsars are predicted to produce energetic electron-positron pairs with a harder spectrum
than that from secondary cosmic-ray induced origin, leading to the possibility that such sources may dominate the
cosmic ray positron spectrum at high energies. We calculate the spectrum of such particles from known local pulsars
(Geminga and B0656+14), and from the sum of all pulsars distributed throughout the Milky Way. As found in
earlier studies [16], we find that both local pulsars and the sum of pulsars distributed throughout the Milky Way can
contribute significantly to the observed spectrum. At 10 GeV, we estimate that on average only ∼20% of the cosmic
ray positrons originate from pulsars within 500 parsecs from the Solar System. If gamma-ray pulsars are formed at a
rate of ∼4 per century in the Milky Way, we find that the observed flux of ∼10-20 GeV positrons could be plausibly
generated in such objects. Similar conclusions were derived in [17, 18]. Above ∼50 GeV, however, the positron
spectrum is likely to be dominated by a single or small number of nearby pulsars. If the high energy electron-positron
spectrum is dominated by a single nearby source, it opens the possibility of detecting a dipole anisotropy in their
angular distribution (see also [19]). We find that such a feature could potentially be detected by the Fermi gamma-ray
space telescope (formerly known as GLAST) [20], thus enabling a powerful test to discriminate between the pulsar
and dark matter origins of the observed cosmic ray positron excess.

The remainder of this article is structured as follows: In Sec. II, we review the known properties of pulsars and
consider them as sources of high energy electron-positron pairs. In Sec. III, we consider the nearby pulsars Geminga
and B0656+14 and discuss their potential contributions to the cosmic ray positron spectrum. In Sec. IV, we calculate
the expected dipole anisotropy from nearby pulsars and compare this to the sensitivity of the Fermi gamma-ray space
telescope. We summarize and draw our conclusions in Sec. V.

II. PULSARS AS SOURCES OF ELECTRON-POSITRON PAIRS

In both models of polar gap [21, 22] and outer gap [23], electrons can be accelerated in different regions of the
pulsar magnetosphere and induce an electromagnetic cascade through the emission of curvature radiation, which in
turn results in production of photons which are above threshold for pair production in the strong pulsar magnetic
field. This process results in lower energy electrons and positrons that can escape the magnetosphere either through
the open field lines [25] or after joining the pulsar wind [18]. In this second case, the electrons and positrons lose
part of their energy adiabatically because of the expansion of the wind. The energy spectrum injected by a single
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where t5 is the time in units of 105 years. Therefore, the total energy that a mature pulsar (t ≫ τ0) has injected in
the form of magnetic dipole radiation saturates to
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In the same assumption of a mature pulsar, we also have that Ω0 ≈ Ω(t/τ0)1/2, where Ω is the gyration frequency
measured today. For instance, for the Geminga pulsar (P = 230 ms) t ≈ 370, 000 years and τ ≈ 104 years (using
B12 = 1.6 and R10 = 1.5), one has Ω0 ≈ 166 s−1 (P0 ≈ 40 ms). For these values of the parameters, the total energy
output of the pulsar is rather large, Etot ≈ 1049 erg, which could easily account for the high energy positron flux. It
is worth stressing, however, that only a small fraction of this energy will eventually end up in the form of escaping
electron-positron pairs, and thus this number should be treated as an absolute upper limit on the pair luminosity of
a single pulsar. Qualitatively, the combined effect of a declining absolute luminosity [Eq. (4)] and of an increasing
escape probability conspire in singling out typical ages of ∼105 years for the pulsars expected to contribute maximally
to the positron flux.

To proceed in a more quantitative way towards the calculation of the overall spectrum from Galactic pulsars, one
needs to adopt a model for the e+−e− acceleration and escape probability from a single pulsar with a given magnetic
field, period, etc. and then integrate over a Monte Carlo distribution of these typical parameters in a Galactic Pulsar
population. The resulting injection spectrum we adopt follows from such a calculation in Ref. [18]:

dNe

dEe
≈ 8.6 × 1038Ṅ100 (Ee/GeV)−1.6 exp (−Ee/80 GeV)GeV−1 s−1, (7)

where Ṅ100 is the rate of pulsar formation in units of pulsars per century. This expression corresponds to an average
energy output in electron-positron pairs of approximately 6 × 1046 erg per pulsar, i.e. to efficiency ! 1% compared
with the upper bound derived above. In the following, we inject this spectrum according to the spatial distribution
of pulsars given in Refs. [18, 26].

Once electrons and positrons are produced, diffusion in the Galactic Magnetic Field regulates their motion. Unlike
previous approaches to the problem, mostly based on a simple implementation of the leaky box model, we calculate
the effects of propagation by solving the transport equation for electrons, including synchrotron and inverse Compton
scattering losses:

∂
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dne

dEe
= ▽⃗ ·

%

K(Ee)▽⃗
dne

dEe

&

+
∂

∂Ee

%

B(Ee)
dne

dEe

&

+ Q(Ee, x⃗), (8)

with a free escape boundary condition at 4 kpc above and below the Galactic Plane. Here dne/dEe is the number
density of electrons/positrons per unit energy, K(Ee) is the diffusion coefficient and B(Ee) is the rate of energy
loss. We adopt K(Ee) ≡ K0(1 + Ee/(3 GeV))δ with K0 = 3.4 × 1028 cm2/s and δ = 0.6, and B(Ee) = −bE2

e with
b = 10−16GeV−1s−1. Q corresponds to the source term described above.

In Fig. 1, we show the spectrum of positrons and the positron fraction resulting from the sum of all pulsars
throughout the Milky Way. In the upper panels, we show results for different rates of pulsar birth (one per 10, 25,
or 100 years). The dashed line represents the baseline result neglecting the contribution from pulsars, including only
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The characteristic travel time is therefore

t ! 100 kyr for E " 2 TeV. (5)

The characteristic distance an electron travels before

cooling to energy E is the diffusion distance x2
diff =

4D(E)t, where t = 1
b0E ,

xdiff " 5 kpc for E ! 10 GeV. (6)

B. Green function for diffusion-loss propagation

In general, the evolution of the energy density ρ of elec-

trons moving in random paths and losing energy can be

described by the following diffusion-loss equation [29][32]

∂ρ

∂t
=

∂

∂E
(b(E)ρ) +

∂

∂xi
(D(E)

∂

∂xi
ρ) + Q(x, E, t), (7)

where Q ≡ dN/(dEdtd3x) is the energy density of elec-

trons injected by the source. In principle, one can also

take into account reacceleration, convection, and decays

(collisions), but for electrons with E > 10 GeV these

contributions can be ignored.

The general solution to Eq. (7) is found in [32][33].

To solve Eq. (7) for a general source, one introduces the

Green function G(x, E, t; x0, E0, t0) which satisfies

∂G

∂t
−

∂

∂E
(b(E)G)− D(E)

∂2G

∂x2
=

δ(x − x0)δ(E − E0)δ(t − t0). (8)

Then, the solution to (7) is

ρ(x, E, t) =
!

d3x0

!

dE0

!

dt0 G(x, E, t; x0, E0, t0)

·Q(x0, E0, t0). (9)

The Green function can be derived as follows. One can

define the variables t′ = t − τ and λ [32][33], where

τ ≡ τ(E, E0) =

! E0

E

dE′

b(E′)
, (10)

λ ≡ λ(E, E0) =

! E0

E

D(E′)dE′

b(E′)
. (11)

The variable t′(t, E) is invariant with respect to the dif-

ferential operator ∂t − b(E)∂E . In fact, D−1(E)(∂t −
b(E)∂E) = ∂λ and Eq. (8) becomes the usual diffusion

equation in λ and x. The Green function is then [32][33]

G(x, E, t; x0, E0, t0) =
1

b(E)

1

(4πλ)3/2
e−

(x−x0)2

4λ

·δ(t − t0 − τ)θ(E0 − E). (12)

Equation (7) and the above Green function have a few

limitations. Both the ISM magnetic field and density of

IR and starlight photons vary in space. Consequently the

diffusion coefficient and the energy loss function depend

on the coordinates: D = D(E, x), b = b(E, x), and there

is no simple analytic solution to Eq. (7). In Appendix B

we calculate corrections to the predicted e+e− spectrum

at the Earth due to spatial variations in the energy loss

function.

C. Flux from a single pulsar

With the general Green function in hand, one can find

the density of electrons at any point in space for any

source. In this Section, we derive the expected flux of

electrons and positrons produced by a single pulsar.

The distances to pulsars are sufficiently large that we

can assume that pulsars are point sources. We also as-

sume that most of the pulsars’ rotational energy is lost

via magnetic dipole radiation [34] which eventually trans-

forms into the energy of electrons and positrons

Qpulsar(x, E, t) = Q(E)
1

τ

"

1 +
t

τ

#−2

θ(t) δ(x), (13)

where t is the pulsar age and x is its position. θ(t) is the

step function that ensures Qpulsar = 0 for t < 0. Note

that the pulsar spin-down time scale τ in this formula

and the variable introduced in (10) are unrelated. We

review the derivation of this formula in Appendix A.

At late times (t ≫ τ), the spin-down luminosity scales

as t−2. Consequently, most of the energy is emitted dur-

ing t ∼ τ . The pulsar spin-down time scale τ " 10 kyr is

much smaller than the typical electron propagation time

t ! 100 kyr. Consequently, we can take the limit τ → 0,

which results in

1

τ

"

1 +
t

τ

#−2

θ(t)

$

$

$

$

$

τ→0

−→ δ(t). (14)

For pulsars with a significant PWN, the time dependence

in Eq. (13) does not describe the escape of electron and

positrons from the PWN into the ISM. However, for most

pulsars the lifetime of the PWN (t " 20 kyr; [24]) is

much smaller than the typical propagation time t ! 100

kyr [Eq. (5)]. Thus, the detailed time dependence of the

escape is not significant and the delta-function approxi-

mation in Eq. (14) is still valid.

We assume that the energy spectrum of particles in-

jected into the ISM Q(E) by a given pulsar has the form

Q(E) = Q0 E−n e−
E
M , (15)
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sions inside of SNRs and then accelerated before escap-
ing into the interstellar medium (ISM) [25, 26]. It is this
case that we consider in this study. In particular, within
this scenario, the same stochastic acceleration processes
which accelerate CR positrons in the supernova shocks
will also accelerate other species of CR secondaries, such
as antiprotons and boron nuclei. Thus, as was shown
in Refs. [26, 45], a rise in the antiproton-to-proton and
boron-to-carbon ratios are also expected to occur at high
energies, >∼ 100 GeV (see though [46, 47]). Recently, the
PAMELA [48] and AMS [49] collaborations presented
their first measurements of the boron-to-carbon ratio, re-
vealing no evidence for any rise up to the highest mea-
sured energies, ∼400 GeV. In this paper, we make use
of this measurement to place constraints on models in
which the observed rise in the CR positron fraction is
the result of the acceleration of positron secondaries.

The remainder of this article is structured as follows.
In Sec. II, we describe our calculations of the boron-
to-carbon ratio, the antiproton-to-proton ratio, and the
positron fraction in some detail. We then present our
results in Sec. III. We find that secondary acceleration
models capable of explaining the observed positron frac-
tion are also incompatible with the boron-to-carbon ra-
tio, as measured by AMS and PAMELA. We summarize
our results and conclusions in Sec. IV.

II. CALCULATION SETUP AND
ASSUMPTIONS

Diffusive shock acceleration in galactic SNRs can be re-
sponsible for the spectrum of CRs up to ∼ PeV energies
(at much higher energies, extragalactic sources are pre-
sumably responsible). Ambient electrons, protons, and
nuclei are accelerated by the shock front, generating a
spectrum that is expected to take a power-law form,
dN/dE ∝ E−γ+2, where the index γ depends on the
conditions of the shock. For a supersonic shock the com-
pression ratio, r = v−/v+, is taken to be r = 4, where
v+ is the plasma down-stream velocity (inside the shock)
and v− the plasma up-stream velocity (outside the shock)
(both defined in the frame of the shock front). The index
γ is related to r by γ = 3r/(r−1). For r = 4, this yields a
E−2 injection spectrum for the primary CR component.

While being accelerated inside of the supernova shock,
these particles may also interact with the dense gas and
spallate or decay to produce lighter species [25, 26]. The
relevant source term for these lighter species is given by:

Qi(Ekin) = ΣjNj(Ekin)

!

σsp
j→i β c ngas +

1

Ekin τdecj→i

"

,

(1)
where Ekin is the kinetic energy per nucleon (in GeV),
Nj gives the spectrum of the parent nucleus species j,
σsp
j→i is the partial cross section from species j to species

i, τdecj→i is the timescale for the decay of species j to i, and
ngas is the density of gas where the spallation occurs.

The same processes also provide a corresponding loss
term:

Γi(Ekin) = σsp
i β c ngas +

1

Ekin τdeci

, (2)

where σsp
i and τdeci are the total spallation cross section

and total decay lifetime of nuclei species i, respectively.
Combining Eqs. 1 and 2 with the effects of advection,

diffusion, and adiabatic energy losses, one gets the trans-
port equation for species i:

v
∂fi
∂x

= Di
∂2fi
∂x2

+
1

3

dv

dx
p
∂fi
∂p

− Γifi + qi, (3)

where fi is the phase space density of CR species i and qi
is the relevant source term. CRs are typically accelerated
in the shock over a timescale on the order of τSN

∼ 104

yr. If enough nuclei of species i are produced via spal-
lation or decay, and are accelerated in the SNR before
undergoing further spallation or decay (1/Γi ≫ τacc),
this can have a significant impact on the CR spectrum.
The additional component resulting from this process is
referred to as the secondary CRs accelerated inside of the
SNRs. The authors of Ref. [26] solved Eq. 3 analytically
and calculated the phase space densities for particles, i,
both up-stream and down-stream from the shock front,
including both primary and secondary accelerated CRs.
Here, we will use the same formalism, and present por-
tions of their calculation where necessary (see Ref. [26]
for more details).

In solving Eq. 3, we apply the boundary conditions
that the phase space density for species i far up-stream
(far away from the supernova shock) is equal to the am-
bient density Yi, and its gradient in momentum is zero:

lim
x→−∞

fi(x, p) = Yiδ(p− p0), (4)

lim
x→−∞

∂fi(x, p)

∂p
= 0.

Following Ref. [26], the the phase space density down-
stream, f+

i , is given by:

f+
i (x, p) = fi(0, p) +

q+i (0, p)− Γ+
i (p)fi(0, p)

v+
x, (5)

where x is the distance from the shock front and q±i is
the total source term for species i, given by:

q±i (x, p) = Σj>i fj Γ
±
j→i. (6)

The only difference between Γ+ and Γ− comes from
different down-stream and up-stream gas densities. Ig-
noring the decay lifetimes of CRs inside and around
the supernova shock, we get that q+i /q

−
i = Γ+

i /Γ
−
i =

n+
gas/n

−
gas = r. Following Ref. [26], we also assume that

D+
i = D−

i .

2

sions inside of SNRs and then accelerated before escap-
ing into the interstellar medium (ISM) [25, 26]. It is this
case that we consider in this study. In particular, within
this scenario, the same stochastic acceleration processes
which accelerate CR positrons in the supernova shocks
will also accelerate other species of CR secondaries, such
as antiprotons and boron nuclei. Thus, as was shown
in Refs. [26, 45], a rise in the antiproton-to-proton and
boron-to-carbon ratios are also expected to occur at high
energies, >∼ 100 GeV (see though [46, 47]). Recently, the
PAMELA [48] and AMS [49] collaborations presented
their first measurements of the boron-to-carbon ratio, re-
vealing no evidence for any rise up to the highest mea-
sured energies, ∼400 GeV. In this paper, we make use
of this measurement to place constraints on models in
which the observed rise in the CR positron fraction is
the result of the acceleration of positron secondaries.

The remainder of this article is structured as follows.
In Sec. II, we describe our calculations of the boron-
to-carbon ratio, the antiproton-to-proton ratio, and the
positron fraction in some detail. We then present our
results in Sec. III. We find that secondary acceleration
models capable of explaining the observed positron frac-
tion are also incompatible with the boron-to-carbon ra-
tio, as measured by AMS and PAMELA. We summarize
our results and conclusions in Sec. IV.

II. CALCULATION SETUP AND
ASSUMPTIONS

Diffusive shock acceleration in galactic SNRs can be re-
sponsible for the spectrum of CRs up to ∼ PeV energies
(at much higher energies, extragalactic sources are pre-
sumably responsible). Ambient electrons, protons, and
nuclei are accelerated by the shock front, generating a
spectrum that is expected to take a power-law form,
dN/dE ∝ E−γ+2, where the index γ depends on the
conditions of the shock. For a supersonic shock the com-
pression ratio, r = v−/v+, is taken to be r = 4, where
v+ is the plasma down-stream velocity (inside the shock)
and v− the plasma up-stream velocity (outside the shock)
(both defined in the frame of the shock front). The index
γ is related to r by γ = 3r/(r−1). For r = 4, this yields a
E−2 injection spectrum for the primary CR component.

While being accelerated inside of the supernova shock,
these particles may also interact with the dense gas and
spallate or decay to produce lighter species [25, 26]. The
relevant source term for these lighter species is given by:

Qi(Ekin) = ΣjNj(Ekin)

!

σsp
j→i β c ngas +

1

Ekin τdecj→i

"

,

(1)
where Ekin is the kinetic energy per nucleon (in GeV),
Nj gives the spectrum of the parent nucleus species j,
σsp
j→i is the partial cross section from species j to species

i, τdecj→i is the timescale for the decay of species j to i, and
ngas is the density of gas where the spallation occurs.

The same processes also provide a corresponding loss
term:

Γi(Ekin) = σsp
i β c ngas +

1

Ekin τdeci

, (2)

where σsp
i and τdeci are the total spallation cross section

and total decay lifetime of nuclei species i, respectively.
Combining Eqs. 1 and 2 with the effects of advection,

diffusion, and adiabatic energy losses, one gets the trans-
port equation for species i:

v
∂fi
∂x

= Di
∂2fi
∂x2

+
1

3

dv

dx
p
∂fi
∂p

− Γifi + qi, (3)

where fi is the phase space density of CR species i and qi
is the relevant source term. CRs are typically accelerated
in the shock over a timescale on the order of τSN

∼ 104

yr. If enough nuclei of species i are produced via spal-
lation or decay, and are accelerated in the SNR before
undergoing further spallation or decay (1/Γi ≫ τacc),
this can have a significant impact on the CR spectrum.
The additional component resulting from this process is
referred to as the secondary CRs accelerated inside of the
SNRs. The authors of Ref. [26] solved Eq. 3 analytically
and calculated the phase space densities for particles, i,
both up-stream and down-stream from the shock front,
including both primary and secondary accelerated CRs.
Here, we will use the same formalism, and present por-
tions of their calculation where necessary (see Ref. [26]
for more details).

In solving Eq. 3, we apply the boundary conditions
that the phase space density for species i far up-stream
(far away from the supernova shock) is equal to the am-
bient density Yi, and its gradient in momentum is zero:

lim
x→−∞

fi(x, p) = Yiδ(p− p0), (4)

lim
x→−∞

∂fi(x, p)

∂p
= 0.

Following Ref. [26], the the phase space density down-
stream, f+

i , is given by:

f+
i (x, p) = fi(0, p) +

q+i (0, p)− Γ+
i (p)fi(0, p)

v+
x, (5)

where x is the distance from the shock front and q±i is
the total source term for species i, given by:

q±i (x, p) = Σj>i fj Γ
±
j→i. (6)

The only difference between Γ+ and Γ− comes from
different down-stream and up-stream gas densities. Ig-
noring the decay lifetimes of CRs inside and around
the supernova shock, we get that q+i /q

−
i = Γ+

i /Γ
−
i =

n+
gas/n

−
gas = r. Following Ref. [26], we also assume that

D+
i = D−

i .

J!ðEÞ ’
c

4!

1

jbðEÞj
Z 1

E
dE0qISM! ðE0Þ 2h

‘cr
"
!
0;

‘

‘cr

"
; (11)

where " and ‘cr are defined by Eq. (A2) of Appendix A, ‘
is the diffusion length defined by Eq. (A3), and h$
0:1 kpc is the height of the Galactic disk.

We calculate the flux of secondary background e% and
eþ from the solar-demodulated flux of GCR protons as
derived from the BESS data [52] and model the cross
sections according to Ref. [53]. The contribution from
kaon decay is subdominant and is therefore neglected.
The presence of He both in GCRs and in the ISM is taken
into account by multiplying the proton contribution by a
factor of 1.2. Our results are in good agreement with
Ref. [54], taking into account the different diffusion model
parameters and keeping in mind that convection and reac-
celeration have been neglected here. These fluxes are
shown (dashed line) in the middle panel of Fig. 5 and are
clearly a subdominant component which cannot account
for the deficit at high energies.

Moreover, the positron flux is falling at all energies
whereas the PAMELA data [1] clearly show a rise above
a few GeV. One way this can be resolved is if there is a dip
in the electron spectrum between$10 and 100 GeV. It has
been suggested that Klein-Nishina corrections to the
Thomson cross section for inverse-Compton scattering
[55] or inhomogeneities in the distribution of sources
[31] can produce such a dip. However the former would
require a rather enhanced interstellar background light
(IBL) field [55], while the latter calculation [31] assumes
an incomplete source distribution (see Sec. II) and more-
over adopts diffusion model parameters quite different
from those derived from the measured nuclear secondary-
to-primary ratios [56] and the measured Galactic magnetic
field and IBL [28].

The other, perhaps more straightforward possibility is to
consider an additional component of GCR positrons with a
harder source spectrum that results in a harder propagated
spectrum and therefore leads to an increase in the positron
fraction.

C. Secondary accelerated electrons and positrons

It has been suggested that acceleration of secondary e!

produced through pp interactions inside the same sources
where GCR protons are accelerated, e.g. SNRs, can pro-
duce a hard positron component [19]. We recapitulate here
the essential formalism of diffusive shock acceleration
[16,17] which yields the spectrum of the accelerated pro-
tons. This serves as the source term for calculating the
spectrum of the secondary e!.

The phase space density, f!, of secondary e% and eþ

produced by the primary GCR, both undergoing DSA, is
described by the steady state transport equation:

u
@f!
@x

¼ @

@x

!
D

@

@x
f!

"
þ 1

3

du

dx
p
@f!
@p

þ q!; (12)

where q! is the source term determined by solving an
analogous equation for the primary GCR protons.
(Ideally we should solve the time-dependent equation,
however we do not know the time dependence of the
parameters and can extract only their effective values
from observations. This ought to be a good approximation
for calculating ratios of secondaries to primaries from a
large number of sources which are in different stages of
evolution.) We consider the usual setup in the rest frame of
the shock front (at x ¼ 0) where u1 (u2) and n1 (n2) denote
the upstream (downstream) plasma velocity and density,
respectively. The compression ratio of the shock r ¼
u1=u2 ¼ n2=n1 determines the spectral index, # ¼
3r=ðr% 1Þ, of the GCR primaries in momentum space
(note # ¼ 2þ !). To recover # ’ 4:4 as determined
from #-ray observations (see Table I) we set r ’ 3:1. As
noted earlier the theoretical expectation is however r ¼ 4.
For x ! 0, Eq. (12) reduces to an ordinary differential

equation in x that is easily solved taking into account the
spatial dependence of the source term

q0!ðx; pÞ ¼
#
q0!;1ðpÞexu1=DðppÞ for x < 0;
q0!;2ðpÞ for x > 0;

(13)

where the proton momentum pp should be distinguished
from the (smaller) momentum p of the produced seconda-
ries, the two being related through the inelasticity of e!

production: $ ’ 1=20. Assuming D / p (Bohm diffusion)
in the SNR, the solution to the transport equation (12)
across the shock can then be written (see Appendix B):

f! ¼
8
<
:
f0!e

x=d1 % q0!;1

u1
d1ðe

x=d1%e$x=d1
$%$2 Þ for x < 0;

f0! þ q0!;2

u2
x for x > 0;

(14)

where d1 ( D=u1 is the effective size of the region where
e% and eþ participate in DSA (see Fig. 4).
The coefficients f0! appearing in Eq. (14) satisfy an

ordinary differential equation dictated by continuity across
the shock front (see Appendix B). This has the solution:

FIG. 4. DSA setup in the rest frame of the shock front. u1 (u2)
and n1 (n2) denote upstream (downstream) plasma velocity and
density, respectively. The right-hand panel shows the solution of
the transport equation for the primary GCRs. Particles within a
distance D=u of the shock front participate in the acceleration
process.
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In this paper, we explore the possibility that the positron fraction reported by PAMELA may be generated by
mature pulsars. Gamma-ray pulsars are predicted to produce energetic electron-positron pairs with a harder spectrum
than that from secondary cosmic-ray induced origin, leading to the possibility that such sources may dominate the
cosmic ray positron spectrum at high energies. We calculate the spectrum of such particles from known local pulsars
(Geminga and B0656+14), and from the sum of all pulsars distributed throughout the Milky Way. As found in
earlier studies [16], we find that both local pulsars and the sum of pulsars distributed throughout the Milky Way can
contribute significantly to the observed spectrum. At 10 GeV, we estimate that on average only ∼20% of the cosmic
ray positrons originate from pulsars within 500 parsecs from the Solar System. If gamma-ray pulsars are formed at a
rate of ∼4 per century in the Milky Way, we find that the observed flux of ∼10-20 GeV positrons could be plausibly
generated in such objects. Similar conclusions were derived in [17, 18]. Above ∼50 GeV, however, the positron
spectrum is likely to be dominated by a single or small number of nearby pulsars. If the high energy electron-positron
spectrum is dominated by a single nearby source, it opens the possibility of detecting a dipole anisotropy in their
angular distribution (see also [19]). We find that such a feature could potentially be detected by the Fermi gamma-ray
space telescope (formerly known as GLAST) [20], thus enabling a powerful test to discriminate between the pulsar
and dark matter origins of the observed cosmic ray positron excess.

The remainder of this article is structured as follows: In Sec. II, we review the known properties of pulsars and
consider them as sources of high energy electron-positron pairs. In Sec. III, we consider the nearby pulsars Geminga
and B0656+14 and discuss their potential contributions to the cosmic ray positron spectrum. In Sec. IV, we calculate
the expected dipole anisotropy from nearby pulsars and compare this to the sensitivity of the Fermi gamma-ray space
telescope. We summarize and draw our conclusions in Sec. V.

II. PULSARS AS SOURCES OF ELECTRON-POSITRON PAIRS

In both models of polar gap [21, 22] and outer gap [23], electrons can be accelerated in different regions of the
pulsar magnetosphere and induce an electromagnetic cascade through the emission of curvature radiation, which in
turn results in production of photons which are above threshold for pair production in the strong pulsar magnetic
field. This process results in lower energy electrons and positrons that can escape the magnetosphere either through
the open field lines [25] or after joining the pulsar wind [18]. In this second case, the electrons and positrons lose
part of their energy adiabatically because of the expansion of the wind. The energy spectrum injected by a single
pulsar depends on the environmental parameters of the pulsar, but some attempts to calculate the average spectrum
injected by a population of mature pulsars suggest that the spectrum may be relatively hard, having a slope of
∼1.5-1.6 [18]. This spectrum, however, results from a complex interplay of individual pulsar spectra, of the spatial
and age distributions of pulsars in the Galaxy, and on the assumption that the chief channel for pulsar spin down
is magnetic dipole radiation. Due to the related uncertainties, variations from this injection spectra cannot be ruled
out. Typically, one concentrates the attention on pulsars of age ∼105 years because younger pulsars are likely to still
be surrounded by their nebulae, which confine electrons and positrons and thus prevent them from being liberated
into the interstellar medium until later times.

Still, some energetics considerations can be done with simple analytical models; this will also help the understanding
of arguments developed in the next Section. The rate of energy injection from a single pulsar in the form of pairs is
limited by its spin-down power (the rate of energy loss corresponding to the slowing rate of rotation). Assuming that
this is simply due to the emission of magnetic dipole radiation, the maximum rate of energy injection can be written
as (see e.g. [24]):

Ė = −
B2

sR6
sΩ

4

6c3
≈ 1031B2

12R
6
10P

−4 erg s−1, (1)

where B12 = Bs/1012G is the magnetic field at the surface of the star, R10 = Rs/10km is the radius of the star and P
is the period of the star in seconds. The period P (gyration frequency Ω) increases (decreases) with time as a result
of the spin-down, according to

Ω(t) =
Ω0

(1 + t/τ0)
1/2

, (2)

where τ0 = 3c3I/(B2
sR6

sΩ
2
0), I = (2/5)MsR2

s is the moment of inertia of the star with mass Ms and Ω0 = 2π/P0 is
the initial spin frequency of the pulsar and P0 is the initial period. Numerically, this yields:
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τ0 = 7.4 × 107B−2
12

!

Ms

1.4M⊙

"

R−4
10 P 2

0 years. (3)

It follows that the upper limit to the rate of energy deposit in the form of electron-positron pairs is

L = IΩΩ̇ =
1

2
IΩ2

0
1

τ0

1
#

1 + t
τ0

$2 . (4)

In terms of the total energy injected in a time t after the pulsar birth,

Etot(t) =
1

2
IΩ2

0
t

τ0

1

1 + t
τ0

= 6 × 1043P−4
0 R6

10B
2
12t5

1
#

1 + t
τ0

$ erg, (5)

where t5 is the time in units of 105 years. Therefore, the total energy that a mature pulsar (t ≫ τ0) has injected in
the form of magnetic dipole radiation saturates to

Etot ≈
1

2
IΩ2

0 = 2.2 × 1046

!

Ms

1.4M⊙

"

R2
10P

−2
0 erg. (6)

In the same assumption of a mature pulsar, we also have that Ω0 ≈ Ω(t/τ0)1/2, where Ω is the gyration frequency
measured today. For instance, for the Geminga pulsar (P = 230 ms) t ≈ 370, 000 years and τ ≈ 104 years (using
B12 = 1.6 and R10 = 1.5), one has Ω0 ≈ 166 s−1 (P0 ≈ 40 ms). For these values of the parameters, the total energy
output of the pulsar is rather large, Etot ≈ 1049 erg, which could easily account for the high energy positron flux. It
is worth stressing, however, that only a small fraction of this energy will eventually end up in the form of escaping
electron-positron pairs, and thus this number should be treated as an absolute upper limit on the pair luminosity of
a single pulsar. Qualitatively, the combined effect of a declining absolute luminosity [Eq. (4)] and of an increasing
escape probability conspire in singling out typical ages of ∼105 years for the pulsars expected to contribute maximally
to the positron flux.

To proceed in a more quantitative way towards the calculation of the overall spectrum from Galactic pulsars, one
needs to adopt a model for the e+−e− acceleration and escape probability from a single pulsar with a given magnetic
field, period, etc. and then integrate over a Monte Carlo distribution of these typical parameters in a Galactic Pulsar
population. The resulting injection spectrum we adopt follows from such a calculation in Ref. [18]:

dNe

dEe
≈ 8.6 × 1038Ṅ100 (Ee/GeV)−1.6 exp (−Ee/80 GeV)GeV−1 s−1, (7)

where Ṅ100 is the rate of pulsar formation in units of pulsars per century. This expression corresponds to an average
energy output in electron-positron pairs of approximately 6 × 1046 erg per pulsar, i.e. to efficiency ! 1% compared
with the upper bound derived above. In the following, we inject this spectrum according to the spatial distribution
of pulsars given in Refs. [18, 26].

Once electrons and positrons are produced, diffusion in the Galactic Magnetic Field regulates their motion. Unlike
previous approaches to the problem, mostly based on a simple implementation of the leaky box model, we calculate
the effects of propagation by solving the transport equation for electrons, including synchrotron and inverse Compton
scattering losses:

∂

∂t

dne

dEe
= ▽⃗ ·

%

K(Ee)▽⃗
dne

dEe

&

+
∂

∂Ee

%

B(Ee)
dne

dEe

&

+ Q(Ee, x⃗), (8)

with a free escape boundary condition at 4 kpc above and below the Galactic Plane. Here dne/dEe is the number
density of electrons/positrons per unit energy, K(Ee) is the diffusion coefficient and B(Ee) is the rate of energy
loss. We adopt K(Ee) ≡ K0(1 + Ee/(3 GeV))δ with K0 = 3.4 × 1028 cm2/s and δ = 0.6, and B(Ee) = −bE2

e with
b = 10−16GeV−1s−1. Q corresponds to the source term described above.

In Fig. 1, we show the spectrum of positrons and the positron fraction resulting from the sum of all pulsars
throughout the Milky Way. In the upper panels, we show results for different rates of pulsar birth (one per 10, 25,
or 100 years). The dashed line represents the baseline result neglecting the contribution from pulsars, including only
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The characteristic travel time is therefore

t ! 100 kyr for E " 2 TeV. (5)

The characteristic distance an electron travels before

cooling to energy E is the diffusion distance x2
diff =

4D(E)t, where t = 1
b0E ,

xdiff " 5 kpc for E ! 10 GeV. (6)

B. Green function for diffusion-loss propagation

In general, the evolution of the energy density ρ of elec-

trons moving in random paths and losing energy can be

described by the following diffusion-loss equation [29][32]

∂ρ

∂t
=

∂

∂E
(b(E)ρ) +

∂

∂xi
(D(E)

∂

∂xi
ρ) + Q(x, E, t), (7)

where Q ≡ dN/(dEdtd3x) is the energy density of elec-

trons injected by the source. In principle, one can also

take into account reacceleration, convection, and decays

(collisions), but for electrons with E > 10 GeV these

contributions can be ignored.

The general solution to Eq. (7) is found in [32][33].

To solve Eq. (7) for a general source, one introduces the

Green function G(x, E, t; x0, E0, t0) which satisfies

∂G

∂t
−

∂

∂E
(b(E)G)− D(E)

∂2G

∂x2
=

δ(x − x0)δ(E − E0)δ(t − t0). (8)

Then, the solution to (7) is

ρ(x, E, t) =
!

d3x0

!

dE0

!

dt0 G(x, E, t; x0, E0, t0)

·Q(x0, E0, t0). (9)

The Green function can be derived as follows. One can

define the variables t′ = t − τ and λ [32][33], where

τ ≡ τ(E, E0) =

! E0

E

dE′

b(E′)
, (10)

λ ≡ λ(E, E0) =

! E0

E

D(E′)dE′

b(E′)
. (11)

The variable t′(t, E) is invariant with respect to the dif-

ferential operator ∂t − b(E)∂E . In fact, D−1(E)(∂t −
b(E)∂E) = ∂λ and Eq. (8) becomes the usual diffusion

equation in λ and x. The Green function is then [32][33]

G(x, E, t; x0, E0, t0) =
1

b(E)

1

(4πλ)3/2
e−

(x−x0)2

4λ

·δ(t − t0 − τ)θ(E0 − E). (12)

Equation (7) and the above Green function have a few

limitations. Both the ISM magnetic field and density of

IR and starlight photons vary in space. Consequently the

diffusion coefficient and the energy loss function depend

on the coordinates: D = D(E, x), b = b(E, x), and there

is no simple analytic solution to Eq. (7). In Appendix B

we calculate corrections to the predicted e+e− spectrum

at the Earth due to spatial variations in the energy loss

function.

C. Flux from a single pulsar

With the general Green function in hand, one can find

the density of electrons at any point in space for any

source. In this Section, we derive the expected flux of

electrons and positrons produced by a single pulsar.

The distances to pulsars are sufficiently large that we

can assume that pulsars are point sources. We also as-

sume that most of the pulsars’ rotational energy is lost

via magnetic dipole radiation [34] which eventually trans-

forms into the energy of electrons and positrons

Qpulsar(x, E, t) = Q(E)
1

τ

"

1 +
t

τ

#−2

θ(t) δ(x), (13)

where t is the pulsar age and x is its position. θ(t) is the

step function that ensures Qpulsar = 0 for t < 0. Note

that the pulsar spin-down time scale τ in this formula

and the variable introduced in (10) are unrelated. We

review the derivation of this formula in Appendix A.

At late times (t ≫ τ), the spin-down luminosity scales

as t−2. Consequently, most of the energy is emitted dur-

ing t ∼ τ . The pulsar spin-down time scale τ " 10 kyr is

much smaller than the typical electron propagation time

t ! 100 kyr. Consequently, we can take the limit τ → 0,

which results in

1

τ

"

1 +
t

τ

#−2

θ(t)

$

$

$

$

$

τ→0

−→ δ(t). (14)

For pulsars with a significant PWN, the time dependence

in Eq. (13) does not describe the escape of electron and

positrons from the PWN into the ISM. However, for most

pulsars the lifetime of the PWN (t " 20 kyr; [24]) is

much smaller than the typical propagation time t ! 100

kyr [Eq. (5)]. Thus, the detailed time dependence of the

escape is not significant and the delta-function approxi-

mation in Eq. (14) is still valid.

We assume that the energy spectrum of particles in-

jected into the ISM Q(E) by a given pulsar has the form

Q(E) = Q0 E−n e−
E
M , (15)
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trons moving in random paths and losing energy can be

described by the following diffusion-loss equation [29][32]

∂ρ

∂t
=

∂

∂E
(b(E)ρ) +

∂

∂xi
(D(E)

∂

∂xi
ρ) + Q(x, E, t), (7)

where Q ≡ dN/(dEdtd3x) is the energy density of elec-

trons injected by the source. In principle, one can also

take into account reacceleration, convection, and decays

(collisions), but for electrons with E > 10 GeV these

contributions can be ignored.

The general solution to Eq. (7) is found in [32][33].

To solve Eq. (7) for a general source, one introduces the

Green function G(x, E, t; x0, E0, t0) which satisfies

∂G

∂t
−

∂

∂E
(b(E)G)− D(E)

∂2G

∂x2
=

δ(x − x0)δ(E − E0)δ(t − t0). (8)

Then, the solution to (7) is

ρ(x, E, t) =
!

d3x0

!

dE0

!

dt0 G(x, E, t; x0, E0, t0)

·Q(x0, E0, t0). (9)

The Green function can be derived as follows. One can

define the variables t′ = t − τ and λ [32][33], where

τ ≡ τ(E, E0) =

! E0

E

dE′

b(E′)
, (10)

λ ≡ λ(E, E0) =

! E0

E

D(E′)dE′

b(E′)
. (11)

The variable t′(t, E) is invariant with respect to the dif-

ferential operator ∂t − b(E)∂E . In fact, D−1(E)(∂t −
b(E)∂E) = ∂λ and Eq. (8) becomes the usual diffusion

equation in λ and x. The Green function is then [32][33]

G(x, E, t; x0, E0, t0) =
1

b(E)

1

(4πλ)3/2
e−

(x−x0)2

4λ

·δ(t − t0 − τ)θ(E0 − E). (12)

Equation (7) and the above Green function have a few

limitations. Both the ISM magnetic field and density of

IR and starlight photons vary in space. Consequently the

diffusion coefficient and the energy loss function depend

on the coordinates: D = D(E, x), b = b(E, x), and there

is no simple analytic solution to Eq. (7). In Appendix B

we calculate corrections to the predicted e+e− spectrum

at the Earth due to spatial variations in the energy loss

function.

C. Flux from a single pulsar

With the general Green function in hand, one can find

the density of electrons at any point in space for any

source. In this Section, we derive the expected flux of

electrons and positrons produced by a single pulsar.

The distances to pulsars are sufficiently large that we

can assume that pulsars are point sources. We also as-

sume that most of the pulsars’ rotational energy is lost

via magnetic dipole radiation [34] which eventually trans-

forms into the energy of electrons and positrons

Qpulsar(x, E, t) = Q(E)
1

τ

"

1 +
t

τ

#−2

θ(t) δ(x), (13)

where t is the pulsar age and x is its position. θ(t) is the

step function that ensures Qpulsar = 0 for t < 0. Note

that the pulsar spin-down time scale τ in this formula

and the variable introduced in (10) are unrelated. We

review the derivation of this formula in Appendix A.

At late times (t ≫ τ), the spin-down luminosity scales

as t−2. Consequently, most of the energy is emitted dur-

ing t ∼ τ . The pulsar spin-down time scale τ " 10 kyr is

much smaller than the typical electron propagation time

t ! 100 kyr. Consequently, we can take the limit τ → 0,

which results in

1

τ

"

1 +
t

τ

#−2

θ(t)

$

$

$

$

$

τ→0

−→ δ(t). (14)

For pulsars with a significant PWN, the time dependence

in Eq. (13) does not describe the escape of electron and

positrons from the PWN into the ISM. However, for most

pulsars the lifetime of the PWN (t " 20 kyr; [24]) is

much smaller than the typical propagation time t ! 100

kyr [Eq. (5)]. Thus, the detailed time dependence of the

escape is not significant and the delta-function approxi-

mation in Eq. (14) is still valid.

We assume that the energy spectrum of particles in-

jected into the ISM Q(E) by a given pulsar has the form

Q(E) = Q0 E−n e−
E
M , (15)
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sions inside of SNRs and then accelerated before escap-
ing into the interstellar medium (ISM) [25, 26]. It is this
case that we consider in this study. In particular, within
this scenario, the same stochastic acceleration processes
which accelerate CR positrons in the supernova shocks
will also accelerate other species of CR secondaries, such
as antiprotons and boron nuclei. Thus, as was shown
in Refs. [26, 45], a rise in the antiproton-to-proton and
boron-to-carbon ratios are also expected to occur at high
energies, >∼ 100 GeV (see though [46, 47]). Recently, the
PAMELA [48] and AMS [49] collaborations presented
their first measurements of the boron-to-carbon ratio, re-
vealing no evidence for any rise up to the highest mea-
sured energies, ∼400 GeV. In this paper, we make use
of this measurement to place constraints on models in
which the observed rise in the CR positron fraction is
the result of the acceleration of positron secondaries.

The remainder of this article is structured as follows.
In Sec. II, we describe our calculations of the boron-
to-carbon ratio, the antiproton-to-proton ratio, and the
positron fraction in some detail. We then present our
results in Sec. III. We find that secondary acceleration
models capable of explaining the observed positron frac-
tion are also incompatible with the boron-to-carbon ra-
tio, as measured by AMS and PAMELA. We summarize
our results and conclusions in Sec. IV.

II. CALCULATION SETUP AND
ASSUMPTIONS

Diffusive shock acceleration in galactic SNRs can be re-
sponsible for the spectrum of CRs up to ∼ PeV energies
(at much higher energies, extragalactic sources are pre-
sumably responsible). Ambient electrons, protons, and
nuclei are accelerated by the shock front, generating a
spectrum that is expected to take a power-law form,
dN/dE ∝ E−γ+2, where the index γ depends on the
conditions of the shock. For a supersonic shock the com-
pression ratio, r = v−/v+, is taken to be r = 4, where
v+ is the plasma down-stream velocity (inside the shock)
and v− the plasma up-stream velocity (outside the shock)
(both defined in the frame of the shock front). The index
γ is related to r by γ = 3r/(r−1). For r = 4, this yields a
E−2 injection spectrum for the primary CR component.

While being accelerated inside of the supernova shock,
these particles may also interact with the dense gas and
spallate or decay to produce lighter species [25, 26]. The
relevant source term for these lighter species is given by:

Qi(Ekin) = ΣjNj(Ekin)

!

σsp
j→i β c ngas +

1

Ekin τdecj→i

"

,

(1)
where Ekin is the kinetic energy per nucleon (in GeV),
Nj gives the spectrum of the parent nucleus species j,
σsp
j→i is the partial cross section from species j to species

i, τdecj→i is the timescale for the decay of species j to i, and
ngas is the density of gas where the spallation occurs.

The same processes also provide a corresponding loss
term:

Γi(Ekin) = σsp
i β c ngas +

1

Ekin τdeci

, (2)

where σsp
i and τdeci are the total spallation cross section

and total decay lifetime of nuclei species i, respectively.
Combining Eqs. 1 and 2 with the effects of advection,

diffusion, and adiabatic energy losses, one gets the trans-
port equation for species i:

v
∂fi
∂x

= Di
∂2fi
∂x2

+
1

3

dv

dx
p
∂fi
∂p

− Γifi + qi, (3)

where fi is the phase space density of CR species i and qi
is the relevant source term. CRs are typically accelerated
in the shock over a timescale on the order of τSN

∼ 104

yr. If enough nuclei of species i are produced via spal-
lation or decay, and are accelerated in the SNR before
undergoing further spallation or decay (1/Γi ≫ τacc),
this can have a significant impact on the CR spectrum.
The additional component resulting from this process is
referred to as the secondary CRs accelerated inside of the
SNRs. The authors of Ref. [26] solved Eq. 3 analytically
and calculated the phase space densities for particles, i,
both up-stream and down-stream from the shock front,
including both primary and secondary accelerated CRs.
Here, we will use the same formalism, and present por-
tions of their calculation where necessary (see Ref. [26]
for more details).

In solving Eq. 3, we apply the boundary conditions
that the phase space density for species i far up-stream
(far away from the supernova shock) is equal to the am-
bient density Yi, and its gradient in momentum is zero:

lim
x→−∞

fi(x, p) = Yiδ(p− p0), (4)

lim
x→−∞

∂fi(x, p)

∂p
= 0.

Following Ref. [26], the the phase space density down-
stream, f+

i , is given by:

f+
i (x, p) = fi(0, p) +

q+i (0, p)− Γ+
i (p)fi(0, p)

v+
x, (5)

where x is the distance from the shock front and q±i is
the total source term for species i, given by:

q±i (x, p) = Σj>i fj Γ
±
j→i. (6)

The only difference between Γ+ and Γ− comes from
different down-stream and up-stream gas densities. Ig-
noring the decay lifetimes of CRs inside and around
the supernova shock, we get that q+i /q

−
i = Γ+

i /Γ
−
i =

n+
gas/n

−
gas = r. Following Ref. [26], we also assume that

D+
i = D−

i .
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ing into the interstellar medium (ISM) [25, 26]. It is this
case that we consider in this study. In particular, within
this scenario, the same stochastic acceleration processes
which accelerate CR positrons in the supernova shocks
will also accelerate other species of CR secondaries, such
as antiprotons and boron nuclei. Thus, as was shown
in Refs. [26, 45], a rise in the antiproton-to-proton and
boron-to-carbon ratios are also expected to occur at high
energies, >∼ 100 GeV (see though [46, 47]). Recently, the
PAMELA [48] and AMS [49] collaborations presented
their first measurements of the boron-to-carbon ratio, re-
vealing no evidence for any rise up to the highest mea-
sured energies, ∼400 GeV. In this paper, we make use
of this measurement to place constraints on models in
which the observed rise in the CR positron fraction is
the result of the acceleration of positron secondaries.

The remainder of this article is structured as follows.
In Sec. II, we describe our calculations of the boron-
to-carbon ratio, the antiproton-to-proton ratio, and the
positron fraction in some detail. We then present our
results in Sec. III. We find that secondary acceleration
models capable of explaining the observed positron frac-
tion are also incompatible with the boron-to-carbon ra-
tio, as measured by AMS and PAMELA. We summarize
our results and conclusions in Sec. IV.

II. CALCULATION SETUP AND
ASSUMPTIONS

Diffusive shock acceleration in galactic SNRs can be re-
sponsible for the spectrum of CRs up to ∼ PeV energies
(at much higher energies, extragalactic sources are pre-
sumably responsible). Ambient electrons, protons, and
nuclei are accelerated by the shock front, generating a
spectrum that is expected to take a power-law form,
dN/dE ∝ E−γ+2, where the index γ depends on the
conditions of the shock. For a supersonic shock the com-
pression ratio, r = v−/v+, is taken to be r = 4, where
v+ is the plasma down-stream velocity (inside the shock)
and v− the plasma up-stream velocity (outside the shock)
(both defined in the frame of the shock front). The index
γ is related to r by γ = 3r/(r−1). For r = 4, this yields a
E−2 injection spectrum for the primary CR component.

While being accelerated inside of the supernova shock,
these particles may also interact with the dense gas and
spallate or decay to produce lighter species [25, 26]. The
relevant source term for these lighter species is given by:

Qi(Ekin) = ΣjNj(Ekin)

!

σsp
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where Ekin is the kinetic energy per nucleon (in GeV),
Nj gives the spectrum of the parent nucleus species j,
σsp
j→i is the partial cross section from species j to species

i, τdecj→i is the timescale for the decay of species j to i, and
ngas is the density of gas where the spallation occurs.

The same processes also provide a corresponding loss
term:

Γi(Ekin) = σsp
i β c ngas +
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Ekin τdeci

, (2)

where σsp
i and τdeci are the total spallation cross section

and total decay lifetime of nuclei species i, respectively.
Combining Eqs. 1 and 2 with the effects of advection,

diffusion, and adiabatic energy losses, one gets the trans-
port equation for species i:
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∂2fi
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− Γifi + qi, (3)

where fi is the phase space density of CR species i and qi
is the relevant source term. CRs are typically accelerated
in the shock over a timescale on the order of τSN

∼ 104

yr. If enough nuclei of species i are produced via spal-
lation or decay, and are accelerated in the SNR before
undergoing further spallation or decay (1/Γi ≫ τacc),
this can have a significant impact on the CR spectrum.
The additional component resulting from this process is
referred to as the secondary CRs accelerated inside of the
SNRs. The authors of Ref. [26] solved Eq. 3 analytically
and calculated the phase space densities for particles, i,
both up-stream and down-stream from the shock front,
including both primary and secondary accelerated CRs.
Here, we will use the same formalism, and present por-
tions of their calculation where necessary (see Ref. [26]
for more details).

In solving Eq. 3, we apply the boundary conditions
that the phase space density for species i far up-stream
(far away from the supernova shock) is equal to the am-
bient density Yi, and its gradient in momentum is zero:

lim
x→−∞

fi(x, p) = Yiδ(p− p0), (4)

lim
x→−∞
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= 0.

Following Ref. [26], the the phase space density down-
stream, f+

i , is given by:

f+
i (x, p) = fi(0, p) +

q+i (0, p)− Γ+
i (p)fi(0, p)

v+
x, (5)

where x is the distance from the shock front and q±i is
the total source term for species i, given by:

q±i (x, p) = Σj>i fj Γ
±
j→i. (6)

The only difference between Γ+ and Γ− comes from
different down-stream and up-stream gas densities. Ig-
noring the decay lifetimes of CRs inside and around
the supernova shock, we get that q+i /q
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FIG. 1: The ratio of the secondary cosmic ray acceleration
term to the primary cosmic ray acceleration term in Eqs. 7
and 8, as a function of momentum per nucleon. The impact
of including the acceleration of secondary cosmic rays pro-
duced inside and around the supernova shock front is most
important at high energies and for lighter species. For 10B
the ratio is significantly higher since f−∞

10B
is suppressed. As

in Ref. [26], we have adopted optimistic values for KB , B,
n−
gas, v− and r (see text for more details).

Integrating the transport equation over infinitesimal
distance one gets [26]:

p
∂fi(x, p)

∂p
= −γfi(0, p)− γ(1 + r2)

Γ−
i (p)D

−
i (p)

(v−)2
fi(0, p)

+ γ[(1 + r2)
q−i (0, p)D−

i (p)

(v−)2
+ Yiδ(p− p0)].(7)

The solution to which yields:

fi(0, p) =

! p

0

dp′

p′

"

p′

p

#γ

e−γ(1+r2)(D−
i
(p)−D−

i
(p′))Γ−

i
(p)/(v−)2

× γ[(1 + r2)
q−i (0, p′)D−

i (p
′)

(v−)2
+ Yiδ(p

′
− p0)]. (8)

Following Refs. [25, 26], we assume Bohm diffusion for
CRs around the shock front:

D±
i (E) =

KB rL(E) c

3
= 3.3×1022KB B−1 E Z−1

i cm2 s−1,

(9)
where rL is the Larmor radius around the shock front,
B is the magnetic field in µG, Z the atomic number
of the CR nucleus i, and E is the energy in GeV. KB

is a “fudge factor” [26] which scales approximately as
KB ≃ (B/δB)2 [25], allowing for faster diffusion of CRs
around the shock front. Values of KB >> 1 have been
suggested [25, 26] under conditions where magnetic field
amplification is inefficient.

The importance of including the acceleration of sec-
ondary CRs produced inside and around the supernova
shock front varies with energy and CR species. In Fig. 1
we show the ratio of the secondary CR acceleration term
of Eqs. 7 and 8, (1+ r2)q−i (0, p)D

−
i (p)/(v

−)2, to the pri-
mary CR acceleration term, Yiδ(p − p0) = f−∞

i , as a

function of momentum per nucleon. This ratio increases
with energy and is greater for the lighter species. This
demonstrates that the acceleration of CR secondaries is
most important in the case of light nuclear species, and
at high energies. As in Ref. [26], we have adopted the fol-
lowing parameter values: KB = 40, B = 1 µG, n−

gas = 2
cm−3, v− = 0.5 × 108 cm3 s−1, and r = 4, which have
been suggested from the observed titanium-to-iron ratio,
and are also similar to those proposed from the positron
fraction (KB = 20 [25]).

We calculate the far up-stream phase space densities
from the measured CR densities for Fe, Si, Mg Ne, O, N,
C, B, He, and p [49, 50], taking into account the relative
isotopic abundances. For the calculation of the boron-to-
carbon ratio, we start from 18O and go down to 10Be.2

We employ the relevant total and partial cross sections
(see Refs. [51, 52]). We then use the same formulation to
calculate the antiproton-to-proton ratio, and the positron
fraction, including helium and proton CRs. We start
from the heaviest isotope and solve Eqs. 6 and 8 to obtain
the injected spectrum of CRs after integrating over the
volume of the SNR:

Ni(E) = 16π2

! v+τSN

0
dx p2f+

i (x, p) (v+τSN
− x)2.

(10)
We take τSN = 2× 104 yr and v+ = 1.25× 107 cm s−1.

Once CRs are injected into the ISM, they propagate
in the galactic medium. Depending on the CR species
and their energy scale, there are various possibly rele-
vant time-scales. The CR diffusion, the CR advection,
the diffusive re-acceleration time-scales, the decay time-
scale and the total energy losses time-scale. In addition,
as we stated earlier, CR secondaries are produced in the
interstellar medium. Depending on the aimed level of ac-
curacy and which are the important time-scales, one can
solve the propagation equation for CRs analytically, in-
cluding only diffusion and advection (see [53]), use a leaky
box approximation (as we do), or solve numerically in-
cluding all effects [54–56]. For CR protons, anti-protons,
Boron and Carbon and for the energies at hand, advec-
tion, re-acceleration and energy losses in the interstellar
medium are subdominant (for CR electrons and positrons
energy losses have to be included). These CRs diffuse
within a zone of scale height L ∼ 1 - 8 kpc [57, 58], be-
yond which they are free to escape. The escape timescale
for a CR nucleus i is τesci (E) ≃ τesc1 × (E/Z)−δ, where E
is in GeV, Z is the atomic number, and δ is the diffusion
index. The normalization, τesc1 , and the index, δ, can be
extracted by fitting the boron-to-carbon ratio at energies
below ∼ 30 GeV, where the effects of the acceleration of
secondaries inside SNRs are subdominant.

The density of CR nuclei at Earth (neglecting solar

2 10Be decays to 10B with a lifetime of 1.36 Myr.

J!ðEÞ ’
c

4!

1

jbðEÞj
Z 1

E
dE0qISM! ðE0Þ 2h

‘cr
"
!
0;

‘

‘cr

"
; (11)

where " and ‘cr are defined by Eq. (A2) of Appendix A, ‘
is the diffusion length defined by Eq. (A3), and h$
0:1 kpc is the height of the Galactic disk.

We calculate the flux of secondary background e% and
eþ from the solar-demodulated flux of GCR protons as
derived from the BESS data [52] and model the cross
sections according to Ref. [53]. The contribution from
kaon decay is subdominant and is therefore neglected.
The presence of He both in GCRs and in the ISM is taken
into account by multiplying the proton contribution by a
factor of 1.2. Our results are in good agreement with
Ref. [54], taking into account the different diffusion model
parameters and keeping in mind that convection and reac-
celeration have been neglected here. These fluxes are
shown (dashed line) in the middle panel of Fig. 5 and are
clearly a subdominant component which cannot account
for the deficit at high energies.

Moreover, the positron flux is falling at all energies
whereas the PAMELA data [1] clearly show a rise above
a few GeV. One way this can be resolved is if there is a dip
in the electron spectrum between$10 and 100 GeV. It has
been suggested that Klein-Nishina corrections to the
Thomson cross section for inverse-Compton scattering
[55] or inhomogeneities in the distribution of sources
[31] can produce such a dip. However the former would
require a rather enhanced interstellar background light
(IBL) field [55], while the latter calculation [31] assumes
an incomplete source distribution (see Sec. II) and more-
over adopts diffusion model parameters quite different
from those derived from the measured nuclear secondary-
to-primary ratios [56] and the measured Galactic magnetic
field and IBL [28].

The other, perhaps more straightforward possibility is to
consider an additional component of GCR positrons with a
harder source spectrum that results in a harder propagated
spectrum and therefore leads to an increase in the positron
fraction.

C. Secondary accelerated electrons and positrons

It has been suggested that acceleration of secondary e!

produced through pp interactions inside the same sources
where GCR protons are accelerated, e.g. SNRs, can pro-
duce a hard positron component [19]. We recapitulate here
the essential formalism of diffusive shock acceleration
[16,17] which yields the spectrum of the accelerated pro-
tons. This serves as the source term for calculating the
spectrum of the secondary e!.

The phase space density, f!, of secondary e% and eþ

produced by the primary GCR, both undergoing DSA, is
described by the steady state transport equation:

u
@f!
@x

¼ @

@x

!
D

@

@x
f!

"
þ 1

3

du

dx
p
@f!
@p

þ q!; (12)

where q! is the source term determined by solving an
analogous equation for the primary GCR protons.
(Ideally we should solve the time-dependent equation,
however we do not know the time dependence of the
parameters and can extract only their effective values
from observations. This ought to be a good approximation
for calculating ratios of secondaries to primaries from a
large number of sources which are in different stages of
evolution.) We consider the usual setup in the rest frame of
the shock front (at x ¼ 0) where u1 (u2) and n1 (n2) denote
the upstream (downstream) plasma velocity and density,
respectively. The compression ratio of the shock r ¼
u1=u2 ¼ n2=n1 determines the spectral index, # ¼
3r=ðr% 1Þ, of the GCR primaries in momentum space
(note # ¼ 2þ !). To recover # ’ 4:4 as determined
from #-ray observations (see Table I) we set r ’ 3:1. As
noted earlier the theoretical expectation is however r ¼ 4.
For x ! 0, Eq. (12) reduces to an ordinary differential

equation in x that is easily solved taking into account the
spatial dependence of the source term

q0!ðx; pÞ ¼
#
q0!;1ðpÞexu1=DðppÞ for x < 0;
q0!;2ðpÞ for x > 0;

(13)

where the proton momentum pp should be distinguished
from the (smaller) momentum p of the produced seconda-
ries, the two being related through the inelasticity of e!

production: $ ’ 1=20. Assuming D / p (Bohm diffusion)
in the SNR, the solution to the transport equation (12)
across the shock can then be written (see Appendix B):

f! ¼
8
<
:
f0!e

x=d1 % q0!;1

u1
d1ðe

x=d1%e$x=d1
$%$2 Þ for x < 0;

f0! þ q0!;2

u2
x for x > 0;

(14)

where d1 ( D=u1 is the effective size of the region where
e% and eþ participate in DSA (see Fig. 4).
The coefficients f0! appearing in Eq. (14) satisfy an

ordinary differential equation dictated by continuity across
the shock front (see Appendix B). This has the solution:

FIG. 4. DSA setup in the rest frame of the shock front. u1 (u2)
and n1 (n2) denote upstream (downstream) plasma velocity and
density, respectively. The right-hand panel shows the solution of
the transport equation for the primary GCRs. Particles within a
distance D=u of the shock front participate in the acceleration
process.
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Around the SNR shock 
front:

NEW Source Term inside the SNR:

Propagation inside the SNR, advection, diffusion, adiabatic E losses, decay/spalla-
tion,

Bohm diffusion:

4

ISM mod. �
0

�
1

a b c d �2

tot

(/d.o.f.)
C 0.32 4.0 1.26 -0.125 -0.010 0.006 44.0 (0.86)
E 0.32 9.2 0.83 0.170 -0.046 0.007 59.6 (1.17)
F 0.32 15.6 0.94 0.055 -0.032 0.006 58.4 (1.15)

TABLE III. The best-fit parameters for propagation models C, E and F, assuming that the observed antiprotons are secondaries
produced only in the ISM (i.e. neglecting stochastic acceleration).

ISM mod. Kbest

B

K95%upper

B

K95%lower

B

�2

tot

�2

d.o.f.

��2

tot

(from back only)
C 6.1 7.6 4.6 34.0 0.68 10.0
E 10.4 12.4 8.1 39.9 0.80 19.7
F 7.4 8.9 5.7 37.5 0.75 20.9

TABLE IV. The best-fit value and 95% confidence level upper and lower limits on K
B

, for each propagation model. We show
the �2 fit to the p̄/p spectrum measured by AMS-02, and the improvement to the fit relative to the case without acceleration
of secondaries (K

B

= 0, of Table III). The fit consistently prefers positive values of K
B

, at a level of ��2 ' 10.0 – 20.9,
corresponding to a 3.2 – 4.6� preference for the acceleration of secondary antiprotons in SNRs.

term is:

Qi(Ekin) = ⌃jNj(Ekin)

"
�sp
j!i � c ngas +

1

Ekin ⌧decj!i

#
.

(4)
ngas is the gas density where the spallations occur.

These secondaries then undergo further spallations and
decays at a rate:

�i(Ekin

) = �sp

i � c n
gas

+
1

E
kin

⌧deci

, (5)

where �sp

i and ⌧deci are the spallation cross section and
decay lifetime of nuclei species, i, respectively. Including
to the above, advection, diffusion, and adiabatic energy
losses, one gets the transport equation for species i:

v
@fi
@x

= Di
@2fi
@x2

+
1

3

dv

dx
p
@fi
@p

� �ifi + qi. (6)

If enough CRs of species i are produced and acceler-
ated in the SNR before spallating or decaying (1/�i �
⌧acc), they can have a significant impact on the observed
secondary-to-primary ratios. Following Refs. [34, 35, 42],
we assume Bohm diffusion for CRs around the shock
front:

D±
i (E) =

KB rL(E) c

3
(7)

= 3.3⇥ 1022 cm2 s�1 ⇥KB

✓
µG

B

◆✓
E

GeV

◆✓
1

Zi

◆
,

where rL is the Larmor radius, B is the magnetic field,
and Z and E are the charge and energy of the CR. KB

is a factor [35] scaling as KB ' (B/�B)2 [34], allow-
ing for faster diffusion of CRs around the shock front.
Measurements of the B/C ratio were used in Ref. [42]
to constrain KB < 10 (13, 16) at the 95% (99%, 99.9%)
confidence level.

Starting with the heaviest isotopes, we calculate the
spectrum of all secondaries down to positrons in each

SNR, and then average over the Galactic Disk, assuming
a rate of three SNRs per century (see [42]). The injected
spectrum of CRs in the ISM, after integrating over the
volume of the SNR is:

Ni(E) = 16⇡2

Z v+⌧SN

0

dx p2f+

i (x, p) (v+⌧SN � x)2. (8)

We take ⌧SN = 2⇥ 104 yr, v+ = 1.25⇥ 107 cm s�1 and
f+

i is the phase space density of species i down-stream.
Treating KB as a free parameter, we calculate the

spectrum of accelerated secondary antiprotons and pro-
tons and compare this result to the p̄/p ratio measured
by AMS-02. The contribution from accelerated antipro-
tons is insignificant at low energies, but can increase
the p̄/p ratio significantly at energies above ⇠ 10 – 100
GeV. After accounting for the uncertainties described
above, we identify a statistical preference for stochastic
acceleration. In Table IV, we provide, for each propa-
gation model, the best-fit value of KB , along with the
95% confidence interval for this quantity (correspond-
ing to ��2 = 2.71). Even the lower limits on KB are
consistently positive, and the fit improves at a level of
��2 ' 10 – 21 when accelerated secondaries are included,
corresponding to a statistical preference of 3.2 – 4.6� 1.

In Fig. 2, we show the impact of accelerated secondary
antiprotons on the p̄/p spectrum. The best-fit model is
propagation model C with KB = 6.1. Given the un-
certainties accosiated with this calculation we also pro-
vide a best-fit range (dark purple band) which covers
KB = 6.1 – 10.4, bracketing the values obtained for the
three propagation models considered in this study (see
Table IV). We also show a 95% confidence band (light

1 In the fits we have added in quadrature the reported statistical
and systematic errors. At the highest energies the magnet spec-
trometer resolution and elastic scatterings of protons inside the
detector might lead to charge confusion.

The factor that defines the amplitude of the enhancement is:
allowing for faster diffusion around the shock front .

and source term.
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In this paper, we explore the possibility that the positron fraction reported by PAMELA may be generated by
mature pulsars. Gamma-ray pulsars are predicted to produce energetic electron-positron pairs with a harder spectrum
than that from secondary cosmic-ray induced origin, leading to the possibility that such sources may dominate the
cosmic ray positron spectrum at high energies. We calculate the spectrum of such particles from known local pulsars
(Geminga and B0656+14), and from the sum of all pulsars distributed throughout the Milky Way. As found in
earlier studies [16], we find that both local pulsars and the sum of pulsars distributed throughout the Milky Way can
contribute significantly to the observed spectrum. At 10 GeV, we estimate that on average only ∼20% of the cosmic
ray positrons originate from pulsars within 500 parsecs from the Solar System. If gamma-ray pulsars are formed at a
rate of ∼4 per century in the Milky Way, we find that the observed flux of ∼10-20 GeV positrons could be plausibly
generated in such objects. Similar conclusions were derived in [17, 18]. Above ∼50 GeV, however, the positron
spectrum is likely to be dominated by a single or small number of nearby pulsars. If the high energy electron-positron
spectrum is dominated by a single nearby source, it opens the possibility of detecting a dipole anisotropy in their
angular distribution (see also [19]). We find that such a feature could potentially be detected by the Fermi gamma-ray
space telescope (formerly known as GLAST) [20], thus enabling a powerful test to discriminate between the pulsar
and dark matter origins of the observed cosmic ray positron excess.

The remainder of this article is structured as follows: In Sec. II, we review the known properties of pulsars and
consider them as sources of high energy electron-positron pairs. In Sec. III, we consider the nearby pulsars Geminga
and B0656+14 and discuss their potential contributions to the cosmic ray positron spectrum. In Sec. IV, we calculate
the expected dipole anisotropy from nearby pulsars and compare this to the sensitivity of the Fermi gamma-ray space
telescope. We summarize and draw our conclusions in Sec. V.

II. PULSARS AS SOURCES OF ELECTRON-POSITRON PAIRS

In both models of polar gap [21, 22] and outer gap [23], electrons can be accelerated in different regions of the
pulsar magnetosphere and induce an electromagnetic cascade through the emission of curvature radiation, which in
turn results in production of photons which are above threshold for pair production in the strong pulsar magnetic
field. This process results in lower energy electrons and positrons that can escape the magnetosphere either through
the open field lines [25] or after joining the pulsar wind [18]. In this second case, the electrons and positrons lose
part of their energy adiabatically because of the expansion of the wind. The energy spectrum injected by a single
pulsar depends on the environmental parameters of the pulsar, but some attempts to calculate the average spectrum
injected by a population of mature pulsars suggest that the spectrum may be relatively hard, having a slope of
∼1.5-1.6 [18]. This spectrum, however, results from a complex interplay of individual pulsar spectra, of the spatial
and age distributions of pulsars in the Galaxy, and on the assumption that the chief channel for pulsar spin down
is magnetic dipole radiation. Due to the related uncertainties, variations from this injection spectra cannot be ruled
out. Typically, one concentrates the attention on pulsars of age ∼105 years because younger pulsars are likely to still
be surrounded by their nebulae, which confine electrons and positrons and thus prevent them from being liberated
into the interstellar medium until later times.

Still, some energetics considerations can be done with simple analytical models; this will also help the understanding
of arguments developed in the next Section. The rate of energy injection from a single pulsar in the form of pairs is
limited by its spin-down power (the rate of energy loss corresponding to the slowing rate of rotation). Assuming that
this is simply due to the emission of magnetic dipole radiation, the maximum rate of energy injection can be written
as (see e.g. [24]):

Ė = −
B2

sR6
sΩ

4

6c3
≈ 1031B2

12R
6
10P

−4 erg s−1, (1)

where B12 = Bs/1012G is the magnetic field at the surface of the star, R10 = Rs/10km is the radius of the star and P
is the period of the star in seconds. The period P (gyration frequency Ω) increases (decreases) with time as a result
of the spin-down, according to

Ω(t) =
Ω0

(1 + t/τ0)
1/2

, (2)

where τ0 = 3c3I/(B2
sR6

sΩ
2
0), I = (2/5)MsR2

s is the moment of inertia of the star with mass Ms and Ω0 = 2π/P0 is
the initial spin frequency of the pulsar and P0 is the initial period. Numerically, this yields:
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τ0 = 7.4 × 107B−2
12

!
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"

R−4
10 P 2

0 years. (3)

It follows that the upper limit to the rate of energy deposit in the form of electron-positron pairs is

L = IΩΩ̇ =
1

2
IΩ2

0
1

τ0

1
#

1 + t
τ0

$2 . (4)

In terms of the total energy injected in a time t after the pulsar birth,

Etot(t) =
1

2
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τ0

= 6 × 1043P−4
0 R6

10B
2
12t5

1
#

1 + t
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$ erg, (5)

where t5 is the time in units of 105 years. Therefore, the total energy that a mature pulsar (t ≫ τ0) has injected in
the form of magnetic dipole radiation saturates to

Etot ≈
1

2
IΩ2

0 = 2.2 × 1046

!

Ms

1.4M⊙

"

R2
10P

−2
0 erg. (6)

In the same assumption of a mature pulsar, we also have that Ω0 ≈ Ω(t/τ0)1/2, where Ω is the gyration frequency
measured today. For instance, for the Geminga pulsar (P = 230 ms) t ≈ 370, 000 years and τ ≈ 104 years (using
B12 = 1.6 and R10 = 1.5), one has Ω0 ≈ 166 s−1 (P0 ≈ 40 ms). For these values of the parameters, the total energy
output of the pulsar is rather large, Etot ≈ 1049 erg, which could easily account for the high energy positron flux. It
is worth stressing, however, that only a small fraction of this energy will eventually end up in the form of escaping
electron-positron pairs, and thus this number should be treated as an absolute upper limit on the pair luminosity of
a single pulsar. Qualitatively, the combined effect of a declining absolute luminosity [Eq. (4)] and of an increasing
escape probability conspire in singling out typical ages of ∼105 years for the pulsars expected to contribute maximally
to the positron flux.

To proceed in a more quantitative way towards the calculation of the overall spectrum from Galactic pulsars, one
needs to adopt a model for the e+−e− acceleration and escape probability from a single pulsar with a given magnetic
field, period, etc. and then integrate over a Monte Carlo distribution of these typical parameters in a Galactic Pulsar
population. The resulting injection spectrum we adopt follows from such a calculation in Ref. [18]:

dNe

dEe
≈ 8.6 × 1038Ṅ100 (Ee/GeV)−1.6 exp (−Ee/80 GeV)GeV−1 s−1, (7)

where Ṅ100 is the rate of pulsar formation in units of pulsars per century. This expression corresponds to an average
energy output in electron-positron pairs of approximately 6 × 1046 erg per pulsar, i.e. to efficiency ! 1% compared
with the upper bound derived above. In the following, we inject this spectrum according to the spatial distribution
of pulsars given in Refs. [18, 26].

Once electrons and positrons are produced, diffusion in the Galactic Magnetic Field regulates their motion. Unlike
previous approaches to the problem, mostly based on a simple implementation of the leaky box model, we calculate
the effects of propagation by solving the transport equation for electrons, including synchrotron and inverse Compton
scattering losses:

∂

∂t

dne

dEe
= ▽⃗ ·

%

K(Ee)▽⃗
dne

dEe

&

+
∂

∂Ee

%

B(Ee)
dne

dEe

&

+ Q(Ee, x⃗), (8)

with a free escape boundary condition at 4 kpc above and below the Galactic Plane. Here dne/dEe is the number
density of electrons/positrons per unit energy, K(Ee) is the diffusion coefficient and B(Ee) is the rate of energy
loss. We adopt K(Ee) ≡ K0(1 + Ee/(3 GeV))δ with K0 = 3.4 × 1028 cm2/s and δ = 0.6, and B(Ee) = −bE2

e with
b = 10−16GeV−1s−1. Q corresponds to the source term described above.

In Fig. 1, we show the spectrum of positrons and the positron fraction resulting from the sum of all pulsars
throughout the Milky Way. In the upper panels, we show results for different rates of pulsar birth (one per 10, 25,
or 100 years). The dashed line represents the baseline result neglecting the contribution from pulsars, including only
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The characteristic travel time is therefore

t ! 100 kyr for E " 2 TeV. (5)

The characteristic distance an electron travels before

cooling to energy E is the diffusion distance x2
diff =

4D(E)t, where t = 1
b0E ,

xdiff " 5 kpc for E ! 10 GeV. (6)

B. Green function for diffusion-loss propagation

In general, the evolution of the energy density ρ of elec-

trons moving in random paths and losing energy can be

described by the following diffusion-loss equation [29][32]

∂ρ

∂t
=

∂

∂E
(b(E)ρ) +

∂

∂xi
(D(E)

∂

∂xi
ρ) + Q(x, E, t), (7)

where Q ≡ dN/(dEdtd3x) is the energy density of elec-

trons injected by the source. In principle, one can also

take into account reacceleration, convection, and decays

(collisions), but for electrons with E > 10 GeV these

contributions can be ignored.

The general solution to Eq. (7) is found in [32][33].

To solve Eq. (7) for a general source, one introduces the

Green function G(x, E, t; x0, E0, t0) which satisfies

∂G

∂t
−

∂

∂E
(b(E)G)− D(E)

∂2G

∂x2
=

δ(x − x0)δ(E − E0)δ(t − t0). (8)

Then, the solution to (7) is

ρ(x, E, t) =
!

d3x0

!

dE0

!

dt0 G(x, E, t; x0, E0, t0)

·Q(x0, E0, t0). (9)

The Green function can be derived as follows. One can

define the variables t′ = t − τ and λ [32][33], where

τ ≡ τ(E, E0) =

! E0

E

dE′

b(E′)
, (10)

λ ≡ λ(E, E0) =

! E0

E

D(E′)dE′

b(E′)
. (11)

The variable t′(t, E) is invariant with respect to the dif-

ferential operator ∂t − b(E)∂E . In fact, D−1(E)(∂t −
b(E)∂E) = ∂λ and Eq. (8) becomes the usual diffusion

equation in λ and x. The Green function is then [32][33]

G(x, E, t; x0, E0, t0) =
1

b(E)

1

(4πλ)3/2
e−

(x−x0)2

4λ

·δ(t − t0 − τ)θ(E0 − E). (12)

Equation (7) and the above Green function have a few

limitations. Both the ISM magnetic field and density of

IR and starlight photons vary in space. Consequently the

diffusion coefficient and the energy loss function depend

on the coordinates: D = D(E, x), b = b(E, x), and there

is no simple analytic solution to Eq. (7). In Appendix B

we calculate corrections to the predicted e+e− spectrum

at the Earth due to spatial variations in the energy loss

function.

C. Flux from a single pulsar

With the general Green function in hand, one can find

the density of electrons at any point in space for any

source. In this Section, we derive the expected flux of

electrons and positrons produced by a single pulsar.

The distances to pulsars are sufficiently large that we

can assume that pulsars are point sources. We also as-

sume that most of the pulsars’ rotational energy is lost

via magnetic dipole radiation [34] which eventually trans-

forms into the energy of electrons and positrons

Qpulsar(x, E, t) = Q(E)
1

τ

"

1 +
t

τ

#−2

θ(t) δ(x), (13)

where t is the pulsar age and x is its position. θ(t) is the

step function that ensures Qpulsar = 0 for t < 0. Note

that the pulsar spin-down time scale τ in this formula

and the variable introduced in (10) are unrelated. We

review the derivation of this formula in Appendix A.

At late times (t ≫ τ), the spin-down luminosity scales

as t−2. Consequently, most of the energy is emitted dur-

ing t ∼ τ . The pulsar spin-down time scale τ " 10 kyr is

much smaller than the typical electron propagation time

t ! 100 kyr. Consequently, we can take the limit τ → 0,

which results in

1

τ

"

1 +
t

τ

#−2

θ(t)

$

$

$

$

$

τ→0

−→ δ(t). (14)

For pulsars with a significant PWN, the time dependence

in Eq. (13) does not describe the escape of electron and

positrons from the PWN into the ISM. However, for most

pulsars the lifetime of the PWN (t " 20 kyr; [24]) is

much smaller than the typical propagation time t ! 100

kyr [Eq. (5)]. Thus, the detailed time dependence of the

escape is not significant and the delta-function approxi-

mation in Eq. (14) is still valid.

We assume that the energy spectrum of particles in-

jected into the ISM Q(E) by a given pulsar has the form

Q(E) = Q0 E−n e−
E
M , (15)
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Modeling the Pulsars



Accounting for all galactic SNRs and in- 
cluding propagation effects, one can 
expect a rise in other secondary/primary
CR ratios should be observed with AMS-02.
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FIG. 2: The cosmic ray boron-to-carbon ratio predicted for various parameter choices. In each frame, the black dotted curves
represent the prediction without any contribution from the acceleration of secondary CRs in SNR shocks. In the the left frames,
this is calculated according to Eq. 8 with q−i = 0, whereas in the right frames we have used GALPROP (see text for details).
The other curves include contributions from accelerated secondaries. In the upper frames, we consider different values of KB ,
and set n−

gas = 2 cm−3. In the lower frames, we set KB = 40 and vary the value of n−
gas. In all frames, we set B = 1 µG, v− =

0.5×10
8 cm s−1 and r = 4. In each frame, the solid blue, dashed green, and dashed-dotted brown curves represent parameter

choices that are incompatible with the measured boron-to-carbon spectrum at the 95%, 99%, and 99.9% confidence levels,
respectively (using the combination of data from AMS and PAMELA; HEAO 3 data is shown only for comparison). We also
include in each frame the prediction for an even more extreme parameter value (KB = 40, n−

gas =2.0 cm−3) for comparison
with Ref.[26].

In both the left and right frames, the dotted black curves
are in good agreement with the data at all energies from
PAMELA and AMS, yielding fits with a χ2 per degree-
of-freedom of 0.50 and 0.35, respectively.

The most important parameters for our calculation are
the magnetic field B (which we take to be fixed at 1µG),
the shock compression ratio r (which we fix to r = 4), the
up-stream velocity v− (which we fix to v−=0.5×108 cm
s−1), the up-stream gas density n−

gas (which we allow to
vary), and the factor KB which is related to the efficiency
of diffusion around the shock (which we also allow to
vary). For the purposes of our calculations, KB and B
are degenerate quantities (see Eq. 9), thus we choose to
vary only KB. Also KB, B, n−

gas, v
− and r are connected

since they all appear in the secondary CR acceleration
term of Eqs. 7 and 8, (1 + r2)q−(0, p)iD

−
i (p)/(v

−)2 (see
also Eqs. 2, 5 and 6). For this reason, we also choose to

vary the value of n−
gas.

In Fig. 2, we show the predicted boron-to-carbon ra-
tio, including the contribution from secondaries produced
and accelerated in SNRs, for a range of parameter val-
ues. In the upper frames, we set n−

gas = 2 cm−3 and
vary KB, while in the lower frames we set KB = 40 and
consider different values of n−

gas. In each frame, the solid
blue, dashed green, and dashed-dotted brown curves de-
note the parameter values which are incompatible with
the boron-to-carbon measurements at the 95%, 99% and
99.9% confidence levels, respectively. We also show in
each frame the result using a more extreme parameter
value, incompatible with the measured boron-to-carbon
ratio.

Previous authors have suggested that the observed
titanium-to-iron ratio and/or the positron fraction could
be explained for parameter values of n−

gas = 2 cm−3 and

The impact of this additional 
secondary component is more 
evident for high E, light nuclei:
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FIG. 1: The ratio of the secondary cosmic ray acceleration
term to the primary cosmic ray acceleration term in Eqs. 7
and 8, as a function of momentum per nucleon. The impact
of including the acceleration of secondary cosmic rays pro-
duced inside and around the supernova shock front is most
important at high energies and for lighter species. For 10B
the ratio is significantly higher since f−∞

10B
is suppressed. As

in Ref. [26], we have adopted optimistic values for KB , B,
n−
gas, v− and r (see text for more details).

Integrating the transport equation over infinitesimal
distance one gets [26]:

p
∂fi(x, p)

∂p
= −γfi(0, p)− γ(1 + r2)

Γ−
i (p)D

−
i (p)

(v−)2
fi(0, p)

+ γ[(1 + r2)
q−i (0, p)D−

i (p)

(v−)2
+ Yiδ(p− p0)].(7)

The solution to which yields:

fi(0, p) =

! p

0

dp′

p′

"

p′

p

#γ

e−γ(1+r2)(D−
i
(p)−D−

i
(p′))Γ−

i
(p)/(v−)2

× γ[(1 + r2)
q−i (0, p′)D−

i (p
′)

(v−)2
+ Yiδ(p

′
− p0)]. (8)

Following Refs. [25, 26], we assume Bohm diffusion for
CRs around the shock front:

D±
i (E) =

KB rL(E) c

3
= 3.3×1022KB B−1 E Z−1

i cm2 s−1,

(9)
where rL is the Larmor radius around the shock front,
B is the magnetic field in µG, Z the atomic number
of the CR nucleus i, and E is the energy in GeV. KB

is a “fudge factor” [26] which scales approximately as
KB ≃ (B/δB)2 [25], allowing for faster diffusion of CRs
around the shock front. Values of KB >> 1 have been
suggested [25, 26] under conditions where magnetic field
amplification is inefficient.

The importance of including the acceleration of sec-
ondary CRs produced inside and around the supernova
shock front varies with energy and CR species. In Fig. 1
we show the ratio of the secondary CR acceleration term
of Eqs. 7 and 8, (1+ r2)q−i (0, p)D

−
i (p)/(v

−)2, to the pri-
mary CR acceleration term, Yiδ(p − p0) = f−∞

i , as a

function of momentum per nucleon. This ratio increases
with energy and is greater for the lighter species. This
demonstrates that the acceleration of CR secondaries is
most important in the case of light nuclear species, and
at high energies. As in Ref. [26], we have adopted the fol-
lowing parameter values: KB = 40, B = 1 µG, n−

gas = 2
cm−3, v− = 0.5 × 108 cm3 s−1, and r = 4, which have
been suggested from the observed titanium-to-iron ratio,
and are also similar to those proposed from the positron
fraction (KB = 20 [25]).

We calculate the far up-stream phase space densities
from the measured CR densities for Fe, Si, Mg Ne, O, N,
C, B, He, and p [49, 50], taking into account the relative
isotopic abundances. For the calculation of the boron-to-
carbon ratio, we start from 18O and go down to 10Be.2

We employ the relevant total and partial cross sections
(see Refs. [51, 52]). We then use the same formulation to
calculate the antiproton-to-proton ratio, and the positron
fraction, including helium and proton CRs. We start
from the heaviest isotope and solve Eqs. 6 and 8 to obtain
the injected spectrum of CRs after integrating over the
volume of the SNR:

Ni(E) = 16π2

! v+τSN

0
dx p2f+

i (x, p) (v+τSN
− x)2.

(10)
We take τSN = 2× 104 yr and v+ = 1.25× 107 cm s−1.

Once CRs are injected into the ISM, they propagate
in the galactic medium. Depending on the CR species
and their energy scale, there are various possibly rele-
vant time-scales. The CR diffusion, the CR advection,
the diffusive re-acceleration time-scales, the decay time-
scale and the total energy losses time-scale. In addition,
as we stated earlier, CR secondaries are produced in the
interstellar medium. Depending on the aimed level of ac-
curacy and which are the important time-scales, one can
solve the propagation equation for CRs analytically, in-
cluding only diffusion and advection (see [53]), use a leaky
box approximation (as we do), or solve numerically in-
cluding all effects [54–56]. For CR protons, anti-protons,
Boron and Carbon and for the energies at hand, advec-
tion, re-acceleration and energy losses in the interstellar
medium are subdominant (for CR electrons and positrons
energy losses have to be included). These CRs diffuse
within a zone of scale height L ∼ 1 - 8 kpc [57, 58], be-
yond which they are free to escape. The escape timescale
for a CR nucleus i is τesci (E) ≃ τesc1 × (E/Z)−δ, where E
is in GeV, Z is the atomic number, and δ is the diffusion
index. The normalization, τesc1 , and the index, δ, can be
extracted by fitting the boron-to-carbon ratio at energies
below ∼ 30 GeV, where the effects of the acceleration of
secondaries inside SNRs are subdominant.

The density of CR nuclei at Earth (neglecting solar

2 10Be decays to 10B with a lifetime of 1.36 Myr.

Cholis and Hooper PRD 2014 
This results in Limits from B/C ,
on the acceleration of secondary
 CRs in supernova remnants:



We do get Positive Potential Signal of Stoch. Accel. of Secondaries from 
antiproton/proton ratio at energies above 100 GeV:

We Constrain the Supernova Remnant High Energy secondary CR production both 
from ABOVE and from BELOW. —>  It is present but can NOT fully account for the 
positron fraction rise. 

Cholis, Hooper, Linden PRD 2017 


